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Chapter 1
Introduction

1.1 Why study the sun?

The sun is an ordinary main-sequence star of spectral type G2V. From the human
perspective it is the most important star in the universe. It provides the earth with
the energy which keeps our planet habitable. Variations in the solar output affect the
terrestrial climate and drive our local space weather.

The sun also has a special position in astrophysics. Because of its closeness it
is the only star which can be resolved by the current telescopes down to important
physical scales. In addition, because the earth resides within the heliosphere, space
missions measure the solar wind in situ. Thus, the sun is a key test case for theories
of stellar structure and evolution, stellar magnetic fields and activity-driven winds.

Most of solar physics concentrates on understanding the solar atmosphere. Within
the solar atmosphere the dominant force changes from gas pressure in the deep layers
to magnetic forces in the outer part. The solar atmosphere is a unique laboratory for
radiation hydrodynamics, magnetohydrodynamics (MHD), and plasma physics.

The solar atmosphere exhibits a zoo of phenomena caused by the interplay of the
gas motions, the magnetic fields, and electromagnetic radiation. The basic underly-
ing physics is known but the combination of widely differing physical ingredients
produces a great wealth of intricate phenomena which no theoretician would have
thought up even in his wildest dreams. Even though we know the physical laws that
govern the sun, we are far from understanding all their consequences.

1



2 Chapter 1

Figure 1.1: Synchronous, co-spatial images of a solar active region obtained by P. Sütterlin
with the Dutch Open Telescope on La Palma. Top: Hα; middle: Ca II H; bottom: G band. The
bottom panel shows the photospheric granulation and a sunspot, several pores, and tiny mag-
netic bright points in intergranular lanes. The middle panel shows a mixture of photospheric
and chromospheric structure. The top panel shows mainly chromospheric structure, but the
umbral photosphere is still visible.



Introduction 3

Figure 1.2: Coronal loops imaged in the 17.1 nm passband of the Transition Region and Coronal
Explorer satellite. The emission consists of Fe IX and Fe X lines due to coronal gas at about
106 K. It displays the complex geometry of coronal magnetic fields. Note the scale difference
between this figure and Fig. 1.1.

1.2 The solar atmosphere

The solar atmosphere consists of the outer parts of the sun from which radiation
escapes into space. It is traditionally divided into three layers: the photosphere, the
chromosphere, and the corona. Figures 1.1 and 1.2 show images that sample these
layers. Most solar radiation escapes from the deepest layer, the photosphere. The gas
motions in the photosphere are governed by the gas pressure, except for areas with
large magnetic flux. The lower panel of Fig. 1.1 shows the photosphere as imaged in
the G band, a part of the spectrum with many lines of the CH molecule. The top of
the convection zone appears as a mesh pattern called granulation. Gas rises in hot
bubbles, cools radiatively, and sinks down in dark intergranular lanes. Small bright
dots within these lanes mark strong concentrations of magnetic field called magnetic
elements. Active regions are areas on the sun with large-scale magnetism appearing
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as dark sunspots, smaller sunspots without penumbra called pores, and surrounding
areas called plage with a high density of magnetic elements.

The chromosphere forms the transition between the cool photosphere which
is dominated by gas motions except in active regions, and the hot corona which
is dominated by magnetic field. It marks the transition from hydrodynamics to
magnetohydrodynamics, making it the most interesting and least understood part of
the solar atmosphere. Its dynamical behavior is governed by magnetic fields that fan
out from the photosphere and by waves that run up into the chromosphere. Figure 1.1
demonstrates that the chromospheric scene differs dramatically from the underlying
photosphere. The long filamentary structures filling most of the Hα-panel clearly
display the dominance of magnetic fields. In addition, the chromosphere is extremely
dynamic due to constant buffeting by magneto-acoustic shocks.

The corona consists of magnetically heated (> 106 K) gas and extends far out
into space. It is completely dominated by magnetism, creating characteristic loop
structures. The identification of the coronal heating mechanism has been one of
the major quests of solar physics. Many mechanisms have been proposed, but
establishing which are the more relevant ones has proven hard. Over the past few
years, numerical simulations have been developed which self-consistently maintain
a corona. They suggest that the corona is heated by direct-current dissipation of
magnetic energy imposed by loop footpoint motions in the photosphere.

1.3 Modeling the solar atmosphere

The combination of complex physics, three-dimensional structure and highly dy-
namical nature of the solar atmosphere makes it difficult to construct a self-consistent
model of the atmosphere through analytical methods. The simplifications needed in
any analytical approach must necessarily ignore much of the actual physics. Such
models can provide important insight in the processes that must be incorporated
in more complex modeling, but detailed numerical simulation is required for full
understanding.

One can distinguish three kinds of numerical models:
The first category consists of numerical toy models resembling analytical models.

They are simplified and idealized and focus on one particular physical ingredient.
They are more complicated than analytical models, but are designed such that the
processes under consideration can be studied in a controlled environment, without
the hard-to-disentangle clutter of processes that occur in more realistic situations.

The second class consists of so-called semi-empirical models in which actual ob-
servations are used to construct a model atmosphere that is consistent with these
observations within certain constraints. The most advanced variety solves the non-
LTE statistical equilibrium equations for the pertinent level populations of atoms
and molecules, the hydrostatic equilibrium equation, and the equations of radiative
transfer assuming static, plane-parallel geometry. The temperature and a turbulent
pressure at each depth point of the model atmosphere are treated as free parameters,
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and adjusted to derive an atmospheric structure consistent with the observations.
The number of free parameters is twice the number of depth points. Using this
procedure, models have been derived for different structures in the solar atmosphere
based on spatially and temporally averaged spectra. They have been very impor-
tant in explaining spectral line formation, but their temperature stratifications are
not necessarily realistic. The assumption of static, plane-parallel atmospheres in
statistical equilibrium is not justified, and the large number of free parameters is
unsatisfactory. Even if such semi-empirical models reproduce a mean atmospheric
stratification, they do not explain why it is as it is. One can try to solve this question
by employing fully theoretical numerical models.

The third class consists of numerical simulations which aim to incorporate as
much physics as possible to minimize the number of free parameters. The principle
is that the physical laws governing the atmosphere are known and that by including
as many of them as feasible in a simulation, something that resembles the solar
atmosphere should come out naturally.

Time-dependent simulations which include a large fraction of the relevant physics
have been developed for the one-dimensional case. They include hydrodynamics,
time-dependent ionization, time-dependent radiative transfer, and heat conduction.
These simulations have been highly successful in explaining shock phenomena in
the chromosphere. However, they cannot treat processes which are intrinsically
multi-dimensional, such as convection and magnetic field topology.

The current state of the art in multi-dimensional numerical simulation does not yet
include as much detailed physics as the one-dimensional simulations. The demands
on computer memory and processing power, but also a lack of suitable algorithms,
prohibit such inclusion. Therefore, simplifications have to be made, which may
depend on the specific issue. In particular, the detailed treatment of radiative transfer
in the one-dimensional simulations is commonly replaced by multi-group opacity
binning which approximates the entire spectrum by only a few radiation bins. Even
with such simplified physics, the limitations on computing power currently restrict
the number of grid cells to about 2003. Therefore, it is not yet possible to simulate
small and large structures simultaneously.

These multi-dimensional simulations have already been successful in explaining
solar granulation, reversed granulation, and the formation of magnetic elements.
Rapid progress is being made in explaining chromospheric shocks, umbral dots, flux
emergence, local dynamo action and coronal heating. A comprehensive simulation
that explains everything, from the magnetic field generation in the convection zone
up to the fine structure of the solar corona, as well as everything in between, remains
on the far horizon. However, steps on the way can be made. This thesis presents
efforts to extend photospheric simulation into the chromosphere.
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1.4 Outline of this thesis

This thesis presents research performed by me and my colleagues during the last four
years. The different chapters involve numerical simulations of the solar atmosphere
in one form or another.

1.4.1 Observations and simulations of reversed granulation

In chapter 2 we discuss reversed granulation, the brightness pattern exhibited by the
solar atmosphere when observed in the wings of Ca II H & K. We compare image
sequences obtained by the Dutch Open Telescope and images synthesized from
3D simulations of the solar atmosphere. We conclude that reversed granulation is
mainly caused by hydrodynamic effects, magnetic fields play at most a minor role in
its formation.

1.4.2 Magnetic elements as bright points in the blue wing of Hα

Chapter 3 treats the formation of so-called bright points observed in the blue wing
of the Hα line. These bright points coincide with regions of high magnetic flux
in the photosphere. We explain the formation of these bright points as a natural
consequence of the presence of such magnetic fields, and conclude that the blue Hα
wing is better suited as a proxy magnetometry diagnostic than the often used G band
and the wings of Ca II H & K.

1.4.3 A comparison of solar proxy-magnetometry diagnostics

We test various proxy-magnetometry diagnostics for studying small-scale magnetic
field structures in the solar photosphere in chapter 4. Images are synthesized from a
3D magneto-convection simulation for the G band, the CN band, and the blue wings
of the Hα, Hβ, Ca II H, and Ca II 854.2 nm lines. We conclude that the blue Hαwing
presents the best proxy-magnetometry diagnostic, followed by the blue wing of Hβ.
The latter yields higher diffraction-limit resolution.

1.4.4 Time-dependent hydrogen ionization in 3D simulations of the
solar chromosphere

Hydrogen ionization deviates substantially from statistical equilibrium under the
conditions of the solar chromosphere and simulations of this atmospheric layer thus
must account for it. We discuss a method to compute time-dependent hydrogen
ionization in an MHD code in chapter 5. Using this code we performed a 3D hydro-
dynamic simulation from the convection zone to the chromosphere. We find that the
ionization degree of hydrogen in the chromosphere is typically 10−3

− 10−2, a level
set by the temperature in hot shocks. This is in stark contrast with the equilibrium
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ionization degree, which varies over 20 orders of magnitude between shocks and
cool inter-shock regions.

1.4.5 Non-equilibrium hydrogen ionization in 2D simulations of
the solar atmosphere

Chapter 6 extends the work of the previous chapter. We perform a 2D simulation of
the atmosphere from the convection zone to the corona. The simulation includes the
effect of time-dependent hydrogen ionization on the equation of state of the gas. We
find that chromospheric temperature variations are more profound than in simula-
tions using LTE ionization. Not only the ionization degree , but also the population
of the hydrogen n = 2 level are set by the shock temperatures and remain high in
the cool parts of the chromosphere. The temperature structure and hydrogen level
populations differ greatly between the chromosphere above photospheric magnetic
elements and the internetwork chromosphere. In particular, the n = 2 level popula-
tion is much higher above the magnetic elements, providing more Hα opacity than
in the surrounding internetwork.

1.5 Bibliographical notes

The work presented in this thesis does not exist in a vacuum. It builds on work
done by many people in the field. I describe some of the papers involving models of
the solar atmosphere. This list is not intended to be exhaustive, but rather gives an
overview of the papers that I found of particular interest or of use for my own work.

The most important work on semi-empirical models is the paper by Vernazza et al.
(1981). They derived plane-parallel static models for six different components of the
quiet solar atmosphere based on extreme ultraviolet (EUV) observations with Skylab.
Subsequent works by Fontenla et al. (1990, 1991, 1993) improved on it by including
an improved treatment of the energy balance in the transition region. Ayres et al.
(1986) and Avrett (1995) constructed semi-empirical atmospheres to fit observations
in strong carbon-monoxide (CO) lines. However, these models failed to reproduce
the EUV observations, and conversely, the models based on EUV observations failed
to reproduce the CO observations. This discrepancy was resolved by Fontenla et al.
(2007) trough including an extra depth-dependent free parameter in a semi-empirical
model which fits both CO and EUV observations simultaneously

Carlsson & Stein (1992, 1994, 1995, 1997, 2002) performed one-dimensional time-
dependent theoretical simulations of the chromosphere. They investigated acoustic
waves, discussed the effect of radiation and time-dependent ionization, and ex-
plained the formation of Ca II H “bright grains”. Most importantly, they concluded
that chromospheric EUV emission can be explained by hot shocks running through
the chromosphere without the need of a chromospheric mean temperature rise as
present in static semi-empirical models. More recently Rammacher & Ulmschneider
(2003) described the time-dependent ionization of magnesium employing a code sim-
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ilar to the one by Carlsson & Stein. Fossum & Carlsson (2005) used one-dimensional
models to compare the acoustic wave flux in the chromosphere to the radiative losses
of the chromosphere. They concluded that waves alone cannot provide enough en-
ergy to balance the losses. Their conclusion is disputed by Wedemeyer-Böhm et al.
(2006) and Cuntz et al. (2007) and the issue is yet to be resolved.

Three-dimensional (3D) modeling of the solar atmosphere started with the con-
vection simulations of Nordlund (1982); Stein & Nordlund (1998) discussed simu-
lated convection in great detail.

Convective excitation of solar p-mode oscillations in 3D simulations were ana-
lyzed by Nordlund & Stein (2001) and Stein & Nordlund (2001). These 3D simulations
enabled studies of photospheric line formation and the consequences for abundance
determinations (e.g., Asplund et al. 2000a,b, Scott et al. 2006). Magnetic fields were
added to convection simulations during the last few years (Vögler et al. 2005, Stein &
Nordlund 2006, Schaffenberger et al. 2006). Results from those MHD codes have been
used to explain observed bright points and faculae at the site of photospheric small
scale magnetic field concentrations (Schüssler et al. 2003, Keller et al. 2004, Carlsson
et al. 2004, Steiner 2005) and the formation of umbral dots (Schüssler & Vögler 2006).

The first attempts to extend the 3D simulations up into the chromosphere were
made by Skartlien (2000) and Skartlien et al. (2000). They included approximate
non-LTE radiative transfer and studied the response of the chromosphere to acoustic
events in the photosphere. Wedemeyer et al. (2004) studied the chromosphere using
a similar setup, with much higher resolution, but with a simpler radiation scheme.
They confirmed the picture obtained from 1D simulations of hot shocks running
through an otherwise cool chromosphere.

The impressive simulations by Gudiksen & Nordlund (2002, 2005a,b) showed
that a hot corona can be maintained by Joule heating caused by motions of coronal
loop footpoints in the photosphere. This confirmed the conjecture by Parker (1972).
These simulations included only schematic radiative transfer and an artificial lower
boundary condition for the velocity field.

Three-dimensional simulations with realistic convection, spanning from the up-
per convection zone up into the corona have first be reported on by Hansteen (2004)
and improved results have been given by Hansteen & Gudiksen (2005). These mod-
els are able to maintain a corona, as in the simulations by Gudiksen & Nordlund.
A two-dimensional simulation using the same code has been used to explain the
formation of “dynamic fibrils”, jet-like features seen in the Hα line (Hansteen et al.
2006, De Pontieu et al. 2007).



Chapter 2
DOT tomography of the solar
atmosphere
III. Observations and
simulations of reversed
granulation

J. Leenaarts, S. Wedemeyer-Böhm
Astron. Astrophys.v.431, p.687-692 (2005)

Abstract We compare high-quality image sequences from the Dutch Open Tele-
scope (DOT) with synthetic image sequences obtained from 3D radiation-hydrodynamics
simulations of the solar granulation. In particular, we study the subsonic bright-
ness pattern observed in the wings of Ca II H & K. The simulations reproduce the
observed intensity contrast, time scales, and Fourier behaviour rather well. Most
differences can be attributed to the resolution difference between the observations
and the simulation and the small geometrical extent of the simulation. We conclude
that magnetic fields play no major role in the formation of reversed granulation.

2.1 Introduction

Intensity maps of quiet-sun internetwork areas taken in the wings of the Ca II H & K
lines show a pattern of dark cells with bright inter-cellular boundaries. It resembles
the granulation pattern, but with the brightness reversed. This pattern is commonly

9
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referred to as “reversed granulation” (see, e.g., Evans & Catalano 1972, Suemoto et
al. 1987, 1990, and further references in Rutten & Krijger 2003) and originates from
a layer a few hundred kilometers above the granulation. In this paper we present
a detailed comparison between observations of reversed granulation and synthetic
intensity maps obtained from hydrodynamical simulations of the non-magnetic solar
atmosphere. Recent observations of reversed granulation were reported in the second
paper of this series by Rutten et al. (2004; henceforth Paper II) who suggest that
reversed granulation is a mixture of convection reversal and internal gravity waves.
They conclude that comparison between observations and numerical simulations is
needed to verify this suggestion. We perform such a comparison in this paper.

We use both the observations reported in Paper II and newer observations ob-
tained with the Dutch Open Telescope (DOT). Synthetic intensity maps were ob-
tained from the numerical simulations of Wedemeyer et al. (2004) combined with the
SPANSAT radiative transfer code of V.A. Sheminova (Gadun & Sheminova 1988). In
this paper we apply the diagnostics employed in Paper II to these synthetic intensity
maps.

In Sect. 2.2 we present the new observations. The production of the synthetic
intensity maps is described in Sect. 2.3. In Sect. 2.4 we present a comparison between
the observations and the simulations. We end with discussion and conclusions in
Sect. 2.5. We reproduce Fig. 4–7 of Paper II here for convenience.

2.2 Observations

Two datasets are used in this paper. The first, obtained with the DOT on December
8, 2002, is described in detail in Paper II. The second set was obtained with the DOT
during UT 07:40-09:15 on June 18, 2003.

It consists of multiple 14-minute sequences taken at a cadence of 25 s per speckle
burst covering the solar center-to-limb variation synchronously in four passbands:
red continuum (6540 Å), blue continuum (4320 Å), Ca II H (3968 Å), and G band
(4305 Å). The Ca II H sequence is a dual one, made by sequentially switching the
filter passband from line center (3968.83 Å, filter FWHM 1.285 Å) to a location in
the inner wing (3966.67 Å, FWHM filter 1.758 Å) between successive bursts. The
image sequences were dark-subtracted, flat-fielded and speckle-reconstructed using
the standard DOT data reduction procedures described in Rutten et al. (2004b) and
Paper II. In the present paper we use only the blue continuum, G band, and Ca II H
filtergrams from the µ = 0.98 sequence. During this sequence the seeing was fair,
with the Fried parameter ranging from r0 = 5.8 cm to r0 = 10.6 cm.

2.3 Simulations

A time series of synthetic intensity maps was computed from numerical simulations
obtained with the CO5BOLD 3D radiation hydrodynamics code developed by Freytag
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Figure 2.1: Simulated and observed images of the blue continuum (left-hand column) and
Ca II H wing (right-hand column). The time lag between blue continuum and Ca II H is 120 s
for the simulated image pairs and 150 s for the observed pair. Top row: simulation data.
Middle row: simulation data convolved with the best-fit telescope point spread function.
Bottom row: observations of June 18, 2003. The graininess of the observations is due to camera
noise.

& Steffen and described in Freytag et al. (2002), Wedemeyer et al. (2004), and in more
detail in Wedemeyer (2003). The hydrodynamics part uses operator splitting and a
fast approximate Riemann solver, and has a small amount of tensor viscosity added
to increase numerical stability. Radiation transport is solved in LTE using long
characteristics in the grey approximation. The Rosseland mean opacities are based
on OPAL (Iglesias et al. 1992) and PHOENIX (Hauschildt et al. 1997) data. The
simulation box consists of 140× 140× 200 grid cells with horizontal resolution 40 km
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and extent 5600 km × 5600 km. The vertical extent ranges from -1400 to +1710 km
with the origin of the height axis (z = 0 km) at average Rosseland optical depth unity.
The vertical resolution is height-dependent, varying from a grid spacing of 46 km at
the bottom of the box to 12 km above z = −270 km, The lower boundary is open,
allowing material to flow in and out of the box, while the boundary at the top is
transmitting and thus does not hinder waves and shocks from leaving the box. The
lateral boundary conditions are periodic.

For the present paper we selected output from the simulation consisting of data
cubes describing the physical state of the atmosphere (temperature, density, velocity,
etc.) in 116 time steps at 30 s cadence. From these we computed Ca II H wing intensity
maps at µ = 1 assuming LTE. This assumption simplifies the radiative transfer
to straightforward 1D LTE evaluation along each vertical column. We used the
SPANSAT radiative transfer code of V.A. Sheminova (cf. Gadun & Sheminova 1988)
, including collisional line broadening by neutral hydrogen following the Barklem
recipe (Barklem & O’Mara 1998).

We calculated intensity maps for different wavelengths in the blue wing of the
Ca II H line, ranging from 3960.0 Å to 3967.8 Å with an increment of 0.2 Å. The
blends in the Ca II H wing were neglected because a test showed that their inclusion
has only a minor effect on the resulting synthetic images. For the contrast compar-
ison of Sect. 2.4 below we multiplied the synthetic spectra with the DOT Ca filter
transmission profile of the June 2003 data. Throughout the paper we use the 3960 Å
continuum image sequence as a proxy for the observed blue continuum and the
G band, and refer to this as synthetic blue continuum. The exact wavelength position
of the Ca II H bandpass in the December 2002 data is not known. By comparing the
synthetic images with the observations we judged 3967.4 Å to be a representative
wavelength for the December 2002 Ca II H data.

We compared the results of the SPANSAT calculations with calculations done
with the LINFOR3D radiative transfer code1. Both calculations yielded in general
identical results.

Sample images of the simulated blue continuum and Ca II H are shown in the top
row of Fig. 2.1. The time lag between the two wavelengths is chosen in agreement
with the result in Fig. 2.3. Inspection of the simulation shows that 80% of the emergent
intensity at 3967.4 Å originates between 200 km and 600 km height, with an average
formation height of 350 km.

2.4 Analysis and results

Contrast comparison. It is difficult to correctly mimic the image degradation by the
telescope and the earth’s atmosphere. One may measure this degradation utilizing
a partial solar eclipse (Levy 1971, Deubner & Mattig 1975, Nordlund 1984a), but this
has not been done for the DOT. We therefore try to estimate a point spread function
with the procedure of Schüssler et al. (2003). It assumes that the core of the point

1http://www.aip.de/˜mst/linfor3D_main.html

http://www.aip.de/~mst/linfor3D_main.html
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Figure 2.2: Left-hand panels: Ca II H (left) and G-band (right) brightness images from the
June 18, 2003 observations. The filled white contours in the Ca II H image denote areas with
I/〈I〉 ≥ 1.8. Right-hand panels: normalized occurrence distributions of the intensity divided
by the spatial and temporal mean. Lower-right panel: blue continuum. Upper-right panel:
Ca II H wing. The solid curves are simulation data smeared with a point spread function with
α = 0.014 and β = 0 km (1) and 400 km (2). The dotted curves are observations from June 18,
2003. The dashed curve in the upper panel is the occurrence distribution for the quiet subfield
of the June 18 observations shown in the left-hand panels.

spread function is an Airy function corresponding to the DOT aperture of 45 cm.
A Lorentz function is added to describe the effects of atmospheric motion, dust on
the optics, and other imperfections.The Lorentzian is defined by two parameters,
α, its height relative to the height of the Airy core and β, the FWHM of the wings.
Unfortunately, analysis shows that there is a wide range of (α, β) combinations that
fit the observations rather well. Eventually, we chose α = 0.014 and β = 400 km as
best-fit values, but note that similar results are produced with other combinations.

In the right-hand panels of Fig. 2.2 we compare the brightness contrast profiles
from the June 2003 observations with their synthetic counterparts obtained through
convolution with the adopted point spread function. Smearing with the Airy function
alone does not fit the observations (curve 1). Our choice of α and β fits both the blue
continuum contrast and the Ca II H contrast rather well (curve 2), except for the
high-contrast tail in the Ca II H observations. We attribute the latter to the presence
of magnetic fields in the data because the intensity contrast distribution of the quiet
subfield shows a lower high-contrast tail than the curve for the whole field, and
because the image pair in the left-hand panels of Fig. 2.2 shows that most if not all
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Figure 2.3: Temporal evolution of pattern correlations in the December 8, 2002 observations
and the simulations, restricted to subsonic changes. Upper panel: Autocorrelation for synthetic
blue continuum (upper solid curve) and Ca (lower solid curve), and observed internetwork
G band (upper dotted curve) and Ca (lower dotted curve). Dash-dotted curve: observed
Ca autocorrelation for nonmagnetic areas. Lower panel: sign-reversed cross-correlations
between synthetic blue continuum and Ca II H (solid) and between observed G band and
Ca II H (dotted). The upper curves result when the images are spatially smoothed to 1.5 arcsec
resolution.

of the residual high-contrast pixels in Ca II H are co-spatial with bright points in the
G band, and are therefore likely to represent magnetic elements.

Concerning the simulations, it should be pointed out that the grey approxima-
tion overestimates the temperature contrast in layers above the middle photosphere
(Vögler 2004, Fig. 3; Wedemeyer 2003, Fig. 8.2). In addition, our synthetic blue
continuum images show slightly higher contrast than the observed continuum at
4300 Å because of the larger temperature sensitivity of the Planck function at shorter
wavelengths. Despite these deficiencies, the good quality of the fit in Fig. 2.2 at
both wavelengths simultaneously gives confidence that the simulation reproduces
the actual contrast quite well.

Time-delay correlations. In order to study the pattern evolution of the reversed
granulation, and following Paper II, we low-pass filtered the synthetic blue con-
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tinuum and Ca II H sequences to remove all components with apparent supersonic
horizontal speed. This was done by Fourier transforming the cube, setting all Fourier
components withω (k2

x+ k2
y)−0.5 > 7 km s−1 equal to zero and transforming back to the

(x, y, t) domain.
Figure 2.3 compares results presented in Fig. 4 of Paper II with their synthetic

counterpart. The curves represent temporal auto- and cross-correlation functions
per pixel, averaged over many pixels after the low-pass filtering. As in Paper II, we
limited the averaging to the internetwork pixels for the observations but used all
pixels of the simulations because they contain no magnetic fields. The correlation
curves are an indicator for the timescale at which patterns in the image sequences
evolve.

In the upper panel the autocorrelation curves for the simulations and the inter-
network observations are presented. The 1/e time for the simulated blue continuum
is 5.1 min as compared to 4.5 min for the G band observations. The curves agree very
well for the first 4 minutes, but the simulated blue continuum has a higher correlation
at longer delays than the observed G band. The 1/e time for the simulated Ca II H is
1.5 min as compared to 3.0 min for the observed Ca II H.

We attribute this difference to the selection of the internetwork in Paper II. In-
spection showed that it still contained small bright persistent features that are likely
to represent isolated magnetic elements (Brandt et al. 1992, 1994). We therefore
selected a much smaller pixel subset which does not contain any such obvious or
suspected magnetic element. The autocorrelation for this more selective sample is
also plotted in Fig. 2.3. It has an 1/e time of only 2.0 min, which suggests that the
apparent discrepancy between the dotted and solid Ca curves in the upper panel of
Fig. 2.3 is due to magnetism. We attribute the remaining difference to lack of spatial
resolution, because smoothing the simulated Ca II H images to 0.5 arcsec resolution
(the effective resolution of the December 8, 2002 data) increases the Ca-Ca autocor-
relation 1/e time to 1.9 min. We evaluated the other correlations (Bc–Bc and Bc–Ca)
also for our more stringent sample and compared these with the results in Fig. 4 of
Paper II but found no significant differences.

Fourier representations. Figures 2.4–2.6 contain the Fourier analysis of the sim-
ulations and the 2002 observations. The simulation panels are obtained from the
synthetic blue continuum and 3967.4 Å image sequences convolved with the best-fit
point spread function. The upper panel of Fig. 2.4 shows modulation phase dif-
ferences ∆φ (Bc – Ca). The simulations agree reasonably well with the observations.
The simulation plot is noisier because of the smaller number of pixels in the spatial
directions. The power spectra in the lower panel agree well with the observations.
The main difference is the double-peaked increase in Ca power around 4 mHz as
opposed to the smooth peak in the observations. This is due to the limited vertical
size of the simulation box, causing the vertical oscillation eigenfrequencies of the box
to be more broadly spaced than on the Sun (Leibacher et al. 1982, Stein & Nordlund
2001).



16 Chapter 2

Figure 2.4: Fourier spectra for observed G band and Ca II H (solid) and simulated blue con-
tinuum and Ca II H (dash-dotted). Upper panel: phase differences ∆φ (Bc/Gb – Ca) between
blue continuum /G band and Ca II H brightness. Grey scale: amplitude-weighted phase dif-
ferences per pixel following the recipe of Krijger et al. (2001) for the simulations. The jagged
fluctuations of the mean curve of the observations above f = 10 mHz indicate domination by
noise. The lower panel shows the corresponding power spectra, mean and trend removed,
normalized at the first non-zero frequency, and coherence spectra with dotted noise estimate.

Fig. 2.5 shows a decomposition of blue continuum and Ca II H brightness power
into temporal and spatial frequencies. The resolution in spatial frequency of the
simulations is much lower than in the observations because of the smaller horizontal
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Figure 2.5: Simulated (left) and observed (right) two-dimensional brightness power spectra.
Upper panels: Ca II H. Lower panels: blue continuum (left) and G band (right). Axes:
horizontal wavenumber kh and temporal frequency f . The corresponding wavelengths and
periods are specified along the top and at the right. Grey scale: logarithm of the brightness
power after mean and trend removal and smoothing, as coded by the grey-scale bar above the
figure and the contours. Slanted line: Lamb line f = (1/2π) cs kh with cs = 7 km s−1. Curve:
fundamental mode f = (1/2π)

√
gsurfkh.

size of the computational box. Owing to the absence of magnetic fields in the
simulation there is less power at the largest scales and lowest frequencies in the
simulation. The low-frequency power seems to extend to larger wavenumber in the
synthetic blue continuum than in the observed G band. Also notice the increased
power along the f-mode ridge in the synthetic blue continuum panel and the two
discrete patches of power at 3 and 5 mHz at zero wavenumber in the synthetic Ca II H
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Figure 2.6: Upper panels: two-dimensional phase differences in the format of Fig. 2.5 without
contours and with larger axis extents. Left: simulated ∆φ (Bc – Ca), right observed ∆φ (Gb –
Ca). Slanted line: Lamb line, f = (1/2π) cs kh with cs = 7 km s−1. Lower panels: logarithm of
the integrated brightness power in the 0–2 mHz frequency band. Solid: blue continuum (left)
and G band (right). Dashed: Ca II H.

panel caused by vertical eigenmodes.
The upper panels of Fig. 2.6 show phase differences ∆φ (Bc/Gb–Ca). Contrary

to Fig. 7 in Paper II, we do not plot contours but the raw pixels. The simulations
show reversed granulation as a patch of negative phase difference below the Lamb
line, comparable to the observations but extending to kh ≈ 8 arcsec−1 instead of
kh ≈ 5 arcsec−1. The extended p-mode patch of positive phase difference above
the Lamb line in the observations is not present in the simulations, although the
simulations show a patch of positive phase slightly below the Lamb line ranging
over kh = 4 − 12 arcsec−1.
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The low-frequency brightness power spectra (lower panels) are quite different2.
The power spike at the lowest horizontal wavenumbers in the Ca II H observations
is due to magnetic network, not present in the simulation. The decrease of the
brightness power with wavenumber differs between observation and simulation.
We attribute the difference between the blue continuum and the G band slopes to a
difference in spatial resolution. A test with simulated images that were smoothed
to match the resolution of the December 2002 observations gave about the same
slope. The difference between the observed and simulated Ca II H slope remained
even with this smoothing. Indeed, inspection of the observed and simulated Ca II H
images indicates larger small-scale contrast and sharpness in the latter. This may be
due to the LTE and grey approximations for the radiative transfer in the simulation.

2.5 Discussion and conclusion

We have compared Dutch Open Telescope G-band and Ca II H observations with
corresponding images obtained from non-magnetic radiation-hydrodynamics simu-
lations with the CO5BOLD code. We applied the same diagnostics as in Paper II to
study the phenomenon of reversed granulation.

Overall, our results show good agreement between the observations and simula-
tions. Fig. 2.1 shows a high degree of similarity in the image samples. The contrast
curves in Fig. 2.2 show good agreement for our choice of point spread function
parameters, apart from the high contrast tail which is due to magnetic elements
in the observations. The time-delay correlation curves of Fig. 2.3 also agree rather
well; the fit of the time-delay autocorrelation curve for Ca II H in the upper panel
is noticeably better when isolated magnetic elements are deleted from the sample.
Also, the Fourier diagnostics in Figs. 2.4–2.6 show good overall correspondence, with
the exceptions of the absence of a global p-mode signature in the simulated Fourier
power and phase difference, and more brightness power at larger wavenumber in
the synthetic Ca II H sequence.

We find an increase in anticorrelation between synthetic Ca II H and blue contin-
uum images when smoothing to 1.5 arcsec resolution as in Paper II. Direct inspection
of both the simulated and observed images smoothed to 1.5 arcsec still shows gran-
ulation and not a mesogranular pattern. Figure 2.1 shows observed and simulated
blue continuum and Ca II H images at the time of maximum anticorrelation as shown
in Fig. 2.3. Inspection of these images shows that not all dark intergranular lanes
in the blue continuum images show up bright in Ca II H and, reversely, that not all
bright features in Ca II H are located directly above intergranular lanes. Some of the
bright features sit above the edge of a granule instead of a lane. We suggest that this
incomplete mapping explains the partial nature of the anticorrelation and its increase
with spatial smoothing.

2The power spectra in the lower-right panel of Fig. 2.6 differ slightly from the corresponding plot in
Fig. 7 of Paper II because of correction of a minor programming error.
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In Paper II four explanations of reversed granulation were discussed: convection
reversal, atmospheric gravity waves, acoustic waves, and intergranular magnetism.
We claim that magnetic fields play at most a minor role since we obtain a satisfactory
reproduction of the observed phenomenon with our purely hydrodynamic code,
even though its treatment of radiative transfer is not perfect.

A preliminary analysis of simulation snapshots indicates that the Ca II H bright-
enings are in most cases caused by converging flows above an intergranular lane,
which suggests that convection reversal is the principal mechanism (cf. Nordlund
1984b, Stein & Nordlund 1998). The roles of acoustic waves and gravity waves
are not easily diagnosed, their evaluation needs further analysis of the simulation.
Especially gravity waves are not easily recognized.

In summary, we claim that magnetic fields are of minor importance for the forma-
tion of reversed granulation. We suspect that convection reversal is the main cause
of this phenomenon, and have started on a detailed analysis of our simulation to
diagnose its physics.
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DOT tomography of the solar
atmosphere
VI. Magnetic elements as bright
points in the blue wing of Hα

J. Leenaarts, R. J. Rutten, P. Sütterlin, M. Carlsson, H. Uitenbroek
Astron. Astrophys., v.449, p.1209–1218 (2006)

Abstract High-resolution solar images taken in the blue wing of the Balmer Hα line
with the Dutch Open Telescope show intergranular magnetic elements as strikingly
bright features, similar to, but with appreciably larger contrast over the surrounding
granulation than their more familiar manifestation as G-band bright points. Part
of this prominent appearance is due to low granular contrast, without granule/lane
brightness reversal as, e.g., in the wings of Ca II H & K. We use 1D and 2D radiative
transfer modeling and 3D solar convection and magnetoconvection simulations to
reproduce and explain the Hα wing images. We find that the blue Hα wing obeys
near-LTE line formation. It appears particularly bright in magnetic elements through
low temperature gradients. The granulation observed in the blue wing of Hα has
low contrast because of the lack of Hα opacity in the upper photosphere, Doppler
cancellation, and large opacity sensitivity to temperature working against source
function sensitivity. We conclude that the blue Hα wing represents a promising
proxy magnetometer to locate and track isolated intermittent magnetic elements, a
better one than the G band and the wings of Ca II H & K although less sharp at given
aperture.

21
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3.1 Introduction

The Dutch Open Telescope (DOT) on La Palma was equipped with a tunable Lyot
filter for the Balmer Hα line at 656.3 nm during the autumn of 2004. High-resolution
images taken in the blue wing of Hαwere found to display strikingly intense small-
scale brightenings at the locations where intergranular magnetic elements cause the
more familiar “G-band bright points” in the CH band around 430.5 nm. Figures 3.1
and 3.2 below show examples. Figure 3.3 demonstrates the potential of these Hα
bright points for tracking intermittent magnetic elements over long durations. In
this paper we reproduce and explain their formation using numerical simulations of
various nature. We necessarily elaborate on the formation of the Hα wings in some
detail.

G-band bright points1 have been a major observational diagnostic of small mag-
netic elements in intergranular lanes in the two decades following Muller & Roudier
(1984). A brief review is given in the introduction to Paper IV of this series (de Wijn
et al. (2005)). The upshot is that G-band bright points remain a very useful proxy to
chart small intergranular magnetic elements, be it not with strict one-to-one corre-
spondence between brightness and magnetic flux density (cf. Berger & Title (2001);
Berger et al. (2004)), and that they derive their brightness primarily from deeper-
than-outside radiation escape, sampling temperatures that are cooler than outside
at equal geometrical height but hotter at equal optical depth. The latter excess is
probably due to radiative hot-wall heating in the absence of convective heating, as
proposed already by Spruit (1976). Magnetomechanical energy dissipation appears
unimportant throughout the photosphere (Sheminova et al. (2005)).

The G band provides the sharpest magnetic-element proxy imagery so far, in
particular at the Swedish 1-m Solar Telescope (SST, see Wiehr et al. (2004); Berger
et al. (2004); Rouppe van der Voort et al. (2005)) and so remains the workhorse
of high-resolution magnetic-element studies (e.g., Sánchez Almeida et al. (2004)).
Nevertheless, the G band is less suited to track isolated magnetic elements with time
than other diagnostics, in particular Ca II H & K and, as we show in this paper, the
blue wing of Hα.

The sketch in Fig. 8 of Rutten (1999) illustrates why Ca II H & K provide stabler
magnetic-element proxies than the G band. Small intergranular magnetic structures
vary much in cross-section and shape while being deformed by granular buffeting.
In the LTE-formed G band they sometimes display bright hot walls, but only inter-
mittently. G-band bright points may therefore transform, weaken, diffuse, or vanish
while the magnetic flux itself is more stably present – although at varying concen-
tration. Granular buffeting is indeed observed to act in this manner in the plage
regions described by Rouppe van der Voort et al. (2005), breaking areas with high
magnetic flux density such as G-band sheets (“ribbons”) into strings of bright points

1We use the traditional term “bright points” throughout this paper to designate features with sizes at
about the angular resolution limit. Berger et al. (2004) used the 1-m SST to describe G-band features as
“ribbons” and “flowers”. The Hα bright points are likely to show similar morphology at better resolution
than the 0.3-arcsec diffraction limit of the 45-cm DOT at Hα.
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and deforming the “flowers” marking small flux concentrations.
In contrast, the H & K line cores display magnetic-element brightness more contin-

uously, mainly through some as yet unidentified chromospheric magnetomechanical
heating process that produces line-center emission peaks. They produce bright fea-
tures in Ca II H & K filtergrams akin to and above G-band bright points, at larger con-
trast with their surroundings but much less sharply (see Fig. 3.1 for examples). These
Ca II H & K bright points2 tend to be present more consistently than the underlying
photospheric G-band bright points. They are considerably less sharp because of res-
onance scattering within the solar atmosphere and through morphology change be-
tween photosphere and chromosphere, possibly including upward magnetic-element
spreading as in idealized magnetostatic fluxtubes. They are therefore not easily re-
solved in crowded plage and network areas. However, in less crowded quiet-Sun
network and especially in internetwork regions, Ca II H & K provide better diagnos-
tics than the G band to track isolated magnetic elements with time. This property was
used in Paper IV of this series by de Wijn et al. (2005) to establish the considerable
longevity of internetwork field concentrations.

In this paper we show that Hα-wing bright points provide even better recog-
nizability (at given angular resolution) than Ca II H & Kbright points, but through
a different mechanism. They derive high contrast primarily from specific Hα line
formation properties within the photosphere. In Sect. 3.2 we display pertinent ob-
servations. In Sect. 3.3 we first use 2D radiative transfer modeling in a 3D MHD
simulation snapshot slice to model photospheric Hαwing formation in magnetic el-
ements. Additional 1D modeling using a standard solar model atmosphere is added
to explain some Hα properties. We then use the full 3D snapshot of the MHD simu-
lation to compare computed with observed magnetic-element brightness contrast in
the blue Hαwing.

3.2 Observations

The data used here were obtained with the Dutch Open Telescope (Rutten et al.
(2004b)) on La Palma on October 6, 2004 during campaign JOP178. The target was
the gap in a quiescent filament seen in the bottom-right panel of Fig. 3.1, at solar
coordinates S16 E11. Polarimetry of this region with THEMIS3 A tomographic multi-
wavelength image sequence was recorded during excellent seeing from 08:47 UT until
09:42 UT with the DOT’s multi-wavelength speckle imaging system (Bettonvil et al.
(2003)). The latter had just been extended with the Lyot filter for Hα previously used
at the Ottawa River Solar Observatory (Gaizauskas (1976)). It transmits a tunable
band of 0.025 nm FWHM. Between the successive speckle bursts it was switched

2The magnetic ones, not K2V or H2V acoustic internetwork grains which are not studied here. The
latter cannot be distinguished from magnetic internetwork bright points unless followed in time. The
acoustic ones then stand out through three-minute modulation and the magnetic ones through longevity
(e.g., Fig. 2 of Rutten et al. (2004a)).

3http://bass2000.bagn.obs-mip.fr/jop178/oct6/oct6.html shows that the clusters of magnetic
elements at left and right in the field of view had opposite polarity.

http://bass2000.bagn.obs-mip.fr/jop178/oct6/oct6.html
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Figure 3.2: Cut-out image magnifications corresponding to the righthand rectangle in Fig. 3.1.
The four images were taken simultaneously. Top left: G band. Top right: Ca II H line center.
Bottom left: near-Hα red continuum at 650.0 nm. Bottom right: blue Hαwing. Notice the bright
point at (x, y) = (66.7, 42.2) in Hα, which barely shows up in the G band and is not present in
Ca II H.

sequentially between Hα line center and the blue Hαwing at ∆λ = −0.08 nm. These
wavelength settings were made precise through an initial imaging scan through the
whole profile. The four other DOT cameras registered the same field in the G band,
blue continuum, red continuum, and Ca II H line center (passband 0.128 nm). The
burst cadence was 30 s at 100 frames/burst with five-camera synchronization.

The speckle-masking reconstruction and other reduction steps are summarized
in Rutten et al. (2004b). The resulting image sequences were spatially aligned and
corrected for remaining quality variations by equalization of the average radial power
spectrum4.

Figure 3.1 shows sample images covering the full field of view. The first panel
shows the familiar G-band scene of granulation with intergranular clusters of tiny
bright points which mark magnetic elements. The second panel shows the same
scene in the core of Ca II H. The filter is wide enough to include part of the inner
wings which show the reversed granulation analyzed in Papers II and III of this series

4The processed data and a movie version of Fig. 3.1 are available at http://dot.astro.uu.nl.

http://dot.astro.uu.nl
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(Rutten et al. (2004a); Leenaarts & Wedemeyer-Böhm (2005)). It appears as a bright
mesh pattern on which acoustic H2V grains are superimposed. The magnetic elements
causing G-band bright points appear quite bright in Ca II H but very unsharp, with
bright aureoles of diffuse emission around them.

The third panel of Fig. 3.1 shows the same scene in the blue wing of Hα, the
fourth panel does so in Hα line center. The filament is prominent in the latter but
transparent in the Hα wing. The dark streaks in the blue-wing image are part of the
elongated Hαmottles seen at line center. The latter do not connect the two regions of
opposite polarity across the filament gap, but curve away avoiding the neutral line
marked by the filament. Some mottle endings are likely to appear extra dark in the
blue-wing image through Doppler blueshift.

Apart from the dark mottle endings, the Hα blue-wing image shows a greyish
background of non-reversed granulation at low contrast, plus strikingly bright points.
In the network areas these are concentrated into clusters from which the dark mottle
endings emanate. The Ca II H image also shows bright point but less sharp and (as
we show below) with different morphology. It also shows short streaks emanating
from these. The Hα line center also shows bright points near the mottle endings,
but with yet larger difference in morphology. The chromospheric features in these
images are discussed further in Rutten (2006).

The G-band image serves to identify all Hα-wing bright points as G-band bright
points. They are sharper in the G band but stand out much clearer in the Hα wing.
Comparison of the four images immediately establishes Hα-wing bright points as
excellent magnetic-element markers, less sharp but much brighter than their G-band
counterparts while much sharper than their Ca II H counterparts.

Figure 3.2 shows a similar comparison for the righthand subfield outlined in
Fig. 3.1, at large magnification. The G-band subfield in the upper-left panel shows
strings of bright points marking magnetic flux in the lower-right part of the panel.
They are sharp but have rather low contrast compared with their surroundings. Their
sizes are close enough to the resolution limit that they are apt to vanish through
cancellation against the surrounding intergranular darkness when diminishing in
size or brightness (Title & Berger (1996)).

The upper-right Ca II H panel shows enhanced emission at the site of G-band
bright points, but diffuse and not one-to-one. The reverse granulation in the remain-
der of the image also represents a vague rather than a one-to-one contrast reversal.

The red continuum image at the lower left has appreciably lower resolution and
lower contrast than the G-band image due to the increase of diffraction with wave-
length, smaller Planck function sensitivity to temperature, and lack of magnetic-
element brightness enhancement as occurs in the G band. Some granules are appre-
ciably brighter than the brightest magnetic elements.

For Hα one might expect similar loss of bright-point visibility as in the neighbor-
ing red continuum, or lack of spatial matching as in Ca II H. However, the lower-right
panel of Fig. 3.2 showing the same subfield in the blue Hα-wing displays all bright
points seen in the G-band image at larger contrast. In particular, the bright point
at (x, y) = (66.7, 42.2) stands out only in Hα. All other structures in Hα that are as
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Figure 3.3: Cut-out image magnifications and time slices corresponding to the lefthand outline
sampling quiet network in Fig. 3.1, from left to right for the G band, Ca II H, and the Hαwing.
Top row: subfield images. The lefthand one of the two Hα bright points is less evident at
the other wavelengths. The white ticks indicate the horizontal cut along which the temporal
evolution is shown below. Bottom row: x− t time slices. The white ticks indicate the time
sampled by the images above, which is 9 min after the full-field samples in Fig. 3.1

bright or brighter match the morphology of G-band bright points closely, although
less sharply. In the lower-right part of the subfield they make up the strings of bright
beads called “filigree” by Dunn & Zirker (1973). These authors also proposed to call
the individual elements “crinkles” in view of their appearance – conform this image,
but resolved into G-band bright points in the upper-left image, and those are likely
to resolve at yet higher resolution into the flowers and ribbons of Berger et al. (2004)
and Rouppe van der Voort et al. (2005). The background contrast in the Hα wing,
consisting of normal rather then reversed granulation, is exceptionally small except
where dark mottle endings occur.

The upper-right part of the Hα-wing image in Fig. 3.2 also shows a long chain
of less bright beads in a dark lane. The G-band displays only greyish small-scale
structure there. Sometimes such structure represents speckle reconstruction artifacts
caused by DOT camera defects. However, inspection of the temporal evolution of
this area shows that the brighter beads in the chain possess, while migrating around,
longevities of well over ten minutes. These indicate magnetic nature.
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.
The large Hα brightness of G-band bright points, the low contrast of the granular

background in Hα, and the above indication that Hα is a sensitive magnetic-feature
finder suggest that the Hα wing is an even better indicator to locate and follow
long-lived isolated magnetic elements than Ca II H & K. Figure 3.3 confirms this
expectation. The G-band time slice shows only intermittent bright-point presence.
The wiggles are probably small co-registration errors. Instead, both the Hα wing
and the Ca II H core show much clearer brightness streaks betraying long-duration
magnetic presence. Of these two, Hα is the better proxy for locating and tracking
such magnetic elements. The lefthand bright point in the Hα image is not identifiable
as a magnetic element in the other two images, but the Hα time slice clearly marks it
as one. A few minutes later it merges with the righthand one by migration in x. The
joint trail ends later when the feature migrated in y off the cut location, but it actually
existed until the end of the image sequence.

The surroundings of the Hα streak roughly reflect the granulation seen in the
G-band panel but at lower contrast. The Ca II H time-slice background is instead
dominated by three-minute acoustic oscillations superimposed on reversed granula-
tion. The bright point at t = 45 min is likely an acoustic grain.

3.3 Simulations

In order to explain the high visibility of magnetic elements in the blue wing of
Hα we use a single time-step snapshot of the three-dimensional (3D) magneto-
hydrodynamics simulation by Carlsson et al. (2004), the same one as used by them
to analyse G-band bright point formation towards the solar limb. The simulation
incorporates the code of Stein & Nordlund (1998) which uses an LTE equation of state
including partial ionization and multi-group LTE radiative transfer.

The extent of the simulation is 6 Mm in both horizontal directions and from
−2.5 Mm below 〈τ500〉 = 1 to 0.5 Mm above it. The horizontal resolution is 23.6 km.
The vertical resolution varies from 35 km in the lower layers to 15 km in the upper
layers. The simulation was started with a homogeneous vertical magnetic field of
250 G.

We evaluated the emergent intensity in the Hα wing that originates from this
snapshot using the RH code of Uitenbroek (2001) to compute radiative transfer in the
snapshot in a variety of ways. It permits LTE or NLTE radiative transfer modeling
in 2D or 3D geometry with partial or complete frequency redistribution. We used it
here to perform Hα modeling both in 2D admitting departures from LTE and in 3D
assuming LTE. We also present 1D results using the FAL-C model of Fontenla et al.
(1993) for explanatory purposes.

In the 2D NLTE modeling we took a 2D slice from the snapshot, reducing the
horizontal resolution by a factor of two to increase the numerical stability of the
radiative transfer computations. We added the upper part of the FAL-C model to
its top. This results in a 2D atmosphere slice of 127 points in x and 135 points in z,
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with a horizontal extent of 6000 km and extending from -450 km below to 2150 km
above τ500 = 1. We used a 5-level-plus-continuum hydrogen atom to compute NLTE
radiative transfer with partial frequency redistribution (PRD) through this model
atmosphere in the Hα line, with 3 ray angles per octant. Inspection showed that PRD
effects are only important above 500 km, well above the formation height of the Hα
wing and therefore negligible for the discussion here. We then adopted complete
frequency redistribution (CRD) to compute a NLTE solution with 10 rays per octant.
The latter increase is needed to account for the large horizontal variations in the
lower atmosphere.

The results of the 2D NLTE modeling (shown in Fig. 3.4 and discussed below)
demonstrated that departures from LTE are small for the formation of the Hα intensity
at ∆λ = −0.08 nm. This permitted us to perform 3D modeling with the complete
snapshot assuming LTE, a feasible computing task. For this modeling we used the
full 3D simulation snapshot without adding a chromosphere on top. In both the 2D
and the 3D modeling we took Dopplershifts from the flow velocities into account in
the line profile computation. We used a Voigt profile for the Hα line. In the damping
wings it represents an approximation for the actual Holtsmark distribution.

3.3.1 Bright points in the 2D NLTE simulation

Figure 3.4 shows details of the formation of Hα wing bright points as computed
from the 2D NLTE simulation. The first panel shows the absolute value of the vector
magnetic field throughout the vertical slice. It contains three fluxtube-like magnetic
elements with kilogauss field strength, one weaker-field one near x = 3.2 Mm, and a
subsurface magnetic concentration at x = 4.5 Mm. Panel 2 shows the temperature
against height. All magnetic elements display marked isotherm dips: they are ap-
preciably cooler inside than outside at the heights of interest. The latter are specified
by the superimposed curves marking the mean height of formation along columns
for the Hαwing and its background continuum. The upper curve corresponds to the
vertical line-wing intensity contribution functions shown in panel 5 and represents
these very well. Both curves dip deeply within the magnetic elements due to low
gas density (panel 4) where magnetic pressure is appreciable.

The bottom row panels display various quantities not versus geometrical height
but as a function of the radial optical depth in the Hα wing, a format introduced
by Carlsson et al. (2004) which displays atmospheric stratifications “as seen” by the
vertically emergent radiation. The two mean height of formation curves change
correspondingly. The upper one becomes virtually flat near τ = 1. The lower one
displays large spatial variations in its offset from the upper one, as set by the n2 lower
level population (panel 6) with lowpopulation producing small separation. Panel 3 is
strikingly different from panel 2 by showing large upward isotherm humps instead
of dips at the magnetic element locations. The difference between the two repre-
sentations results primarily from the substantial variations in vertical gas density
stratification between columns. These are shown in panel 4. Comparison of panels
4 and 5 shows that the upward tails of the Hα-wing contribution functions decay
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appreciably faster than the density stratifications, making the contribution functions
unusually narrow in vertical extent. This is discussed further in Sect. 3.3.2. Panel 6
shows the fractional hydrogen population occupying the n = 2 lower level of Hα on
columnar optical depth scales. It is remarkably similar to panel 3 because the high
excitation energy of this level makes its population very sensitive to the temperature
(also discussed further in Sect. 3.3.2).

Panels 1 to 6 illustrate the formation mechanism of the Hα-wing bright points. It is
similar to G-band bright point formation. The relatively low gas density in magnetic
elements (panel 4) results in appreciable Wilson depressions in the mean height of
formation (panel 5 and the superimposed curves). Although the magnetic-element
insides are cooler than their surroundings at any geometrical height (panel 2), panel
3 shows that they already have higher temperature at τ = 1 compared with the
surrounding granules. This lateral temperature excess increases towards smaller τ
thanks to flatter dT/dτ temperature gradients (panel 3). Its weighting into the outer
tail of the intensity contribution functions causes enhanced brightness in magnetic
elements.

The flatter dT/dτ temperature gradients within magnetic elements also cause
flatter dn2/dτ population gradients (panel 6). One would expect correspondingly
higher formation and loss of brightness contrast, but the sensitivity of collisional
Hα broadening to the gas density compensates for these increases. The low density
inside magnetic elements reduces the broadening and with it the relative amount
of line extinction in the damping wings, increasing the Wilson depression between
outside and inside sampling. A test computation assuming height-independent wing
shape of an artificial line with similar height of formation indeed gave a decrease of
5–10% in the emergent intensity within the magnetic elements.

The remaining panels in the third column of Fig. 3.4 serve to evaluate the im-
portance of departures from LTE in Hα wing formation. Panels 7 and 8 show NLTE
population departure coefficients for the n = 2 and n = 3 lower and upper levels of
Hα. The lower-level values are everywhere near unity demonstrating that the line
opacity obeys LTE very closely.

The upper-level populations (panel 8) virtually equal the LTE value up to the
upper height of formation curve. Higher up this level becomes appreciably overpop-
ulated, probably due to radiative overionization in the Balmer continuum causing
closure recombination into the n = 3 level (cf. explanation in Rutten & Carlsson
(1994)). This overpopulation results in slight S > B source function excess within
the magnetic elements and above the granules, as shown in panel 9. The largest
S/B excesses occur at smaller optical depth for the magnetic elements than for the
granules.

Figure 3.5 shows the Hα wing intensities that result from 2D radiative transfer
computation for the simulation slice of Fig. 3.4. The upper panel is for monochromatic
computation at ∆λ = −0.08 nm. The solid curve represents the computed NLTE
intensities, the grey curves LTE intensities. The latter are everywhere smaller than
the NLTE values, but only marginally. The differences are largest for granules, in
which the S/B excesses in panel 9 of Fig. 3.4 occur at larger optical depth than in the
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Figure 3.5: Hαwing intensity computed from the 2D simulation in Fig. 3.4. Black solid curves:
NLTE. Grey curves: LTE. Top: monochromatic intensity at ∆λ = −0.08 nm from line center.
The dashed higher-value curve is for the background continuum intensity at Hα. Bottom:
computed intensity with spectral integration over the DOT Hα passband.

magnetic elements. However, they remain far smaller than the variations due to the
magnetic elements.

The dashed curve in the upper panel of Fig. 3.5 shows the emergent continuum
intensity. Its shape is roughly the reverse of the τcont = 1 curve in Fig. 3.4. The
magnetic elements are at most slightly brighter than the granules, in good agreement
with the red continuum image in Fig. 3.2. The Hα intensities are appreciably lower
everywhere, but much more so within granules: in Hα the magnetic elements gain
large excess brightness. Comparison with panel 1 of Fig. 3.4 shows that all strong-
field magnetic elements stand out through marked Hα-wing intensity increase.

The lower panel of Fig. 3.5 shows the computed NLTE and LTE intensities after
spectral integration over the DOT Hα filter passband. It shows similar behavior as
the monochromatic intensities in the upper panel. Thus, the simulation produces
Hα wing bright points at least qualitatively comparable to our observations. On
average, the spectrally integrated NLTE intensity is 7% brighter than for LTE due
to the S/B excesses shown in Fig. 3.4. The relative brightness increase from LTE
to NLTE is generally larger within the granules since their S/B excesses peak at
larger optical depth (panel 9 of Fig. 3.4). It is also larger within granules than for
the monochromatic case (upper panel) because addition of intensity closer to line
center implies contribution from higher layers, for which the corresponding mean
contribution curve in panel 9 of Fig. 3.4 cuts closer through the granular S/B peaks.



Bright points in the blue wing of Hα 33

Fi
gu

re
3.

6:
Il

lu
st

ra
ti

on
ex

pl
ai

ni
ng

th
e

di
ff

er
en

ce
be

tw
ee

n
H
α

an
d

C
a

II
H

w
in

g
fo

rm
at

io
n.

To
p

le
ft:

FA
LC

te
m

pe
ra

tu
re

(l
ef

th
an

d
sc

al
e,

so
lid

)
an

d
de

ns
it

y
(r

ig
ht

ha
nd

sc
al

e,
do

tt
ed

).
Bo

tt
om

le
ft:

nu
m

be
r

de
ns

it
y

of
th

e
lo

w
er

le
ve

l
of

th
e

lin
e

re
la

ti
ve

to
th

e
to

ta
l

nu
m

be
r

de
ns

it
y

of
th

e
at

om
ic

sp
ec

ie
s,

re
sp

ec
ti

ve
ly

fo
rH
α

(l
ef

th
an

d
sc

al
e,

so
lid

)a
nd

fo
rC

a
II

H
(r

ig
ht

ha
nd

sc
al

e,
do

tt
ed

).
To

p
ce

nt
er

:l
in

e
ce

nt
er

ex
ti

nc
ti

on
co

effi
ci

en
tf

or
H
α

(s
ol

id
)

an
d

C
a

II
H

(d
ot

te
d)

.
Bo

tt
om

ce
nt

er
:

lin
e

ce
nt

er
op

ti
ca

ld
ep

th
fo

r
H
α

(s
ol

id
)

an
d

C
a

II
H

(d
ot

te
d)

.
To

p
ri

gh
t:

in
te

ns
it

y
co

nt
ri

bu
ti

on
fu

nc
ti

on
fo

r
∆
λ
=

0
(s

ol
id

),
−

0.
03

8
(d

ot
te

d)
,a

nd
−

0.
08

4
nm

(d
as

he
d)

fr
om

lin
e

ce
nt

er
in

H
α

.
Sq

ua
re

s
in

di
ca

te
th

e
τ
=

1
he

ig
ht

.
Bo

tt
om

ri
gh

t:
th

e
sa

m
e

fo
r

C
a

II
H

,a
t
∆
λ
=

0
(s

ol
id

),
−

0.
02

4
(d

ot
te

d)
,a

nd
−

0.
11

6
nm

(d
as

he
d)

fr
om

lin
e

ce
nt

er
.



34 Chapter 3

3.3.2 Absence of reversed granulation

Solar images taken in the wings of Ca II H & K show reversed granulation, a pattern
comparable to the granulation seen in the continuum but with reversed brightness
modulation. It is also seen in the center panel of Fig. 3.1 due to the width of the
DOT Ca II H filter. It is primarily caused by convection flow reversals occurring
between 0.2 Mm and 0.6 Mm above continuum optical depth unity (Rutten et al.
2004a, Leenaarts & Wedemeyer-Böhm 2005).

In contrast, our Hα wing images show no reversed granulation (Fig. 3.1). The
explanation is that the large excitation energy (10.2 eV) of the n = 2 lower level
causes large temperature sensitivity of the line opacity. In Boltzmann equilibrium the
relative temperature sensitivity of the population density n of a level with excitation
energy ∆E and partition function Z is (dn/dT)/n = ∆E/kT2

− (1/Z) dZ/dT. The
population sensitivity to temperature therefore scales with the excitation energy, since
Z varies only slightly with temperature. Figure 3.6 illustrates the profound effect of
this large sensitivity by comparing the formation of Ca II H and Hα in the FALC
model of Fontenla et al. (1993). Its temperature and density stratifications are shown
in the first panel. The lower-left panel shows the fractional population nl/nelement of
the lower level of each line. Due to its temperature sensitivity the hydrogen n = 2
population drops dramatically around the temperature minimum. In contrast, the
lower level of Ca II H is almost insensitive to temperature through being the ground
state of the dominant calcium ionization stage. Only at chromospheric levels occurs
depopulation through Ca II ionization to Ca III.

The two center panels show the striking resulting Hα – Ca II H differences in
line-center extinction α and optical depth τ. Neglecting stimulated emission, the
first reflects the product of gas density (first panel) and fractional population; the
second the buildup of its inward integration. The Hα extinction shows a pronounced
minimum at the temperature minimum which produces a nearly flat plateau in its
optical depth buildup around z = 500 km. In contrast, Ca II H has almost linear
dependence between extinction and density and regular optical depth buildup.

The lack of optical depth buildup around the temperature minimum for Hα
translates into a lack of intensity contribution since the term d ln τ/dz vanishes in the
decomposition

I =
∫
∞

0
S e−τ dτ =

∫
∞

0
S τ e−τ

d ln τ
dz

dz (3.1)

introduced by Carlsson & Stein (1994, 1997). This lack of buildup explains the
large difference in atmospheric sampling by the Hα and Ca II H wings shown by
contribution functions in the rightmost panels of Fig. 3.6. The dotted curve for the
inner wing of Hα in the upper panel is doubly peaked, with an extended gap in
the temperature minimum region (cf. Schoolman (1972)). By judicious wavelength
choice one might shift the τ = 1 location marked by a rectangle to the temperature
minimum at h ≈ 500 km, but the source function at τ = 1 would not be at all
representative for the emergent intensity. The latter would instead sense and mix
the conditions in the two peaks, much lower and much higher in the atmosphere.
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Figure 3.7: Demonstration of the Hα opacity sensitivity to temperature with a hydrodynamic
granulation simulation. Left: emergent intensity in the blue Hα wing. The rms intensity
variation is 0.047. Right: emergent intensity in the wing of a fake Hα line at only 1 eV
excitation. The rms intensity variation is 0.144, much larger than at left.

When tuning the sampling wavelength from line center out through the blue or red
wing of Hα one suddenly drops in sensitivity from the high chromosphere to the low
photosphere.

In contrast, the Ca II H & K wings represent excellent diagnostics to scan smoothly
through the whole photosphere by tuning the passband (lower rightmost panel of
Fig. 3.6). The inner wings sampled by the DOT Ca II H filter originate in upper-
photosphere layers where convection reversal causes reversed granulation. The Hα
wing misses these layers altogether. However, the outer Hαwing provides relatively
narrow contribution functions to sample the low photosphere.

3.3.3 Small granulation contrast

Our blue-wing Hα images (e.g., the one in Fig. 3.1) show granulation but at very
low contrast due to multiple reasons. First: at red wavelengths the Planck function
temperature sensitivity is smaller than in the G band. Second: the wider point spread
function due to increased diffraction decreases the small-scale contrast. Third: the
granular velocity–intensity correlation contributes Doppler cancellation of the con-
trast in blueward line wings. Intergranular downflows Doppler-shift the blue wing
redward through the filter passband so that intergranular darkening is compensated
by deeper-down higher-temperature sampling. Similarly, granular upflows shift a
deeper part of the line into the blue-wing passband and so offset granular brightening
by higher-up lower-temperature sampling. This compensation works best in lines
with steep wings, for example the Ba II 455.4 nm line illustrated in Fig. 6 of Sütterlin
et al. (2001), and so has much larger effect in the Hα wings than in the extended
wings of H & K (where it reverses sign with the granulation).

A fourth effect elaborated here is decreased brightness response to temperature
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due to the large Hα opacity sensitivity to temperature. Spectral features that are
formed in LTE without such sensitivity, such as the wings of Ca II H & K, brighten
through source function increase where or when the temperature in the line-forming
region increases. For high-excitation lines the opacity increase produced by temper-
ature increase leads to higher-up line formation. When the temperature decreases
outward, as is normally the case in the photosphere, the higher-up sampling implies
darkening which offsets the local source function increase. A cartoon illustration of
this compensation is given in Fig. 4 of Leenaarts et al. (2005). A model illustration is
given here in Fig. 3.7. It compares LTE intensities in the Hα wing computed from a
granulation simulation with those computed using a fake Hα line having the same
opacity but with its lower level at only 1 eV instead of 10.2 eV. The snapshot was
taken from the radiation-hydrodynamics granulation simulation by Wedemeyer et al.
(2004). The rms intensity variation in the lefthand granulation scene is much smaller
than at right.

3.3.4 Bright points in the 3D LTE simulation

Our finding in Sect. 3.3.1 that LTE formation is a good assumption for the Hα wing
in the photosphere allows us to compute emergent wing intensities from the full 3D
MHD simulation snapshot. The results are shown in Fig. 3.8.

The first panel shows the emergent intensity in the Hα wing after spectral appli-
cation of the DOT filter transmission. The top right panel shows the magnetic field
strength at the surface. The brightest features in the computed Hα scene correspond
to magnetic field strengths above 1 kG.

The lower panels show the simulated Hαwing and red continuum scenes convo-
luted with a point spread function corresponding to the DOT diameter of 45 cm. In
addition, for the artificial Hα image the brightness scale was clipped to cover similar
range as the real DOT Hα image in Fig. 3.2. It looks much like the latter, showing
low-contrast granulation, barely visible intergranular lanes, and magnetic elements
in chains of roundish brightness enhancements. The artificial red-continuum image
in the lower-right panel shows the same morphology but with the magnetic elements
about as bright as the granules, also in good agreement with the corresponding DOT
image in Fig. 3.2.

Figure 3.9 compares observed and computed Hαprofiles and brightness contrasts,
with spatial separation of bright points and granulation. Emergent-intensity Hα
profiles were computed along each column of the 3D simulation assuming LTE. The
spatial separation was obtained by applying a brightness mask to the artificial Hα
wing image at lower left in Fig. 3.8, labeling every pixel that has I/〈I〉 ≥ 1.12 as
belonging to a bright point, and defining all other pixels to represent granulation.
This threshold is the 3σ level of the rms intensity variation in all Hα wing images in
our DOT sequence.

The upper panel of Fig. 3.9 shows emergent Hα profiles spatially averaged over
the whole simulation snapshot and spatially averaged over the magnetic elements
alone. For comparison, the solar disk-center profile from the NSO Fourier Trans-
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Figure 3.8: Results from the 3D MHD simulation. Top left: computed intensity in the Hαwing.
Top right: magnitude of the vector magnetic field at τ500 = 1. The grey scale ranges from
0.002 kG to 1.929 kG. The white contours are at 1 kG. Bottom left: simulated DOT Hα wing
image, obtained by convoluting the computed intensity pattern with the Airy point-spread
function corresponding to 45-cm aperture diameter. The grey scale was set to the same range
as the Hα image in Fig. 3.2. Bottom right: similar simulated DOT image but for the continuum
at 650 nm and grey-scaled to its dynamic range.

form Spectrometer atlas produced by J.W. Brault and calibrated by Neckel & Labs
(1984) is overlaid. The graph shows excellent agreement between the NSO atlas and
the simulated full-field average along the extended blue wing. However, in the in-
ner wing the simulation produces slightly higher intensity, contrary to the expected
NLTE correction indicated by Fig. 3.5. This excess is not caused by the relatively large
number of bright points in the simulation since the profile that results from spatial
averaging over the granules alone differs only marginally from the full-field aver-
age. We suspect that the computed inner-wing excess is due to the neglect of dark
structures in the high layers sampled by the outer Hα formation peak that are not
accounted for in the 3D simulation. Hα line-center movies, including the one sam-
pled in Fig. 3.1, indicate that the upper peak samples low-intensity chromospheric
mottles and fibrils nearly everywhere, often with large Dopplershifts. Some of these
contribute considerable darkness in the blue wing, especially near network (Fig. 3.1).

The dash-dotted upper curve in the upper panel of Figure 3.9 holds for the spatial
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Figure 3.9: Top: Hα spectra. Solid grey: solar atlas profile. Dotted: spatially averaged
spectrum from the 3D LTE simulation. Dash-dotted: average bright-point spectrum from the
simulation. The narrow Gaussian shows the location and shape of the Hα filter passband used
in our Hα wing observations. Bottom: Average bright-point intensity divided by the average
granule intensity, versus wavelength. Solid: unsmeared simulation. Dotted: simulation
after convolution with the DOT-diameter Airy function. The asterisk specifies the observed
contrast.

average over the computed bright points. Note that it is appreciably higher than the
full-field average throughout the whole line profile, even though the magnetic ele-
ments in Fig. 3.4 are at all heights cooler than their surroundings at equal geometrical
height and the 3D simulation has no chromosphere. This once again illustrates that
excess brightness originating in the upper photosphere does not necessarily imply
magnetomechanical heating (cf. the similar conclusion from Ca II H spectrometry in
Sheminova et al. (2005)).

The lower panel of Fig. 3.9 shows two curves specifying the ratio of the average
bright point intensity to the average granule intensity against wavelength, one for
the full-resolution simulation scene (upper curve) and one for the DOT-like spatially
smeared simulation scene. The latter has lower contrast, as expected. The sharp drop
in the contrast curves lies slightly to the red of 656.2 nm where the corresponding
τ = 1 height jumps abruptly from the deep photosphere to higher layers (Fig. 3.6). In
the simulation these have small lateral temperature variation. In reality, τ = 1 lies in
the mottled chromosphere where LTE computation and the simulation are certainly
invalid.

Finally, we compare the average brightness of the Hα bright points in the obser-
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vations with the simulation curves. Applying the brightness mask to the observed
image sequence and to the smeared passband-integrated Hαwing simulation deliv-
ers 〈Ibp〉/〈IFOV〉 = 1.19 for the observations and 〈Ibp〉/〈IFOV〉 = 1.15 for the simulation.
The observed value is shown by the asterisk in Fig. 3.9 and indeed lies above the peak
in the dotted simulation curve. Thus, the LTE simulation produces smaller bright
point contrast than is actually observed. The differences between the NLTE and LTE
curves in the lower panel of Fig. 3.5 indicate that departures from LTE reduce the
computed contrast and so increase the discrepancy. In addition, proper accounting
for the broad scattering wings of the point-spread function which are not present in
our Airy-function simulation smearing is likely to increase the discrepancy further.

3.4 Discussion

As noted above we are not the first to describe bright points in the wing of Hα. The
often reprinted “filigree” image from the Sacramento Peak Vacuum Tower Telescope
in Fig. 1 of Dunn & Zirker (1973) has an Hα panel at ∆λ = −7/8 Å that shows them
particularly well. But it was a surprise how much promise they possess as a diagnostic
to locate intermittent magnetic elements and track these with time (Fig. 3.3). They are
less sharp than G-band bright points but they show the same morphology with much
better contrast over their surroundings. On the other hand, they are sharper than Ca II
H & K line-center bright points, and they do not suffer from the contamination by
reversed granulation that affects the H & K wings nor from bright-point morphology
change as in the H & K cores (Fig. 3.2).

Similarly to G-band bright points which are exceptionally bright through the ad-
dition of CH opacity and from partial CH destruction in magnetic elements (Carlsson
et al. (2004)), Hα-wing bright points are exceptionally bright through the addition of
Balmer-line opacity and the reduction of collisional damping in magnetic elements.
The particular flatness of the granular background pattern in the blue Hα wing de-
rives from Doppler cancellation and large lower-level excitation energy (Figs. 3.6 and
3.7).

Our 3D LTE simulation reproduces the Hαwing bright points quite well (Fig. 3.8)
but does not fully match their average brightness contrast (Fig. 3.9). Our 2D NLTE
simulation indicates that departures from LTE worsen this discrepancy (Fig. 3.5). An
obvious speculation is to attribute the deficit to absence of chromospheric heating
in our modeling. The Ca II H & K lines display similarly raised wings from photo-
spheric Wilson-depression sampling of magnetic elements that are cooler than their
surroundings, but they also display high emission peaks in their line cores above
magnetic elements that must be attributed to magnetomechanical heating (cf. Shemi-
nova et al. (2005)). The Hα case differs. A chromospheric component would likely be
formed at similar height as the Ca II H & K peaks, in fact with less contribution from
the upper photosphere (Fig. 3.6). For such chromospheric formation the spatial mor-
phology would differ because magnetic elements are not ramrod straight. However,
the Hα bright-point morphology in Fig. 3.2 tracks the G-band morphology closely,
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whereas the Ca II H bright point morphology differs appreciably. This difference in-
dicates that Hα bright points at ∆λ = −0.08 nm from line center are predominantly
photospheric. Closer to line center they are likely to be obscured by overlying chro-
mospheric structures. The bright points at the mottle foots in the line-center image
in Fig. 3.1 indeed differ yet more from the G-band bright point morphology than the
Ca II H bright points (cf. Rutten (2006)).

Are their other spectral features that may be similarly useful? In principle one
searches for considerable photospheric line opacity which partially vanishes in low-
density fluxtubes through e.g., atomic ionization, molecular dissociation, or profile
narrowing in damping wings. The Mg I b1 wing was presented already by Beckers
(1976) as a good filigree diagnostic. High excitation helps by flattening the granular
background contrast, as explained in Fig. 3.6. Steep line wings (on the blue side)
additionally loose granular contrast through Doppler cancellation, as in Ba II 455.4 nm
(Sütterlin et al. (2001)). The CN band shortward of 388.34 nm was presented as a
promising alternative to the G band by Rutten et al. (2001) and more recently by
Zakharov et al. (2005). However, the latter’s specification implies that their passband
hardly reached the CN bandhead and was dominated instead by the blue wing of
Hζ (upper level n = 8) plus some Fe I lines. Their reported bright-point contrast was
therefore not due to CN, but may be due to Hζ wing formation akin to Hα wing
formation. The same point is made in the recent study of Uitenbroek & Tritschler
(2006) who used the same snapshot of the MHD simulation used here to predict
bright point brightnesses in the CN band. They conclude that the CN contrast is
unlikely to be markedly better than in the G band.

We suggest that another promising spectral feature is the blue wing of Hβ at
486.1 nm. It should produce bright points in similar fashion to Hα while offering
larger Planck function contrast and sharper imaging from smaller diffraction. The
Irkutsk Lyot filter described by Sütterlin et al. (2001) can be tuned to Hβ and is being
installed on the DOT. We aim to present simulated Hβ bright-point formation in
another paper.
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Abstract Aims: We test various proxy-magnetometry diagnostics, i.e., brightness
signatures of small-scale magnetic elements, for studying magnetic field structures
in the solar photosphere. Methods: Images are numerically synthesized from a
3D solar magneto-convection simulation for, respectively, the G band at 430.5 nm,
the CN band at 388.3 nm, and the blue wings of the Hα, Hβ, Ca II H, and Ca II
854.2 nm lines. Results: Both visual comparison and scatter diagrams of the computed
intensity versus the magnetic field strength show that, in particular for somewhat
spatially extended magnetic elements, the blue Hα wing presents the best proxy-
magnetometry diagnostic, followed by the blue wing of Hβ. The latter yields higher
diffraction-limit resolution. Conclusions: We recommend using the blue Hα wing to
locate and track small-scale photospheric magnetic elements through their brightness
appearance.

4.1 Introduction

Small bright features that appear within intergranular lanes on solar photospheric
filtergrams taken in the G band of CH lines at 430.5 nm are habitually used as proxy
diagnostics to study small-scale magnetic structure (e.g., Muller & Roudier (1984),
Berger & Title (2001), Berger et al. (2004)). Such “G-band bright points” have been
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faithfully reproduced through spectral synthesis applied to 3D magneto-convection
simulations of the solar photosphere, at disk center by Schüssler et al. (2003) and
Shelyag et al. (2004), and also towards the solar limb by Carlsson et al. (2004). Pho-
tospheric magnetic elements appear as bright points also in the wings of strong lines
including Ca II H & K, the Ca II infrared triplet, the Mg I b triplet, and the hydrogen
Balmer lines. The CN band at 388.3 nm shows them also (Rutten et al. 2001), accord-
ing to Zakharov et al. (2005) even at appreciably higher contrast than the G band
but Uitenbroek & Tritschler (2006) attribute this difference instead to the erroneous
inclusion of the Hζ line in the filter passband of Zakharov et al. (2005).

In Leenaarts et al. (2006, henceforth Paper I) we compared bright-point visibility
in the G band and the blue wing of Hα using Dutch Open Telescope images. We
found that bright points may appear prominently in the Hα wing even when their
G-band counterparts are only intermittently present or fully absent. Synthetic Hα
images computed from a magneto-convection simulation showed good qualitative
agreement with these observations, although not fully matching the observed Hα
bright-point contrast. Further analysis demonstrated how magnetic-element bright-
ness enhancement, low granulation contrast, and absence of granular brightness
reversal combine to make magnetic elements stand out clearly in this diagnostic.

The Hβ line has similar formation characteristics as Hα while its shorter wave-
length (486.1 nm versus 656.3 nm for Hα) yields better angular resolution at the
telescopic diffraction limit. This motivates the test of Hβ as proxy-magnetometer re-
ported here, performed through image synthesis from a numerical simulation. We ex-
tend this appraisal of bright-point response to the wings of Ca II H and Ca II 854.2 nm,
selecting the wavelengths shown in Fig. 4.1. The extended Ca II H & K wings merit
testing since they provide well-spaced sampling throughout the photosphere (Shemi-
nova et al. 2005). Ca II 854.2 shows Hα-like mottles at line center and bright points in
its wings, for example in IBIS narrow-band imagery1, making direct comparison with
Hα of interest. We add Hα, G-band and CN-band image synthesis for comparison.

4.2 Methods

We use the same snapshot from a three-dimensional magneto-hydrodynamical con-
vection simulation by Stein & Nordlund (1998) used by also by Carlsson et al. (2004),
Uitenbroek & Tritschler (2006), and in Paper I. The simulation included LTE ioniza-
tion and non-grey LTE radiative transfer. It was started with a homogeneous vertical
magnetic field of 250 G. The snapshot used here resulted after considerable evolu-
tion in which the field was swept into intergranular concentrations. The simulation
snapshot has an horizontal extent of 6 × 6 Mm and ranges in height from 2.5 Mm
below to 0.5 Mm above mean optical depth 〈τ500〉 = 1. Figure 4.2 shows the magni-
tude of the magnetic field at the local τ500 = 1 surface. The field has ribbon-shaped
kilo-Gauss concentrations along edges of mesogranules and strengths of order 30 G
within granular interiors. The right-hand panel results from applying a binary mask

1http://www.arcetri.astro.it/science/solare/IBIS/ibis.gallery.html

http://www.arcetri.astro.it/science/solare/IBIS/ibis.gallery.html
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Figure 4.1: Spatially averaged disk-center intensity profiles from the NSO Fourier Transform
Spectrometer atlas calibrated by Neckel & Labs (1984). Upper panel: blue wing of Ca II H.
The two asterisks mark the wavelengths used for image synthesis. Middle panel: Hβ, with the
transmission function used for image synthesis. Lower panel: Ca II 854.2. The asterisk marks
the synthesis wavelength.

passing all pixels with |B| > 1 kG (white). We call these locations magnetic elements,
and refer to the mask complement (black) as granulation.

We perform 3D LTE radiative transfer calculations on this simulation cube using
the RH code of Uitenbroek (2001) to synthesize disk-center intensity images in the
inner and outer blue wing of Ca II H (at ∆λ = −0.11 nm and −0.36 nm), the blue
wing of Ca II 854.2 (∆λ = −0.09 nm) and the blue wing of Hβ (∆λ = −0.06 nm).
The Ca II H and Ca II 854.2 images were computed for a single wavelength, the Hβ
image was synthesized by spectral integration over a Gaussian passband of 0.009 nm
FWHM. Figure 4.1 shows these spectral selections. They are free of blends.

The validity of LTE was confirmed for the Hβ wing through detailed 2D NLTE
computation as in Paper I. The validity of LTE for the Ca II lines has not been tested,
but in the FAL-C model of Fontenla et al. (1993) both lines form very close to LTE at
the wing wavelengths used here, suggesting that LTE is also a good approximation
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Figure 4.2: Left: map of the absolute field strength at τ500 = 1. Right: mask showing all
locations in the 3D simulation with absolute magnetic field strength at τ500 = 1 exceeding
1 kG.

for our simulation cube.
We also employ synthetic CN-band and G-band images computed by Uitenbroek

& Tritschler (2006) from the same simulation cube through spectrally integrating the
emergent intensity over 1 nm FWHM generalized Lorentzian passbands centered at
the respective bandheads, and a synthetic Hα-wing image from Paper I for a 0.025 nm
FWHM Gaussian passband centered at ∆λ = −0.08 nm from line center. These
different diagnostics all form approximately 100 km higher than the local continuum
(Uitenbroek & Tritschler 2006, Leenaarts et al. 2006), except for the inner Ca II H
wing which originates about 250 km above 〈τ500〉 = 1 (Leenaarts & Wedemeyer-
Böhm 2005).

4.3 Results

Figure 4.3 shows the computed synthetic intensity images ordered in wavelength
from top to bottom. The columns contain different image displays: without spa-
tial degradation (left), convoluted with an Airy function corresponding to a 1 m
telescope aperture (center), and difference images (right). The latter are obtained
as Idiff = I/〈I〉 − C Icont/〈Icont〉 by subtracting images synthesized with 1-m smearing
at a nearby continuum wavelength from the smeared image in the center column
applying empirically determined factors C following e.g., Berger et al. (1998). The
continua used in these subtractions are at 388.3 nm for the CN band (C = 0.7) and
the outer Ca II H wing (C = 0.5), 430.5 nm for the G band (C = 0.65), 500 nm for Hβ
(C = 0.35), and 654 nm for Hα (C = 0.2) and Ca II 854.2 (C = 0.4). Figure 4.3 has no
difference panel for the inner Ca II H wing because it shows reversed instead of nor-
mal granulation so that subtraction does not help. The upper number in the upper-left
corner of each panel is the relative RMS intensity variation

√∑
n(I − 〈I〉)2/〈I〉2/n of

the granulation alone. The lower number specifies the average contrast of the bright
points over the granulation defined as 〈IBP〉/〈IGR〉 − 1.
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Figure 4.3: Synthetic images for different spectral diagnostics identified per row at the right.
The CN-band and G-band images are taken from Uitenbroek & Tritschler (2006). All images
are grey-scaled to maximum display contrast. The RMS intensity variation of the granulation
(upper number) and the mean intensity excess of the bright points over the granulation (lower
number) is indicated in each upper-left corner. Left: no spatial smearing. Middle: smeared
with an Airy function corresponding to 1-m aperture. Right: image constructed by subtracting
a scaled synthetic continuum image from the one in the center column.
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Figure 4.4: Scatter diagrams of normalized intensity I/〈I〉 versus magnetic field strength
at τ500 = 1 per pixel. To avoid plot overcrowding an inverted logarithmic grayscale is
used, i.e., black areas have the highest point density. Left: intensity for 1 m aperture. Right:
difference image. The curves indicate the normalized intensity distribution function for the
corresponding image on a logarithmic scale shown at the top. Black: all pixels. Blue: pixels
with |B|τ500=1 < 1 kG. Red: with |B|τ500=1 > 1 kG.
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Figure 4.5: Intensity and difference images for the Hαwing, convoluted with an Airy function
corresponding to the Solar-B aperture of 50 cm. Left: Hα wing intensity. Right: Hα wing
minus continuum. The RMS intensity variation of the granulation (upper number) and the
mean intensity excess of the bright points over the granulation (lower number) is indicated in
each upper-left corner.

Visual inspection of the images and comparison with Fig. 4.2 shows that the Hα
wing is the best diagnostic to identify magnetic elements, in particular less compact
ones. Its low granular intensity modulation makes the bright points stand out even
though their contrast over the granulation is rather small. The next best is the Hβ
wing. In the G band and the CN band the more extended field concentrations are not
brighter than the granulation, for example at (x, y) = (5, 0.5) and (4.5, 5.5) (cf. Fig. 8
and the discussion thereof in Berger et al. (2004)). The outer Ca II H wing shows
a scene somewhat between the molecular bands and Hβ, with compact magnetic
elements appearing bright and the more extended elements only slightly brighter
than granules. The bright points in the inner Ca II H wing are more diffuse and have
different morphology than in the other diagnostics.

All diagnostics perform better in the difference images in the third column of
Fig. 4.3, but also in these the G band, CN band and outer Ca II H wing perform
worse than the Balmer wings. In Hβ the magnetic areas appear almost the same
as in Hα but sharper, whereas the Ca II 854.2 wing suffers from lower resolution
than Hα. Note that all difference images show a Y-shaped brightness structure
centered at (x, y) = (1, 2) which results at least partially not from magnetism but from
the combination of a dark granular lane in the continua and reversed-granulation
brightening at larger height.

Figure 4.4 shows scatter diagrams of normalized intensity against magnetic field
strength per smeared-image pixel. The first column shows these for the images in the
center column of Fig. 4.3. All diagnostics show a large cluster of pixels at near-zero
field strength, caused by the granulation. There is a second cluster at high field
strengths, caused by the magnetic elements. The higher the intensity of the second
cluster is raised above the granulation, the better is the corresponding diagnostic as
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a proxy magnetometer. This means in terms of intensity distribution functions (DF)
that the more the low B DF (blue) is separated from the high B DF (red), the better is the
corresponding diagnostic as a proxy-magnetometer. Hα performs best in this regard.
The diagrams in the second column show that subtracting continuum images greatly
improves the bright-point visibility, raising the strong-field-pixel cluster above the
granulation also for the outer Ca II H, Hβ, and Ca II 854.2 wings.

4.4 Discussion and conclusion

We conclude that the blue wing of Hα provides the best magnetic-element visibility.
Second best is the blue wing of Hβ which offers, especially in the difference image,
similar bright-point visibility at higher resolution. The other diagnostics suffer from
lower resolution (Ca II 854.2), contamination with reversed granulation (inner Ca II H
wing), or lack of enhancement in extended field concentrations (G band, CN band,
outer Ca II H wing).

The reasons why the blue Hα wing performs so well were analyzed in detail in
Paper I. They are a combination of low Planck function sensitivity to temperature,
steep-wing Doppler compensation of granular temperature contrast, a deep opac-
ity gap in the upper photosphere due to high excitation energy, small brightness
response to temperature increase through concomitant opacity increase, and reduc-
tion of collisional broadening within magnetic elements. These factors combine to
brighten magnetic elements against a very “flat” non-reversed granular background
in Hα. The same effects (except the first) apply also to Hβ.

In hindsight, the absence of reversed granulation in Hβwas already described by
Evans & Catalano (1972) as absence of “oddities” affecting the Ca II H & K and Mg I b
wings. They regarded Hβ as non-peculiar, but in fact reversed granulation results
naturally from convection into a radiative overshoot layer (Leenaarts & Wedemeyer-
Böhm 2005); its absence in the Balmer lines is peculiar. At the time, Thomas (1972)
offered a complex NLTE interpretation in an accompanying note, but the actual
explanation (given in Paper I) is simple and does not involve NLTE.

The Balmer line wings have the drawback of requiring narrower spectral pass-
band than the molecular bands. They are also more susceptible to showing overlying
chromospheric mottles than the molecular bands and the wings of H & K. Neverthe-
less, the blue Hα wing turns out the best proxy-magnetometer to locate and track
spatially extended magnetic elements. We so champion this “chromospheric” line
as photospheric diagnostic. Figure 4.5 shows synthetic Hα images at the resolution
of the 50-cm Solar-B telescope. It will be of interest to compare Solar-B tunable-filter
imaging in the wing of Hα with Solar-B scanning magnetometry. The first may
complement the second as high-cadence full-field diagnostic.



Chapter 5
Time-dependent hydrogen
ionisation in 3D simulations of
the solar chromosphere.
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Abstract context: The hydrogen ionisation degree deviates substantially from sta-
tistical equilibrium under the conditions of the solar chromosphere. A realistic
description of this atmospheric layer thus must account for time-dependent non-
equilibrium effects. aims: Advancing the realism of numerical simulations of the
solar chromosphere by improved numerical treatment of the relevant physics will
provide more realistic models that are essential for interpretation of existing and fu-
ture observations. methods: An approximate method for solving the rate equations for
the hydrogen populations was extended and implemented in the three-dimensional
radiation (magneto-)hydrodynamics code CO5BOLD. The method is based on a
model atom with six energy levels and fixed radiative rates. It has been tested ex-
tensively in one-dimensional simulations. The extended method has been used to
create a three-dimensional model that extends from the upper convection zone to
the chromosphere. results: The ionisation degree of hydrogen in our time-dependent
simulation is comparable to the corresponding equilibrium value up to 500 km above
optical depth unity. Above this height, the non-equilibrium ionisation degree is fairly
constant over time and space, and tends to be at a value set by hot propagating shock
waves. The hydrogen level populations and electron density are much more constant
than the corresponding values for statistical equilibrium, too. In contrast, the equi-
librium ionisation degree varies by more than 20 orders of magnitude between hot,
shocked regions and cool, non-shocked regions. conclusions: The simulation shows
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for the first time in 3D that the chromospheric hydrogen ionisation degree and elec-
tron density cannot be calculated in equilibrium. Our simulation can provide realistic
values of those quantities for detailed radiative transfer computations.

5.1 Introduction

Hydrogen is the most abundant constituent of the solar gas and the major electron
donor in the solar chromosphere. The assumption of local thermal equilibrium (LTE)
for hydrogen atoms is not valid in the chromosphere because the radiative transitions
rates dominate over the collisional rates. Even the assumption of instantaneous
statistical equilibrium, where the level populations of each species at all times are
in equilibrium as determined by the local thermodynamic state and the non-local
radiation field, is not valid in the dynamical chromosphere. The timescale on which
the hydrogen level populations adjust to changes in the atmosphere (which is set by
the transition rates between levels) is too long compared to the timescale on which
the atmosphere changes. In order to properly model this behaviour one has to solve
the rate equations for the populations of all relevant energy levels. We henceforth
refer to this approach as time-dependent non-LTE modelling (TD-NLTE).

Kneer (1980) showed that the relaxation timescale for the ionisation of hydrogen
varies from 100 s to 1000 s in the middle to upper chromosphere. In the nineties,
time-dependent hydrogen ionisation was first implemented in one-dimensional (1D)
hydrodynamics simulations of the solar chromosphere and corona (Carlsson & Stein
1992, Hansteen 1993, Carlsson & Stein 2002). Carlsson & Stein (2002, hereafter
CS2002) gave a detailed analysis of dynamic hydrogen ionisation in 1D, where they
included a transition region and a corona in their model. More recently, Rammacher
& Ulmschneider (2003) also implemented a time-dependent treatment of magnesium
in a 1D simulation.

The next step is obviously the inclusion of time-dependent hydrogen ionisation
into 2D and 3D simulations. For reasons of numerical stability and current computer
limitations, a full time-dependent NLTE treatment of hydrogen in the solar atmo-
sphere is not yet possible in two- and three-dimensional models. In the 1D case a
simplified treatment using fixed radiative rates gives a good approximation to the full
solution (Sollum 1999). In this paper, we report on the implementation of this method
in the 2D/3D radiation hydrodynamics code CO5BOLD code (Freytag et al. 2002). It
yields electron densities that are more realistic than in the original simulation, assum-
ing LTE. The electron densities can now directly be used for a more realistic synthesis
of chromospheric spectral lines and continua, producing much more reliable results
compared to earlier calculations based on instantaneous statistical equilibrium.

We give details on hydrogen ionisation in Sect. 5.2 and the numerical method in
Sect. 5.3. The results of our numerical simulation are described in Sect. 5.4 and finally
discussed in Sect. 5.5.
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5.2 Hydrogen ionisation in the solar chromosphere

In this section we recapitulate the details of chromospheric hydrogen ionisation as
found by CS2002.

Statistical equilibrium does not hold under chromospheric conditions because
the dynamical time scale of the chromosphere is much shorter than the relaxation
timescale of hydrogen level populations. The timescale in cool inter-shock regions
was found to be of the order of 104 s. Within shocks the relaxation timescale is
typically 50 s, owing to the higher temperatures and densities. This is still sufficiently
long to prevent equilibration of the hydrogen populations within a shock. Thus, the
time-dependent rate equations need to be solved to obtain the correct hydrogen level
populations. Up to just below the transition region Lyman α may be regarded as
being in detailed balance for all practical purposes. Lyman continuum ionisation is
negligible. To quote CS2002 literally: “the dominant hydrogen ionization process is
photoionization from the second level [. . . ]. There is a very rapid equilibration of
the second and all higher levels with the continuum, with a slow collisional leakage
of electrons from the ground state to the second level or visa versa, depending on
whether hydrogen is ionizing or recombining.” Because the ionisation in shocks is
much faster than the post-shock recombination, the ionisation degree and electron
density tend to represent their shock value, also in the low temperature inter-shock
regions.

5.3 Method

5.3.1 The approximate hydrogen radiative transport

The full time-dependent NLTE radiation transport problem is as yet unsolvable in a
3D (M-)HD code. The demands on memory and processor time are very high, and
the currently employed solution methods are not stable enough to handle strong
shock waves in a 3D dynamical code. Simplifications are needed in order to com-
pute the non-equilibrium hydrogen ionisation. We therefore adopt the concept of
fixed radiative rates in order to avoid computationally expensive lambda iteration for
evaluation of mean intensities. The new level populations can be computed from the
local gas density and temperature, the imposed radiation field, and the level popu-
lations and electron densities from the previous time step. We so follow the example
of Sollum (1999) who showed that a simplified treatment of the radiative transport
in hydrogen transitions, using fixed radiative rates, gives reasonably accurate results
when compared with both static and dynamical calculations in 1D. He compared
the full and simplified treatment both in the static case of the VAL3C atmosphere
(Vernazza et al. 1981), and in dynamical simulations with the 1D radiation hydrody-
namics code RADYN (Carlsson & Stein 1992). He found that up to log τ500 = −5.6
the differences in the hydrogen level populations between the full and the simplified
treatment were at most a few percent. Above this height (just below the transition
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Figure 5.1: Time evolution of the ionisation degree F in a column of the simulation for the first
30 min of the simulation. Upper panel: LTE. Lower panel: TD-NLTE. The TD-NLTE simulation
was started with LTE populations. The chromosphere shows large temporal variation in
ionisation degree in the LTE case. The ionisation degree in the TD-NLTE case is relatively
constant after the first 5 min, when the first few shocks have passed.

region in his model) large deviations occur because of the neglect of Lyman transi-
tions in the simplified treatment. Below we will briefly outline his method and our
extensions for 2D and 3D simulations. See Sollum (1999) for more details.

5.3.1.1 Radiation field

We assume that the radiation field in each transition, both bound-bound and bound-
free, can be described by a formal radiation temperature Trad so that the angle-
averaged intensity Jν at frequency ν is given by

Jν =
2hν3

c2

1
ehv/kTrad − 1

, (5.1)

where h, c, and k are Planck’s constant, the speed of light, and Boltzmann’s constant.
The radiation temperature Trad is different for each transition but independent of
frequency within a particular transition. However, Trad is allowed to vary over
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Figure 5.2: Horizontal slices through a simulation snapshot at t = 60 min. Columns from left
to right: gas temperature, logarithm of the mass density fluctuations log(ρ/〈ρ〉), LTE ionisation
degree and TD-NLTE ionisation degree F. Top row: z = 0.5 Mm; middle row: z = 1 Mm;
bottom row: z = 1.5 Mm. The LTE and TD-NLTE ionisation degree panels have the same
color scale, which has been clipped at log F = −10. The black line indicates the position of the
vertical cuts of Figs. 5.3 and 5.4.

position and time. Its value is determined as follows: for each transition the radiation
temperature at the upper boundary of the model atmosphere Ttop

rad is given as input, as
derived by Sollum’s detailed 1D study. Then for each time step and each horizontal
position we compute zcrit(x, y), the smallest height for which

Jν0 (Te) = 2Jν0 (Ttop
rad). (5.2)

Here Te is the local gas temperature and ν0 the line centre frequency in the case
of bound-bound transition and the ionisation threshold frequency in the case of
bound-free transitions. Below this height we set Trad = Te, i.e., we set the radiation
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temperature equal to the local gas temperature. Above this height, we set

Jν(z) = Bν(T
top
rad) + [Bν(Te(zcrit)) − Bν(T

top
rad)]

(
mc(z)

mc(zcrit)

)H

. (5.3)

Here mc(z) is the column mass at height z and H is a free parameter that was deter-
mined by Sollum. This means we have a decay of Jν as a function of column mass.
From this Jν(z) we calculate Trad(z) for z > zcrit.

This procedure ensures the radiation temperature connects smoothly to the gas
temperature in each column at zcrit. There may be strong horizontal gradients in
the radiation temperature around this height if the gas temperature shows strong
horizontal gradients as well. The most important radiative transition for hydrogen
ionisation in the chromosphere is the Balmer continuum. In this transition the radia-
tion temperature ranges from 6250 K at zcrit to 5237 K at the top of the computational
domain.

5.3.1.2 Radiative bound-bound rate coefficients

We restate the derivation of the radiative rate coefficients by Sollum (1999).
For lines, the assumption of a narrow line (Jν/ν is constant over the line profile)

gives the following expression for the radiative excitation rate coefficient:

Rlu = 4π
∫
∞

0

σlu(ν)
hν

Jν dν (5.4)

= Blu Jνo (5.5)

=
4π2e2

hν0mec
flu

2hν3
0

c2

1
ehν0/kTrad − 1

. (5.6)

Here σlu(ν) is the absorption cross section at frequency ν, Blu is the Einstein coefficient
for radiative excitation, Jν0 is the angle-averaged radiation field at the line centre
frequency ν0, and flu is the oscillator strength. In addition we used the relation∫

∞

0
σlu(ν) dν =

hν0

4π
Blu =

πe2

mec
flu. (5.7)

The bound-bound radiative deexcitation rate coefficient is
Rul = Aul + Bul Jνo (5.8)

=
gl

gu
ehν0/kTrad Rlu. (5.9)

where gl and gu are the statistical weights of the lower and upper level and Aul and
Bul are the Einstein coefficients for spontaneous and stimulated deexcitation.

5.3.1.3 Radiative bound-free rate coefficients

The hydrogen bound-free excitations have a Kramers absorption cross section

σic(ν) = α0

(
ν0

ν

)3
, ν > ν0, (5.10)
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where α0 is the absorption cross-section at the ionisation edge frequency ν0 = (Ec −

Ei)/h, where Ec and Ei are the energy of the continuum and the bound level. In this
case the radiative excitation rate coefficient can be written as

Ric = 4π
∫
∞

ν0

σic(ν)
hν

Jν dν (5.11)

=
8π
c2 α0ν

3
0

∫
∞

ν0

1
ν

1
ehν0/kTrad − 1

dν (5.12)

=
8π
c2 α0ν

3
0

∞∑
n=1

E1

[
n

hν0

kTrad

]
, (5.13)

where E1 is the first exponential integral and Jν = Bν(Trad). The bound-free radiative
deexcitation rate coefficient is

Rci =
8π
c2 α0ν

3
0

[ ni

nc

]
LTE

∫
∞

ν0

σic(ν)
hν

(
2hν3

c2 + Jν

)
e−hν/kTe dν. (5.14)

Using the Kramers cross-section and the radiation temperature this can be written as

Rci =
8π
c2 α0ν

3
0

[ ni

nc

]
LTE

∞∑
n=0

E1

[(
n

Te

Trad
+ 1

) hν0

kTe

]
. (5.15)

Here ni, nc, and Te are the population of the lower level, the population of the
continuum, and the local kinetic temperature, respectively.

5.3.1.4 Collisional rate coefficients

We take the collisional rate coefficients Ci j from Johnson (1972), who provides ap-
proximate cross sections for collisions of hydrogen with electrons.

5.3.1.5 Electron densities

As hydrogen is the most abundant element in the solar gas, ionisation of hydrogen
severely affects the electron densities, which in turn enter into the collisional rate
coefficients. LTE electron densities are a poor choice at chromospheric heights.
Hence, we adopt a hybrid between LTE and TD-NLTE electron densities. The solution
of the rate equations in our TD-NLTE approach provides the population density of
the continuum level H  that is at the same time the contribution of hydrogen to
the electron number density. To this we add the LTE electron densities from the
other elements by solving the Saha equation keeping the hydrogen ionization degree
constant. For computational speed, we use a pre-calculated table that gives the
electron density as a function of hydrogen ionisation degree, gas temperature, and
mass density. Parts of the RH code (Uitenbroek 2001) and partition functions by
Kurucz1 were used for the creation of the table.

1http://kurucz.harvard.edu/atoms/PF/

http://kurucz.harvard.edu/atoms/PF/
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5.3.1.6 Hydrogen level populations

The equations and methods described above are used for solving the level population
evolution equations for hydrogen,

∂ni

∂t
+ ∇ · (ni~v) =

nl∑
j,i

n jP ji − ni

nl∑
j,i

Pi j, (5.16)

where nl, ni, and ~v are the total number of levels, the number density of level i,
and the flow velocity. The second term on the left hand side of Eq. (6.4) represents
changes in the population number due to advection by the hydrodynamic flow. The
right hand side terms are rates into and out of level i by collisional and radiative
transitions between the energy levels with P ji and Pi j being the rate coefficients for
transitions from level j to i and vice versa. The rate coefficient is the sum of collisional
and radiative rate coefficients:

Pi j = Ci j + Ri j. (5.17)

5.3.2 Numerical implementation

Numerically, Eq. (6.4) is solved in two steps. In the first step, the populations from the
previous time step are advected with the flow in the hydrodynamics computation. In
the second step, the advected populations, mass density, and temperatures are used
to calculate the new rate coefficients. Then the rate equations (without the advection
term) form a system of linear ordinary differential equations of first order, which is
solved on the time interval between the previous and current time step using the
DVODE package (Brown et al. 1989). The solution yields the level populations for
the current time step. This system is solved with a relative accuracy of 10−4 for each
timestep. To ensure exact particle conservation we then scale the updated population
densities with the total hydrogen number density, which is directly calculated from
the mass density and the mass fraction of hydrogen in the gas. This prevents cumu-
lative buildup of small errors. The code outputs the electron densities and hydrogen
level populations for the LTE case and the TD-NLTE case for each grid cell.

5.3.2.1 The hydrodynamic simulation

We performed a three-dimensional numerical simulation using an upgraded version
of the CO5BOLD code (Freytag et al. 2002). The relaxed end model by Wedemeyer
et al. (2004) was adopted as initial model. The computational grid consists of 140
cells in each horizontal direction and 200 cells in the vertical direction. Horizontal
resolution is 40 km, vertical resolution ranges from 46 km at the bottom to 12 km at
the top of the computational domain. The horizontal extent is 5600 km. The vertical
extent ranges from -1300 km below to 1783 km above average Rosseland optical depth
unity. Radiative transfer is treated in the grey approximation. For more details on
the hydrodynamics code see Wedemeyer (2003) and Wedemeyer et al. (2004). We
let the simulation advance for 90 min of solar time. The first 30 min are reserved to
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ensure relaxation of the initial conditions, whereas the remaining 60 min are used for
detailed analysis.

5.3.2.2 The model atom

We used a five-level-plus-continuum hydrogen model atom with collisional transi-
tions from each level to each other level. Radiative transitions from the ground level
are not allowed, i.e., all Lyman transitions are put in detailed balance. Lyman cooling
or heating is thus not possible, but as our model does not include a transition zone
no significant effect even in the upper layers of our model is to be expected. The
bound-bound oscillator strengths come from Johnson (1972) whereas the bound-free
radiative cross sections are from Seaton (1960).

5.4 Results

Figure 5.1 shows the time evolution of the ionisation degree F along a column in the
atmosphere. At t = 0 min, the simulation is started with LTE values for the hydrogen
level populations. The LTE panel (upper) shows the chromospheric shocks as red
streaks of high ionisation in the upper part of the atmosphere, with cool, neutral
gas in between. The typical time between successive shocks is of the order of 2–
3 min. In contrast, the ionisation degree in the TD-NLTE case (lower panel) reaches
a dynamical equilibrium state of fairly constant ionisation already after 5 min, when
the first shocks have passed.

Figure 5.2 shows horizontal slices through the simulation after 60 min. At
z = 0.5 Mm the temperature and density show little structure, as it is in between
the reversed granulation layer below (see Leenaarts & Wedemeyer-Böhm 2005) and
the onset of strong shock formation in higher layers. The time-dependent ionisation
degree is almost in LTE, showing only a somewhat higher ionisation degree in the
cooler areas, where over-ionisation in the Balmer continuum occurs. At z = 1 Mm
the situation is different. Owing to the steady decline in average density, the waves
that are excited by the convective motions in the photosphere have steepened into
shocks. Both the temperature and density fluctuations have increased. This has
a profound effect on the LTE ionisation degree. Because the ionisation degree is
inversely proportional to the electron density, the hydrogen ionisation at equal tem-
perature is much stronger than in deeper layers. In this particular snapshot the peak
ionisation degree at z = 1 Mm is 0.89 at T = 6813 K and the minimum is 3.5 × 10−26

at T = 1871 K. In the time-dependent case the ionisation degree has less extreme
values, the maximum is 0.019 at 6443 K and the minimum is 7.8×10−5 at 2495 K. Note
also that the positions of the extrema of the TD-NLTE ionisation degree do not at all
coincide with the positions of the LTE extrema. The LTE ionisation degree depends
on the local mass density and temperature only, whereas in the time-dependent case
it also depends on the previous history of the atmosphere.
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At z = 1.5 Mm this effect becomes even more striking. The average density is
lower, and temperature and density fluctuations are larger, resulting in even larger
LTE ionisation degree fluctuations. In TD-NLTE the transition rates have become so
small in the cool, non-shocked areas that there is almost no recombination between
the passages of two shock waves. The transition rates are higher in shock fronts as a
direct result of higher temperature and density. Although this leads to an increased
ionisation degree in shock fronts, it remains small compared to the LTE case. As a
result the time-dependent ionisation degree at this height is fairly constant, in this
snapshot varying only between 0.0014 and 0.021 with an average of about 0.008.

Figure 5.3 shows some physical quantities along a vertical slice of the same snap-
shot as in Fig. 5.2. Panel a shows the temperature, with granulation near 0 Mm,
reversed granulation around 0.2 -0.3 Mm, and shocks above ∼ 0.7 Mm. The mass
density (panel b) decreases towards larger height, while its horizontal fluctuations
increase. Panels c and d show the hydrogen ionisation degree F in LTE and TD-NLTE,
respectively. The LTE case follows the increase of horizontal inhomogeneities with
height, with high ionisation in the high-temperature shock waves. In contrast, the
TD-NLTE case shows only small horizontal variation and the presence of shocks can
hardly be discerned. Finally, panels e and f show the electron density in LTE and
TD-NLTE. The electron density is mainly set by the hydrogen ionisation and – in
first approximation – can be thought of as a multiplication of the density with F.
Contributions from other elements are dominant only where F is lower than 1×10−4,
i.e., around 0.4 Mm and – in the LTE case – in the cool areas in the chromosphere.
Again, in the time-dependent case the extrema and horizontal variations are smaller
in TD-NLTE than in LTE.

Figure 5.4 shows the departure coefficients for each level of our model atom
in the same slice as Fig. 5.3. The departure coefficient is defined as the ratio of
the population densities of a particular atomic energy level in NLTE and in LTE,
bi = ni/nLTE

i . Below z = 0.3 Mm the departure coefficients for all levels are close
to 1, i.e., hydrogen is in or very near LTE. Above these heights deviations occur. The
ground level (n = 1, lowest panel) is very close to LTE for most of the chromosphere,
except in strong shocks. In the shocks the ionisation lags behind compared to LTE,
resulting in a slight overpopulation of the ground level (which is the reservoir where
ionised hydrogen atoms are coming from). The other levels are strongly collisionally
coupled with each other and show similar behaviour in the chromosphere. They
are slightly underpopulated in the shock area because the ionisation time scale is
comparable or slightly longer than the typical shock crossing time. The density of
the ionised state H  (the continuum level) is correspondingly lower than in LTE.
Due to the strong coupling to the H  density, b < 1 for all excited levels of neutral
hydrogen (n = 2 to n = 5), too. In the cool intershock areas all levels except
n = 1 are hugely overpopulated. This is because the Saha and Boltzmann equations
predict extremely low population fractions for excited states and the continuum for
temperatures and electron densities typical for the intershock regions. Thus, these
enormous overpopulations simply illustrate the complete failure of Saha-Boltzmann
equilibrium partitioning.
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Figure 5.5 shows a height-dependent histogram of the ionisation degree. In
LTE there is a strong bifurcation of the ionisation degree as a result of the bimodal
temperature distribution in our model chromosphere (cf. Fig. 7 of Wedemeyer et al.
2004). In TD-NLTE this bifurcation is not present. For both cases there is a minimum
in average ionisation degree at z = 0.3 Mm, roughly corresponding to the classical
temperature minimum in 1D static quiet-Sun models. Quite surprisingly, the average
ionisation degree in the chromosphere is lower in the TD-NLTE case than in LTE.
This is because the average is determined mainly by the high LTE ionisation degree
in the shocks whereas in the TD-NLTE case the ionisation degree is smaller there.

5.5 Discussion and conclusions

Figure 5.6 shows a comparison of the average ionisation degree for our model, the
detailed 1D study of CS2002, and the FAL model C (Fontenla et al. 1993). The latter is a
static and one-dimensional semi-empirical model, constructed under the assumption
of statistical equilibrium, while the RADYN and CO5BOLD models are dynamic but
differ in the number of spatial dimensions. All models nevertheless show the same
qualitative behaviour, with a minimum in ionisation degree between 200 and 500 km,
and a rise of the average ionisation degree with height in the chromosphere. The
cause of this behaviour, however, is different. In the static FAL-C model, the ionisation
degree reflects a corresponding chromospheric temperature rise. In contrast the rise
in ionisation degree in the dynamical RADYN and CO5BOLD models is due to the
temperature in shock fronts, which increases with height, without need for a rise in
average temperature (Carlsson & Stein 1995).

Qualitatively our CO5BOLD results are comparable to the detailed 1D study of
CS2002. We attribute the remaining differences in ionisation degree to the different
dimensionality of the code (1D vs. 3D) and the resulting different temperature
structure. 1D simulations suffer from shock merging that lead to too high shock
temperatures (Ulmschneider et al. 2005). Additionally, we do not include the effect
of the time-dependent ionisation on the equation of state, causing too low shock
temperatures in our CO5BOLD model (Carlsson & Stein 1992). Third, CS2002 include
a transition region and corona in their model which influence the ionisation degree in
the upper chromosphere, both by Lyman radiation ionising the upper chromosphere
and the varying height of their transition zone. Their transition zone is sometimes
considerably lower than 1.5 Mm, influencing the average ionisation degree. Fourth,
it cannot be ascertained that the fixed radiative rates that we employ, which are
accurate in 1D, are also accurate in 3D. This might affect our results as well.

Contributions to the electron density from other elements than hydrogen are still
treated under the assumption of LTE. This will mostly affect the upper photosphere
where the hydrogen ionisation degree is so low that metals such as iron, magnesium,
and silicon are the main electron donors. Hydrogen is the dominant donor in all other
regions. However, in the chromospheric shocks the other elements contribute around
10% of the electrons (see Fig. 5.7). Thus we expect a small error in the chromospheric
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electron density due to the LTE treatment of the other elements (see Rammacher &
Ulmschneider 2003 for TD-NLTE effects on magnesium ionisation). For future sim-
ulations that take the transition region into account, a TD-NLTE treatment of helium
might be of importance for the electron density as well, as the higher temperatures
will lead to significant helium ionisation.

All in all we conclude that our 3D simulation with time-dependent hydrogen
ionisation produces reasonably realistic – if probably somewhat too low – results for
the ionisation degree and electron density, given the level of necessary simplification
and resulting increase in computational speed.

With our method we can supply snapshots of 3D (M-)HD solar atmosphere
simulations for detailed radiative transfer calculations containing time-dependent
electron densities. Up until now most MHD simulations could only provide LTE
electron densities, which are far from realistic in the chromosphere. The TD-NLTE
electron densities are crucial in forward modelling of chromospheric diagnostics like
the Ca II H&K and infrared lines and (sub-)millimetre continua (see Leenaarts &
Wedemeyer-Böhm 2006a for an example of the effect on TD-NLTE electron densities
on the latter), as collisions between electrons and atoms provide the coupling of the
state of the gas to the radiation field via the source function, and affect the opacities
of for example H free-free and H− bound-free and free-free transitions.

As it is now, the code computes the ionisation degree and electron density from
the state parameters defined by the hydrodynamics simulation. Future improvement
of the method should take into account the back-coupling of the ionisation to the
equation of state. The deviation from instantaneous ionisation equilibrium makes it
impossible to use pre-computed lookup tables for the equation of state. In addition,
the lookup tables that give the bin-averaged source function and opacity (computed
in LTE as function of temperature and pressure) are then no longer consistent with the
state of the gas. New methods have to be developed to handle this complex problem.
In particular, implementing such physics in a Riemann-solver as used in CO5BOLD
is non-trivial. Nevertheless this work is currently in progress. Significant influence
on chromospheric wave propagation and temperature structure in the chromosphere
can be expected (cf. Carlsson & Stein 1992).

Another necessary improvement is the relaxation of the assumption of the fixed
radiative rates. This is mainly important for the Balmer continuum, which is the
driver of the ionisation. A radiative rate that is proportional to the mean grey
intensity, or, in the case of multi-group opacity methods, the mean intensity in the
continuum is an obvious choice. Such a method would take the variation in the
average radiation field due to the granulation pattern into account. It will give more
accurate results in the case of strong horizontal inhomogeneities in gas temperature
and density in the upper photosphere, as it is the case in the presence of magnetic
fields.

Simulations for other stellar types than the Sun are possible but involve re-
adjustment of the radiation temperatures. This requires a similar detailed 1D analysis
and calibration as Sollum performed for the Sun for each spectral type separately.
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Figure 5.3: Vertical cut through the snapshot along the line indicated in Fig. 5.2. a: gas
temperature; b: mass density; LTE (c) and TD-NLTE (d) ionisation degree; LTE (e) and TD-
NLTE (f) electron density. Note that the deepest layers of the model are not shown.
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Figure 5.4: Departure coefficients of our model hydrogen atom in the same cut as Fig. 5.3 for
the continuum and level n=5 down to level n=1 from top to bottom. The solution is nearly in
LTE from the bottom of the computational domain up to 0.3 Mm above the average Rosseland
optical depth unity. The largest deviations occur in cool chromospheric regions in between
shocks, where, owing to the low temperature, the Saha-Boltzmann equation predicts a very
low occupation fraction for all excited levels.
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Figure 5.5: Histogram of the logarithmic ionisation degree as a function of height for the LTE
(upper panel) and TD-NLTE (lower panel) case. The averages in LTE and TD-NLTE are plotted
as red dashed and blue solid lines, respectively. All columns have been individually scaled to
maximum contrast to enhance visibility.

Figure 5.6: Average TD-NLTE ionisation degree for our CO5BOLD model (solid), CS2002’s
RADYN model (dashed) and the statistical equilibrium FAL model C (dotted). The zero point
of the height scale is the average τ500 = 1 height.
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Figure 5.7: Vertical cut through the snapshot along the line indicated in Fig. 5.2 showing
the relative contribution of other elements than hydrogen to the electron density. In the
chromosphere the other elements contribute mostly in the high temperature shocks.
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Non-equilibrium hydrogen
ionization in 2D simulations of
the solar atmosphere.
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Abstract context: The ionization of hydrogen in the solar chromosphere and tran-
sition region does not obey LTE or instantaneous statistical equilibrium because the
timescale is long compared with important hydrodynamical timescales, especially
of magneto-acoustic shocks. Since the pressure, temperature, and electron density
depend sensitively on hydrogen ionization, numerical simulation of the solar at-
mosphere requires non-equilibrium treatment of all pertinent hydrogen transitions.
The same holds for any diagnostic application employing hydrogen lines. aims:
To demonstrate the importance and to quantify the effects of non-equilibrium hy-
drogen ionization, both on the dynamical structure of the solar atmosphere and on
hydrogen line formation, in particular Hα. methods: We implement an algorithm
to compute non-equilibrium hydrogen ionization and its coupling into the MHD
equations within an existing radiation MHD code, and perform a two-dimensional
simulation of the solar atmosphere from the convection zone to the corona. results:
Analysis of the simulation results and comparison to a companion simulation as-
suming LTE shows that: a) Non-equilibrium computation delivers much smaller
variations of the chromospheric hydrogen ionization than for LTE. The ionization is
smaller within shocks but subsequently remains high in the cool intershock phases.
As a result, the chromospheric temperature variations are much larger than for LTE
because in non-equilibrium, hydrogen ionization is a less effective internal energy
buffer. The actual shock temperatures are therefore higher and the intershock tem-
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peratures lower. b) The chromospheric populations of the hydrogen n = 2 level,
which governs the opacity of Hα, are coupled to the ion populations. They are set by
the high temperature in shocks and subsequently remain high in the cool intershock
phases. c) The temperature structure and the hydrogen level populations differ much
between the chromosphere above photospheric magnetic elements and above quiet
internetwork. d) The hydrogen n = 2 population and column density are persis-
tently high in dynamic fibrils, suggesting that these obtain their visibility from being
optically thick in Hα also at low temperature.

6.1 Introduction

The chromosphere represents the least understood regime of the sun (Judge & Peter
1998). In this paper we address the treatment of hydrogen ionization in simulations
of the solar chromosphere. It is of paramount importance because hydrogen makes
up 90% of the nuclei in the solar atmosphere, is an important and often dominant
electron donor, and contains a large part of the internal energy of the gas. Hence,
the ionization state of hydrogen strongly influences the temperature, pressure and
electron density. Radiation magnetohydrodynamic (MHD) simulations of the atmo-
sphere must therefore account properly for hydrogen ionization. This is not only
important for the structure of the atmosphere within a simulation, but also for sub-
sequent computation of the emergent spectrum from the simulation for comparison
with observations.

Klein et al. (1976, 1978) and Kneer (1980) already showed from idealized one-
dimensional (1D) models that the assumption of instantaneous statistical equilibrium
(SE) for hydrogen ionization does not hold in a dynamical atmosphere containing
shock waves. The temperature difference between the hot shocks and the cool
intershock phases produces disparate ionization and recombination timescales, the
latter being far slower than the former.

Carlsson & Stein (1992, 1995, 2002) computed dynamical 1D simulations of the so-
lar atmosphere including a detailed non-equilibrium treatment of the hydrogen rate
equations including ionization and recombination (i.e. not instantaneous statistical
equilibrium but employing pertinent time derivatives in the population rate equa-
tions, as in Appendix A of the present paper). In the first paper they showed that the
non-equilibrium effects lead to significant increase in shock temperature compared
with the case of instantaneous LTE ionization and recombination. In the second pa-
per they supply a detailed analysis of the hydrogen ionization in their simulations.
They found that the chromospheric hydrogen ionization/recombination timescale is
of the order of 50 s within hot shocks and 103

− 105 s in the cool intershock regions,
and that hydrogen becomes partially ionized within shocks but, owing to the long
recombination timescale, does not recombine in the subsequent post-shock phase.
As a consequence, the degree of ionization of hydrogen in the chromosphere is rather
constant with time, in stark contrast to what the classical assumptions of statistical
equilibrium or LTE would predict.
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The present limitations on computing power do not yet permit such full-fledged
non-equilibrium treatment of hydrogen ionization including radiative transfer in
2D and 3D simulation geometry. Therefore, approximations remain necessary to
make the problem computationally tractable. In this work we employ the method
formulated by Sollum (1999).

Sollum showed that in 1D dynamical modeling it is possible to avoid detailed
evaluation of the radiation field in the relevant hydrogen transitions by prescribing
suitable radiative rates. He found that this approximation works well up to just below
the transition region. Sollum’s method is fast enough for use in multi-dimensional
geometry. It was earlier implemented in the code CO5BOLD (Freytag et al. 2002)
to perform a 3D non-magnetic hydrodynamical simulation of the chromosphere by
Leenaarts & Wedemeyer-Böhm (2006b). This simulation confirmed the conclusion
obtained by Carlsson & Stein (1992, 2002) from 1D simulation: the degree of hydrogen
ionization in the middle and upper chromosphere is determined by the passage of
high-temperature shocks, irrespective of the cool intershock phases. It is relatively
constant at about 10−3 to 10−2. However, Leenaarts & Wedemeyer-Böhm (2006b) did
not implement back-coupling of the non-equilibrium ionization into the equation
of state for the gas within the hydrodynamical simulation. This is difficult to do
in the CO5BOLD code because it employs an approximate Riemann solver for the
hydrodynamics.

In this paper we first present our implementation of Sollum’s method including
back-coupling of the non-equilibrium ionization into the equation of state in the Oslo
MHD code described by Hansteen (2004) which uses a finite difference scheme for
the hydrodynamics. We then discuss an extensive 2D simulation of chromospheric
fine-structure evolution with this code and analyze the results in terms of the hydro-
gen ionization balance, with separation between the chromospheric behavior above
a magnetic element and in an area resembling quiet-sun internetwork. The effects of
non-equilibrium hydrogen ionization are demonstrated quantitatively through com-
parison with a similar companion simulation. The latter was started with identical
initial conditions but its hydrogen ionization was set to obey LTE, i.e. instantaneous
Saha–Boltzmann partitioning.

6.2 Method

In this section we describe our implementation of Sollum’s method in the MHD
code developed in Oslo (Hansteen 2004). This code is based on the staggered grid
code described in Dorch & Nordlund (1998), Mackay & Galsgaard (2001) and by
Galsgaard & Nordlund1. It includes the multi-group opacity-binning method of
Nordlund (1982) and the treatment of scattering of Skartlien (2000) for radiative
transfer in the photosphere and chromosphere. In the transition region and corona
it employs optically thin radiative cooling. In addition, it treats radiative losses in
strong lines and continua of hydrogen and Ca II in the upper chromosphere and

1See http://www.astro.ku.dk/˜kg/.

http://www.astro.ku.dk/~kg/
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transition region using an approximation based on detailed 1D computation with
the RADYN code of Carlsson & Stein (1992). Thermal conduction along magnetic
field lines is taken into account (Hansteen 2004).

In this section we first summarize the temporal evolution scheme of the MHD al-
gorithm and then specify the modifications through which we insert non-equilibrium
hydrogen ionization, the boundary conditions, and our simulation setup.

6.2.1 MHD evolution scheme

The MHD solver is the explicit third-order predictor-corrector scheme developed by
Hyman (1979) but modified to allow variable timesteps. Its fundamental variables
are the density ρ, momentum ~p, internal energy density ei and the magnetic field ~B.
The evolution equations for the fundamental variables depend only on the variables
themselves, the temperature, the gas pressure, and their spatial derivatives. These
derivatives are computed using a sixth-order scheme. The temperature and pressure
are looked up in precomputed tables as function of density and internal energy. This
table is computed assuming LTE except where the density and internal energy have
typical coronal values. There coronal equilibrium is assumed.

The evolution equation for fundamental variable f is
∂ f (t)
∂t
= ˙f (6.1)

where ˙f only depends on quantities known at time t. Hyman’s scheme solves this
equation from timestep n to timestep n + 1 as follows: the predictor step is

f (∗)
n+1 = a1 fn−1 + (1 − a1) fn + b1 ˙fn, (6.2)

and the corrector step

fn+1 = a2 fn−1 + (1 − a2) fn + b2 ˙fn + c2 ˙f (∗)
n+1, (6.3)

where a1, a2, b1, b2 and c2 are coefficients that depend on the current and previous
timestep sizes.

6.2.2 Implementation of non-equilibrium hydrogen ionization

In order to compute non-equilibrium hydrogen ionization one has to solve the hy-
drogen rate equations

∂ni

∂t
+ ∇ · (ni~v) =

nl∑
j, j,i

n jP ji − ni

nl∑
j, j,i

Pi j, (6.4)

where ni is the population of hydrogen level i, ~v the macroscopic velocity, nl the
number of levels and Pi j the transition rate coefficient between levels i and j. The
left-hand side represents a continuity equation for the hydrogen populations, the
right-hand side a source term describing the transitions between the hydrogen levels.
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These equations are solved using operator splitting. The continuity part
∂ni

∂t
= −∇ · (ni~v) (6.5)

is solved using Hyman’s scheme in tandem with the fundamental variables. It
is not possible to use sixth-order spatial derivatives for the hydrogen populations
because negative populations then arise occasionally from the steep gradients in the
population densities. Instead, a positive-definite first-order upwind scheme is used
to ensure positivity of the populations.

After the predictor step, the rate part of the equations,

∂ni

∂t
=

nl∑
j, j,i

n jP ji − ni

nl∑
j, j,i

Pi j, (6.6)

is integrated over the timestep ∆t while enforcing charge conservation, hydrogen
nuclei conservation, energy conservation and instantaneous chemical equilibrium
between atomic and molecular hydrogen. This yields predicted values of the hy-
drogen populations, temperature and pressure. Subsequently, the corrector step is
performed for the fundamental variables and the advection part of the hydrogen
populations. After this step the rate equations, charge, energy and particle conserva-
tion and chemical equilibrium are solved again to obtain the hydrogen populations,
temperature and pressure for the new timestep. The algorithm can be summarized
as follows:

– predict the fundamental variables and advection of hydrogen populations;

– solve the rate equations and the conservation equations for the predicted temper-
ature and pressure;

– correct the fundamental variables and advection of hydrogen populations;

– solve the rate equations and the conservation equations for the corrected hydrogen
populations, temperature and pressure.

The radiative rate coefficients Ri j that enter in the total rate coefficients Pi j are
computed using Sollum’s method. For each radiative transition a depth-dependent
radiation temperature Trad is prescribed. It is set equal to the local gas temperature
in the deep layers of the atmosphere, ensuring LTE populations there. Above a
certain height the radiation temperature follows a smooth transition to a predefined
value and then becomes constant at that value. The latter values were determined
by requiring that Sollum’s method reproduces the non-equilibrium hydrogen popu-
lations obtained in 1D modeling of the solar chromosphere with the RADYN code.
All radiative Lyman transitions are set to obey detailed balancing. Further detail is
given in Sollum (1999) and Leenaarts & Wedemeyer-Böhm (2006b).

The pressure and temperature are explicitly computed in this modification; the
equation of state tables are not used except at the lower and upper boundaries
(Sec. 6.2.3). The radiative losses due to hydrogen are still computed time-independently
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using Skartlien’s multi-group scheme which employs tabulated group-mean opaci-
ties, scattering probabilities and Planck functions based on LTE populations.

The rate equations, the energy, charge and nucleus conservation equations and
the chemical equilibrium equation together form a set of coupled non-linear equa-
tions that are solved using a Newton-Raphson scheme. These equations and their
derivatives are specified in the Appendix.

6.2.3 Boundary conditions

The lower boundary condition enforces LTE hydrogen populations by solving for
Saha-Boltzmann equilibrium instead of the rate equations. The hydrodynamic con-
ditions regulate the mass flow across the boundary. Consistency between the total
hydrogen number density and the mass density is automatically enforced through
the equation of hydrogen nucleus conservation. Thus, it is not necessary to spec-
ify hydrogen level population flows across the lower boundary, and the population
continuity equations do not have to be solved in the grid cells at the lower boundary.

The upper boundary, located in the corona, uses the same approach but here the
non-equilibrium rate equations are solved instead of the Saha-Boltzmann equations.
Consistency between the mass density and the hydrogen density is enforced by
adding or removing protons. This boundary condition produces coronal equilibrium
because the ionization relaxation timescale of 0.1 s is small compared to the dynamical
timescale in the corona (cf. Fig. 6 of Carlsson & Stein 2002).

The equation of state tables are used for the boundary conditions on the hydro-
dynamic variables. The tabulated values are accurate at the boundaries, because
they are based on LTE or coronal equilibrium consistent with the local hydrogen
populations.

6.2.4 Simulation setup

We have performed a two-dimensional simulation including non-equilibrium hy-
drogen ionization in a setup similar to the one used by Hansteen et al. (2006) and
De Pontieu et al. (2007). It has a horizontal extent of 16.64 Mm with a resolution of
32.5 km and 512 cells in the horizontal direction. The vertical extent is 11.1 Mm with
150 cells. The vertical resolution varies from 32 km in the convection zone to 440 km
in the corona. Continuum optical depth unity is located about 1.5 Mm above the
lower boundary. The horizontal boundary condition is periodical. Both the lower
and upper boundary conditions are open, allowing flows to leave and enter the box.
The upper boundary strives to maintain the temperature there at 800,000 K because
the current two-dimensional models do not have sufficient magnetic dissipation to
maintain a corona self-consistently (De Pontieu et al. 2007). We use a five-level plus
continuum hydrogen model atom to compute the non-equilibrium hydrogen ioniza-
tion. A heating term is added to the energy equation that drives the temperature
back to 2,400 K when it falls below that value. This value has no physical meaning
but is present for stability reasons.
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Figure 6.1: Snapshot cutouts from the simulation, showing various quantities in a vertical
plane after 8.5 minutes of solar-time evolution. Panel a: gas temperature, with magnetic field
lines that extend into the corona overplotted in black; b: magnetic field strength; c: mass
density d: non-equilibrium ionization degree of hydrogen; e: fraction of hydrogen atoms in
the form of H2 molecules; f: hydrogen n = 2 level population; g: departure coefficient for
the hydrogen n = 1 level population; h: departure coefficient for the hydrogen n = 6 level
population; i: departure coefficient for the hydrogen n = 2 level population. The columns
used in Figs. 6.2 and 6.3 are indicated by dotted lines in panel d.

The simulation was started from a relaxed snapshot of a previous simulation
which employed LTE ionization and ran for 30 min of solar time. The effects of
the LTE ionization disappeared in approximately 5 min of solar time (cf. Fig. 1 of
Leenaarts & Wedemeyer-Böhm (2006b)).

6.3 Results

Figure 6.1 shows a snapshot of the simulation. Panel a displays the temperature.
Some magnetic field lines that extend into the corona have been overplotted. All
coronal field lines are rooted in two photospheric magnetic field concentrations at
x = 4 and x = 11 Mm. Henceforth we refer to these concentrations as magnetic
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elements and to the areas between them as internetwork.
The areas without field lines are not field free, as can be seen in panel b which

shows the magnitude of the magnetic field strength. The temperature panel displays
granulation at z = 0 Mm, a shock-ridden chromosphere up to 2 − 4 Mm height,
and a hot corona reaching peak temperatures of 106 K. The height and shape of
the transition region strongly depend on the magnetic field configuration, with the
corona reaching deeper down above the magnetic elements. Panel c shows the mass
density. It reaches minimum values in the transition region above internetwork,
which consists of extended high-rising arcs (black in the panel).

Panel d shows the non-equilibrium hydrogen ionization degree. It has a min-
imum between 0 and 0.5 Mm and smoothly increases upward to the completely
ionized corona. The chromospheric ionization degree does not follow the local gas
temperature. Panel e shows the fraction of hydrogen nuclei bound in H2 molecules,
which peaks in cool chromospheric regions between 0.5 and 2 Mm. The black-purple
noise above z = 2 Mm is a numerical artifact caused by the single precision output
of the code. The code itself uses double precision to avoid such artifacts. Panel f
shows the population density of hydrogen in the n = 2 level, the lower level of the
Hα line. It roughly follows the density structure, with the exception of the transition
region where it shows a sharp increase at the locations of the arcs of minimum mass
density.

Panel g shows the non-LTE population departure coefficient of the ground state
of hydrogen b1. The ground state population remains close to LTE throughout most
of the photosphere and chromosphere, except in strong chromospheric shocks where
there is under-ionization compared to LTE. The ground state is strongly overpopu-
lated in the transition region and is in coronal equilibrium in the corona.

Panel h shows the departure coefficient of the hydrogen ion density b6. It is much
larger than unity in chromospheric cool intershock regions and smaller than unity
within chromospheric shocks. This demonstrates that the non-equilibrium ionization
degree is higher than in LTE in intershock areas and lower in shocks.

The departure coefficient of the n = 2 level in panel i shows the same structure
in the photoshere and chromosphere as b6 due to the strong coupling of the contin-
uum and the excited neutral levels. In the corona, b2 is around 5 × 104, its coronal
equilibrium value.

Figure 6.2 shows the behavior of atomic hydrogen along the two columns marked
in Fig 6.1. These were selected to sample a magnetic element (left-hand column) and
quiet internetwork (right-hand column). Panels a and b show the temperature and
mass density. The corona starts much lower above the magnetic element than above
the internetwork. Panel a shows a strong shock at 1 Mm which will become a dynamic
fibril when it reaches the corona, pushing it upward. In contrast, internetwork panel b
shows no strong shocks. The density at the transition region is much lower in this
case.

Panels c and d show the non-equilibrium degree of ionization of hydrogen as
thick curves. It reaches a minimum of 10−5 at around 0.5 Mm and increases smoothly
towards complete ionization in the corona. The corresponding LTE ionization, ob-
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Figure 6.2: Properties of the simulation along a column in a magnetic element (left-hand
column) and in the internetwork (right-hand column). Panels a and b: temperature (solid)
and mass density (dashed, right-hand scale); c and d: non-equilibrium (thick) and LTE ion-
ization degree (thin); e and f: non-equilibrium (thick) and LTE proton density (thin); g and h:
population of the n = 2 level for the non-equilibrium (thick) and LTE (thin) case.

tained from the simulation temperature and electron density stratifications with the
Saha-Boltzmann equations, is shown as a thin curve. The dramatic differences be-
tween the curves demonstrate the failure of instantaneous LTE ionization in the
chromosphere and transition region. In the non-equilibrium case, the slowness of
ionization and recombination prevents total ionization in the shocks and full recom-
bination in their wakes, producing far smoother ionization behavior with time than
LTE would predict (cf. Carlsson & Stein 2002, Leenaarts & Wedemeyer-Böhm 2006b).
Note that the LTE curves reach complete ionization in the transition region at slightly
lower heights than the non-equilibrium ionization curves. Since hydrogen becomes
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Figure 6.3: Time slices of the gas temperature (first row), the ionization degree of hydrogen
(second row), fraction of hydrogen in the n = 2 level (third row), and the n = 2 column
density (fourth row) in a magnetic element (left-hand column) and in the internetwork (right-
hand column). The upper-left magnetic element panel shows dynamic fibrils pushing the
corona upward with 3 min periodicity. The upper-right internetwork panel shows rather
unstructured shocks and a slowly varying height of the transition region. The snapshot used
in Fig. 6.1 and 6.2 is indicated by a black dotted line.

the dominant electron provider already at 10−4 ionization, the electron density equals
the proton density except in the temperature minimum.

Panels e and f show the non-equilibrium (thick) and LTE (thin) proton densities.
Since hydrogen becomes the dominant electron provider already at 10−4 ionization,
the electron density equals the proton density except in the ionization minimum
around 0.5 Mm (panels c and d).
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Figure 6.4: Time slices of the gas temperature at 2, 1.5 and 1 Mm height (top to bottom).
Left-hand column: simulation with LTE ionization; right-hand column: with non-equilibrium
ionization. Both simulations were started with the same snapshot at t = 0 min. The intermit-
tently present red patches are caused by the corona, whose lower boundary is moved up and
down by shocks traveling upward above the magnetic elements. The snapshot used in Fig. 6.1
is indicated with the horizontal dotted line; the columns used in Figs. 6.2 and 6.3 with vertical
dotted lines.

Panels g and h show the population density of the n = 2 level of hydrogen n2
(thick: non-equilibrium; thin: LTE). It shows the same trend as the proton population,
because all excited hydrogen levels are strongly coupled to the proton population
reservoir. Thus, the small temporal variation of the ionization is followed by the
n = 2 population, and, therefore, the Hα opacity. In particular, the peaks in n2 in
the transition region in both panels, at z = 1.8 Mm and z = 4.2 Mm, respectively,
provide significant Hα visibility.

Figure 6.3 shows the temporal evolution of the temperature in a magnetic element
and in the internetwork. The magnetic element acts as a wave guide, in which shocks
travel upward with a period of three minutes. When they reach the corona they
push it upward. With time, these motions produce characteristic parabolic height
variation. The same behavior is observed in so-called Hα dynamic fibrils. The recent
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papers by Hansteen et al. (2006) and De Pontieu et al. (2007) show that Hα dynamic
fibrils are the observational signature of such magneto-acoustic shocks. Notice that
the material in the wake of the shocks can be as cool as 2,400 K.

The internetwork temperature is less structured. A movie of the gas tempera-
ture (available in the online material for this article) shows that the internetwork
chromosphere is pervaded by shocks which originate in the photosphere but often
travel sideways, away from the magnetic elements, and sometimes even downward.
The transition region is located higher than above a magnetic element and exhibits
relatively small and irregular temporal variations in height.

The second row shows the ionization degree of hydrogen. It is rather constant in
time in the chromosphere. Above 1 Mm height, it stays at about 1% ionization, both in
the magnetic element and the internetwork. The transition to coronal temperatures
is smoother in the internetwork and the increase in ionization is correspondingly
smoother. The third row displays the population of hydrogen in the n = 2 level n2.
It is very low in the almost completely ionized corona. The transition region shows
a local maximum, which is persistent in time. The n = 2 population is higher in
the transition region of the magnetic element than in the internetwork. The width of
the transition region maximum in the upward phase of the dynamic fibrils decreases
suddenly when the fibril descends again.

The fourth row displays the column density of n2, which is proportional to the
vertical optical depth in the Hα line. In the internetwork, the column density starts
to increase higher in the atmosphere than in the magnetic elements, because the
chromosphere extends to larger heights in the internetwork. However, the column
density at the top of the dynamic fibrils (the top of the light blue bulges) is 1013 cm−2,
two orders of magnitude larger than the internetwork column density at equal height.
The same column density in the internetwork is reached at a height of 0.8 Mm.

6.3.1 Comparison with companion LTE simulation

Figure 6.4 presents a comparison between the simulation with non-equilibrium hy-
drogen ionization and a simulation with the old code which employs LTE ionization.
Both simulations were started at t = 0 min from the same relaxed snapshot computed
with LTE ionization.

The bottom panels of 6.4 show that at height z = 1 Mm the different treatments
of ionization produce only a slight difference in temperature variation. The wave
pattern is almost identical, but with non-equilibrium ionization the fluctuations are
larger. At larger heights, the differences between the simulations are large (upper two
rows). The shock patterns (thin hot threads) differ markedly. The shock temperatures
are much larger in the non-equilibrium simulation. They typically are 10,000 K and
sometimes reach 13,000 K, whereas the LTE shock temperatures do not exceed 8,000 K.
These high temperatures are due to the comparative lack of ionization. Because the
internal energy of the gas is not stored as hydrogen ionization energy, it remains as
kinetic energy of the gas particles, raising the temperature (Carlsson & Stein 1992).

The temperatures also differ greatly in the cool intershock regions. In LTE, they
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are between 3,000 and 5,000 K whereas the non-equilibrium simulation reaches in-
tershock temperatures of about 2,500 K. These low values result from the reverse
process: over-ionization compared with LTE. More energy remains stored as ioniza-
tion energy, leaving less kinetic energy for the gas particles.

6.4 Discussion & Conclusions

6.4.1 Limitations of the simulation

Our implementation of non-equilibrium hydrogen ionization has various limitations.
First, the assumption that all Lyman transitions are in detailed balance is justified

up to the transition region (Sollum 1999). However, the transition region is opti-
cally thin in most Lyman features, requiring detailed radiative transfer modeling to
evaluate their influence on the hydrogen populations.

Second, the multi-group radiative transfer within the simulation, which sets the
radiative cooling and heating, employs LTE ionization. For given internal energy and
mass density, the radiative transfer uses the group-mean opacity, scattering proba-
bility and Planck function based on the corresponding LTE (or coronal equilibrium)
temperature and electron density. The radiative cooling in the chromosphere and
transition region, where deviations from equilibrium are largest, is thus inconsis-
tent with the non-equilibrium temperature and electron density as computed in the
simulation.

Third, the cool parts of the simulation chromosphere often reach the limiting
temperature of 2,400 K allowed in the simulation. It is not clear how low the actual
chromospheric minima may reach because radiative heating in the hydrogen con-
tinua and other strong spectral features is not taken into account in the simulation,
only their radiative cooling.

6.4.2 Discussion

From the analysis of our simulation we obtain the following picture. The internet-
work chromosphere is irregularly pervaded by shocks. The temperature is typically
10,000 K in shocks and can be lower than 2,500 K in cool intershock areas. The
transition region is arc-shaped, with the arc footpoints situated above the magnetic
elements, and reaches a maximum height of 4 Mm. The chromosphere above mag-
netic elements shows upward propagating shocks at about 3 minute periodicity,
which push the corona upward from 1.5 Mm to 3 Mm height.

The chromospheric hydrogen ionization degree increases smoothly from 10−5 at
0.5 Mm to complete ionization in the corona and does not respond to temperature
changes because of the slow recombination behind shocks. The hydrogen n =
2 population in the chromosphere is coupled to the proton population and, as a
consequence, varies only weakly with time too. The n = 2 population in dynamic
fibrils above the magnetic elements is higher than in the internetwork chromosphere.
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The n = 2 column density, a measure of the optical depth of the Hα line, is two orders
of magnitude larger in dynamic fibrils than at equal height in the internetwork. The
same column density as at the top of the fibrils is only reached at a smaller height,
about 0.8 Mm, in the internetwork.

In the observations of Hansteen et al. (2006) and De Pontieu et al. (2007) dynamic
fibrils appear as dark “fingers” extending and retracting on top of a brighter back-
ground. They seem to be optically thick. Combining this observational appearance
with the results of our simulation suggests that dynamic fibrils are optically thick
in the Hα line core, whereas optical depth unity is reached far deeper in the inter-
network atmosphere (equal column density in the lower panels of Fig. 6.3) so that
the internetwork chromosphere adjacent to dynamic fibrils is optically thin. This
explains that dynamic fibrils are observable along a slanted line of sight through the
internetwork chromosphere. We also suggest that their low temperature combined
with the effects of NLTE resonance scattering produces their low emergent intensity.
The bright background is formed much deeper in the internetwork, where the higher
temperature leads to higher emergent intensity. In summary, slow recombination
and strong coupling of the n = 2 population to the ion population makes these
fibrils opaque and therefore visible even when they are cool, regardless of the large
n = 2 excitation energy. Hα interpretation assuming a static atmosphere with in-
stantaneous ionization and recombination, as frequently done in cloud modeling and
inversions based on cloud modeling, is likely to be erroneous for such dynamic struc-
tures. Obviously, detailed radiative transfer computation based on time-dependent
simulation with non-equilibrium ionization as done here is needed to properly assess
Hα formation in dynamic fibrils.

6.4.3 Conclusions

We have presented an algorithm to compute non-equilibrium hydrogen ionization
with back-coupling to the equation of state in multidimensional radiation MHD sim-
ulations of the solar atmosphere. We performed a 2D simulation from the convection
zone to the corona that employed this algorithm. From its analysis and comparison
with a companion LTE simulation we conclude the following:

– Inclusion of non-equilibrium hydrogen ionization is essential in simulations of
the solar atmosphere because the resulting temperature structure and hydrogen
populations differ dramatically from their LTE values.

– The degree of ionization of hydrogen in the chromosphere does not follow the
local temperature, as described already by Carlsson & Stein (2002) and Leenaarts
& Wedemeyer-Böhm (2006b). Hydrogen is partially ionized in shocks but does
not recombine in the cool shock wakes, owing to the slow recombination rate at
low temperature (Figs. 6.1, 6.2, and 6.3).

– Non-equilibrium hydrogen ionization causes more profound temperature vari-
ations in the chromosphere than would occur if LTE were valid (Fig. 6.4). The
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shock temperatures are higher and the intershock temperatures are lower, caused
by the insensitivity of the hydrogen ionization degree to variations of the state
parameters of the gas.

– The population of the hydrogen n = 2 level in the chromosphere is strongly
coupled to the ion population. It therefore behaves approximately as the latter.
Its value is set by the high shock temperatures and subsequently remains high in
the cool aftershock phases (Fig. 6.2). This is quite contrary to the LTE prediction.

– The simulation shows large differences in temperature structure and hydrogen
level populations between magnetic elements and internetwork (Figs. 6.2 and 6.3).

– The Hα line opacity is proportional to the n = 2 level population; the Hα optical
depth scales with the n = 2 column density. Both are appreciably larger in dy-
namic fibrils than in the internetwork chromosphere at equal height (Fig. 6.3). We
suggest that dynamic fibrils are optically thick in Hα and that their low tempera-
ture combined with scattering make them appear dark against the deeper-formed
bright internetwork background.

The next step is to compute Hα in detail from this simulation.

Appendix: the equations and their derivatives

The solution scheme requires partial derivatives with respect to the independent
variables. The formulation is similar to the RADYN code of Carlsson & Stein (1992)
but since no detailed specification has been published so far, we supply the complete
derivative list here.

The present code solves the equations of chemical equilibrium, charge, energy and
hydrogen nucleus conservation together with the rate equations or with the Saha-
Boltzmann equilibrium equations. These equations depend on the gas temperature T,
the electron density ne, the hydrogen population densities ni, where n1 is the ground
state, n2−5 the four excited states and n6 the ionized hydrogen (proton) density, and
the molecular hydrogen density nH2. These are ten equations and nine unknowns.
We use only five of the six rate equations and eliminate the molecular hydrogen
density, reducing the number of equations and variables to eight. The equations are
labeled Fi with i = 1, . . . , 8.

The physical constants have their usual meaning: h, k, c, e and me are Planck’s
constant, Boltzmann’s constant, the velocity of light, the electron charge and the
electron mass.

As the mass density of the gas is known, the total number of hydrogen nuclei,
whether in the form of H, H2 or bare protons is known and given by

ntot
H = ρnH per g (6.7)

where nH per g is the number of hydrogen nuclei per gram solar gas. We denote the
number density of nuclei of elements other than hydrogen as nnoH = nnuclei per H ntot

H ,
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where nnuclei per H is the number of nuclei from elements other than hydrogen per
hydrogen nucleus. The number of electrons due to elements other than hydrogen
per hydrogen nucleus is nnoH

e . The internal energy of elements other than hydrogen
per hydrogen nucleus is enoH. These quantities and their derivatives are determined
numerically from tables as function of T and ne. The molecular hydrogen density is
nH2 and the internal energy of H2 per molecule is eH2. The latter is computed using
polynomial approximations by Vardya (1965)

Chemical equilibrium. The equation of chemical equilibrium between neutral
atomic hydrogen and molecular hydrogen is given by

nH2 =

(∑5
i=1 ni

)2

K
, (6.8)

where K is the chemical equilibrium constant whose value and its temperature deriva-
tive are given by polynomial approximations as function of T by Tsuji (1973). The
molecular hydrogen density depends on T and ni (i = 1, . . . , 5). The derivatives are

∂nH2

∂T
= −

∑5
i=1 ni

K

2
∂K
∂T
, (6.9)

∂nH2

∂ni
=

2
(∑5

i=1 ni

)
K

. (6.10)

Charge conservation. The electron density is given by
ne = n6 + ntot

H nnoH
e , (6.11)

which we rewrite in a form suitable for Newton-Raphson iteration:

F1 = 1 −
1
ne

(
n6 + ntot

H nnoH
e

)
= 0. (6.12)

The functional F1 depends on ne, n6 and T. The partial derivatives are

∂F1

∂ne
=

n6 + ntot
H nnoH

e

n2
e

−
ntot

H

ne

∂nnoH
e

∂ne
, (6.13)

∂F1

∂n6
= −

1
ne
, (6.14)

∂F1

∂T
= −

ntot
H

ne

∂nnoH
e

∂T
. (6.15)

Internal energy. The second functional specifies the distribution of the internal
energy ei over the various contributions:

F2 = 1 −
1
ei

3kT
2

ne + nnoH + nH2 +

6∑
i=1

ni
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+ ntot
H enoH + nH2 eH2 +

6∑
i=1

ni χi

 = 0, (6.16)

with χi the energy of hydrogen level i. This functional depends on ne, ni and T. The
partial derivatives are

∂F2

∂ne
= −

1
ei

(
3kT

2
+ ntot

H
∂enoH

∂ne

)
, (6.17)

∂F2

∂ni
= −

1
ei

(
3kT

2

[
∂nH2

∂ni
+ 1

]
+ eH2

∂nH2

∂ni
+ χi

)
, (6.18)

∂F2

∂T
= −

1
ei

3k
2

ne + nnoH + nH2 + T
∂nH2

∂T
+

6∑
i=1

ni


+ntot

H
∂enoH

∂T
+ nH2

∂eH2

∂T
+ eH2

∂nH2

∂T

)
. (6.19)

Particle conservation. The conservation of the total number of hydrogen nuclei ntot
H

is given by:

F3 = 1 −
1

ntot
H

 6∑
i=1

ni − 2nH2

 = 0. (6.20)

This functional depends on ni and T. The partial derivatives are:

∂F3

∂ni
= −

1
ntot

H

(
1 + 2

∂nH2

∂ni

)
, i = 1, . . . , 5, (6.21)

∂F3

∂n6
= −

1
ntot

H

, (6.22)

∂F3

∂T
= −

2
ntot

H

∂nH2

∂T
. (6.23)

LTE populations. LTE is imposed to start up a new computation and at the lower
boundary. The LTE hydrogen populations then obey the Saha-Boltzmann equations
(i = 1, . . . , 5)

F3+i = 1 −
1
ne

ni

n6

2g6

gi

(
2πmekT

h2

)3/2

e−(χ6−χi)/kT = 0, (6.24)

where gi is the statistical weight of level i. These equations depend on n6, ni, ne and
T. Defining

Ki =
1
ne

ni

n6

2g6

gi

(
2πmekT

h2

)3/2

e−(χ6−χi)/kT, (6.25)
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the partial derivatives are given by
∂F3+i

∂n6
=

Ki

n6
, (6.26)

∂F3+i

∂ni
= −

Ki

ni
, (6.27)

∂F3+i

∂ne
=

Ki

ne
, (6.28)

∂F3+i

∂T
= −Ki

(
χ6 − χi

kT2 +
3

2T

)
. (6.29)

Rate equations. Outside LTE, the change of the hydrogen populations n1 . . . n6 over
a timestep ∆t can be expressed as

ni(t0 + ∆t) − ni(t0) =

∫ t0+∆t

t0

6∑
j, j,i

n j

(
R ji + C ji

)
−ni

6∑
j, j,i

(
Ri j + Ci j

)
dt, (6.30)

with Ri j and Ci j the radiative and collisional rate coefficients from level i to level j.
Defining

Pi j = Ri j + Ci j, (6.31)

Pii = −

6∑
j, j,i

(
Ri j + Ci j

)
(6.32)

and writing ni = ni (t0 + ∆t) and nt0
i = ni (t0) yields the discretized, implicit form of

Eq. 6.30

F3+i =
ni

nt0
i

−
∆t
nt0

i

 6∑
j=1

n jP ji

 − 1 = 0. (6.33)

The equations are dependent on ni, n j ( j , i), ne and T. The partial derivatives are
∂F3+i

∂ni
=

1 − ∆t Pii

nt0
i

, (6.34)

∂F3+i

∂n j
= −

∆t P ji

nt0
i

, (6.35)

∂F3+i

∂ne
= −

∆t
nt0

i

 6∑
j=1

n j
∂P ji

∂ne

 , (6.36)

∂F3+i

∂T
= −

∆t
nt0

i

 6∑
j=1

n j
∂P ji

∂T

 . (6.37)
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Only five of the six equations 6.30 are used to avoid overspecification through ignor-
ing the one with the largest value of nt0

i .

LTE population ratios. Evaluation of the rate coefficients involving the continuum
level n6 often involve the LTE population ratio n∗i/n

∗

6 (i = 1, . . . , 5) given by

n∗i
n∗6
= ne

gi

2g6

(
2πmekT

h2

)−3/2

e(χ6−χi)/kT, (6.38)

with the derivatives
∂
∂T

(
n∗6
n∗i

)
= −

(
χ6 − χi

kT2 +
3

2T

) n∗i
n∗6
, (6.39)

∂
∂ne

(
n∗i
n∗6

)
=

1
ne

n∗i
n∗6
. (6.40)

Collisional rate coefficients. The expressions for the collisional rate coefficients
contain temperature-dependent coefficients Cexc and Cion for excitation and ioniza-
tion. Their values and derivatives are determined from a table based on Johnson
(1972).

The collisional rate coefficients for bound-bound transitions are, with j > i and
Ci j the upward rate coefficient:

C ji =
gi

g j
neCexc

√

T, (6.41)

Ci j =
n∗j
n∗i

C ji = neCexc
√

T e−(χ j−χi)/kT, (6.42)

with derivatives
∂C ji

∂ne
=

C ji

ne
, (6.43)

∂C ji

∂T
=

gi

g j
ne
√

T
(
∂Cexc

∂T
+

Cexc

2T

)
, (6.44)

∂Ci j

∂ne
=

Ci j

ne
, (6.45)

∂Ci j

∂T
= ne

√

Te−(χ j−χi)/kT
(
∂Cexc

∂T
+ Cexc

[χ j − χi

kT2 +
1

2T

])
(6.46)

For bound-free transitions the collision rate coefficients are, with Ci6 the upward
rate coefficient:

Ci6 = neCion(T)
√

Te−(χ6−χi)/kT, (6.47)

C6i =
n∗i
n∗6

Ci6, (6.48)
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with derivatives
∂Ci6

∂ne
=

Ci6

ne
, (6.49)

∂Ci6

∂T
= ne

√

Te−(χ6−χi)/kT
(
∂Cion

∂T
+ Cion

[
χ6 − χi

kT2 +
1

2T

])
(6.50)

∂C6i

∂ne
= 2

C6i

ne
, (6.51)

∂C6i

∂T
=

(
∂Ci6

∂T
− C6i

[ 3
2T
+
χ6 − χi

kT2

]) n∗6
n∗i
. (6.52)

Radiative rate coefficients. The derivation of the radiative rate coefficients can be
found in Sollum (1999). The rate coefficients for bound-bound transitions are, with
j > i and Ri j the upward rate coefficient:

Ri j =
4π2e2

hν0mec
flu

2hν3
0

c2

1
ehν0/kTrad − 1

, (6.53)

R ji =
gi

g j

4π2e2

hν0mec
flu

2hν3
0

c2

1
1 − e−hν0/kTrad

, (6.54)

where flu, ν0 and Trad are the oscillator strength, the line center frequency and the pre-
scribed radiation temperature. In areas where Trad = T, i.e., deep in the atmosphere,
the temperature derivatives are:

∂Ri j

∂T
=

8π2e2hν3
0

mec3kT2 fi j
e−hν0/kT

(1 − e−hν0/kT)2
, (6.55)

∂R ji

∂T
=

gi

g j

8π2e2hν3
0

mec3kT2 fi j
ehν0/kT

(ehν0/kT − 1)2
, (6.56)

In areas where Trad , T, but constant, the temperature derivatives are zero.
The upward radiative rate coefficient for bound-free transitions is:

Ri6 =
8π
c2 α0ν

3
0

∞∑
n=1

E1

(
n

hν0

kTrad

)
, (6.57)

where α0 is the radiative absorption cross section at the ionization edge frequency ν0
and E1(x) the first exponential integral with argument x. Its temperature derivative
is:

∂Ri6

∂T
=

8π
c2 α0ν

3
0

1
T

1
ehν0/kT − 1

where Trad = T, (6.58)

∂Ri6

∂T
= 0 where Trad , T. (6.59)

The downward bound-free radiative rate coefficient is:

R6i =
8π
c2 α0ν

3
0

n∗i
n∗6

∞∑
n=1

E1

([
n

T
Trad

+ 1
] hν0

kT

)
, (6.60)
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The derivatives are:
∂R6i

∂ne
=

R6i

ne
, (6.61)

∂R6i

∂T
=
∂Ri6

∂T
n∗i
n∗6
− R6i

(
3

2T
+

hν0

kT2

)
where Trad = T, (6.62)

∂R6i

∂T
=

8π
c2 α0ν

3
0

 ∞∑
n=1

exp
(
−n hν0

kTrad
−

hν0
kT

)
nT + Trad

Trad

T

 n∗i
n∗6

−R6i

(
3

2T
+

hν0

kT2

)
where Trad , T. (6.63)
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Hoofdstuk 7
Nederlandse samenvatting

De zon is een hele gewone ster. Hij heeft een tamelijk kleine massa voor een ster en
het heelal hangt vol met vergelijkbare sterren. De zon is ook nog eens in een rustige
fase van zijn leven, de hoofdreeks. Nadat de zon gevormd was, zo’n 4,6 miljard jaar
geleden, begon hij rustig energie uit te stralen die in zijn binnenste werd vrijgemaakt
doordat waterstof tot helium begon te fuseren. De zon bevindt zich nog steeds op
de hoofdreeks en zal daar nog 3,4 miljard jaar blijven. Pas als het waterstof in zijn
binnenste is opgebruikt zal de zon spectaculair en relatief snel verder evolueren tot
een rode reus en uiteindelijk tot een witte dwerg.

De zon mag dan een gewone ster zijn, vanuit menselijk perspectief bezien is de
zon de belangrijkste ster aan de hemel. Hij voorziet ons van de energie die de aarde
leefbaar houdt.

De zon is ook voor de astrofysica van groot belang. Hij staat 2,7 miljoen keer
dichterbij de aarde dan Proxima Centauri, de op-één-na dichtsbijzijnde ster. Het
is de enige ster die we in detail kunnen waarnemen. Behalve de zon kunnen we
alleen de allergrootse en dichtsbijzijnde sterren waarnemen als meer dan een struc-
tuurloos stipje. In de atmosfeer van de zon daarentegen kunnen we details van
100 km waarnemen. Dit maakt de zon bij uitstek geschikt als testster voor theorieën
over sterevolutie, de generatie van stellaire magnetische velden en door magnetisme
aangedreven sterwinden.

Een groot deel van de zonnefysici houdt zich bezig met het onderzoeken van de
zonsatmosfeer. Dit is goed te begrijpen gezien het feit dat bijna alle informatiedragers
die we kunnen waarnemen uit de atmosfeer van de zon komen. Alleen de solaire
neutrino’s die we waarnemen komen niet uit de atmosfeer, maar uit de kern, waar
ze geproduceerd worden bij de kernfusie.

De zonsatmosfeer vertoont een heel scala aan fenomenen die worden veroorzaakt
door het samenspel van gas, magneetveld en elektromagnetische straling. De onder-
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liggende natuurkundige wetten zijn bekend, we zullen geen nieuwe fundamentele
natuurkunde ontwikkelen door de zonsatmosfeer te bestuderen. Dat betekent niet
dat we de atmosfeer volledig begrijpen. Integendeel, de combinatie van verschillende
natuurkundige processen creërt verschijnselen die de zelfs de grootste wetenschap-
pers niet hadden kunnen voorspellen. We kennen de natuurkundige wetten die de
het gedrag van de zonsamosfeer bepalen, maar we zijn nog mijlenver verwijderd van
het punt dat we alle consequenties van die wetten ook begrijpen.

7.1 De atmosfeer van de zon

De zon bestaat alleen uit gas. Hij heeft dan ook geen eenduidig gedefinieerde atmos-
feer zoals de aarde, waar de gasvormige buitenlaag de atmosfeer is. De zonsatmos-
feer wordt gewoonlijk gedefinieerd als de buitenste lagen van de zon van waaruit
straling de ruimte in kan ontsnappen. Hoogtes in de atmosfeer worden gemeten ten
opzichte van het punt waar licht met een golflengte van 500 nanometer naar buiten
toe kan ontsnappen. Dieper in de zon is de hoogte negatief en meer naar buiten toe
is de hoogte positief. Traditioneel wordt de atmosfeer van de zon verdeeld in drie
lagen, de fotosfeer, de chromosfeer en de corona.

De diepste laag heet fotosfeer, naar het Griekse woord voor licht. Uit deze laag
ontsnapt het meeste licht van de zon. Het is de laag die we zien met het blote oog
en heeft een temperatuur van ongeveer 5500 ◦C. De fotosfeer ligt ongeveer tussen
-100 en 500 km hoogte. Op het onderste paneel van figuur 1.1 zijn diverse structuren
te zien die in de fotosfeer voorkomen. Een groot deel van het paneel is gevuld met
een soort korrelig bellenpatroon. Dit patroon heet granulatie en wordt gevormd
door hete bellen met gas die uit de zon omhoog komen. In de fotosfeer koelen ze af
doordat ze licht uitzenden. Het afgekoelde gas stroomt in de donkere lanen tussen de
bellen weer naar beneden de zon in. Dit is het mechanisme waarmee de zon energie
vanuit zijn binnenste naar het oppervlak transporteert. De bellen zijn ongeveer 1000
kilometer in doorsnede.

In de donkere lanen bevinden zich hier een daar kleine heldere puntjes. Dit zijn
plekken waar zich kleine concentraties verticaal magneetveld bevinden. De grote
donkere vlek in het midden is een zonnevlek, een plaats waar een grote concentratie
sterk magnetisch veld door het “oppervlak” van de zon steekt. De zonnevlek is
koeler doordat het magneetveld de stroming van de hete gasbellen blokkeert en is
hierdoor minder helder dan de omringende granulatie. De vlek wordt doorsneden
door heldere banen, die lichtbruggen worden genoemd. De radieel uit de kern
van de vlek stekende filamentaire structuren horen ook bij de zonnevlek en worden
bij elkaar genomen penumbra genoemd. Om de vlek heen liggen poriën, kleinere
zonnevlekken zonder penumbra. De structuur van zonnevlekken en poriën is nog
niet volledig begrepen.

Bovenop de fotosfeer ligt de chromosfeer. De chromofeer (“chromos” betekent
kleur) dankt zijn naam aan de rode kleur die deze laag heeft wanneer de veel hel-
derdere zonneschijf is afgedekt door de maan tijdens een zonsverduistering. De
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chromosfeer kan tot 10.000 km dik zijn. Hij vormt de transitie tussen de hoofd-
zakelijk door gasstromen gedomineerde fotosfeer en de door magnetische velden
gedomineerde corona. Het is een laag in de zon waar nog veel niet van is begrepen.
Waarnemingen van de chromosfeer zijn moelijk te interpreteren en de complexiteit
van de relevante natuurkunde bemoeilijkt de constructie van realistische modellen.

Het middelste en het bovenste paneel van figuur 1.1 tonen de chromosfeer in
een spectraallijn van respectievelijk calcium en waterstof. Het middelste paneel
toont zowel door gasstromen veroorzaakte structuur (linksonder en rechtsboven),
als magnetische structuur (rond de zonnevlek). De magnetische structuren worden
verhit (en dus helder) door een nog onbegrepen mechanisme. Het bovenste paneel
word gemiddeld genomen hoger in de chromosfeer gevormd. Dit paneel wordt
volledig gevuld met lange filamentaire patronen die duidelijk tonen dat de structuur
volledig door magnetisch veld word bepaald. Vergelijk dit met ijzervijlsel dat zich
richt naar het magnetische veld van een hoefijzermagneet. Merk op dat de zonnevlek
in de fotosfeer nog steeds zichtbaar is. Blijkbaar is de chromosfeer niet altijd en overal
zichtbaar in de spectraallijnen waarin de opnames zijn gemaakt.

Figuur 1.2 toont een opname van de corona van de zon. De corona bestaat uit de
ijle, hete (meer dan één miljoen graden Celcius) buitenlagen van de zon. Hij strekt
zich ver uit rond de zon en gaat over in de zonnewind, een continue stroom van
materie die de zon de ruimte inblaast. De coronale structuur wordt volledig bepaald
door de aanwezige magnetische velden. Het gas is gedwongen de magnetische
veldlijnen te volgen, wat de karakteristieke lusstructuur veroorzaakt. De emissie in
figuur 1.2 wordt veroorzaakt door gas van rond de miljoen graden Celcius. Alleen die
magnetische lussen die gevuld zijn met gas van de juiste temperatuur zijn zichtbaar.
Er zijn hetere en koudere lussen, maar die zijn niet zichtbaar in deze opname. Het
precieze verhittingsmechanisme van de corona is nog niet volledig begrepen. Recente
numerieke simulaties lijken erop te wijzen dat het te maken heeft met de omzetting
van magnetische energie in warmte door onderlinge “wrijving” van de magnetische
veldlijnen.

7.2 Modellen van de atmosfeer

De combinatie van complexe natuurkunde, de driedimensionale structuur en tijds-
afhankelijke toestand van de zonsatmosfeer maakt het moeilijk om een consistent
model van de atmosfeer te construeren met analytische berekeningen. De simplifi-
caties die noodzakelijk zijn voor een analytische aanpak negeren een hoop van de
natuurkunde. Deze modellen geven belangrijke inzichten in specifieke processen
die een rol spelen in de atmosfeer, maar kunnen ons geen compleet beeld geven.
Voor een completer beeld zijn met behulp van computers verkregen, zogenaamde
numerieke modellen vereist.

Er zijn drie verschillende soorten numerieke modellen te onderscheiden. De
eerste soort zijn zogenaamde “toy models” of speelgoedmodellen. Net als analyti-
sche modellen zijn ze relatief eenvoudig. Vaak beschrijven ze één specifiek proces
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dat in een gecontroleerde omgeving kan worden bestudeerd, wat onmogelijk is in
een simulatie met gecompliceerde natuurkunde waar verschillende processen niet
eenvoudig van elkaar te scheiden zijn.

Een tweede benadering is de klasse van zogenaamde semi-empirische model-
len. Deze modellen worden geconstrueerd aan de hand van waarnemingen van de
zonsatmosfeer. Men neemt vaak aan dat grootheden in de atmosfeer alleen met de
hoogte variëren en dat de atmosfeer niet verandert in de tijd. Men begint met een ze-
kere atmosferische structuur en berekent hoe het licht uit deze atmosfeer verdeeld is
over de verschillende golflengtes (het spectrum). Vervolgens vergelijkt men dit met
het waargenomen spectrum. De temperatuurstratificatie in het model wordt net zo-
lang aangepast totdat de gelijkenis tussen het waargenomen en berekende spectrum
maximaal is. Er zijn semi-empirische modellen ontwikkeld voor verschillende struc-
turen in de atmosfeer van de zon. Deze modellen zijn zeer belangrijk geweest om de
vorming van spectraallijnen van verschillende atomen en moleculen te begrijpen. Ze
hebben hebben echter één belangrijk nadeel: ze bevatten veel vrije parameters, die
met de hand gekozen worden. Ze kunnen heel goed de waarnemingen verklaren,
hierop zijn ze immers gebaseerd, maar ze verklaren niet waarom de atmosfeer is
zoals hij is. Bovendien is de aanname van een ééndimensionale, statische atmosfeer
vaak niet gerechtvaardigd.

De vraag naar het waarom kan beantwoord worden met de derde klasse numerie-
ke modellen, de theoretische modellen. Deze zijn niet gebaseerd op waarnemingen
en bevatten zo min mogelijk vrije parameters. Het idee erachter is dat we de na-
tuurkunde van de zonsatmosfeer begrijpen. Een model dat de belangrijkste wetten
incorporeert zou in principe een structuur moeten produceren die lijkt op de werke-
lijke atmosfeer.

In de jaren negentig zijn er zeer geavanceerde, tijdsafhankelijke ééndimensionale
theoretische modellen ontwikkeld die een groot deel van de relevante natuurkunde
bevatten. Deze hebben ons begrip van onder meer golfverschijnselen in de chro-
mosfeer enorm vergroot. Omdat ze alleen variatie met de hoogte toestaan, is het
onmogelijk meerdimensionale verschijnselen als granulatie en magnetische structu-
ren te beschrijven. Om deze verschijnselen te begrijpen heeft men theoretische twee-
en driedimensionale modellen ontwikkeld.

De natuurkunde die in het ééndimensionale geval nog gedetailleerd kan worden
berekend, vergen in meerdimensionale modellen teveel computer-rekenkracht en
-geheugen. Simplificaties zijn daarom nodig. Met name de behandeling van straling
en de beschrijving van de microscopische staat van het gas worden versimpeld. In
de fotosfeer zijn deze aannames gerechtvaardigd, hoger in de atmosfeer zijn ze ech-
ter niet geldig. Zelfs met deze simplificaties is de benodigde rekenkracht zo groot
dat het momenteel nog onmogelijk is om zowel de kleinste als de grootste structu-
ren in de atmosfeer gelijktijdig te modelleren. Met behulp van meerdimensionale
modellen zijn verschijnselen als granulatie en de formatie van heldere punten goed
verklaard. Er wordt snelle vooruitgang geboekt om chromosferische schokstructu-
ren, zonnevlek-stippen, de opwekking en evolutie van magnetisch veld en coronale
verhitting te begrijpen. Een compleet, universeel model dat alle verschijnselen in de
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atmosfeer verklaart, van de opwekking van magnetisch veld in de convectiezone tot
de structuur van de corona, is nog niet in zicht. Er blijft nog veel werk te verzetten.
Dit is een goede zaak, want het vooruitzicht om de zonnefysica vaarwel te zeggen
staat mij persoonlijk nogal tegen.

7.3 Samenvatting van dit proefschrift

Mijn proefschrift heeft niet één specifiek onderwerp. Het is een samenvoeging van
onderzoek dat mijn collega’s en ik de afgelopen vier jaar hebben uitgevoerd. De
hoofdstukken zijn geen bijeenpassend geheel, maar iedere studie maakt gebruik van
numerieke modellen van de atmosfeer van de zon.

7.3.1 Waarnemingen en simulaties van omgekeerde granulatie

In hoofdstuk 2 bespreken we omgekeerde granulatie. Dit is het helderheidspatroon
dat onder meer wordt waargenomen in de vleugels van de Ca II H & K spectraallij-
nen. Het lijkt op het gewone granulatiepatroon maar dan met omgekeerd contrast.
Dit patroon wordt een paar honderd kilometer hoger in de atmosfeer gevormd dan
gewone granulatie. We vergelijken waarnemingen, verkregen met de Dutch Open
Telescope, met beelden die uit een driedimensionale simulatie van de zonsatmosfeer
zijn gesynthetiseerd. We concluderen dat de simulaties redelijk goed lijken op de
waarnemingen en tevens dat omgekeerde granulatie wordt veroorzaakt door de om-
kering van de stromingsrichting van de hete gasbellen. Magnetische velden spelen
op zijn hoogst een kleine rol in de vorming van dit patroon.

7.3.2 Magnetische elementen als heldere punten in de blauwe vleu-
gel van Hα

Hoofdstuk 3 behandelt de formatie van zogenaamde heldere punten zoals waarge-
nomen in de blauwe vleugel van de Hα spectraallijn. Deze heldere punten wor-
den waargenomen op plekken met geconcentreerd magneetveld in de fotosfeer.
Daarom worden waarnemingen die deze heldere punten vertonen ook wel proxy-
magnetometers genoemd (het magneetveld zelf word immers niet direct gemeten).
Aan de hand van computersimulaties verklaren we de heldere punten als een na-
tuurlijk gevolg van de aanwezigheid van deze magneetvelden. We concluderen dat
de blauwe vleugel van Hα beter geschikt is om deze magneetvelden te bekijken dan
de veel meer gebruikte G band en de vleugels van de Ca II H & K spectraallijnen.

7.3.3 Een vergelijking van solaire proxy-magnetometrie diagnos-
tieken

We testen diverse proxy-magnetometrie diagnostieken voor het bestuderen van
kleinschalig magnetisme in de fotosfeer van de zon in hoofdstuk 4. We synthetiseren



98 Samenvatting

beelden uit een driedimensionale simulatie van magneto-convectie in de fotosfeer
van de zon in de G band, de CN band en de blauwe vleugel van de Hα, Hβ, Ca II H
and Ca II 854.2 nm lijnen. We concluderen dat de blauwe vleugel van Hα de beste
proxy-magnetometrie diagnostiek is, gevolgd door de blauwe vleugel van Hβ. De-
ze laatste geeft een betere resolutie als op de diffractielimiet van een telescoop kan
worden waargenomen.

7.3.4 Niet-evenwichtsionisatie van waterstof in 3D simulaties van
de chromosfeer van de zon

In hoofdstuk 5 bespreken we een manier om de niet-evenwichtsionisatie van wa-
terstofgas in simulaties van de zonsatmosfeer te berekenen. De ionisatiegraad van
waterstof in de chromosfeer wijkt sterk af van de ionisatie zoals die volgt uit de klas-
sieke aanname van statistisch evenwicht. Een goed model van de chromosfeer moet
deze niet-evenwichtsionisatie dan ook meenemen. De methode gebruikt vaste radi-
atieve overgangswaarschijnlijkheden en is getest in gedetailleerde ééndimensionale
simulaties. De ionisatiegraad in ons model is ongeveer 1% en is relatief constant,
ongeacht de lokale temperatuur van het gas. Dit staat in sterk contrast met de
evenwichtsionisatiegraad van waterstof die varieert van complete ionisatie in hete
schokken tot volledig neutraal in de koele gebieden.

7.3.5 Niet-evenwichtsionisatie van waterstof in 2D simulaties van
de atmosfeer van de zon

Hoofdstuk 6 gaat verder op het werk uit hoofdstuk 5. We beschrijven een methode
die het effect van de ionisatie op de zogenaamde toestandsvergelijking van het gas
berekent. De toestandsvergelijking is een wiskundige uitdrukking die de tempera-
tuur of de druk van een gas beschrijft als functie van de energie en de dichtheid.
Als er geen ionisatie-evenwicht kan worden aangenomen kan de evenwichtsvorm
van de vergelijking niet worden gebruikt. In dat geval moet een veel ingewik-
keldere methode gebruikt worden om de druk en temperatuur te berekenen. We
geven een gedetailleerde beschrijving van het algoritme, beschrijven de verschillen
tussen de temperaturen in een simulatie met evenwichtsionisatie en één met niet-
evenwichtsionisatie, en bespreken de verwachte effecten op de formatie van de Hα
spectraallijn.
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