Studies on the Formation,
Evolution, and Destruction
of Massive Star Clusters

Cover: Photograph taken at White Sands, New Mexico. Courtesy of Matt
Robertson.
Printed by MultiCopy, Utrecht
ISBN 90–393–0502–1

Studies on the Formation, Evolution, and
Destruction of Massive Star Clusters
Studie van de Vorming, Evolutie, en Destructie van Massieve Sterclusters

(met een samenvatting in het Nederlands)

Proefschrift

ter verkrijging van de graad van doctor aan
de Universiteit Utrecht op gezag van de
Rector Magnificus, Prof. Dr. W.H. Gispen, ingevolge het besluit van het
College voor Promoties in het openbaar te verdedigen op
donderdag 21 april 2005 des middags te 12.45 uur
door
Nathan John Bastian

geboren op 22 March 1978, te Milwaukee

Promoter: prof. dr Henny J.G.L.M. Lamers
Sterrenkundig Instituut, Universiteit Utrecht

Co-Promoter: dr Markus Kissler-Patig
European Southern Observatory

This research has been supported in part by the Netherlands Organization for Scientific Research (NWO).
Additional support has come from the European Southern Observatory (ESO).

Contents
1 Introduction
1.1 Introduction to Extragalactic Star Clusters . . . . . . . . . . .
1.1.1 The Milky Way Bias . . . . . . . . . . . . . . . . . .
1.1.2 The copious environments of young star clusters . . .
1.2 This Thesis . . . . . . . . . . . . . . . . . . . . . . . . . . .
1.2.1 Cluster Populations . . . . . . . . . . . . . . . . . . .
1.2.2 Dynamical Studies of the Massive Star Cluster W3 in
Remnant NGC 7252 . . . . . . . . . . . . . . . . . .
1.2.3 Cluster Complexes . . . . . . . . . . . . . . . . . . .
1.2.4 Future Plans . . . . . . . . . . . . . . . . . . . . . .

. .
. .
. .
. .
. .
the
. .
. .
. .

. . . . .
. . . . .
. . . . .
. . . . .
. . . . .
Merger
. . . . .
. . . . .
. . . . .

Part A: The Cluster Population of M 51
2

1
1
1
2
5
5
10
10
13

15

Clusters in the Inner Spiral Arms of M 51: The cluster
IMF and the formation history
17
2.1
2.2
2.3

2.4

2.5

2.6
2.7
2.8

Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Observations and reduction . . . . . . . . . . . . . . . . . . . . . .
Selection of the clusters . . . . . . . . . . . . . . . . . . . . . . . .
2.3.1 The Hα and [OIII] magnitudes . . . . . . . . . . . . . . . .
Cluster evolution models . . . . . . . . . . . . . . . . . . . . . . .
2.4.1 Starburst99 cluster evolution models . . . . . . . . . . . . .
2.4.2 Starburst99 cluster evolution models . . . . . . . . . . . . .
2.4.3 The Frascati models . . . . . . . . . . . . . . . . . . . . .
2.4.4 The extinction curve . . . . . . . . . . . . . . . . . . . . .
Fitting the observed energy distributions to observed cluster models
2.5.1 The fitting procedure . . . . . . . . . . . . . . . . . . . . .
2.5.2 Three dimensional maximum likelihood method . . . . . .
2.5.3 Two dimensional maximum likelihood method . . . . . . .
2.5.4 Starburst99 or Frascati models? . . . . . . . . . . . . . . .
2.5.5 Uncertainties in the derived parameters . . . . . . . . . . .
2.5.6 Contamination of the cluster sample by stars? . . . . . . . .
The mass versus age distribution . . . . . . . . . . . . . . . . . . .
The cluster Initial Mass Function . . . . . . . . . . . . . . . . . . .
The cluster formation history . . . . . . . . . . . . . . . . . . . . .

.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.

18
19
20
23
25
25
25
28
30
30
30
31
33
34
34
35
35
37
40

CONTENTS

2.9
3

CONTENTS

Summary and conclusions . . . . . . . . . . . . . . . . . . . . . . . . . .

The Star Cluster Population of M 51: II. Age distribution and relations among the derived parameters
45
3.1
3.2

Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Observations, reduction and photometry . . . . . . . . . . . . . . . . .
3.2.1 WFPC2 Observations . . . . . . . . . . . . . . . . . . . . . . .
3.2.2 NICMOS Observations . . . . . . . . . . . . . . . . . . . . . .
3.2.3 Source selection . . . . . . . . . . . . . . . . . . . . . . . . .
3.2.4 Photometry . . . . . . . . . . . . . . . . . . . . . . . . . . . .
3.2.5 Incompleteness due to detection limits . . . . . . . . . . . . . .
3.3 The selection of the clusters and the photometry master list. . . . . . . .
3.3.1 Contamination of the sample by stars . . . . . . . . . . . . . .
3.4 Determination of the cluster parameters from their energy distribution .
3.4.1 Adopted cluster models . . . . . . . . . . . . . . . . . . . . . .
3.4.2 The fitting of the spectral energy distributions . . . . . . . . . .
3.4.3 Test of the accuracy of the method . . . . . . . . . . . . . . . .
3.4.4 Reduction of the sample based on energy distributions . . . . .
3.4.5 The elimination of stars on the basis of their energy distribution
3.4.6 The effect of metallicity . . . . . . . . . . . . . . . . . . . . .
3.4.7 Recovery rates . . . . . . . . . . . . . . . . . . . . . . . . . .
3.5 Extinction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
3.6 The age distribution of the clusters . . . . . . . . . . . . . . . . . . . .
3.6.1 The mass versus age diagram . . . . . . . . . . . . . . . . . .
3.6.2 The cluster formation history . . . . . . . . . . . . . . . . . . .
3.6.3 Spatial Dependence of the Cluster Formation Rate . . . . . . .
3.7 A population of short-lived clusters . . . . . . . . . . . . . . . . . . . .
3.8 Cluster sizes . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
3.9 Correlations with the cluster radius . . . . . . . . . . . . . . . . . . . .
3.10 Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .

.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.

Part B: The Cluster Population of M 82
4

42

46
47
48
48
51
51
52
54
55
56
57
57
58
61
62
63
65
65
66
67
72
75
76
77
80
83

87

Star Cluster Formation and Disruption Time-Scales: II.
Evolution of the star cluster system in the fossil starburst of M 82
89
4.1

4.2

Introduction . . . . . . . . . . . . . .
4.1.1 Multiple starbursts in M82 . .
4.1.2 Cluster disruption time-scales
Observations . . . . . . . . . . . . .

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

90
90
91
92

CONTENTS

4.3
4.4
4.5
4.6
4.7
5

CONTENTS

Observed cluster mass and age distributions . . . . . . . .
The derived cluster formation history . . . . . . . . . . . .
4.4.1 Cluster age and mass distributions . . . . . . . . .
4.4.2 Cluster disruption and the cluster formation history
The mass distribution of clusters formed in the burst. . . .
Discussion . . . . . . . . . . . . . . . . . . . . . . . . . .
4.6.1 The cluster disruption time-scale . . . . . . . . . .
4.6.2 The cluster formation rate . . . . . . . . . . . . .
Summary and Conclusions . . . . . . . . . . . . . . . . .

.
.
.
.
.
.
.
.
.

The Missing Link in Star Cluster Evolution
5.1
5.2
5.3
5.4

The Cluster Luminosity Function . . . . . . . . . .
The intermediate-age star cluster system in M82 . .
Detection of a turn-over in an intermediate-age CLF
Summary and Implications . . . . . . . . . . . . .

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

.
.
.
.

Part C: Star Clusters in Tidal Tails
6

The Star Cluster Population in the Tidal Tails
of NGC 6872
6.1
6.2
6.3

6.4
6.5
6.6
6.7

Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Observations, reduction and photometry . . . . . . . . . . . . . . . . . .
The cluster population . . . . . . . . . . . . . . . . . . . . . . . . . . .
6.3.1 Colours . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
6.3.2 Ages . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
6.3.3 Masses . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
The Youngest Clusters . . . . . . . . . . . . . . . . . . . . . . . . . . .
Specific U-band Luminosity . . . . . . . . . . . . . . . . . . . . . . . .
A Scenario for the Formation and Evolution of Star Clusters in Tidal Tails
6.6.1 Cluster formation . . . . . . . . . . . . . . . . . . . . . . . . . .
6.6.2 Fate of the Tidal Material . . . . . . . . . . . . . . . . . . . . . .
Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .

Part D: Dynamical Studies of Massive Star Clusters
7

93
98
98
100
102
106
106
108
109

111
112
113
115
117

119

.
.
.
.
.
.
.
.
.
.
.
.

121
122
123
124
124
126
128
132
132
135
135
136
137

141

The dynamical mass of the young cluster W3 in NGC
7252: Heavy-Weight globular cluster or ultra compact dwarf
galaxy ?
143
7.1

Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 144

CONTENTS

7.2
7.3
7.4
7.5

CONTENTS

Determination of velocity dispersion
Structure and radius of W3 . . . . .
Dynamical mass of W3 . . . . . . .
Discussion . . . . . . . . . . . . . .
7.5.1 Mass . . . . . . . . . . . .
7.5.2 Clues from the κ space . . .

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

.
.
.
.
.
.

Part E: Star Cluster Complexes
8

8.3
8.4
8.5
8.6
8.7
8.8
8.9
9

155

VIMOS Spectroscopy of Young Cluster Complexes
in the Antennae Galaxies
8.1
8.2

Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Observations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
8.2.1 VLT - VIMOS . . . . . . . . . . . . . . . . . . . . . . . . . .
8.2.2 HST - WFPC2 . . . . . . . . . . . . . . . . . . . . . . . . . .
Observed spectral properties . . . . . . . . . . . . . . . . . . . . . . .
8.3.1 Introduction to the spectra . . . . . . . . . . . . . . . . . . . .
8.3.2 Nebular emission line features . . . . . . . . . . . . . . . . . .
Extinction and metallicity of the complexes . . . . . . . . . . . . . . .
Ages of the cluster complexes . . . . . . . . . . . . . . . . . . . . . .
8.5.1 Ages of the individual clusters based on photometry . . . . . .
8.5.2 Age dating of the complexes based on their Wolf-Rayet features
Interstellar matter in the cluster complexes . . . . . . . . . . . . . . . .
8.6.1 Expansion velocities of the complexes and star formation rates .
8.6.2 Expanding shells . . . . . . . . . . . . . . . . . . . . . . . . .
Formation of the complexes . . . . . . . . . . . . . . . . . . . . . . .
8.7.1 Relation to giant molecular clouds . . . . . . . . . . . . . . . .
Stability of the complexes . . . . . . . . . . . . . . . . . . . . . . . . .
Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .

Hierarchical Star Formation in M51:
Star/Cluster Complexes
9.1
9.2

9.3

Introduction . . . . . . . . . . . . . . . .
Observations . . . . . . . . . . . . . . .
9.2.1 HST-WFPC2 observations . . . .
9.2.2 Bima CO observations . . . . . .
Properties of the complexes . . . . . . . .
9.3.1 Sizes of the complexes . . . . . .
9.3.2 Intensity profile of the complexes
9.3.3 Ages of the complexes . . . . . .

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

145
148
150
150
150
153

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.
.

.
.
.
.
.
.
.
.

157
158
159
159
160
162
162
162
162
165
165
169
171
171
172
172
174
175
175

181
182
183
183
184
185
185
185
186

CONTENTS

9.4

9.5

9.6

CONTENTS

9.3.4 Masses of cluster complexes . . . . . . . . . . . . . . . . . . . . .
9.3.5 Star formation rates within the complexes . . . . . . . . . . . . . .
Comparison between the properties of cluster complexes and GMCs . . . .
9.4.1 The density profiles . . . . . . . . . . . . . . . . . . . . . . . . . .
9.4.2 Size and radius relation of GMCs and cluster complexes . . . . . .
9.4.3 Star formation efficiency within the complexes . . . . . . . . . . .
Discussion . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
9.5.1 Formation of the complexes: comparison with previous observations
9.5.2 Truncation of the size of the complexes . . . . . . . . . . . . . . .
9.5.3 The evolution of the cluster complexes . . . . . . . . . . . . . . .
Summary and conclusions . . . . . . . . . . . . . . . . . . . . . . . . . .

Summary
10

Nederlandse Samenvatting

11

English Summary

10.1
10.2
10.3
10.4
10.5

Dit Proefschrift . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Deel A, B en C: De clusterpopulaties van M 51, M 82 en in getijdearmen
Deel D: Dynamische studies van ultra-zware sterclusters . . . . . . . .
Deel E: Complexen van sterclusters . . . . . . . . . . . . . . . . . . .
Slotwoord . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .

191
192
194
194
194
195
195
195
197
198
199

201
.
.
.
.
.

.
.
.
.
.

11.1 This Thesis . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
11.2 Parts A, B and C: The Cluster Populations of M51, M82, and Inside Tidal
Tails . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
11.3 Part D: Dynamical Studies of Ultra-Massive Star
Clusters . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
11.4 Part E: Star Cluster Complexes . . . . . . . . . . . . . . . . . . . . . . . .
11.5 Final Word . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .

203
203
203
204
204
205

207
207

207
208
209
210

References

211

Curriculum Vitae

221

Acknowledgments/Dankwoord

223

Chapter 1
Introduction
1.1 Introduction to Extragalactic Star Clusters
A large fraction, if not all, of stars form in clusters. This shows that the formation of star
clusters is intimately linked to the process of star formation. On the other hand, the vast
majority of stars within our Galaxy (and others) are found in the field, i.e. not in clusters.
From this we can conclude that most star clusters are not bound, or at least are not bound
for a long time. This leads us to pose the following questions: How do star clusters form?
How do they evolve? and What causes them to finally be destroyed? Another key question
that we would like answered is: How do the clusters forming today relate to the ubiquitous
populations of old globular clusters observed around all large galaxies. These questions can
be addressed from many directions, from the study of individual star clusters to the study of
a sample of thousands of clusters at the same time.
Before we begin digging into the details of star clusters, it is important to have a working
definition of what we are talking about. What is a star cluster? For beginning purposes, we
will define a star cluster as a grouping of similar stars (in terms of age and metal content)
which lacks a dark matter halo. The term “bound” has been left out of our definition for an
important reason: we will show that star clusters are destroyed. Given enough time, all star
clusters will disrupt.
Star clusters are deceptively simple systems. The stars within them have the same age
(∆age . 3 − 4 Myr, e.g. Massey & Hunter 1998) and the same metallicity (because
they are formed from the same molecular cloud). The dominant force within the cluster is
simply gravity. However, only recently have realistic models which include gravity, stellar
evolution, binary interactions, and the influence of the host galaxy become possible. It is
only through the combination of these realistic models and detailed observations that we are
finally beginning to understand these seemingly simple, yet elusive systems.

1.1.1 The Milky Way Bias
The study of star clusters has an intrinsic bias to it, in the sense that we commonly accept
that our Galaxy is “normal”, and therefore as a good representative of most galaxies. The
Milky Way has two distinct populations of star clusters; open and globular clusters. The
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open clusters are typically young (a few Myr - a few Gyr), low mass (< 50, 000M ), and
low density objects (∼ 20M /pc3 in the central regions), and are clearly associated with
the galactic disk. Globular clusters, on the other hand, are all old (> 10 Gyr), high mass
(104 − ∼ 106 M ), and high density objects (∼ 400M /pc3 ), associated with the Galactic
bulge/halo. An example of a globular and an open cluster are shown in Fig. 1.1. The
clear dichotomy between these two systems has traditionally led to the belief that open and
globular clusters formed by two separate mechanisms.
However, already 20 years ago there were strong hints that this may not be the case.
Elson & Fall (1985) showed that there is a significant population of massive (> 10 4 M )
young (< 1 Gyr) clusters in the LMC. Additionally, Schweizer (1982) discovered 7 “bluish
knots” in the galactic merger remnant NGC 7252, which 16 years later were shown to
be massive (> 106 M ) young clusters (Schweizer & Seitzer 1998; Maraston 2001). It
is interesting to note that the brightest object (W3) was designated a foreground star in
Schweizer’s 1982 paper, but later turned out to be the most massive star cluster in the known
universe (see Chapter 7).

1.1.2 The copious environments of young star clusters
The largest impact on the field of young massive clusters has been made by the Hubble
Space Telescope (HST). The high spatial resolution of HST first allowed an upper size limit
to be placed on young extragalactic clusters, proving that they were not large extended star
formation regions, but real star clusters. Later, with improved optics, the WFPC2 camera
on-board HST was able to resolve individual star clusters in external galaxies, showing that
they did indeed have sizes (1 - 20 pc), comparable to globular clusters in our Galaxy.
Before we begin discussing these star clusters, we should decide on a naming strategy
for the objects that we will be studying. Many different designations are used in the literature. Common names include super star clusters (SSCs), extragalactic star clusters (ESCs),
scaled OB-associations (SOBAs) and young globular clusters. As will be justified throughout this thesis, we would like to choose a name that reflects the common nature of these
objects, instead of emphasizing their differences. For this reason, we will generally refer to
the star clusters studied as young massive clusters (YMCs), a fairly general and innocuous
term.
The first environments that were discovered to contain copious amounts of star clusters
were that of galactic mergers. Holtzman et al. (1992) were the first in a long list of studies
which used HST to discover young globular clusters in mergers. They studied NGC 1275,
a recent galaxy merger, and found a population of young blue “pointlike sources” which
they estimated to be < few×108 yrs in age with masses between 105 − 108 M . Soon
after, Whitmore et al. (1993) used HST to uncover 40 “candidate young globular clusters”
in NGC 7252 with ages similar to the age of the merger. Similar results have now been
found for NGC 3256 (Zepf et al. 1999), NGC 3310 (de Grijs et al. 2003), NGC 3597
(Holtzman et al. 1996), NGC 3921 (Schweizer et al. 1996), and NGC 4038/39 (Whitmore
et al. 1999) among others. The star clusters found in these systems have many of the same
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properties as the galactic globular clusters, namely size and mass (and hence stellar density).
On the other hand, their ages, metallicities, and mass functions are much more similar to
that of the galactic open clusters. This mixture of properties has led to their designation
as young globular clusters, implying that they are the same as the old globular clusters in
our Galaxy (only younger) and that any differences between these populations are simply
due to evolutionary effects. Throughout this thesis we will provide observational support
to the idea that young massive star clusters and old globular clusters are the same objects
(separated only by formation epoch and evolutionary effects).
In addition to merging galaxies, YMCs have been found in a plethora of other environments. These include, but are not limited to, nuclear starburst rings (e.g. Maoz et al. 2001),
dwarf galaxies (e.g. Billett, Hunter, & Elmegreen 2002), starburst galaxies (e.g. de Grijs,
O’Connell, & Gallagher 2001) and even far outside the main bodies of galaxies in the tidal
tails of galaxy mergers/interactions (e.g. Tran et al. 2003). YMCs have also been found
in abundance in the disks of normal spiral galaxies (Larsen & Richtler 1999). Larsen &
Richtler (2000) have shown the intimate link between star formation and YMCs, concluding that wherever the star formation rate is high enough, YMCs are almost certain to be
present.
Recently it has been found that even our relatively quiescent galaxy contains at least
one massive young cluster. The cluster in question is named Westerlund 1, and is located
surprisingly nearby (∼ 1 kpc) although behind ∼ 13 magnitudes of visual extinction (Piatti,
Bica, & Clariá 1998). Westerlund 1 contains at least 11 Wolf-Rayet stars (implying an age of
less than 10 Myr), which when combined with the estimated incompleteness of the survey
and realistic assumptions about the stellar mass function, implies that this clusters has a
mass of a few ×105 M (Clark & Negueruela 2002). This high mass puts it in the same
category as the massive young clusters found in starburst galaxies and mergers. Given its
proximity, future studies of Westerlund 1 will allow us to look into the formation of massive
clusters in unprecedented detail.
Larsen (2004b) and Whitmore (2003) offer much more complete views of the impact
that HST has had on the field of young star clusters. Taking all of the above into account,
it seems safe to say that the Hubble Space Telescope has caused a revolution in the study of
young extragalactic star clusters.
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Figure 1.1: Examples of the two kinds of star clusters in our Galaxy. Upper panel: The old
globular cluster M80 (image courtesy of the Space Telescope Institute). Lower Panel: The
young open cluster NGC 346. Note the lower concentration of stars and the large amounts
of gas present (image courtesy of the A. Nota - STSci)

Introduction

5

1.2 This Thesis
This thesis focuses on three main topics of young massive star clusters. The first, and dominant section of this thesis deals with entire cluster populations within a galaxy (Parts A, B,
and C). By comparing star cluster samples in a variety of galaxies we will see how the host
galaxy’s properties effect the star cluster population within. In these first three parts of the
thesis we will study a weakly interacting spiral (Chapters 2 and 3), a dwarf star burst galaxy
(Chapters 4 and 5), and a strongly interacting spiral (Chapter 6). After these sections, we
will shift our focus in Chapter 7 and concentrate on one, seemingly exceptional, individual
star cluster. Here we will study its properties in detail to learn about how it relates to more
typical star clusters. The final chapters of this thesis will concentrate on a relatively newly
discovered phenomenon, namely that of entire star cluster complexes (Chapters 8 and 9).
Throughout this thesis, we will use a wide variety of observational tools. The crux
of the work will revolve around high-resolution imagining provided by the Hubble Space
Telescope (HST). We will, however, turn to ground based imaging from the Very Large
Telescope (VLT) when a large field of view is required. Additionally, we will make use
of a new generation of instruments in operation on 8-meter class telescopes. These will
include the integral field unit VIMOS, and the ultra-high resolution spectrograph UVES (both
located at the VLT). In the final chapter of the thesis, we will use millimeter-wave radio
interferometric data, to study giant molecular clouds in M51, and compare their properties
to those of the cluster complexes in that galaxy.

1.2.1 Cluster Populations
Clusters in Interacting Galaxies: M51 and M82
Chapters 2, 3, 4, & 5
In the first two parts of the thesis (Parts A & B), we will study the cluster population in
two interacting galaxies, namely M 82 (shown in Fig. 1.2) and M 51 (shown in Fig. 1.5).
These galaxies differ strongly in their morphology, M51 being a grand design spiral galaxy,
while M82 is a dwarf galaxy. These two galaxies are akin to each other, in the sense that
both galaxies have had an interaction with a neighboring galaxy within the last Gyr. In
Chapter 2 we introduce the general technique of finding the properties (e.g. age, mass,
and extinction) of a star cluster through the use of broad-band photometry. The basic idea
behind the technique is comparing the observed colours of each star cluster to star cluster
models (also known as Simple Stellar Population models). In Chapter 3 we further refine
our selection and fitting techniques/algorithms, offering a cleaner sample which covers a
larger section of the same galaxy studied in Chapter 2. In Chapters 3 and 4 we will apply
these techniques to the cluster population inside the dwarf starburst galaxy M 82.
Based on these studies we will show that these interactions have had a strong influence
on the cluster population of these galaxies. By studying the cluster population’s age, mass
and size distributions we will gain insight into cluster evolution and destruction. We will
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show that in M51 the majority of clusters which are formed are disrupted within the first 10
Myr of their lives, probably due to the rapid removal of gas left over from the epoch of star
formation. If a cluster survives this initial destructive phase, it will not have an easy life.
Even the massive clusters (∼ 104 M ) will disrupt within one or two hundred million years
due to the influence of the host galaxy. In M82, the story is much the same, with massive
clusters being disrupted extremely rapidly. Due to the unique nature of M82, however,
we will show that the cluster mass function has evolved in this galaxy from a power-law
distribution (N (M )dm ∝ M −α dm, characteristic of young cluster systems) to that of a
log-normal distribution (i.e. a roughly Gaussian distribution when binned logarithmically)
which is characteristic of old globular cluster systems. We will argue that this is evidence
that globular clusters, once thought to only be able to form in the early universe, are still
forming today.
The first two sections show how our techniques and ideas developed during the course
of this work. In particular, we can note differences between Chapters 2 and 3. Chapter 2
was our group’s first publication on young star cluster populations, and we concentrated on
a relatively small field of view in the inner spiral arms of M 51. In this work, we interpreted
the strong emission of Hα and absence of O[III] emission as evidence for a lack of high mass
stars (> 30 M ) within this region. However, Bresolin et al. (2004) have found signatures
of Wolf-Rayet stars (stars which have masses > 30 M ) in similar regions within M 51.
Thus, the lack of O[III] emission and strong Hα emission must have another explanation
(possibly high electron densities), and therefore, we have removed this test from our study
in Chapter 3.
Most of the differences between Chapters 2 and 3 can be attributed to the refined techniques used in Chapter 3, as well as the much larger field of view. We expect that our
ongoing study will take another large step forward in the spring of 2005, when the whole of
M 51 and its companion are imaged with the Advanced Camera for Surveys on-board HST.
This new data set will allow us to test many of the ideas put forth in Chapter 3, in particular
how the sizes of clusters change with age, mass, and distance from the center of the galaxy.
Chapters 2, 3, 4, and 5 introduce many of the techniques and ideas which will be exploited in the subsequent chapters. In the next chapter (Chapter 6), we will determine the
properties of a cluster population in the tidal tails of the strongly interacting spiral galaxy
NGC 6872. Thus, we will show that not only do star clusters form inside spiral and dwarf
galaxies, but can also form many kiloparecs away from the main body of a galaxy.
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Figure 1.2: HST colour image of the dwarf starburst galaxy M82, with regions of interest
labeled. Region B is the part of the galaxy studied in Chapters 4 & 5. This part of M82
underwent a huge starburst ∼ 1 Gyr ago, leaving a large population of massive star clusters. This population of star clusters has properties in between a young population and a
very old population. This was the first observational evidence directly linking young star
clusters with the ubiquitous old globular clusters surrounding all galaxies. Image courtesy
of Richard de Grijs.

Figure 1.3: The observed spectrum (black) of W3 obtained with the high-resolution spectrograph UVES on the VLT. In red we show the best fitting (broadened) stellar template. From
this we estimate that the velocity dispersion of W3 is 45 km/s (image courtesy of Roberto
Saglia).
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Clusters in the Tidal Tails of NGC 6872
Chapter 6
As discussed in § 1.1, young massive star clusters have been found in a wide variety of
galactic environments. In this chapter we will present an analysis of star clusters forming
outside the main body of a galaxy, namely in the tidal tails of the strongly interacting galaxy
NGC 6872. When two galaxies interact or merge, they often “eject” one or two large “tails”
from the main body of the galaxies. Recent surveys have shown that dwarf galaxy sized
objects can form in this tidal debris (e.g. Weilbacher et al. 2003). Using the interacting
galaxy NGC 6872 we will show that large numbers of star clusters can also form within
this tidal debris. Figure 1.4 shows an image of NGC 6872, as well as an expanded view
of three regions containing young massive clusters. Comparison with models of the evolution of tidal debris (e.g. Mihos 2004a) shows that many of these star clusters are likely to
“break free” from their host galaxies, and end up in the region between galaxies. These star
clusters may have masses and sizes, along with spatial and velocity distributions which are
very similar to the so called “Ultra-Compact Dwarf Galaxies” (UCDs or UCDGs) recently
discovered in the Fornax cluster and Abel 1689 (Mieske et al. 2004).
Therefore we have suggested a different formation mechanism than that normally assumed for the UCDs, namely that UCDs are not “ultra-compact” nor “dwarf galaxies”, but
merely escaped star clusters which formed in the tidal tails of an ancient galactic merger.
The observation that the luminosities (and hence presumably the masses) of the so-called
UCDs, overlaps with that of the bona fide globular clusters in the Fornax galaxy cluster
(Kissler-Patig et al. 1999; Hilker et al. 1999), lends support to this interpretation.
Additional support for this scenario will be presented in the following chapter (Chapter 7), where we will compare the detailed properties of a single massive star cluster to
those of the so-called UCDs. It is this work, which will provide the strongest links between
massive star clusters and UCDs.
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Figure 1.4: Top: VLT image of the interacting spiral galaxy NGC 6872. NGC 6872 is
interacting with the smaller galaxy IC 4970 (the somewhat elongated object in the center
left of the top panel). The interaction between these two galaxies caused the ejection of
the two long tidal tails from NGC 6872. Regions of interest have been labeled. Bottom:
Expanded image of three regions of the one of the tidal tails of NGC 6872. Note the large
amount of “point-like” sources, which are star clusters. In Chapter 6 we will show that these
clusters formed within the tidal tails and will end their lives in the inter-galactic environment
(i.e. not attached to any single galaxy).
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1.2.2 Dynamical Studies of the Massive Star Cluster W3 in the Merger
Remnant NGC 7252
Chapter 7
Most studies of star clusters base their mass estimates on the brightness of each cluster, combined with the age dependent mass-to-light ratios from Simple Stellar Population
Synthesis (SSP) models. A more direct way to measure the mass of individual clusters is
to obtain an estimate of the “dynamical mass”. Through extremely high resolution spectroscopy (∼ 0.05Å per pixel), and comparison with stellar spectroscopic templates, it is
possible to measure the broadening of spectral lines. Within a star cluster, the individual
stars are moving due to the cluster’s gravitational field. Due to the Doppler effect, the motions of the stars will broaden the integrated spectral features of the cluster. This broadening
is a measure of the velocity dispersion of the cluster. The structural parameters of the star
cluster can be measured from high-resolution HST images. These two parameters (velocity
dispersion and structural parameters) can be combined, through the virial theorem, to obtain
a dynamical mass estimate.
We have carried out such an analysis for the extremely massive star cluster W3, in
the merger remnant NGC 7252 (the spectrum plus the best fitting template are shown in
Fig. 1.3). We find a velocity dispersion of 45 (±5) km/s and an effective radius (the radius
within which contains half of the light of the cluster) of 17.5 (±1.8) pc. This results in
a mass estimate of 8 (±2) ×107 M . This is more than 10 times more massive than the
largest globular cluster in the Milky Way. This object appears to be separate from other star
clusters when its individual properties are compared. It is much more akin to the so called
“Ultra-Compact Dwarf Galaxies” . Again, this argues that the so-called UCDs may simply
be star clusters.
Recent numerical studies have offered a unique scenario for the formation of W3-like
objects. Fellhauer & Kroupa (2005) have suggested that complexes of star clusters (star
cluster complexes) may merge on short timescales (< 100 Myr) to build extremely massive
star clusters which will resemble W3 and the so-called UCDs. In the following two chapters
(Chapters 8, & 9) we will provide observations of cluster complexes which will test these
numerical studies.

1.2.3 Cluster Complexes
Chapters 8 & 9
It has recently been noted, that young star clusters are not isolated, but instead tend
to be clustered in complexes (e.g. Zhang et al. 2001; Larsen 2004). Despite their clear
link between Giant Molecular Clouds (GMCs) and the star clusters that form inside them,
these cluster complexes have not been studied in detail. Many of their basic properties,
including size, mass, stability, and formation mechanism remain unknown. To this end,
we have carried out two studies on these cluster complexes. The first is a VIMOS integral
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field spectroscopic study of complexes in the Antennae galaxies, while the second is a study
between the relation of GMCs and cluster complexes within M51.
The complexes in the Antennae show strong nebular emission emission lines which
we use to measure their extinctions, metallicities, and star formation rates. Many of the
complexes also show strong Wolf-Rayet stellar features in their spectrum which indicate
very young ages (< 10 Myr). Additionally, we have measured the gas outflow velocities
from the complexes which reach up to ∼ 150 km/s. These extreme outflow speeds are
characteristic of dwarf starburst galaxies. These energetic outflow velocities plus the high
area normalized star formation rates show that these cluster complexes can be accurately
referred to as localized starbursts within galaxies.
In M51, we have studied 9 cluster complexes, ranging in mass from 3 × 10 4 M to
3×105M . We find that these complexes are strongly related to the spiral arms. In Fig. 1.5,
we show an example of one of the complexes, Complex G2 (inset). These complexes follow
2.2
a mass-radius relation (Mcomplex ∝ Rcomplex
) very similar to that found for GMCs, but
unlike that found for star clusters which do not show any strong relation. We derive the
same relation for GMCs in M51 using BIMA CO data. Exploiting the similarity of these two
relations, we estimate the star formation efficiency within these complexes to be ∼ 50%.
We estimate that a large fraction of the material within these complexes is unbound and will
be spread into the field on short timescales (< 20 Myr). The inner regions of the complexes
are much more dense, however, and may merge to form a single massive star cluster as in
N -body simulations (Kroupa 1998).
Additionally, we note the density profiles of these complexes, giant molecular clouds,
and young star clusters are the same, suggestive of a common formation mechanism. Thus,
we have provided the link between giant molecular clouds and the star clusters which form
within them.
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Figure 1.5: The inner region of the spiral galaxy M51 (image courtesy of Nick Scoville). Inset is a colour composite image of Complex G2 (thanks to Søeren Larsen). In Chapter 9 we
show that the area normalized star formation rate of these complexes is as high as starburst
galaxies, thereby justifying their designation as localized starbursts. Cluster complexes in
the merging galaxies ’The Antennae’ have star formation rates (per unit area) which are ten
times higher than in M51, which is presumably due to the higher densities of molecular
clouds in the Antennae (Chapter 8). These complexes appear to be in integral part of the
process of forming stars from molecular clouds.
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1.2.4 Future Plans
This thesis has touched on three lines of observational research which may yield profitable
results on star cluster formation/evolution and their role in star formation and galaxy evolution. The first, which is the topic of Chapter 6, is the formation of clusters outside the main
bodies of galaxies. We have obtained Gemini multi-object spectroscopy of star clusters in
the tidal tails of the merging galaxy NGC 3256, the interacting galaxy NGC 6872, and the
multiply interacting system Stephan’s Quintet. Using this data, we can search for age or
metallicity gradients along the tidal tail as well as using their kinematic information to test
whether or not they will remain bound to the host galaxy or will contribute to a population
of inter-galactic clusters. Additionally, we plan to follow up the results in Chapter 6 with
space and ground based imaging of approximately 15 galaxies with tidal tails. The goal
of this study is to determine which tails are favorable to the formation of star clusters, and
which preferentially make dwarf galaxy sized objects.
The second observational line introduced in this thesis which will be followed up in the
future, is a dynamical study of ultra-massive star clusters (Chapter 7). Last fall, we observed
two seemingly ultra-massive clusters (one in NGC 7252 and another in NGC 1316) with the
high-resolution spectrograph UVES on the VLT. Following the same procedure introduced
in Chapter 7, we plan to determine the velocity dispersion, and hence the dynamical mass,
for these clusters to determine if their properties are similar to that of the only studied ultramassive cluster, W3. The goal is to see if this type of cluster formed from an entirely
different process as more normal clusters. Interestingly, all of the known ultra-massive
clusters are associated with elliptical galaxies and were formed when the two (or more)
galaxies merged to form the elliptical galaxy.
The final observational line that I think will provide insights into cluster formation is
the topic of Chapters 8 & 9. Cluster formation scenarios must now account for the fact that
clusters often do not form in isolation, but within larger complexes. Future high-resolution
imagining of other galaxies which contain these complexes will be able to determine if
the relations discussed in Chapter 9 also apply within other galaxies. If so, this would
lend strong support to hierarchical star (and structure) formation within galaxies. Future
integral field unit (IFU) spectroscopy, such as that presented in Chapter 8, of complexes will
determine whether or not the stars and clusters within them are coeval, or if the central object
has formed through the merging of clusters. This spring, we will exploit the full capacity of
IFUs when we observe five spatially resolved complexes in M 83. These observations are
likely to reveal many new surprises on complex and cluster formation.
acknowledgments I would like to thank the ’reading committee’ for their many helpful suggestions while preparing the introduction and summary of this thesis.
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Clusters in the Inner Spiral Arms of M 51: The cluster
IMF and the formation history
A. Bik, H.J.G.L.M. Lamers, N. Bastian, N. Panagia, and M. Romaniello
Astronomy & Astrophysics, 397, 473 (2003)
Abstract We present the results of an analysis of the HST–WFPC2 observations of the interacting
galaxy M51. From the observations in 5 broadband filters (U BV RI) and two narrowband filters (Hα
and [OIII]) we study the cluster population in a region of 3.2 ×3.2 kpc2 in the inner spiral arms of
M51, at a distance of about 1 to 3 kpc from the nucleus. We found 877 cluster candidates and we
derived their ages, initial masses and extinctions by means of a comparison between the observed
spectral energy distribution and the predictions from cluster synthesis models for instantaneous star
formation and solar metallicity. The lack of [OIII] emission in even the youngest clusters with strong
Hα emission, indicates the absence of the most massive stars and suggests a mass upper limit of about
25 to 30 M . The mass versus age distribution of the clusters shows a drastic decrease in the number
of clusters with age, much more severe than can be expected on the basis of evolutionary fading of the
clusters. This indicates that cluster dispersion is occurring on a timescale of 10 Myr or longer. The
cluster initial mass function has been derived from clusters younger than 10 Myr by a linear regression
fit of the cumulative mass distribution. This results in an exponent α = −d log N (M )/d log (M ) =
2.1 ± 0.3 in the range of 2.5 103 < M < 5 104 M but with an overabundance of clusters with
M > 2 104 M . In the restricted range of 2.5 103 < M < 2 104 M we find α = 2.0 ± 0.05.
This exponent is very similar to the value derived for clusters in the interacting Antennae galaxies,
and to the exponent of the mass distribution of the giant molecular clouds in our Galaxy. To study the
possible effects of the interaction of M51 with its companion NGC 5195 about 400 Myr ago, which
triggered a huge starburst in the nucleus, we determined the cluster formation rate as a function of
time for clusters with an initial mass larger than 104 M . There is no evidence for a peak in the
cluster formation rate at around 200 to 400 Myr ago within 2 σ accuracy, i.e. within a factor two. The
formation rate of the detected clusters decreases strongly with age by about a factor 102 between 10
Myr and 1 Gyr. For clusters older than about 150 Myr this is due to the evolutionary fading of the
clusters below the detection limit. For clusters younger than 100 Myr this is due to the dispersion of
the clusters, unless one assumes that the cluster formation rate has been steadily increasing with time
from 1 Gyr ago to the present time.
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2.1 Introduction
The interaction of galaxies triggers star formation as clearly seen in the young starbursts
in interacting galaxies (for reviews see Kennicutt 1998; Schweizer 1998). One of the best
examples is the Antennae system where the interaction is presently going on and star formation and cluster formation occurs on a very large scale in the region between the two
merging nuclei (Whitmore et al. 1999).
The way the triggered star formation progresses through an interacting galaxy is best
studied from a slightly older interacting system, where the close passage of the companion
is over. In such a system one can hope to derive the age distribution of clusters as a function
of location in the galaxy and thus measure the time sequence of the induced star and cluster
formation as a function of location in the galaxy.
One of the best systems for this purpose is the interacting sytem of the Whirlpool galaxy
(M51) at a distance of 8.4 ± 0.6 Mpc (Feldmeier et al. 1997). The M51 system consists
of a grand design spiral galaxy (NGC 5194) interacting with its dwarf companion (NGC
5195). The almost face-on orientation of M51 allows the observation of its structure in great
detail with minimum obscuration by interstellar dust. The interaction of these two galaxies
has been modelled by various authors, starting from the fundamental paper by Toomre &
Toomre (1972). These authors derived an age of the closest passage to be 2 × 10 8 years
ago. Later refined models, e.g. by Hernquist (1990), and reviewed by Barnes (1998), have
improved this time estimate. The closest approach is now believed to have occurred about
250 - 400 Myrs ago. The best model is found for a distance of the pericenter of 17 to 20 kpc,
for a mass ratio of M/m ≈ 2 and a relative orbit which crosses the plane of M51 under an
angle of about 15 degrees. (For a discussion of the problems with this model and possible
improvements, see Barnes 1998). Recently Salo & Laurikainen (2000) suggested that on
the basis of N -body simulations that the M51 system had multiple passages, with the two
last at 50 -100 Myrs and 400-500 Myrs ago.
Because of its relatively small distance from us, and the fact that we see the M51 system
face one, the system is ideally suited for the study of the progression of cluster formation
due to galaxy – galaxy interaction. For this reason we started a series of studies of different
aspects of the M51 system based on HST-WFPC2 observations in six broad band and two
narrow band filters.
The nucleus of M51 was studied by Scuderi et al. (2002). They found that the core
contains a starburst with an age of 410 ± 140 Myrs and a total stellar mass of about 2 ×
107 M within the central 17 pc. This age agrees with the estimated time of closest passage
of the companion, so the starburst in the core is most likely due to the interaction with the
passing companion. M51 contains an unresolved nucleus with a diameter smaller than 2 pc
and a luminosity of 2 × 106 L (Scuderi et al. 2002).
The bulge, i.e. the reddish region with a size of 11×16 arcsec 2 = 460×680 pc2 , between
the nucleus and the inner spiral arms, was studied by Scuderi et al. (2002) and by Lamers
et al. (2002). The bulge is dominated by an old stellar population with an age in excess of 5
Gyrs. The HST − W F P C2 images of the bulge show the presence of dust lanes. The total
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amount of dust in the bulge is about 2.3×103 M and the dust has about the same extinction
law and approximately the same gas to dust ratio as our Galaxy (Lamers et al. 2002). This
suggests a metallicity close to that in the solar neighbourhood. The HST − W F P C2
images of the bulge of M51 show clearly that the dust is concentrated in structures in the
forms of spiral-like dust lanes and a bar that reaches all the way down into the core. Most
intriguingly is the discovery of about 30 bright and mainly blue point-like sources in the
bulge that are aligned more or less along the spiral-like dust lanes. Lamers et al. (2002)
have shown that these are most likely very young massive stars 20 < M ∗ < 150 M with
little evidence of associated clusters. This mode of star formation is the result of the peculiar
conditions, in particular the destruction of CO molecules, of the interstellar clouds in the
bulge of M51.
In this study we focus on the clusters at a distance of about 1 to 3 kpc from the nucleus,
i.e. near the inner spiral arms. The purpose of the paper is two-fold:
– (a) to determine the cluster intitial mass function, and
– (b) to determine the presence or absence of a starburst period that can be linked to triggering by the passage of the companion. This is not an easy task, because our data will show
that the age distribution of the clusters is strongly affected by the disruption of clusters older
than about 40 Myrs.
We study the clusters and their properties by identifying point-like sources in the HST −
W F P C2 images and measuring their U BV RI magnitudes to obtain their energy distributions. The magnitudes indicate that the sources are clusters instead of single stars. Their
energy distributions are compared to cluster evolutionary synthesis models to determine the
age, mass and E(B − V ) of these clusters.
In Sect. 2 we describe the observations and the data reduction. In Sect. 3 the selection
of cluster candidates is discussed. In Sect. 4 we describe the cluster evolutionary synthesis
models and in Sect. 5 the fitting procedure for the derivation of the cluster parameters is
explained. The mass versus age distribution of the clusters is derived in Sect. 6. In Sect. 7
the initial mass function of the clusters is derived from the sample of clusters younger than
10 Myrs. The cluster formation history is studied in Sect. 8. The summary and conclusions
are given in Sect. 9.

2.2 Observations and reduction
M51 was observed with HST-WFPC2 as part of the HST Supernova INtensive Study (SINS)
program (Millard et al. 1999). For this study we use the images taken in the broad band
filters F336W (U ), F439W (B), F555W (V ), F675W (R) and F814W (I) from the SINS
program and in the narrow band filters F502N ([OIII]) and F656N (Hα) from the GOprogram of H.C. Ford. The image in U was taken on 1994 May 12, the BV RI images
were taken on Jan 15 1995 and the [OIII] and Hα images on Jan 25 1995. The U and B
images were split into three and two exposures of 400 s and 700 s respectively. The [OIII]
and Hα images are split into two exposures of 1200 s and 500 s ([OIII]), and 1400 s and
400 s (Hα). In the remaining bands one single exposure of 600 s was taken. The data was
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processed through the PODPS (Post Observing Data Processing System) for bias removal,
flat fielding and dark frame correction.
To remove the cosmic rays from the U , B [OIII] and Hα images, we used the STSDAS
task crrej for combining the available exposures. For the V RI images, where only one exposure is available, we used a procedure called “Cosmic Eraser”. This procedure combines
the IRAF tasks cosmicrays and imedit to reject as carefully as possible the cosmic rays. The
automatic detection of cosmic rays with the task cosmicrays is based upon two parameters,
a detection threshold and a flux ratio. The first parameter enables the detection of all the
pixels with a value larger than the average value of the surrounding pixels. The flux ratio is
defined as the percentage of the average value of the four neighboring pixels (excluding the
second brightest pixel) to the flux of the brightest pixel. This parameter allows a classification of the detected objects: cosmic ray or star. Training objects are used to determine the
flux ratio carefully. These training objects are labeled by the user to be a cosmic ray or a
star. With imedit the detected cosmic rays signals are replaced by an interpolation of a third
order surface fit to the surrounding pixels.
After the correction for the cosmic rays, the images were corrected for bad pixels using
the hot pixel list from the STScI W F P C2 website in combination with the task warmpix.
Corrections for non-optimal charge transfer efficiency on the CCD’s of the W F P C2 camera were applied using the formulae by Whitmore & Heyer (1997).
With the task daofind from the DAOPHOT package Stetson (1987), we identified the
point sources on the image. We performed aperture photometry on these sources, also with
the DAOPHOT package. We used an aperture radius of 3 pixels. The sky background was
calculated in an annulus with internal and external radius of 10 and 14 pixels respectively.
We only selected the point sources with an uncertainty smaller than 0.2 in the magnitude.
Photometric zeropoints were obtained from table 28.2 of the HST Data Handbook (Voit
1997), using the VEGAMAG photometric system (Holtzman et al. 1995).
The aperture correction was measured for a number of isolated, high S/N point sources
on each W F P C2-chip. This output was adopted for all the other point sources on the chip.
Following Holtzman et al. (1995) we have normalized the aperture correction to 1 00 (10 WF
pixels). The aperture corrections we found are between -0.24 and -0.37 magnitudes. This
is larger than the aperture corrections for stars ≈ -0.17 magnitudes (Holtzman et al. 1995),
which means that the detected point sources are fairly well resolved.
We adopt a distance of d = 8.4 ± 0.6 Mpc (Feldmeier et al. 1997), which corresponds
to a distance modulus of 29.62. At this distance, 1 00 corresponds to a linear distance of 40.7
pc, which means that an HST − W F C pixel of 0.100 corresponds to 4.1 pc.

2.3 Selection of the clusters
The U -band images were taken in 1994, 8 months earlier than the images in the other
passbands. The orientation of HST − W F P C2 was not the same at the two epochs. In the
1995 BV RI-images the nucleus of M51 was in the center of the PC-image. The U -image
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Figure 2.1: The location of the W F P C2 camera when the BV RI images were taken,
superimposed on an optical image of M51. Right: The orientation of the W F P C2 camera
when the BV RI and the U images were taken. The grey area indicates the location of the
W F 2 chip, covering an area of 3.25 × 3.25 kpc (for an adopted distance of 8.4 Mpc), that
was used in this analysis. Its exact location and orientation are given in Fig. 2. The dark
grey region shows the overlap of the BV RI and U images.

was centered on SN1994I (that was 15” off from the nucleus) so that the nucleus was near
the edge of the PC-image. The orientation of the W F P C2-images is shown in Fig. 2.3.
For our analysis only the part of W F 4-chip of the U image that overlap with the W F 2chip of the BV RI images is used (see Fig. 1). To identify the various sources, we obtained
a position of the sources in U and transformed these positions to the coordinate frame of the
BV RI images. The orientation of the [OIII] and Hα images is very similar to those of the
BV RI images. We transformed these narrow band images to the same orientation as the
BV RI images.
We applied our analysis of the cluster energy distributions to the sources that were detected in the images of at least three of the BV RI broad-band filters with a magnitude
uncertainty smaller than 0.2 in each band. To this purpose we compared the positions of
all detected sources in the BV RI images. If objects occur in at least three images within
a position tolerance of 2 pixels they are selected for our study. This tolerance was chosen
on the basis of tests with clearly identifiable sources that were observed in most bands. For
the sources detected in at least three images we then checked for the presence of a source
in the U image, in the region where the U image and the BV RI images do overlap (the
dark grey region in Fig. 1). If a source was not detected in a particular band, we adopted
a conservative lower limit for the magnitude in that band (see below). This was not always
possible for the U -magnitude, because many of the sources detected in the BV RI bands
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Table 2.1: Numbers of point sources detected in the different W F P C2 − HST -images
F336W
(U )

F439W
(B)

F555W
(V )

F675W
(R)

F814W
(I)

d
l
n
d
l
n
d
l
n

d
d
d
l
l
l
d
d
d

d
d
d
d
d
d
d
d
d

d
d
d
d
d
d
d
d
d

d
d
d
d
d
d
l
l
l

number
objects
76
366
109
30
144
39
21
78
14

877
d means ”detected”, l means ”lower magnitude limit” (i.e. the object is fainter than the
detection limit) and n means ”not observed”.

are located in an area that was not covered by the U -image. As a consequence, we have no
information on the U -magnitude for many of the sources.
The location of the sources in the W F 2-chip is shown in Fig. 2.3. The overlay of the
sources on the V band image clearly shows that the clusters are concentrated in or near the
spiral arms at a distance of about 1.5 kpc from the nucleus of M51. The number of sources,
detected in the various bands, is listed in Table 2.3. The sample contains a total of 877
sources for which we have reliable photometry (σ < 0.20 magn.) in at least three bands. 1
Fig. 2.3 shows the magnitude distribution of the sources in the various bands. All distributions show a slow increase in numbers towards fainter objects, a maximum and a steep
decrease towards even fainter sources. The slow increase to fainter sources reflects their luminosity function. The steep decrease to high magnitudes is due to the detection limit. This
detection limit is not a single value for each band, because of the variable background in the
W F 2 field due to the spiral arms. The maximum of the distributions are near U ' 20.0,
B ' 22.0, V ' 22.0, R ' 21.5 and I ' 21.0. These values will be adopted as conservative
lower limits for the magnitudes of sources that were not detected in any given band.
All the objects fall in the visual magnitude range of 16.5 < V < 23.6. For distance
modulus of 29.62 this corresponds to an absolute magnitude range of −12.1 < M V < −6.0
in the case of zero extinction and −12.6 < MV < −6.5 in case of moderate extinction with
E(B − V ) ' 0.17. This means that the faintest objects could be either very bright stars or
small clusters. The vast majority of the selected point sources are so bright that they must
be clusters. (See Sect 2.5.6).
1 The

coordinates and the photometry of the objects are available in the electronic version of A& A
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Figure 2.2: The location of all the detected point sources in the WF2 chip superimposed on the V-band image. This image is rotated 90 degrees clockwise compared
to Fig. 1. The coordinates of the lower-left and upper-right corners of the image
are: pixel(1,1): RA(2000)=13h29m 55s .90, Dec(2000)=47011’27”.2. and pixel800,800:
RA(2000)=13h29m 57s .94, Dec(2000)=47013’16”.6.

2.3.1 The Hα and [OIII] magnitudes
The magnitudes in the narrow-band images of filters F 656N (m(Hα)) and F 502N
(m[OIII]) can be compared with those of the wide-band filters F 675W (R) and F 555W
(V ) respectively to derive a measure of the equivalent width of the Hα and [OIII] lines.
When the magnitudes are expressed in the ST-system, the magnitude differences R −
m(Hα) and V − m[OIII] are by definition equal to 0.0 if the spectrum of a source is
a featureless, flat continuum (i.e. the spectrum of the source is a continuum F λ = const
without a photospheric Hα absorption, and there is no HII region around the star). The
differences R − m(Hα) and V − m[OIII] are either positive or negative if the source spectrum has an emission or an absorption line, respectively, falling in the narrow band filter,
independently of the interstellar extinction. With the Vega-system magnitudes one has to
fold in both the non-zero spectral slope and the discrete features present in α Lyrae’s spectrum. Therefore, a featureless flat continuum would correspond to R − m(Hα) ' +0.08
and V − m[OIII] ' −0.26 colors in the Vega-system.
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Figure 2.3: The histogram of the magnitudes in the different bands. The slow increase
at bright magnitudes is due to the luminosity function and the steep decrease at fainter
magnitudes is due to the detection limit.

Fig. 2.4a shows the m(Hα) versus R and Fig. 2.4b shows m[OIII] versus V for the
subset of sources for which we could measure these magnitudes with an accuracy better
than 0.2. The figure shows that many sources have Hα emission (m(Hα) < R) but none (!)
of the sources has [OIII] emission (note that m[OIII] is slightly fainter than the V magnitude as appropriate for complete absence of an emission line). The lack of [OIII] emission
indicates that the far-UV flux, at λ < 350 Å i.e. at energies higher than the second ionization potential of oxygen, is quite low. For main sequence stars with L > 2.5 × 10 5 L (i.e.
with M > 30M and Teff > 33 000 K), surrounded by an HII region with approximately
solar abundances, we would expect V − m[OIII] > R − m(Hα). We will show later, on
the basis of the study of the energy distributions, that many of the objects are very young
clusters with ages less than a 10 Myr. The lack of [OIII] emission shows that these clusters
do not contain stars with Teff above about 30 000 K, which corresponds to about 25 to 30
M (e.g. Chiosi & Maeder 1986). We can exclude the possibility that the lack of [OIII]

Clusters in the Inner Spiral Arms of M51

25

emission be due to just a high metallicity, which could reduce the electron temperature in
an HII region and weaken optical forbidden lines considerably, without requiring a lower
effective temperature, or, equivalently, a low upper mass cutoff. This is because in many
HII regions in M51 an in other metal-rich spiral galaxies not only are the [OIII] lines faint
or absent but also the HeI lines are unusually faint relative to Balmer lines (Panagia 2000;
Lenzuni & Panagia, in preparation). This result indicates that He is only partially ionized
and, therefore, that the ionizing radiation field is indeed produced exclusively by stars with
effective temperatures much lower than 33,000K . So we conclude that the upper mass limit
for clusters in the inner spiral arms of M51 is about 25 to 30 M .

2.4 Cluster evolution models
To determine the age, initial mass and E(B − V ) of the clusters, we compare the observed
energy distributions with energy distributions derived from theoretical cluster evolutionary
synthesis models. We used two sets of models: the Starburst99 models for ages up to 1
Gyr, and the Frascati models for ages of 10 Myr to 5 Gyr. In this section the models are
described.

2.4.1 Starburst99 cluster evolution models
To determine the age, initial mass and E(B − V ) of the clusters, we compare the observed
energy distributions with energy distributions derived from theoretical cluster evolutionary
synthesis models. We used two sets of models: the Starburst99 models for ages up to 1
Gyr, and the Frascati models for ages of 10 Myr to 5 Gyr. In this section the models are
described.

2.4.2 Starburst99 cluster evolution models
We compared the observed spectral energy distributions (SED) of our objects with the
cluster evolutionary synthesis models of Leitherer et al. (1999), i.e. the Starburst99 models
for instantaneous star formation. In these models, the stellar atmosphere models of Lejeune
et al. (1997) are included. For stars with a strong mass loss the Schmutz et al. (1992)
extended model atmospheres are used. The stellar evolution models of the Geneva group
are included in these models. For our analysis we used the models of the Spectral Energy
Distributions (SEDs).
In the cluster models the stars are assumed to be formed with a classical Salpeter IMFslope of d log(N )/d log(M ) = −2.35. The lower cut-off mass is Mlow = 1 M . We adopt
two values for the upper cut-off mass: the standard value of Mup = 100 M , and the value
of Mup = 30 M . This last value is adopted because it is suggested by the lack of [OIII]
emission (see 2.3.1). The total initial mass of all models is 106 M . Leitherer et al. (1999)
present models for 5 different metallicities, from Z = 0.001 to Z = 0.040 = 2 × Z .
Observations of HII-regions have shown that the metallicity of the inner region of M51 is
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Figure 2.4: The top figure shows m(Hα) versus R and the lower figure shows m[OIII]
versus V for objects were these magnitudes could be determined with an accuracy better
than 0.2 magn. Notice that many objects have Hα emission, but no object has detectable
[OIII] emission.

approximately 2Z or slightly higher (e.g. Diaz et al. 1991; Hill et al. 1997). Therefore
we adopt the models with Z = 0.020 and 0.040. The almost solar metallicity agrees with
the study of Lamers et al. (2002), who found that the extinction properties and the gas to
dust-ratio in the bulge of M51 is very similar to that in the Milky Way. So we use four sets
of models, denoted by the pair (Z, Mup ) of (0.02,100), (0.02,30), (0.04,100) and (0.04,30).
For these combinations we calculated the SEDs of the cluster models, taking into account
the nebular continuum emission.
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To obtain the absolute magnitudes from the theoretical spectral energy distributions in
the five broad-band filters and the two narrow-band filters we convolved the predicted spectra of the Starburst99 models with the W F P C2 filter profiles. The spectrum of Vega was
also convolved with the filter functions in order to find the zero-points of the magnitudes
in the VEGAMAG system. For each combination of Z and Mup we calculated the SED of
195 models in the range of 0.1 Myr to 1 Gyr, with time steps increasing from 0.5 Myr for
the youngest models to 10 Myr for the oldest models.
The adopted lower mass limit of 1 M for the cluster stars has consequences for the
derived masses of the clusters. If the IMF with a slope of -2.35 has a lower mass limit of 0.2
M , as for the Orion Nebula Cluster (Hillenbrand 1997), the derived masses of the clusters
would be a factor 2.09 higher for an upper limit of 30 M . If the lower limit is 0.6 M ,
the mass of the clusters will be a factor 1.28 higher than those of the Starburst99 models
for Mup = 30 M . We will take this effect into account in the determination of the cluster
masses.
Some of the theoretical energy distributions in the W F P C2 wide-band filters used in
this study are shown in Fig. 2.4.2, for clusters with an initial mass of 10 6 M at the distance
of M51. During the first 5 Myrs the UV flux remains high because most of the O-type
stars have main sequence ages longer than 5 Myr. Between 5 and 10 Myr the O-type stars
disappear. This results in a general decrease at all magnitudes, except in the I band where
the red supergiants start to dominate. At later ages the flux decreases at all wavelengths as
stars end their lives. After 900 Myrs only stars of types late-B and later have survived.
Fig. 2.4.2 shows that at any wavelength in the observed range the flux decreases with
time. This fading of the clusters indicates that the detection limit of the clusters will gradually shift to those of higher mass as the clusters age. This is because the flux of a cluster (for
a given stellar initial mass function) at any age and wavelength is proportional to the initial
number of stars. The more massive the initial cluster, the brighter the cluster and the longer
the flux will remain above the detection limit as the cluster fades due to stellar evolution.
For any given detection limit, we can calculate the lower mass limit of the observable cluster
as a function of age.
Fig. 2.6 shows the relation between the initial mass of a cluster and its age when it fades
below the detection limit, derived from the Starburst99 models. The R-magnitude (R) of
a cluster of initial mass Mi without extinction at the adopted distance of 8.4 Mpc of M51
(dm = 29.62) is related to the absolute R-magnitude (MR ) predicted for the Starburst99
models of 106 M by
R(t) = MR (t) + 29.62 − 2.5 × log(M/106 )

(2.1)

So, for a given detection limit Rlim the critical mass Mlim of a cluster that can be detected
at age t is given by
log Mlim (t) = 6 + 0.4 × (MR (t) + 29.62 − Rlim )

(2.2)

We have adopted the R magnitudes to calculate the observed lower limits of the distributions
for two reasons: (a) all clusters were detected in the R band and (b) the effect of extinction
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Figure 2.5: Examples of some characteristics of the theoretical energy distributions, in magnitude versus wavelength (Å) of the U BV RI filters (from left to right), for STARBURST99
clusters with an initial mass of 106 M at the distance of M51. The age of the cluster in
Myrs is indicated. The evolutionary variation is discussed in Sect. 4.1

is small in the R band. The resulting relation between Mlim and age is shown in Fig. 2.6
for detection limits of Rlim = 22.0 and 23.0 magn. We will use these limits later, in Sect. 5,
to explain the distribution of clusters in the mass versus age diagram.
Fig. 2.7 shows the variations of the colours of the Starburst99 models for solar metallicity and with an upper mass limit of 30 M . The figure shows that the colours do not
change monotonically, but that there are peaks and dips, especially in the age range of
6.5 < log(t) < 7.3. These are related to the phases of the appearance of red supergiants
that also produced the dips in the limiting magnitude curves of Fig. 2.6.

2.4.3 The Frascati models
Since the Starburst99 models only cover the age range up to 1 Gyr, we also used synthetic
cluster models for older ages from the Frascati group. These ”Frascati-models” were calculated by Romaniello (1998) from the evolutionary tracks of Brocato & Castellani (1993)
and Cassisi et al. (1994) using the HST − W F P C2 magnitudes derived from the stellar
atmosphere models by Kurucz (1993). These models are for instantaneous formation of a
cluster of solar metallicity stars in the mass range of 0.6 to 25 M , with a total initial mass
of 50 000 M , distributed according to Salpeter’s IMF. These models cover an age range
of 10 to 5000 Myr. There are 48 models with timesteps increasing from 10 Myr for the
youngest ones to 500 Myr for the oldest ones. We have increased the magnitudes of the
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Figure 2.6: The relation between the critical initial mass Mlim and age, derived for two
values of the R-band magnitude limit; 22.0 and 23.0 magn. It is calculated from the Starburst99 cluster models, for a distance of 8.4 Mpc and no extinction. Only clusters with
an initial mass higher than Mlim can be detected as faint as Rlim at time t. Alternatively,
clusters with a mass Mlim can only be detected down to a magnitude Rlim when they are
younger than the age t, indicated by these relations.

Figure 2.7: The variations of colours with age of the Starburst99 models of Z = 0.02 and
an upper mass limit of 30 M . Notice the periods of rapid variability near the peaks and
dips around t ' 6 and 16 Myrs, log(t) ' 6.8 and 7.2.

30

Chapter 2

Frascati models by -3.526 magn. in order to scale these models to a total mass of 10 6 M
in the mass range of 1.0 to 25 M ; i.e. −3.25 magn. correction for the conversion from
5 104 to 1 106 M , and 0.279 magn. correction for the conversion from a lower stellar mass
limit of 0.6 M to 1.0 M . In this way the masses can be compared directly with those of
the Starburst99 models.
The Starburst99 models are expected to more accurate for the younger clusters, because
they are based on the evolutionary tracks of the Geneva-group which include massive stars.
The Frascati models are expected to be more accurate for the old clusters, because they
include stars with masses down to 0.6 M .

2.4.4 The extinction curve
To determine the values of E(B −V ) of the clusters we assume the mean galactic reddening
law. Lamers et al. (2002) and Scuderi et al. (2002) have shown that the extinction law of
respectively the bulge and the core of M51 agree very well with the galactic law. The values
of Ri = Ai /E(B −V ) for the HST −W F P C2 filters have been calculated by Romaniello
(1998). They are respectively 4.97, 4.13, 3.11, 2.41 and 1.91 for the U, B, V, R and I bands.
In the fitting of the energy distributions we did not take into account the disruption of
clusters. We assumed that the stars contribute to the total energy distribution of the clusters
until the cluster is completely dissolved and is no longer detectable as a point source. This is
a reasonable assumption because we measured the magnitudes in a circle of 40.7 pc radius
(see Sect. 2).

2.5 Fitting the observed energy distributions to observed
cluster models
2.5.1 The fitting procedure
We have fitted the energy distributions of the clusters with good photometry in four or
more filters, viz. U BV RI, BV RI, U V RI and U BV R (see Table 2.3), with the energy
distributions of the cluster evolutionary synthesis models, discussed above, using a three
dimensional maximum likelihood method. The three fitting parameters are: the age of
the cluster (τ ), the reddening (E(B − V )) and the initial mass of the cluster (M ). For
the clusters detected in only three filters we reduce the parameter space and make a two
dimensional maximum likelihood fit. For objects not detected in a band, we adopted the
magnitude lower limits (described in Sect. 2.3) to check which fits were acceptable. 2
2 We will refer to this method in subsequent papers as the ”3(2)DEF- method”, i.e. the three (or two) dimensional energy distribution fitting”.
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2.5.2 Three dimensional maximum likelihood method
This method was applied to sources that are detected in at least four bands. We fitted the
observed energy distributions with those predicted for the Starburst99 cluster models and
the Frascati models (see Sect. 2.4.2). For each model-age we have two fitting parameters
M and E(B − V ). The cluster models are for an initial cluster mass of 10 6 M . For other
masses the flux simply scales M/106 M . We have adopted an uncertainty in the model
fluxes of 5 percent (0.05 magnitudes) in all bands.
To reduce the range in masses in the parameter space, we make an initial guess of the
cluster mass based on the observed magnitudes, since the distance to M51 is known. By
calculating the average difference in magnitude – weighted by the errors – between the
theoretical energy distribution for 106 M and the observed one, we have a good first approximation of the mass of the cluster:

Mguess (E(B − V ), τ ) '

P

λ

1/σλ2 {mobs
− mmod
(E(B − V ), τ )}
λ P
λ
.
2
λ 1/σλ

(2.3)

with E(B − V ) between 0.0 and 2.0 in steps of 0.02, where σ is the uncertainty in the magnitude. This is a reasonable range, compared to the average colour excess for the bulge of
0.2 found by Lamers et al. (2002). With this initial guess we then make a three dimensional
likelihood analysis, using a mass range from 1/1.5 to 1.5 times the initial mass estimate in
steps of 0.004 dex. The extinction was varied between 0.0 and 2.0 in steps of 0.01 and the
age was varied between 0.1 Myr and 1 Gyr for the Starburst99 models and between 10 Myr
to 5 Gyr for the Frascati models.
For every fit we obtain a value for the reduced χ2 , i.e. χ2ν = χ2 /ν, where ν is the number
of free parameters i.e. the number of the observed data points minus the number of parameters in the theoretical model. For a good fit, χ2ν should be about unity. We checked that
the fits were consistent with the faint magnitude limits of the filters in which the object was
not detected. If not, the fit was rejected. The fit with the minimum value of χ 2ν was adopted
as the best fit and the corresponding values of E(B − V ), age and M i were adopted. This
method was applied for fits with the four sets of the Starburst99 models and with the Frascati
models. Fig. 2.8 shows some examples of the results of the fitting process.
To estimate the uncertainty in the determined parameters we use confidence limits. If
χ2ν < χ2ν (min) + 1 then the resulting parameters, i.e. log(t), log(Mi ) and E(B − V ), are
within the 68.3 % probability range. So the accepted ranges in age, mass and extinction are
derived from the fits which have χ2ν (min) < χ2ν < χ2ν (min) + 1. With this method we
derived the ages, initial masses3 and extinction with their uncertainties of 602 clusters.
Fig. 2.9 shows a histogram of number of clusters as function of E(B − V ). We will
use this distribution for the two dimensional maximum likelihood fit of clusters detected in
3 The initial cluster mass that we derived in this way is in fact “the initial mass of the current stellar population”,
i.e. it is the “current mass corrected for stellar evolution effects”. This value can be different from the the initial
mass of the original cluster if the cluster suffered evaporation or disruption. In that case the derived initial mass is
the initial mass of the original cluster minus the fraction that has disappeared by evaporation or disruption.
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Figure 2.8: Example of some fits. The filled dots represent the observed energy distributions of objects measured in at least four bands, with their error bars in magnitude versus
wavelength (in µm). In several cases the error bars are smaller than the size of the dots.
Crosses indicate magnitude lower limits. The parameters of the fits are indicated in an array
(E(B − V ), log(t), log(Mcl )). The second array gives the uncertainties in these parameters. The line is the best fit obtained with the maximum likelihood method. Top figures:
fits with χ2ν < 1; bottom figures: fits with χ2ν ' 3. Notice that the uncertainty of the fit
parameters depends not only on χ2ν but also strongly on the quality of the data. For instance,
the errors in the magnitudes of the last two clusters are very small, so that the fit parameters
are accurate, despite the high value of χ2ν .
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Figure 2.9: Histogram of the values of E(B − V ) from the fits with observations in BV RI
and U BV RI. The extinction is small: 90% of the clusters have E(B − V ) < 0.40
three bands only. The redding is small: 90 % of the clusters have a reddening lower than
0.40; 67 % of the clusters have a reddening lower than 0.18 and 23% have no detectable
reddening.

2.5.3 Two dimensional maximum likelihood method
For the clusters observed in only three bands, it is not possible to make a three dimensional
maximum likelihood fit. To reduce the parameter space we adopted the probability distribution of E(B − V ) in the range of E(B − V ) between 0.0 and 0.4, as shown in Fig. 2.9.
For every value of E(B − V ) between 0.0 and 0.40 (in steps of 0.02) and for every age of
the model cluster, we first determine the mass of the cluster by means of Eq. (2.3). The
results of the three dimensional fits have shown this is a good approximation. This results
in a maximum likelihood age of the cluster for every value of E(B − V ).
The χ2ν which comes out from the two dimensional maximum likelihood method is
used to distinguish between the accepted and rejected fits. For the parameter ν we used a
value of 3-1=2, because we only fit the age of the cluster. The mass of the cluster comes
from the scaling of the magnitudes to the best-fit model. A fit is accepted if it agrees with
the lower magnitude limits in the filters where it was not measured. To determine the age
of the cluster, we average the ages, weighted by the probability that each particular value
of E(B − V ) occurs, derived by normalizing the distribution in Fig. 2.9 in the range of
0.0 < E(B − V ) < 0.40. The error in the age is determined by calculating the value of
the standard deviation σ of the age, again weighted with the probability that the value of
E(B − V ) occurs. The value of E(B − V ) is determined by using the one which belongs
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to the model with the age closest to the average age. The initial mass of the cluster is then
calculated by Eq. (2.3) for the adopted value of E(B − V ). With this method we derived
the age, initial mass and the extinction of 275 clusters, using both the Starburst99 models
and the Frascati models.

2.5.4 Starburst99 or Frascati models?
We have compared the energy distributions of the objects with five sets of models: four sets
of Starburst99 models, with Z = Z or 2Z and Mup = 30 or 100 M , and the Frascati
models with Z = Z and Mup = 25 M . Based on the lack of [OIII] emission we adopt
the models with Mup = 25 or 30 M . The models with Mup = 100 M are only used
later to check the influence of this adopted upper limit on our results.
We have compared the ages derived from fitting the observed SEDs with the Starburst99
models and the Frascati models, for objects measured in at least four filters and with fits of
χ2ν < 3.0. We found that in the age range of 10 to 800 Myr there is a reasonable correlation
between the results of the SB99 models and the Frascati models, with the Frascati models
giving ages systematically about 0.4 dex smaller than the SB99 models. In this age range
we adopt the SB99 models, because they are based on more reliable evolutionary tracks,
better stellar atmosphere models and because the nebular continuum is included. We find
that in this mass range the fits with the SB99 models have smaller χ2ν than the fits with the
Frascati-models. For objects with ages above about 700 Myrs (log(t) > 8.85) the Frascatimodels give the most reliable fits with smaller χ2ν than the SB99 models. This is probably
because the lower mass limit of the SB99 models is 1 M , and the Frascati models go down
to 0.6 M . Moreover the SB99 models do not go beyond 1 Gyr. Based on this comparison
we adopt the SB99 fits for ages less than 700 Myrs and the results of the Frascati models
for older ages.

2.5.5 Uncertainties in the derived parameters
The determination of the cluster parameters, age, mass and extinction, by means of the
two or thee dimensional maximum likelihood fitting method, i.e. the 3(2)DEF-method, results not only in the values of log(Mcl ), log(t) and E(B − V ) but also in their maximum
and minimum acceptable values. The best-fit values are not necessarily in the middle of
the minimum and the maximum values. If we define the uncertainties in the parameters,
∆E(B − V ), ∆ log(Mcl ) and ∆ log(t) as half the difference between the maximum and
mimimum values, we find that 30 percent of the clusters have ∆E(B − V ) < 0.08, 50
percent have ∆E(B − V ) < 0.11 and 70 percent have ∆E(B − V ) < 0.15. For the uncertainties in the mass determination we find ∆ log(Mcl ) < 0.20, < 0.33 and < 0.55 for 30,
50 and 70 percent of the clusters respectively. For the uncertainties in the age determination
we find ∆ log(t) < 0.23, < 0.39 and < 0.69 for 30, 50 and 70 percent of the clusters
respectively. Taking the values for 50 percent of the clusters as representative, we conclude
that the uncertainties are ∆E(B − V ) ' 0.11, ∆ log(Mcl ) ' 0.33 and ∆ log(t) ' 0.39.
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Table 2.2: Numbers of stars above a certain absolute magnitude limit in the solar neighbourhood
Limit

O

B

A

F

G

K

M

Total

-8.3 -7.6 -8.0 -7.4 -7.4
-8.5
-8.5
-6.9
-8.8 -8.3 -8.6 -8.6 -8.6 <-9.5
<-9.5
-7.9
-9.8 -9.3 -9.6 -9.6 -9.6 <-10.5 <-10.5 -8.9
(1) The data are in log (Number/ per M )
(2) The number of stars with MV < −7.5 was estimated to be about 10 times smaller than
for MV < −6.5 because of the small number of very massive stars formed, and their short
evolution time.
MV < −5.5
MV < −6.5
MV < −7.5

2.5.6 Contamination of the cluster sample by stars?
To estimate the number of stars that may contaminate our cluster sample we use the stellar
population in the solar neighbourhood. ¿From the tabulated stellar densities as a function
of spectral type (Allen 1976) we derived the number of stars brighter than a certain value of
MV per pc3 . Using the mass density of 0.13 M pc−3 , we derived the number of stars per
unit stellar mass. The results are listed in Table 2.5.6. The total stellar mass of the observed
region of M51 (see Fig. 2.3) is estimated to be about 1/20 of the total mass of 5 10 10 M
in the disk of that galaxy (Athanassoula et al. 1987), i.e. about 2.5 10 9 M . This implies
that we can expect the following numbers of stars brighter than M V < −6.5 per spectral
type in the observed region: 4 (O), 13 (B), 6 (A), 6 (F), 6 (G), <1 (K) and <1 (M). So
we can expect of the order of 40 bright stars with MV < −6.5 in the observed region of
M51. However, these are all massive young supergiants of which the vast majority will be
in clusters! So the number of bright stars outside clusters, that may contaminate our sample
of clusters will be considerable smaller, and we expect it to be smaller than about 20 out of
the total sample of 877. Moreover, we have shown above, from the lack of O[III] emission,
that the clusters in M51 have a shortage of massive stars with M > 30 M . We can expect
this effect also to occur for the massive field stars. This would reduce the the number of
expected contaminating stars even further. Tests have shown that a considerable fraction of
possibly remaining stellar sources will be eliminated by the requirement that their energy
distribution should fit that of cluster models within a given accuracy. Based on all these
considerations, we conclude that contamination of our cluster sample with very massive
stars of MV < −6.5 outside clusters is expected to be negligible.

2.6 The mass versus age distribution
We discuss the results from the fitting of the observed energy distributions to those of cluster
models with solar metallicity and with and upper mass limit of 30 M . We have checked
that the fits with twice solar metallicity and with an upper limit of 100 M give about the
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Figure 2.10: The mass versus age relation of the 392 clusters with M V < −7.5, whose
energy distribution could be fitted with an accuracy of χ2ν < 3.0. The cross shows the
characteristic uncertainties (Sect. 5.5). The full line is the predicted fading line due to the
evolution of clusters with E(B − V )=0 and with a limiting magnitude of R lim = 22.0 at the
distance of M51. This line roughly agrees with the observed lower limit. The distribution is
discussed in the text.
same results.
Fig. 2.10 shows the mass versus age distribution of sources with M v < −7.5 (to eliminate possible stellar sources) and with energy distributions that could be fitted to that of a
cluster models with an accuracy of χ2ν ≤ 3.0. (The distributions for clusters with χ2ν ≤ 1 or
10, not shown here, show the same distribution, but with 294 and 508 clusters respectively.)
We see that the lower limit of the mass increases with increasing age, from about 1000 M
at τ ' 5 Myrs to about 5 104 M at 1 Gyr. This is due to the expected effect of fading of
the clusters as they age (see Sect. 4.1). The full line in the figure is the fading line in the
R magnitude for clusters which have a limiting magnitude of Rlim = 22.0 at the distance
of M51 for a reddening of E(B − V )=0. The line in Fig. 2.10 thus gives the mass of the
clusters, that reaches this magnitude detection limit, as a function of age.
These initial mass versus age distribution of the clusters in Fig. 2.10 show the following
characteristics:
– (i) The lower mass limit increases with age due to the fading of the clusters. The observed
lower limit agrees with the predicted ones for the R band. There are even hints of the presence of the predicted dips in the lower limit near log(t)=6.8 and 7.2. This strengthens our
confidence in the adopted models.
– (ii) There are clear concentrations in the distribution at log(t) = 6.70 and 7.45 and possibly also around log(t) ' 7.2. These are due to the properties of the cluster models and the
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adopted method. In Fig. 2.7 we have shown that the colours of the models do not change
monotonically with time, but that there are phases when the colours change rapidly with
time. These phases occur in the range of 6.5 < log(t) < 7.3. Large changes in the colours
of the models occur just before and after the peaks where the slopes of the curves in Fig.
2.7 are large. It is more difficult to fit the observed energy distributions with high accuracy
to models in the age range when the spectral changes are large, than in the age range when
the changes are small. So there is a tendency of the model fits to concentrate in agebins just
outside the age-regions of large spectral changes. This explains the concentrations and the
voids in the derived age distributions of the clusters between about 6.5 < log(t) < 7.5.
– (iii) The density of the points drops at log(t) > 7.5. Since the age scale is logarithmic,
we might have expected an increasing density of points towards the higher ages, which is
not observed. This is due to the disruption or dispersion of the clusters (see first paragraphs
of Sect. 2.7).
We conclude that the mass versus age distribution agrees with the expected evolutionary
fading of the clusters and that the decrease in numbers of clusters with age shows the affect
of disruption/dispersion of clusters with time. The concentrations of the clusters at ages
around log(t) = 6.8, 7.2 and 7.45 are due to statistical effects and do not represent periods
of enhanced cluster formation.

2.7 The cluster Initial Mass Function
The data in Fig. 2.10 and the detailed study of this distribution by Boutloukos & Lamers
(2002) show that the clusters in the inner spiral arms of M51 disrupt on a time scale of about
tens of Myrs. In fact, these authors derived the dependence of the disruption time on the
initial mass of the clusters in the inner spiral arms of M51 as
log tdisr = log t4 + γ × log(Mcl /104M )

(2.4)

with log t4 = 7.64 ± 0.22 and γ = 0.62 ± 0.06 for the mass range of 3 ≤ log(M cl /M ) ≤
5.2, where Mcl is the initial mass of the cluster. We see that clusters with an initial mass
larger than 104 M survive 4 × 107 years. Clusters with an initial mass of only 103 M
disrupt on a time scale of 1 × 107 yrs. This implies that the cluster initial mass function
cannot be derived from the total sample of clusters, because the disruption will produce a
strong bias towards the more massive clusters. However for the youngest clusters with ages
less than about 10 Myr disruption is not yet an important effect and, therefore, these clusters
can be used to derive the initial cluster mass function.
Fig. 2.11 shows the resulting mass distribution of clusters with an age less or equal to
10 Myr for two samples of clusters. The first sample contains all 354 clusters younger than
10 Myr. The second sample contains 168 clusters in the same age range but with a mass
determination of ∆ log(Mcl ) ≤ 0.25. Both samples show the same characteristics: a steep
increase in number between 2.5 < log Mcl < 3.0 and a slow decrease to higher masses.
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Figure 2.11: Histograms of the mass of clusters (in log Mcl ) with an age of 10 Myrs
or younger. The light shaded area shows the distribution of all 354 clusters. The dark
shaded area shows the histogram of clusters with an accurate mass determination of
∆logMcl < 0.25. The steep part at log(M ) < 3.0 is due to the detection limit. The
decrease at log(M ) > 3.0 reflects the slope of the cluster IMF. (All masses have to be increased by a factor 2.1 if the lower limit of the stellar mass is 0.2 M rather than the value
of 1 M that was adopted in the Starburst99 models.)
The steep increase is due to the detection limit or the disruption of the low mass clusters.
The slow decrease reflects the cluster initial mass function (CIMF). The decrease indicates
that the clusters are formed with an CIMF that has a negative slope of d log(N )/d log(M ),
as expected.
If the CIMF can be written as a power law of the type
N (M ) dM ∼ M α dM

for Mmin < M < Mmax

(2.5)

then the normalized cumulative distribution will be
Σ(M )
A
B

=
=
=

A − B × M −α+1

with

−α+1

B × Mmin
−α+1
−α+1 −1
(Mmin
− Mmax
)

(2.6)

Fig. 2.12 shows the observed and predicted normalized cumulative distribution of the 149
clusters with an age less than 10 Myr and with a mass Mcl > 2.5 103 M that are used
for the determination of the CIMF. We eliminated the clusters with Mcl < 2.5 103 M
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Table 2.3: The CIMF for clusters with t < 10 Myr and Mcl < 2.5 × 103 M
Sample
All
∆ log Mcl < 0.25
χ2ν < 3.0

Nr

log Mmin

α

149
66
82

3.49
3.48
3.46

2.12 ± 0.26
2.04 ± 0.41
2.16 ± 0.40

Figure 2.12: The cumulative mass distribution of 149 clusters with an age less than 10 Myrs
and an inital mass of log(M ) > 3.40. The full line is the best power-law fits for an IMF
with the value of α and Mmin from Table 2.3. The dashed line is the fit with α = 2.00.
from the sample because Fig. 2.11 shows that the sample may not be complete for smaller
masses. The cumulative distributions of the 84 clusters of M > 2.5 10 3 M , younger than
10 Myr, which are fitted to the models with an accuracy of χ2ν ≤ 3.0, or of the 66 clusters
with ∆ log(Mcl ) ≤ 0.25, not shown here, (where ∆ log(Mcl ) is the uncertainty in the mass
determination), have the same shape as the distribution in Fig. 2.12. For these three samples
we have determined the values of α and Mmin by means of a linear regression under the
reasonable assumption that Mmin << Mmax , which implies that A ' 1. The resulting
values of α and Mmin are listed in Table 2.3. The table shows that α ' 2.1 for all three
samples.
The predicted cumulative distribution with the derived values of α = 2.12 and M min is
shown in Fig. 2.12 (full line). The figure shows a slight underabundance of clusters in the
range of 4.0 < log(Mcl ) < 4.3 and a slight overabundance in the range of log(Mcl ) > 4.3.
In fact, for the mass range of 3.5 < log(Mcl ) < 4.3 a fit with α = 2.00, shown by dashed
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lines, fits the distribution excellently. We conclude that the CIMF of clusters younger than
10 Myr has a slope of α ' 2.1 ± 0.3 in the mass range of 3.0 < log(M cl ) < 5.0 and a slope
of 2.00 ± 0.05 in the range of 3.0 < log(Mcl ) < 4.3 M .
The derived exponent of the cluster IMF is very similar to the value of α = 2.0 of
young clusters in the Antennae galaxies, as found by Zhang & Fall (1999). It shows that
the IMF of clusters formed in the process of galaxy-galaxy interaction is very similar to the
one of clusters formed in the spiral arms of a galaxy, long after the interaction. This mass
distribution is also similar to that of giant molecular clouds (e.g. McKee 1999; Myers 1999).
This may support the suggestion that the mass distribution of the clusters is determined by
the mass distribution of the clouds from which they originate.

2.8 The cluster formation history
One of the goals of this paper is to study the influence of the interaction between M51 and its
companion on the cluster formation in the region of the inner spiral arms. To this purpose
we compare the observed age distribution of the clusters with predictions for a constant
cluster formation rate. This comparison is hampered by two effects: (a) the disruption of
clusters and (b) the fading of clusters below the detection limit. The disruption time of the
clusters in the inner spiral arms of M51 is given by Eq. (2.4). We see that only clusters with
an initial mass larger than about 104 M will survive more than 40 Myrs.
Figure 2.13 shows the histogram of the formation rates of the detected clusters, in number per Myr, for 140 clusters with Mcl > 104 M and with an energy distribution that is
fitted with an accuracy of χ2ν ≤ 3.0. The sample of 111 clusters with Mcl > 104 M
and with an age uncertainty of ∆ log(t) < 0.25, and the full sample of 285 clusters with
Mcl > 104 M , not shown here, have a distribution very similar to the one shown in Fig.
2.12.
All three samples show about the same characteristics.
(a) There is a general trend of a decrease in the cluster formation rate towards increasing
age.
(b) There is a steep drop around log(t) ' 7.5. This drop is the result of the concentration
of clusters at ages log(t) = 7.45 that was apparent in the mass versus age diagrams of Fig.
2.10, and was explained in Sect. 6.
(c) There is no clear evidence for a peak in the cluster formation rate near log(t) ' 8.6,
which is the time of the interaction of M51 with its companion, and which is the age of the
huge starburst in the nucleus of M51. There is a hint of a small peak around log(t) ' 8.1.
However this peak is only 2σ high. Its reality has to be verified with a larger sample of
clusters.
(d) The peak in the last bin of 5 Gyr contains all the clusters ages older than 3 Gyr, because
the cluster models that we used for fitting the energy distributions do not go beyond 5 Gyr.
We have checked that these characteristics are not the result of the binning process: the
same features appear for different choices of the binning parameters.
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Figure 2.13: The formation rates of the observed clusters with an initial mass of M i > 104
M in number per Myr, for clusters with an accuracy of the fit of the energy distribution
p
of χ2ν ≤ 3.0. The 1σ uncertainty due to the Poisson statistics in each bin (σ = 1/ (N ))
is indicated. The diagram shows that the formation rate of the observed clusters decreases
with age. This is due to the disruption of the older clusters.

The general decrease in the formation rate of the observed clusters is partly due to the
evolutionary fading of the clusters and partly due to the disruption of clusters. In Sect. 6
and in Fig. 2.10 we have shown that clusters with an initial mass of 10 4 M fade below
the detection limit when they are older than log(t) = 8.2. This can explain the decrease
in the formation rate of clusters older than about 150 Myrs. However, clusters with M cl >
104 M and younger than about 100 Myr should still all be detectable. The fact that we
see a decrease in the apparent cluster formation rate must thus be due to the disruption
of clusters (unless for some unknown reason the cluster formation rate has been steadily
increasing from 100 Myrs up to now, which we consider unlikely).
It is interesting that the CFR in the inner spiral arms of M51, at a distance of about 1 to
3 kpc from the nucleus, does not show any evidence for a peak at the age of the strongest
interaction of M51 with its companion galaxy. The closest approach occurred about 250 400 Myrs ago according to the dynamical models of Barnes (1998) or 400-500 and 50-100
Myrs ago according to Salo & Laurikainen (2000). The only significant peak occurred at
log(t) ' 7.4. However we attributed this peak to the large changes in the energy distributions of the models in the age range of 6.5 < log(t) < 7.5, and not to a real increase in the
CFR.
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2.9 Summary and conclusions
We have studied images of the inner spiral arms of the interacting galaxy M51 obtained
with the HST − W F P C2 camera in broad-band U BV RI and in the narrow band Hα and
[OIII] filters. The study can be summarized as follows:
1. We found a total of 877 point-like objects, which are probably clusters. Many of the
clusters are strong Hα emitters, but none of the clusters, not even the youngest ones,
have an excess of radiation in the [OIII] line at 5007 Å (F 502N -filter). This suggests
that the upper mass limit of the stars in the clusters is about 25 to 30 M .
2. We have compared their energy distributions with those of Starburst99 cluster models
(Leitherer et al. 1999) for instantaneous star formation with a stellar IMF of exponent 2.35, solar metallicity, a lower and upper stellar mass limit of 1 M and 30 M
respectively. The energy distributions were also compared with those of the Frascati
models (Romaniello 1998). For clusters younger than 700 Myr the results from the
fitting with the Starburst99 models were adopted because these models are more accurate for young clusters and the fits of the energy distributions are better than those
of the Frascati models. For older clusters the results from the fits with the Frascati
models were adopted.
3. For clusters that were observed in four or five bands a three dimensional maximum
likelihood method was used to derive the properties of the clusters from the comparison between the observed and predicted energy distributions. The free parameters are
the age t and E(B − V ), which together determined the shape of the energy distribution, and the initial cluster mass Mcl which determines the absolute magnitude. For
clusters that were not observed in all bands, the empirically derived lower magnitudes
limits were taken into account.
4. For clusters that were observed in only three bands the age and mass were derived in
a two-dimensional maximum likelihood fitting of the energy distributions, with t and
Mcl as free parameters. The observed probability distribution of E(B − V ) was used
as a weighting factor in the fitting procedure.
5. The histogram of E(B − V ) is strongly peaked at very small E(B − V ) ' 0. All
cluster have a reddening smaller than E(B − V ) < 1.0 and 67 % of the clusters have
E(B − V ) < 0.18.
6. We have analysed the observed clusters also with cluster models of higher metallicity,
Z = 2 × Z . These higher metallicity models fit the observations considerably worse
than the solar metallicity models. For instance, for solar metallicity models the energy
distribution of 294 clusters can be fitted with an accuracy of χ2ν ≤ 1.0 and 392 with
χ2ν ≤ 3.0. For models with twice the solar metallicity these numbers are respectively
138 and 217. So the energy distributions of the clusters support the adopted solar
metallicity.
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7. The clusters have masses in the range of 2.5 < log(Mcl ) < 5.7 and ages of log(t) >
5.0. These masses are the initial masses of the clusters, i.e. the current mass corrected
for stellar evolution effects, but not corrected for evaporation or disruption. All derived masses have to be multiplied by a factor 1.3 if the lower mass of the stars is 0.6
M , instead of the adopted 1 M , and by a factor 2.1 if the lower mass is 0.2 M ,
as found for the Orion Nebula cluster.
8. The distribution of the clusters in a mass-versus-age diagram shows the predicted
lower limit due to the evolutionary fading of the clusters, including the dips at log(t) '
6.8 and 7.1. Three apparent concentrations at log(t) = 6.7, 7.2 and 7.45 are not real
but due to the properties of the cluster models used.
9. About 60% of the clusters are younger than 40 Myr. The number of older clusters is
much less than expected for a constant cluster formation rate. This is partly due to
the evolutionary fading of low mass clusters below the detection limit, and partly due
to the disruption of the clusters.
10. The cluster initial mass function (CIMF) was derived from the cumulative mass distribution of clusters younger than 10 Myr, for which disruption has not occured. The
CIMF has a slope of α = 2.1 ± 0.3 in the range of 3.0 < log(Mcl ) < 5.0 and
α = 2.00 ± 0.05 in the range of 3.0 < log(Mcl ) < 4.5 M , for N (Mcl ) ∼ Mcl −α .
This slope is the same to that found in the interacting Antennae galaxies (Zhang &
Fall 1999). Zhang and Fall deived a power law slope of the CIMF of α = 1.95 ± 0.03
and 2.00 ± 0.04 for two cluster samples of the Antennae galaxies. The good agreement between these slopes and the one found by us suggests that α is about the same
for cluster formation triggered by strong galaxy-galaxy interactions, such as presently
going on in the Antennae, as for cluster formation that is not dominated by the interactions.
11. The age distribution of clusters with Mcl > 104 M , is used to derive the history of
the cluster formation rate (CFR). There is a general trend of a decrease of the formation rate of the observed clusters with age. It is unlikely that the real CFR has been
increasing continuously from about 1 Gyr to the present time. The decrease of the
CFR with age of clusters younger than about 100 Myr cannot be due to evolutionary
fading, but it is due to the disruption of clusters. For clusters older than 200 Myr the
decrease of the derived CFR could, at least partly, be due to evolutionary fading.
12. There is no evidence for a peak in the CFR at about 400 Myr, which is the time of
the interaction of M51 with its companion and the age of the huge starburst in the
nucleus.
In a forthcoming paper we describe the cluster formation as a function of location in
a large part of M51, using the same methods as used here (Bastian et al. 2005a). The
disruption of clusters in M51, derived from the results of the study presented here, are
described by Boutloukos & Lamers (2003).
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Chapter 3
The Star Cluster Population of M 51: II. Age distribution
and relations among the derived parameters
N. Bastian, M. Gieles, H.J.G.L.M. Lamers, R.A. Scheepmaker, and R. de Grijs
Astronomy & Astrophysics, in press (2005)
Abstract We use archival Hubble Space Telescope observations of broad-band images
from the ultraviolet (F255W-filter) through the near infrared (NICMOS F160W-filter) to
study the star cluster population of the interacting spiral galaxy M51. We obtain age, mass,
extinction, and effective radius estimates for 1152 star clusters in a region of ∼ 7.3 ×
8.1 kpc centered on the nucleus and extending into the outer spiral arms. In this paper
we present the data set and exploit it to determine the age distribution and relationships
among the fundamental parameters (i.e. age, mass, effective radius). We show the critical
dependence of the age distribution on the sample selection, and confirm that using a constant
mass cut-off, above which the sample is complete for the entire age range of interest, is
essential. In particular, in this sample we are complete only for masses above 5×10 4 M
for the last 1 Gyr. Using this dataset we find: i) that the cluster formation rate seems to
have had a large increase ∼ 50-70 Myr ago, which is coincident with the suggested second
passage of its companion, NGC 5195, ii) a large number of extremely young (< 10 Myr) star
clusters, which we interpret as a population of unbound clusters of which a large majority
will disrupt within the next ∼10 Myr, and iii) that the distribution of cluster sizes can be
well approximated by a power-law with exponent, −η = −2.2 ± 0.2, which is very similar
to that of Galactic globular clusters, indicating that cluster disruption is largely independent
of cluster radius. In addition, we have used this dataset to search for correlations among
the derived parameters. In particular, we do not find any strong trends between the age
and mass, mass and effective radius, nor between the galactocentric distance and effective
radius. There is, however, a strong correlation between the age of a cluster and its extinction,
with younger clusters being more heavily reddened than older clusters.
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3.1 Introduction
This study aims at understanding the formation history of star clusters, their properties
and spatial distribution in the interacting spiral galaxy M51. To study such a system, one
needs the superb spatial resolution of the Hubble Space Telescope (HST) in order to avoid
crowding effects and to differentiate between individual stars, associations, and compact
star clusters.
Although much work has already been done on extra-galactic star clusters using the
HST, most studies have concentrated on specific components of the full cluster populations
(e.g. star clusters in the center of spiral galaxies, Böker et al. 2001) or star cluster systems
in extreme environments such as galactic mergers (e.g. Miller et al. 1997, Whitmore et al.
1999). In order to form a baseline to study the effects of environment on cluster formation,
evolution and general cluster properties, one must study the properties of clusters in normal
(i.e. more common) environments. It is only then that we are able to see which properties are truly unique for a given environment and which properties remain fixed across all
environments.
One such property of star cluster systems that has a well-established baseline is that
of the luminosity function. Larsen (2002) has shown that the cluster populations of spiral
galaxies follow a luminosity distribution that is well represented by a power-law, N (L) ∝
L−α , with α=2.0. This is remarkably similar to that found in all other environments (de
Grijs et al. 2003c), and hence can be regarded as a general property of young star cluster
systems. Recent work by Larsen (2004) shows that young clusters in spiral galaxies have
typical sizes of Reff ∼ 3-10 pc, with the youngest clusters having extended halos. It remains
to be seen how other properties, such as mass, age and spatial distributions depend on the
environment in which the clusters form.
M51 provides an almost ideal astrophysical laboratory to study extragalactic star clusters. This is due to its relatively close distance of ∼ 8.4 Mpc (Feldmeier et al. 1997) and
its almost face-on orientation. Physically it is an interesting case study because it seems to
have had a strong interaction with its companion, NGC 5195 an S0 peculiar galaxy, during
the last few hundred Myr, which presumably caused its grand design spiral appearance as
well as its high star formation rate. The M51/NGC 5195 encounter(s) have been modelled
in great detail by many authors; this will allow us to compare the derived age distribution of
the star clusters with the orbital parameters of the system, which are robustly established.
The system has been modelled relatively successfully by a single early passage ∼300 ± 100
Myr ago (Toomre & Toomre 1972, Hernquist 1990, and Salo & Laurikainen 2000, hereafter
SL00). Additionally, SL00 propose a model of a double passage, the first happening ∼400500 Myr ago and the second, or last encounter, happening ∼50-100 Myr ago. This latter
model seems to fit many observed details that the single passage models fail to reproduce,
such as the observed counter-rotation of the southern HI tail.
Much work has already been done on the star cluster system of M51. A full literature
review is beyond the scope of this paper, but we refer the reader to the following work: Bik et
al. (2003, hereafter Paper I) have studied the star cluster population in a relatively small area
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to the north east of the nucleus that included inner sections of one of the spiral arms. They
find that the mass function is reasonably well fit by a power-law of the form N (M ) ∝ M −α
where α ∼ 2.0. They also show that there is weak evidence for a possible increase in the
cluster formation rate in the inner spiral arms at ∼ 400 Myr ago, the proposed time of an
interaction between M51 and NGC 5195, but that the evidence is only at the 2 σ level.
Boutloukos & Lamers (2003) used the data from Paper I to determine the characteristic
disruption timescale of clusters in this region, which is ∼ 40 Myr for a 10 4 M cluster.
Larsen (2000) has studied a few of the “young massive clusters” which form the high end of
the luminosity function, using combined HST and ground-based observations. He finds that
although M51 has a relatively high star-formation rate, it fits the specific U -band luminosity
(TLU ) vs. star formation rate relation of non-starburst galaxies. This has been interpreted
as showing that high-mass star clusters will form whenever the star formation rate is high
enough. Scoville et al. (2001) have used many of the same HST images used in this study,
to look at OB star formation in M51. They find that the mass function of OB star clusters is
well represented by a power law of the form N (Mcl )/dMcl ∝ Mcl−2.01 , in agreement with
the results presented in Paper I. They also show that although the spiral arms only make up
∼ 25% of the disk surface area they contain a much higher fraction of the catalogued HII
regions.
This study is the second in a series of three, which aim at understanding the properties
of the star cluster system of M51 as a whole. This paper introduces the data and techniques
used to determine the cluster properties, analyses the age distribution as well as the correlations among the cluster parameters, namely their age, mass, extinction, size, galactocentric
distance, and position in the galaxy. In the third paper (Gieles et al. 2005b, hereafter Paper
III) we determine the luminosity and mass distributions and derive the disruption timescale
for clusters in M51.
The study is setup in the following way: in § 3.2 we present the observations used in this
study, including the reduction and photometry. In § 3.3 the methods of finding the clusters
and the selections applied to the data are elucidated. In § 3.4 we present our method of
determining the ages, extinctions, and masses of each of the detected clusters, and discuss
how contaminating sources are detected and removed. In §§ 3.5 and 3.6 the general properties of the cluster system are presented and discussed, while § 3.7 presents evidence for
a young, short lived cluster population. In §§ 3.8 and 3.9 the size distribution and relations
between size and the other cluster parameters are presented, followed by § 3.10 in which we
summarize our main results.

3.2 Observations, reduction and photometry
Our analysis of stellar clusters in M51 is based on observations done with the Wide Field
Planetary Camera-2 (WFPC2) and the Near-Infrared Camera and Multi-Object Spectrometer (NICMOS) on board the HST.
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3.2.1 WFPC2 Observations
Observations in 8 different passbands of the inner region of M51 were obtained from the
HST data archive: F255W (≈ UV), F336W (≈ U ), F439W (≈ B), F502N (≈ OIII), F555W
(≈ V ), F656N (≈ Hα), F675W (≈ R) and F814W (≈ I). We emphasize that we have not
transformed the HST filters into the standard Cousins-Johnson filter system.
An overview of the filters and exposure times is given in Table 1. Proposal ID 5777
and 7375 contain the F555W band images and will be referred to as Orientation 1 and
Orientation 2, respectively. All the other orientations are rotated/shifted to these 2 base
orientations. An overview of the orientation of the data sets is shown in Figure 3.1. The
combined data sets span a region of about 18000 ×20000 (i.e. 7.3 × 8.1 kpc) containing the
complete inner spiral arms of the galaxy.
The raw images were flat fielded using the automatic standard pipeline reduction at the
Space Telescope Science Institute (STScI). Warm pixels were removed using the warmpix
task which is part of the IRAF/STSDAS1 package. Bad pixels where fixed with the wfixup
task which interpolates over bad pixels in the x-direction.
Cosmic rays where treated differently for the three datasets. For the images consisting
of multiple exposures of the same field per filter the task crrej was used. This combines
exposures of the same field by rejecting very high counts on an individual pixel basis. Three
iterations were done with rejection levels set to 8, 6 and 4σ.
In single exposure images the cosmic rays were removed using the Lacos im package
of van Dokkum (2001). This algorithm identifies cosmic rays of arbitrary shapes and sizes
by the sharpness of their edges and reliably discriminates between poorly sampled point
sources and cosmic rays. The parameter setting used was a sigclip of 6.5, a sigfrac
of 0.5 and an objlim of 4. Four iterations were done to give the best result, because the
result of the cosmic ray rejection is very sensitive to the settings. Careful tests were done to
make sure no real sources were removed by the cosmic ray removal task. This resulted in
almost cosmic ray free images. The few remaining cosmic rays will be rejected later when
the photometry coordinates from the source detection in the different filters will be cross
correlated.

3.2.2 NICMOS Observations
NICMOS images were obtained with the NIC3 camera, which has a field of view (FoV)
of about 5200 ×5200 . A mosaic of nine overlapping pointings of the NIC3 camera of M51
was available in the archive, yielding a total FoV of 18600 ×18800 (i.e. 7.6 × 7.7 kpc) of the
central region in the near-infrared F110W and F160W filters (see Fig. 3.1). Each of the nine
mosaic positions was observed using a square dither in each filter setting.
1 The Image Reduction and Analysis Package (IRAF) is distributed by the National Optical Astronomy Observatories, which is operated by the Association of Universities for Research in Astronomy, Inc., under cooperative
agreement with the National Science Foundation. STSDAS, the Space Telescope Science Data Analysis System,
contains tasks complementary to the existing IRAF tasks. In this study Version 2.1.1 (December 1999) was used.
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Table 3.1: Overview of the datasets used.† Equivalent to the V3 Position Angle of the
WFPC2.
ID
7375
(WFPC2)

5777
(WFPC2)
5123
(WFPC2)
5652
(WFPC2)
7237
(NICMOS3)

Filters
F336W
F439W
F555W
F656N
F675W
F814W
F439W
F555W
F675W
F814W
F502N
F656N
F255W
F336W
F110W
F160W

Exp. time
2 x 600 s.
500 + 600 s.
2 x 600 s.
1300 + 700 s.
500 s.
700 + 300 s.
2 x 700 s.
600 s.
600 s.
600 s.
400 + 1400 s.
500 + 1200 s.
4 x 500 s.
2 x 400 s.
128 s.
128 s.

Observation Date
21 July 1999

Orientation angle†
275.9

15 Jan 1995

101.5

24 January 1995

93.2

12 May 1994

333.0

28 June 1998

-113.2

Flat-fielding, dark frame correction and bias subtraction were all performed in the pipeline
image reduction and calibration by the calnica task. Bad pixels were repaired with the
fixpix task which uses static bad pixel mask images. All individual images in the dither
pattern were shifted to the same orientation with imshift. The dither pattern constituted
of shifts of an integer number of pixels, the images were perfectly aligned on subpixel level.
The individual images in the same orientation were added with imcombine using the
crrej method for cosmic ray rejection. Finally, the nine co-added images were mosaiced
by matching sources in the overlap region and comparing histograms of the sky values. This
results in a large square FoV overlapping a large area of the optical data set. Since the mosaic routine does not scale the count rates values when matching the individual chips, the
mosaic images can be used for source selection and photometry.
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Figure 3.1: Top: The orientation of the two HST pointings for the F336W, F439W, F555W,
F675W, F814W, and F656N filters overlaid on a Digital Sky Survey image of M51. North
is up, and east is to the left. The left orientation/pointing is referred to as field 1, while the
right is referred to as field 2. Bottom: The orientation of the F255W FoV (black) and the
NIC3 mosaic (white).
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3.2.3 Source selection
Point-like sources were identified in the individual WFPC2 chip images and the NIC3 mosaic images with the daofind task from the DAOPHOT package Stetson (1987). For the
optical filters a threshold of 5σ was used, where σ is the sky noise. In order not to be
biased towards certain areas on the chips, the value of σ was determined on a low background region on each of the chips. For the F255W filter the threshold was 4σ and for the
near-infrared NIC3 images the threshold was set to 8σ. The threshold was chosen such that
in each filter and chip the resulting source density was more or less the same. No limitation was set on sharpness or roundness, to include as many sources as possible, including
unrelaxed young clusters.

3.2.4 Photometry
WFPC2
The coordinates from the source lists, obtained from the daofind output, were used as an
initial guess of the centers for the phot aperture photometry routine. For the WF chips we
used an aperture, annulus (inner boundary of background annulus) and dannulus (width of
the background annulus) of 3, 7 and 3 pixels respectively. For the PC chip we used slightly
larger values, namely 4, 10, 3 for the aperture, annulus and dannulus respectively. The
chosen values for the apertures are ∼ 3 times larger than the FWHM of the PSF in order to
account for the fact that at the distance of M51, clusters appear slightly extended (i.e. are
not point sources). Photometric calibration was done by applying zero-point offsets from
Table 28.2 of ? in the VEGAMAG system.
Total magnitudes were determined by correcting for flux outside the measurement aperture. Ideally aperture corrections are determined from real sources on the image. In the
case of our data there were not enough isolated bright sources located in regions of low
background to obtain a meaningful correction. Thus aperture corrections from the measurement aperture radius to a 0.500 radius were determined from analytically generated clusters
by convolving a PSF (generated using Tiny Tim, Krist & Hook 1997) with King profiles
using the Baolab package (Larsen 1999). King profiles of concentration factor, c, of 30
(c = rt /rc where rt is the tidal radius and rc is the core radius), and effective radius, Reff ,
of 3 pc (see § 3.8) were used for the analytic cluster profiles. The values for the three WF
chips are averages. For the PC and WF chip in each filter the values are listed in Table 3. A
final −0.1 mag. correction was applied to all sources to correct for the light missed in the
0.500 aperture. After applying the aperture corrections, the magnitudes where corrected for
CTE loss according to the equations of Whitmore et al. (1999a).
NICMOS
The photometry procedure for the NIC3 images is essentially the same as for the WFPC2
images. An aperture, annulus and dannulus of 2, 5 and 3 pixels were used, respectively. The
flux was converted to magnitudes in the VEGAMAG system using the PHOTFNU values
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from the headers. Aperture corrections from the measurement aperture radius to a 1.0 00
radius were determined using the same technique as for the WFPC2 images. Values are
listed in Table 2. A final correction to a nominal infinite aperture correction of −0.08 mag
(i.e., multiplying the flux with 1.075) was applied.

3.2.5 Incompleteness due to detection limits

Figure 3.2: Recovered fraction of sources added to the F555W science images on the WF3
chip. Four examples are shown, combinations of low and high background and PSFs and
extended clusters (Reff = 5 pc).
In order to quantify at what magnitude our sample starts to be incomplete due to detection limitations, the 90% completeness limit was determined for each band for each pointing. To this end, artificial sources were added to the HST images and were recovered with
exactly the same routines as used to find the real sources. A very important criterion is that
objects should be 5 times above the standard deviation of the background. The value for σ
should be the same as when real sources are found. The magnitude of the added sources
were determined and an error criterion of ∆mag < 0.2 was applied (see § 3.3), the same
criterion as for the real sources to enter the photometry list. The tests were done for the PC1
and WF3 chips of both pointings separately.
Extended sources with different Reff are simulated by convolving WFPC2 PSFs, produced by Tiny Tim, with King profiles. The King profiles are produced by the Baolab
package (Larsen 1999). King profiles with a concentration index, c, of 30 with different
Reff were tried. In § 3.8 it is shown that the average size for resolved clusters in M51 is
∼ 3 pc. Thus, we take a more conservative estimate of the completeness survey by assuming Reff = 5 pc (the more extended the cluster is the more diffuse it becomes, for a given
brightness, making it more difficult to detect). On each chip, two regions were studied, one
with low and one with high background levels. Since the aperture corrections were derived
for average extended sources (Reff = 3 pc), the magnitudes of the artificial 5 pc sources are
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Figure 3.3: Worst case (high background, Reff = 5 pc clusters) 90% completeness limits
for PC1 and WF3 for all filters and the three available HST pointings.

too faint and the magnitudes of the pure PSFs are too bright. In both cases the maximum
offset is about 0.15 mag.
The recovered fraction as a function of magnitude in the F555W filter is plotted in
Fig. 3.2 for the WF3 chip. Each plot shows the effects of background and source size. The
plots show that for an individual chip the 90% completeness limit varies by more than a
magnitude, depending on the location on the chip and the size of the source. We therefore
do not have a clear detection limit but a region where incompleteness sets in. Details of
this effect and its influence on the luminosity function are given in Paper III. The worst case
90% completeness limits are shown in Fig. 3.3 for all bands and for the 3 available HST
pointings. When more than one pointing is available for a filter, the brightest (i.e. most
conservative) 90% completeness limit of that filter is chosen.
For the remainder of this study the worst case 90% completeness limit was applied to
the data. Since the PC chip has been shown to have many single bright stars (Lamers et al.
2002) and since its completeness limit is about 1 magnitude brighter than for the WF3 chip,
we will only use the WF data for the remainder of this study.
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Table 3.2: 90% completeness limits for the WF3 in the 3 different available pointings. Most
conservative values are printed bold.
Filter
F255W
F336W
F439W
F555W
F675W
F814W

1
22.10
21.80
21.20
21.20

PC1
2
20.8
21.80
21.90
21.90
21.00

3
18.80
20.45
-

1
22.90
22.70
22.40
22.20

WF3
2
21.60
22.60
23.20
22.45
22.20

3
19.70
21.30
-

3.3 The selection of the clusters and the photometry master list.
The coordinate lists for the individual WFPC2 chips were transformed to one system using
the metric task. This task corrects for geometric distortion and yields coordinates with
respect to one frame (WF3). Transformation matrices to convert the mosaic coordinates of
field id #5652 (F255W and F336W) (see Table 1) to Orientation 1 and Orientation 2 coordinates, were determined by finding sources in common to both frames in the F336W filter.
Since the #5777 program does not contain an F336W exposure, the F439W exposure was
used instead. The sources used to find the transformations were selected to be isolated and
spread over the images by as much as possible to make the transformation as accurate as
possible. The spatial transformation functions were calculated based on the coordinates of
the sources in the two frames using the geomap task in IRAF. The accuracy of the transformation is approximately 0.1-0.2 pixels. The same was done for the near-infrared filters
(F110W and F160W). For these transformations identical sources were found in the F110W
and F814W bands. In this case the accuracy was somewhat lower since the NIC3 pixel size
(≈0.200) is larger then the WF pixel size (≈0.100 ). The accuracy of the transformation function is still 0.2-0.3 WF pixels.
The final source list was made by cross correlating sources found in the various filters.
First, a cross correlation between the F439W, F555W and F675W was done. If a coordinate
was found in all 3 filters, allowing a mismatch of 1.4 pixels, it was defined as a genuine
source. Then the other filters were compared with the source list, again allowing a mismatch
of 1.4 pixels. The transformed coordinates of the F255W and F336W frame were allowed
to have a 1.6 pixel mismatch. The F110W and F160W frames were allowed to have a 1.8
pixel mismatch. This was adopted because of the uncertainty in the transformation.
The resulting initial source list contains 3504 objects that are observed in at least the
F439W, F555W, and F675W bands above the 5σ detection limit. Most of these will be
eliminated later in the study of their energy distributions because the photometry is uncertain
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Table 3.3: Aperture correction values for all filters (mag).
Filter
F225W
F336W
F439W
F555W
F675W
F814W
F110W
F160W

PC
−0.32
−0.31
−0.31
−0.32
−0.32
−0.33

WF3 (mean)
−0.14
−0.13
−0.13
−0.13
−0.13
−0.14

NIC3

−0.22 ± 0.01
−0.22 ± 0.01

This value is applied to our sample. For clusters with Reff = 5 pc, these values decrease
by ∼ 0.15 mag. (e.g. to -0.28 for F555W in the WF3 chip).

†

or the energy distribution does not match that of cluster models (see § 3.4.5).

3.3.1 Contamination of the sample by stars
We estimate the possible number of massive stars that may contaminate our source sample
by scaling the star population of the LMC, measured by Massey (2002) to the conditions in
M51. This sample, which is complete down to V ' 15.7 mag or M V ' −3.2 mag covers
a total area of 10.9 kpc2 and includes most of the bar, the 30 Doradus region and several
other well populated fields. This area contains more than half of the mass of the LMC. We
have calculated the intrinsic visual magnitudes, by adopting only foreground extinction of
AV = 0.40 mag and E(B − V ) = 0.13 mag (Massey et al. 1995) and a distance modulus
of 18.48 mag (Westerlund 1997) The total number of stars brighter than M V < −7.0 mag
(which corresponds to V < 22.60 at the distance of M51, for no extinction) is less than 100,
and the number with MV < −8.0 mag is 6. By far the majority of these stars are found in
clusters. We can get an estimate of the fraction of the luminous field stars compared to the
total fraction from the data in Table 12 of Massey (2002) which gives the number of massive
stars outside clusters. (This is the only large and homogeneous extragalactic stellar sample
deep enough to determine the relation between the populations of field stars and the total
populations.) He found 186 field stars (i.e. outside known OB associations) more massive
than 40 M , which corresponds to Mbol ≤ −9 mag. More than 90 per cent of these are on
or near the main sequence, where Teff > 25 000 K and hence the bolometric correction is
so large that MV > −7.0 mag. At most 10% of these stars, i.e. less than 18, are optically
bright at MV < −7.0 mag in the LMC.
With a total mass of the observed area of about 4 × 109 M (Meatheringham 1991),
this implies about 4 to 5 field stars more massive than 40 M per 109 M . (This number
could be slightly higher if the dark matter content of the LMC within the region used here
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is considerable). This small number is due to the very steep IMF of the massive field stars.
Massey (2002) showed that the stellar IMF of massive field stars can be approximated with
Γ ' −4, compared to Γ ' −1.3 for cluster stars, where Γ = 1+d(log N (M ))/d(log(M )).
The total luminous mass of M51 within a radius of 5 kpc is 2.1 × 10 10 M (Salo &
Laurikainen 2000). Scaling the number of field stars per unit mass in the LMC to that
of M51, we estimate that at most 170 to 210 field stars with MV < −7.0 will be in our
field, and less than 15 to 20 with MV < −8.0, if there were no extinction in M51. Even a
moderate extinction will remove these stars from our sample.
Another estimate of contaminating stellar sources in our sample can be obtained by
comparing the number of field stars to that of observed clusters. This comparison relies
on the assumption that the ratio of field stars to clusters is the same in different galaxies.
This assumption will not be valid for low or intermediate mass stars between galaxies with
widely different cluster disruption timescales, as galaxies with shorter disruption timescales
will have a higher field star to cluster ratio. However, for young massive stars (lifetimes
less than 10 Myr), disruption is not expected to significantly influence this ratio. Using the
catalog of Bica et al. (1996) we see that there are ∼ 180 clusters and associations brighter
than MV = −6.94 in the LMC (assuming a distance modulus to the LMC of 18.48 and an
imposed completeness of mV = 22.70 at the distance of M51). Using the arguments given
above, there are < 18 young massive stars that are brighter than M V = −7.0 in the LMC.
Thus there are less than one field star for every ten clusters in the LMC. Therefore, using
this approximation, we expect less than 10% of our M51 sample to be bright young stars.
A third alternative method to estimate the contamination by massive isolated field stars
is to scale the number of isolated field stars in the LMC to that of M51 using the mass
normalized star formation rates. In the studies summarized by Grimm et al. (2003), M51
has about half the star formation rate per unit galaxy mass as the LMC. So, using this
assumption we expect half as many bright field stars in M51 as in the LMC per unit mass,
which results (using the mass ratios above) in ∼ 47 bright field stars.
We conclude that the number of contaminating stars in our sample is small 2 . Moreover,
we will show in Section 3.4.5 that most of these will be removed from the sample because
they do not pass the criterion that their energy distribution can be fitted with a cluster model.

3.4 Determination of the cluster parameters from their energy distribution
The age, mass and extinction of star clusters can be derived by comparing their spectral
energy distributions to those of cluster evolution models (e.g. Paper I, de Grijs et al.
2003a,b,c). This method can also be used to eliminate contaminating sources (e.g. stars
2 Bik et al. (2003) found that massive young clusters in the inner NE-spiral arm of M51 have a surprisingly small
flux in the O[III] λ5007 line. They interpret this as evidence that there is a lack of massive stars of M > 30M
in the clusters. If this is also valid for the field stars, the number of contaminating field stars in our sample will be
even smaller than estimated here.
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and background galaxies).

3.4.1 Adopted cluster models
We have adopted the updated GALEV simple stellar population (SSP) models (Schulz et al.
2002, Anders & Fritze v. Alvensleben 2003) as our templates to derive ages, extinction values, and masses for each of the observed clusters in M51. These models use the isochrones
from the Padova group, which seem to fit the data better than the Geneva tracks (Whitmore
& Zhang 2002). The set of models that we use assumes a Salpeter stellar IMF from 0.15 50 M . We have used models with metallicities of 0.4, 1, and 2.5 Z , and a comparison
between the different metallicities will be made in Section 3.4.6.
There were two major reasons for selecting the updated GALEV tracks. The first is
the inclusion of gaseous emission lines as well as continuum emission, which can severely
affect the broad-band colours for young star clusters (see Anders & Fritze-v. Alvensleben
2003). The second is that they have been published in the HST WFPC2/NICMOS filter
system, which eliminates possible inaccuracies in converting the HST observations to the
standard Cousins-Johnson system.

3.4.2 The fitting of the spectral energy distributions
We used the three-dimensional maximum likelihood fitting method (3DEF) developed by
Bik et al. (2003). The method has been described in detail there, and hence we will only
give a brief summary of it here. In passing we note that this method has been tested against
colour-colour methods of age fitting, and has shown itself to be superior (e.g., de Grijs et al.
2003a vs. Parmentier, de Grijs & Gilmore 2003).
The method works as follows: we use a grid of SSP models, i.e. the GALEV models
(see previous section) that give the broad-band colours of a single age stellar population as
a function of age. For each model age, we apply 50 different extinctions in steps of 0.02
in E(B − V ). We adopted the Galactic extinction law of Savage and Mathis (1979), which
was found to agree with the extinction law derived for M51 by Lamers et al. (2002). We
then compare the model grid with the observed spectral energy distribution of the clusters
using a minimum χ2 test, with each observation weighted with its uncertainty. The model
(age and extinction) with the lowest χ2 is selected, and the range (i.e. maximum and minimum age) of accepted values is calculated by taking the most extreme model that satisfies
χ2ν < χ2ν,min + 1. Once the age and extinction have been calculated, the mass is found
by comparing each observed filter magnitude to each model magnitude (iteratively with respect to age and extinction). Since we have first scaled the GALEV models to a present
mass of 106 M the difference between the observed and the predicted magnitude (taking
into account the distance modulus and extinction) can be converted to the present mass of
the observed cluster3 .
3 All masses derived in this paper refer to the present mass of the clusters, not to their initial mass. If stellar
evolution is the only mass loss mechanism of the cluster, the initial mass of the clusters can be retrieved by
correcting the present mass for the fraction lost by stellar evolution, given by the GALEV models.
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Table 3.4: Empirical parameters for the uncertainty of the magnitudes: ∆(m) = 10 d1 +d2 ×m
Filter
F255W
F336W
F439W
F555W
F675W
F814W

d1
−8.540
−7.850
−8.320
−7.800
−7.600
−8.230

d2
+0.390
+0.325
+0.328
+0.300
+0.300
+0.328

3.4.3 Test of the accuracy of the method
We have tested the accuracy of the method used for the determination of the age and mass
of clusters. To this purpose we created a grid of synthetic clusters, distributed evenly in logarithmic age, in the range of 7.0 < log(t/yr) < 10.0 in 31 steps, and evenly in logarithmic
mass in the range of 3.0 < log(M/M ) < 6.0 in 21 steps. This results in 651 synthetic
clusters. The clusters have a distance modulus of m − M = 29.64, as for M51, and were
assigned a random extinction of 0 < E(B − V ) < 1.0 mag with a Gaussian probability
function that peaks at E(B − V ) = 0 mag and has a σ = 0.20 mag. For each of these clusters we calculated the expected energy distribution in the same HST/WFPC2 filters as used
for this study of M51, using the GALEV cluster models with a metallicity of Z = 0.02,
and a Salpeter IMF. The photometry of each synthetic cluster was given an uncertainty that
depends on magnitude. The uncertainty was derived from the observations, which show that
∆(m) can be approximated quite well by ∆(m) = 10d1 +d2 ×m , where m is the magnitude
and the values of d1 and d2 are empirically determined for each HST filter. These values
are listed in Table 3.4. We then added a random correction to the magnitude of each cluster
in each filter, within the interval (−∆(m), +∆(m)). This resulted in a list of 651 synthetic
clusters with photometry and photometric errors similar to those of the observed clusters in
M51.
We then ran these synthetic clusters through our cluster fitting program to determine
the age, mass and extinction in exactly the same way as done for the observed clusters.
We adopted the same conservative magnitude limits as for the observed sample, as given
in Table 3.2. The comparison between the input mass, age and extinction of the synthetic
clusters and the result of the fitting gives an indication of the accuracy and reliability of the
results. The result is shown in Figure 3.4.
The panels show the difference between input and output values of log(t), log(M ) and
E(B − V ) as a function of the V magnitude of the synthetic cluster. This parameter was
adopted because the accuracy of the fitting is expected to depend on the accuracy of the
input photometry, for which V is a good indicator. We have divided the results into four
age bins (with parameters indicated in the figure), because the accuracy of the fit may be
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different in different age intervals, as the spectral energy distribution depends on age.
Figure 3.4a shows that the age determination is quite accurate, to within about 0.20 dex,
for relatively bright clusters with V < 21.0 mag. For fainter clusters with V > 21.0 mag
the uncertainty increases up to a maximum of about 1 dex for clusters with V > 22.0 mag.
The scatter is approximately symmetric around the zero-line with two exceptions.
(i) For the youngest faint clusters with t < 30 Myr and V > 21.5 mag the age is more likely
to be overestimated than underestimated. This is the consequence of the simple fact that the
two youngest GALEV cluster models have ages of 4 and 8 Myr. So a cluster cannot be fitted
to a model younger than 4 Myr, which limits the possible negative values of log(t out /tin ).
(ii) Faint clusters with ages of log(t/yr) > 7.5 have a higher probability to be fitted with
a younger cluster model than with an older cluster model. This might reduce the number
of old clusters derived from the fitting of the SEDs of observed clusters. This effect will
be taken into account in the analysis of the observed mass and age distributions of the M51
clusters.
Figure 3.4b shows that the mass determination is quite accurate for relatively bright
clusters with V < 21.0 mag. For fainter clusters with V > 21.0 mag the uncertainty decreases up to a maximum of about −0.5 dex to +1.0 dex for the faintest clusters. The scatter
is approximately symmetric around the zero-line, except for the tendency to overestimate
the mass of the faint old clusters. This is a direct result of the underestimate of the age.
Figure 3.4c shows that the extinction can be derived quite accurately for young clusters
with log(t/yr) < 8.5 and V < 21.5 mag. For fainter clusters there is a symmetric scatter
up to about ∆E(B − V ) ' 0.1 mag. For clusters older than 300 Myr there is a tendency
to overestimate the extinction. This is the reason for the overestimate of the mass and the
underestimate of the ages of these old clusters.
In general the ages and masses derived from fitting the cluster models are quite accurate:
more than 99% of our synthetic clusters have an age determination that is accurate to within
0.25 dex and a mass determination that is accurate to within 0.2 dex. For real cluster samples
the accuracy will depend on the magnitude distribution of the clusters, and hence on their
photometric accuracy.
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Figure 3.4: Comparison between input and output values of the ages (upper panel, a),
masses (middle panel, b) and extinction values (lower panel, c) of the synthetic cluster
sample. Different symbols indicate different age ranges.
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Stochastic colour fluctuations
An additional uncertainty in the fitting of ages of star clusters using SSP models, is the
stochastic colour fluctuations resulting from the fact that young low mass clusters will be
dominated by a few high luminosity stars (e.g. Dolphin & Kennicutt 2002). Thus, the
absence (or presence) of a small number of stars can significantly affect the observed integrated colours of a cluster. Unfortunately, due to the random nature of this effect it is impossible to determine which clusters in our sample are most heavily affected by this. However,
if the stochastic colour fluctuations vary equally around the ’true’ (i.e. fully sampled, high
mass limit) colour, we do not expect our derived age distribution for the population as a
whole to be affected by this. Finally, we note that our age distribution analysis (see § 3.6)
has been restricted to clusters with derived masses above 104.7 M , e.g. the most massive
clusters, where the stochastic colour fluctuations are expected to be smallest (Lançon &
Mouhcine 2000). Stochastic effects are expected to affect the colour and magnitude of a
10 Myr, 105 M cluster by σV = 0.08 mag and σV −I = 0.07 (Dolphin & Kennicutt 2002).
These small fluctuations are within the observational uncertainties, and as such are not expected to significantly affect the derived parameters.
Dependence on the adopted models
The 3DEF method assumes that the adopted models accurately reproduce the colours of
star clusters as a function of age. In order to quantify this effect we have carried out the
same analysis as discussed in § 3.4.3, but now using the Starburst99 models (Leitherer et
al. 1999) for the artificial clusters, and then carrying out our fittting procedure using the
GALEV models. These models were chosen because of the differing stellar evolutionary
isochrones used when constructing their respective SSPs (i.e. the GALEV models adopt the
Padova isochrones, while the Starburst99 models adopt the Geneva isochrones).
These tests resulted in 80% of the artificial clusters being fit within 0.5 dex of the input
age and mass. The extinction is fit to within 0.2 mag in E(B-V) for > 80% of the artificial
clusters. Thus we see that while there are significant differences between the models used,
the parameters of the majority of clusters can be accurately recovered.
We also note that fitting our cluster sample using the Starburst99 models as templates,
resulted in age and mass distributions which are consistent with the results presented here
(Bastian & Lamers 2003). Namely, the high numbers of very young (< 10 Myr) as well as
the increase the cluster formation rate at ∼ 50 − 100 Myr ago (see § 3.6).

3.4.4 Reduction of the sample based on energy distributions
Once we have obtained the best fit for each source (i.e. age, extinction and mass) we can
then determine whether or not the object has a good fit, i.e. if it is a cluster. In previous
studies (Paper I, de Grijs et al. 2003a) we used the selection criterion that the reduced
χ2 must be below 3.0. This was effective in eliminating most of the poor fits, but it also
removed many of the brightest clusters because their photometric error was relatively low.

62

Chapter 3

In order to remove this problem, we have used the standard deviation, defined to be
σ 2 (BV R) =

X (mmod − mobs )2
i

i

i

nfilters

(3.1)

where the sum runs over the F439W, F555W, and F675W bands only (the three bands in
which all clusters were detected), as a criterion to test the accuracy of the photometric
fit. The sum was restricted in order to maintain a fairly homogeneous set and to eliminate
biases that would occur if bands with short exposures or low count rates (e.g. F255W) were
included.
We then checked by eye the spectral energy distributions of the sources and their fits, in
2
order to find a reasonable value for the minimum σ 2 (BV R), σmin
(BV R). As the “good2
ness” of the fit is rather arbitrary, we quantified the exact value of σmin
(BV R) by making a
histogram of all the sources, approximating the histogram with a Gaussian (which is a relatively good fit) and taking the 1/e point. This point, and the value preferred by our visual
2
inspection were almost identical at σmin
(BV R) = 0.05.
In the remainder of the paper, when we refer to “clusters”, we will mean sources that
passed the following criteria:
• detected in the F439W, F555W, and F675W bands at at least 5σ above the background,
• photometric uncertainty < 0.2 mag in the F439W, F555W, and F675W bands,
• detected in at least one other band,
• well fit (σ 2 (BV R) < 0.05) by an SSP model,
• brighter than the 90% completeness limits for each filter in which they are detected
(see Table 3.2)
1150 clusters pass these criteria, which will be used to study the cluster population in
M51. The majority of the sources (from the original 3504 sources detected) that have been
removed from our sample were eliminated because they were fainter than one or more of
our 90% completeness limits.

3.4.5 The elimination of stars on the basis of their energy distribution
In § 3.3.1 we argued that the expected number of very luminous stars that might contaminate
our sample is relatively small. We have investigated the rejection of possible stellar sources
from our sample on the basis of the energy distribution fitting. To this purpose we created
energy distributions of stellar atmosphere models and analysed them in the same way in
which we analysed the energy distributions of clusters.
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We adopt the supergiant models calculated by Bessell et al. (1998), transformed to
WFPC2 magnitudes by Romaniello et al. (2002). Bessell et al. (1998) normalized the
magnitudes to stars with a radius of 1 R at a distance of 10 pc. They published 70 models with Teff ranging from 3500 to 50000 K for a range of gravities from main sequence
stars to supergiants. We adopted the energy distributions of these stellar models with the
lowest gravity (without adding noise to their photometry) and then analysed the data as if
the stars were clusters. We did this for stars that are observed in all six WFPC2 bands
(UV,U, B, V, R, I), and for stars observed only in the U, B, V, R bands or in the B, V, R, I
bands.
We found that stars with effective temperatures higher than about 14,000 K all end up
in the youngest age bin for clusters of log(t/yr) ' 6.6. If our sample is contaminated
by massive stars, most of these will be blue, because they spend most of their time on
or near the main sequence. If there is a red phase for such massive stars, the crossing time
between the blue and the red phase is very short, only about 1% of the main-sequence phase.
However stars with masses in excess of 50 M are not expected to become red supergiants
because that would bring them above the observed Humphreys-Davidson luminosity upper
limit (Humphreys & Davidson, 1979). We conclude that, if there is a sizable number of
massive O-stars with 21.70 < V < 22.70 mag, they will end up in the youngest age bin of
our cluster sample.
Fig. 3.5 shows the values of σ 2 (BV R) as a function of the temperature of the stars,
for stars observed in all six WFPC2 bands, and for stars observed only in the B, V, R, I or
U, B, V, R bands. Only stars below the dashed line pass our criterion of σ 2 (BV R) < 0.05.
We see that most of the stars will be rejected from our sample, except the coolest ones.
We concluded before (Sect. 3.3.1) that the expected contamination of our cluster sample
of sources with V < 21.70 mag with bright stars is very small. Here we have shown that
our analysis of their energy distribution will eliminate a major fraction of these. The small
number that may pass our selection criterion, are expected to end up in the youngest age
bin.

3.4.6 The effect of metallicity
We have studied the effect of metallicity on the determination of the age, mass, and extinction of the clusters. To this purpose we follow the method of de Grijs et al. (2003a,b) and
introduce metallicity into our models as a free parameter.
This technique has been applied recently to NGC 3310 (de Grijs et al. 2003b) with good
results, and to NGC 6745 (de Grijs et al. 2003c) with somewhat less encouraging results
as two metallicities were equally well represented in the final sample, due to the smaller
number and narrower wavelength coverage of available passbands, and the inherent effects
of the age–metallicity degeneracy. For NGC 3310 the authors report that the near-infrared
colours of a cluster are a good indicator of metallicity, while optical colours do a better job
at discerning ages (see also Anders et al. 2004).
To this end we have fit all sources in M51 which pass our criteria (see § 3.4.4) with
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Figure 3.5: The elimination of possibly contaminating bright stars in our sample by means
of the fitting of their energy distribution. The figure shows the values of the rejection criterion σ 2 (BV R) (Eq. 1) for stars of different temperatures in three different filter combinations. Notice that possibly contaminating stars with Teff > 17 000 K will be effectively
eliminated by our selection criterion σ 2 (BV R) < 0.05.

models of four metallicities, namely Z = 0.004, 0.008, 0.02, and 0.05. We do not find any
significant difference in the number of sources that pass our selection criteria (σ 2 (BV R) <
0.05) between the different metallicity models. We find that 14%, 21%, 17%, and 48% of
the sources in our sample are best fit (lowest σ(BV R)2 ) by models of Z = 0.004, 0.008,
0.02, and 0.05 respectively. The largest percentage of the clusters being fit by twice solar
metallicity models is consistent with the metallicity estimates of HII regions in M51 by Hill
et al. (1997).
We note however, that many of the individual clusters within the same cluster associations show widely different metallcities. As this seems unphysical, we are forced to conclude that fitting on metallicity is not possible with the current data. We therefore choose to
concentrate our analysis on the fits using the solar metallicity models (which is the median
metallcity found in our sample), although we will discuss how our results depend on the
assumed metallicity where applicable.
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3.4.7 Recovery rates
In order to determine the recovery rate of the fitting method we use the artificial cluster
sample generated in § 3.4.3. In Fig. 3.4 we found that the accuracy of the fit depended
on the magnitude of the input cluster, with brighter clusters being fit with higher accuracy.
Because of the input cluster IMF, which has many more fainter clusters than brighter ones,
we need to quantify this affect. The recovery rate is defined to be the number of clusters
found divided by the number of input clusters for a given age bin. Figure 3.6 shows the
recovery rate as a function of age. This shows that we slightly over-predict the number of
clusters in the age range of log(t/yr) ∈ [6.62,6.87] and log(t/yr) ∈ [7.37,7.62] by about
40 per cent. We underestimate the number of clusters in the age range of log(t/yr) ∈
[6.87,7.12] by about 20%, and also tend to underestimate the number of clusters with ages
greater than 108 yr. This is not a physical effect but due to the rapidly changing colours of
the SSP GALEV models during this age range. We will use this recovery rate in § 3.6.2
where we study the cluster formation history of M51.

Figure 3.6: The recovery rate of our sample as a function of input age. We underestimate the
number of clusters in the range of 6.9 < log(t/yr) < 7.1 by about 25% and overestimate
the number in the preceding age bin by ∼ 40%.

3.5 Extinction
Once we have derived ages, extinctions, and masses for all of the clusters, we can begin
looking at general trends in the cluster population.
Figure 3.7 shows the distribution of the E(B − V ) values for different age groups. The
left-hand side of the figure shows the number of clusters and the right-hand side shows their
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logarithmic values. The figure shows that at each age bin over half of the detected clusters
have an extinction of E(B − V ) < 0.05 mag, with the rest showing a rapidly declining
distribution up to E(B − V ) ' 0.8 mag. The logarithmic figures show about the same
distribution of the clusters with E(B −V ) > 0.05 mag, with d log(N )/dE(B −V ) ' −2.0.
This relation is independent of age, although the highest extinction found decreases strongly
with ages. This is presumably due to the fading of clusters as they age, bringing them closer
to the detection limit, so older clusters with a significant amount of extinction will drop
below the detection limit. Another effect that could contribute to the observed distribution
is if young clusters have more extinction than older clusters, which is expected as young
clusters form in gas rich environments.
The large numbers of clusters found with low extinction is qualitatively what is expected. The cluster IMF of N (M ) ∼ M −α , with α ' 2, implies an increase in cluster
numbers towards the lower mass and fainter clusters. The magnitudes of these low mass
clusters are close to the detection limit, so they can only be detected if their extinction is
small. Thus our sample is complete to larger extinction values for brighter clusters, and for
younger ages which are less affected by the detection limit (see Fig. 3.6.1). This effect will
affect all cluster studies where the host galaxy is not optically thin (i.e. studies where one
cannot see through the host galaxy at the given completeness limits).
In Fig. 3.8 we show the extinction as a function of age for the clusters in our sample.
The solid points are the mean of all the points for each age bin and the error bars represent
the variance about the mean. This figure shows that the average extinction is higher for
young clusters (≤ 20 Myr) and rather abruptly drops to a constant value for clusters older
than 20 Myr. This is qualitatively what is expected as clusters emerge from their parent
molecular cloud, although as we noted above, there is a selection effect which causes us to
detect younger clusters to higher extinction values.

3.6 The age distribution of the clusters
It has been shown that the global properties of the host galaxy, such as an interaction or
merger, can significantly affect the cluster formation rate (CFR) within a galaxy (e.g. de
Grijs et al. 2003a). To search for such an effect within M51, we combined our cluster
sample, with the detailed models of the interaction between M51 and its companion, NGC
5195, taken from the literature (SL00). SL00 propose a scenario in which NGC 5195 has
had two close passages with M51, an early encounter at approximately 400-500 and a second at 50-100 Myr ago (the last passage). Their double encounter model reproduces the
kinematic features of the system better than the single passage models (such as, e.g., the
apparent counter-rotation of the southern HI-tail), as well as the morphological “kink” in
the northern spiral arm.
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Figure 3.7: The histograms of the extinction for different age bins (given in the upper right
of the panels in the left column, in logarithmic years). The left-hand panels show the linear
distribution (N versus E(B − V )) and the right-hand panels show the logarithmic distribution (log(N ) versus E(B − V )). Notice the strong peak near E(B − V ) ' 0 mag and the
steeply declining relation towards E(B − V ) ' 0.8 mag.

3.6.1 The mass versus age diagram
Figure 3.6.1, top panel, shows the age of each cluster plotted against its determined mass.
(We remind the reader that this is the present mass of the cluster.) Note the presence of
a clear lower mass limit which increases with age. This is due to the evolutionary fading
of clusters as they age, which raises the minimum mass that the clusters should have to
be brighter than our detection limit. Hence, the lack of old low-mass clusters is mainly an
effect of fading due to stellar evolution (another important effect is cluster disruption, which
will be treated in Paper III). The solid lines increasing to the right show the detection limit
for mF555W = 22.7 mag, i.e. the adopted magnitude limit of the sample, and 21.7 mag.
The figure shows the apparent concentrations of the clusters in some very narrow age
bins, i.e. at log(t/yr)=7.2, 7.3 and near 7.8. This is not a physical effect but it is due to
the way we select the best fitting models in the study of the cluster SEDs with the 3DEFmethod (see § 3.4.3 and Paper I). In reality these peaks should spread over the neighbouring
age bins.
The bottom panel in Fig. 3.6.1 shows the relation between the age and masses of those
clusters whose sizes are resolved. The general properties are the same as for the full sample,
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Figure 3.8: The extinction as a function of age for the clusters in our sample. The solid
points are the mean for each age bin, while the error bars are the variance about the mean.
Note that the extinction is higher for clusters with ages less than 20 Myr than for the older
clusters.
namely the increase in the lower mass limit as a function of increasing age, an excess of
clusters with young ages (< 10 Myr), and an additional excess at 60 Myr. Therefore we
conclude that we are not biasing our study by including unresolved sources.
As mentioned above, certain artifacts of the age vs. mass distribution are likely caused
by model and fitting effects, which do not reflect anything physical. Since this complicates
the analysis, we attempt to correct for these effects using the simulations from § 3.4.7. To
do this, we generate a number density grid in the age vs. mass space for our observed
cluster sample as well as for our simulated cluster sample (cluster IMF with slope −2.0,
continuous cluster formation rate, and random extinction between 0 < E(B − V ) < 1 mag
with a Gaussian probability function that has σ = 0.20 mag). The model number density
is normalized in order that the average is the same as the observations (i.e. we normalize
to the cluster formation rate). We then divide the observed cluster distribution by that of
the simulated distribution. This technique will remove any features caused by the adopted
models or the fitting method.
This process and the result are shown in Fig. 3.6.1. It shows the number density of the
clusters in the mass versus age diagram in a logarithmic grey-scale, normalized in such a
way that the number densities run from light to dark grey. The top panel shows the density of
the observed clusters in the mass versus age diagram. The middle panel shows the density of
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Figure 3.9: Top Left: The present mass as a function of age for the 1078 clusters that pass
our σ criterion and which have a present mass greater than 1000 M . The solid line is
the predicted detection limits using the GALEV models, for m(F439W) = 22.6 mag. The
horizontal dashed lines represent constant mass cutoffs used in Fig. 3.11. Top Right: The
same as above, but only for those clusters with measured sizes greater than 2 pc. The solid
line is the predicted detection limit for m(F555W) = 22.0 mag Bottom: The present mass
as a function of age while leaving metallicity run as a free parameter.

the generated cluster sample with a constant cluster formation rate and a power law cluster
IMF. The lower panel shows the ratio of the observed to predicted cluster number densities
in the diagram. For the top and middle panels, dark shading represent high numbers of
clusters, while for the bottom dark shading represents an over-density of observed clusters
compared to that expected from the models. In order to fully interpret the final result, it
is important to understand the simulated cluster sample. Two of the strongest features in
Fig. 3.6.1b are the increase in the number density from the top of the panel to the bottom
as well as from left to right. The increase in the number of clusters at lower masses (top
to bottom in Fig. 3.6.1b) is due to the cluster initial mass function, which gives many more
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low-mass than high-mass clusters. The increase in the number (for a given mass bin) of
clusters from younger to older (left to right) is due to the logarithmic age-binning and the
assumed constant cluster formation rate in linear time.
Once we divide our observed distribution (Fig. 3.6.1a) by the simulated distribution
(Fig. 3.6.1b) we have the true age vs mass distribution which is shown in Fig. 3.6.1c. Since
the effects of the cluster IMF and the logarithmic binning have been removed in this comparison, the decrease in number density from the lower left of Fig. 3.6.1c to the upper right
is presumably caused by the disruption of the clusters. Additionally we find relative excesses in the number density at ages of ∼ 60 Myr and ∼ 6 Myr. These two features will be
discussed in more detail in § 3.6.2 and § 3.7, respectively.
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Figure 3.10: Top(a): The present mass as a function of age for the 1152 clusters that pass
our selection criterion. The shading represents the logarithmic number density, with the
scale given on the right. Middle(b): Same as (a), but for the simulated cluster sample with
a constant cluster formation rate (see § 3.4.3 for details). Bottom(c): The ratio between the
observed distribution (top) and the predicted distribution (middle). The arrows indicate two
age bins which have an overdensity of clusters relative to the simulated cluster sample.
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3.6.2 The cluster formation history
In the previous section we found an excess of clusters at ages ∼ 60 Myr, corresponding in
time to the last passage of NGC 5195 and M51 in the SL00 models. In order to quantify
this excess we will look at the age distribution directly (i.e. by collapsing the mass axis
in Fig. 3.6.1c). As shown in § 3.6.1, for a given magnitude-limited sample, we are able to
detect clusters to lower masses for younger ages than for older ages. Therefore, we will
detect more younger than older clusters (assuming the standard cluster IMF which predicts
many more lower mass than higher mass clusters), simply due to selection effects. Thus,
in order to trace the true age distribution of the sample, the analysis must be restricted to
masses above a certain limit, where the sample is complete for the age range of interest.
This effect is shown in Fig. 3.11 by looking at the age distribution and applying the constant
mass cuts shown in Fig. 3.6.1. The mass cuts are at 103 , 104 , and 5×104M , the last one
chosen so that we are complete for ages younger than 1 Gyr.
The left-hand side of Fig. 3.11 shows the number of clusters detected per logarithmic age
bin while the CFR (in number per Myr) is shown on the right-hand side. For the calculation
of the CFR, we have corrected the age distribution of the detected clusters for the recovery
rates (Fig. 3.6) in order to eliminate spurious effects. The difference in appearance between
the two sides is due to the logarithmic binning of the left-hand side (e.g. each bin spans a
larger age range than the preceding bin). Note that the distributions for different mass cuts
appear very different.
If we look at the sample in which we are complete for the past Gyr (i.e. for masses
> 104.7 M ) we see a clear indication of an increase in the CFR ∼ 60 Myr ago. In addition,
we also find the peak at ∼ 6 Myr, that was seen in Fig. 3.6.1c. This peak is presumably
due to the presence of a large number of unbound clusters, and will be discussed in detail in
§ 3.7.
The increase in the CFR at ∼ 60 Myr ago for clusters with log(M/M ) > 4.7 occurs at
the time of the proposed second encounter between M51 and NGC 5195. The CFR appears
to have been 2 to 3 times higher during the burst period than in the period immediately
preceding it. The CFR declines slightly after the initial rise, but remains significantly higher
than before. In Fig. 3.11 we note the CFR rises extremely rapidly at the onset of the burst,
and decays much more smoothly, consistent with a linear Gaussian distribution plotted on a
logarithmic scale.
Duration of the burst
An increase in the CFR at the time of an interaction has been shown for other galaxies, e.g.
M82, NGC 3310 and NGC 6745 (de Grijs et al. 2003a,b,c, respectively). While the duration
of the burst of cluster formation in M51 is rather short lived, we note that this is similar to
the distribution observed in NGC 3310 (de Grijs et al. 2003b) where the estimated duration
of the increase in cluster formation rate was ∼ 20 Myr (it should be noted that their method
of analysis was very similar to the one presented here). Presumably, the increase in the CFR
in M51 was likely caused by the tidal interaction between M51 and NGC 5195 ∼ 60 Myr
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ago, supporting the two encounter model of SL00.
Tidal interactions can influence large portions of a galaxy within a relatively short
time, and is the only known mechanism that could coordinate galaxy-wide starbursts on
the timescales presented here. Recently, Murray et al.(2004) have shown that there is an
Eddington-like maximum luminosity for starburst galaxies. This luminosity is a critical luminosity where there exists a balance between gravity and radiative pressure caused by the
young stars formed. When a starburst is tidally triggered, as is the case in M51, the (starburst) luminosity can grow rapidly. When this growth happens on a shorter time scale than
the dynamical (free fall) timescale of the starbursting system, in this case giant molecular
clouds, the luminosity grows beyond the critical luminosity and star formation rate stops.
This could explain the narrow burst length observed in the cluster formation rate. Solomon
et al.(1987) give typical values for molecular clouds in the Galaxy. The dynamical time
1/2
scale can be estimated by: tdyn ' Reff /σ = Reff , where σ is the velocity disperion inside the cloud. Thus, tdyn is between 6 - 15 Myr for molecular clouds in the mass range
106 − 107.5 M as found in M51 (Rand & Kulkarni 1990), which are the most likely progenitors of star clusters in M51. This may explain the short duration of the burst in M51.
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Figure 3.11: Differences between the age distribution and the formation distribution. Left:
the number of clusters found per age bin for three mass limits. Right: the cluster formation rate (number per Myr) as a function of age, corrected for the recovery errors given in
Fig. 3.6. Adopting different mass limits clearly biases the interpretation of the distribution.
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3.6.3 Spatial Dependence of the Cluster Formation Rate
Figure 3.12 shows that the cluster formation history does not differ significantly between the
two sides of the galaxy, although the west side of the galaxy seems to have approximately
twice as many clusters as the east side. This is not an effect of the differing detection limits
between the two pointings, as we have restricted our analysis to magnitudes brighter than
the 90% completeness limit of the shallowest observation.
The higher cluster formation rate on the west side of the galaxy is also reflected in the
presence of large, isolated and young star cluster complexes located in the western spiral
arms, that appear to be largely absent in the eastern spiral arms (Bastian & Gieles 2004).
These complexes are typically less than ∼ 6 Myr old, contain 3 × 10 4 to 3 × 105 M , and
are associated with large concentrations of CO (Henry et al. 2003).
Henry et al. (2003) studied the present day star formation rate (SFR) and its relation
to the molecular cloud content in the spiral arms of M51, based on NICMOS (Paα) and
BIMA-SONG (CO 1-0) observations. They find that both the molecular cloud content and
the SFR are higher in the NW and W spiral arm (regions 1a and 1b in their terminology)
than in the SE and E arm (regions 2a and 2b). Thus the larger amount of clusters that we find
in the western arm is consistent with the measured higher SFR on this side of the galaxy.

Figure 3.12: Spatial dependence of the cluster formation rate. We have not corrected the
rates here for fitting errors. We note that the general trend in the formation rate is similar
between the two sides of the galaxy.
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3.7 A population of short-lived clusters
As noted in § 3.6.2, the cluster formation history of M51 shows are large increase during that
last ∼ 6 Myr (see Fig. 3.11). This can be interpreted in two ways, either M51 is experiencing
a burst in cluster formation right now, or that a significant portion of the very young clusters
(< 10 Myr old) will disrupt within the next few Myr. Three additional observations argue
for the latter scenario. First, a similar feature has been observed in the NGC 4038/39 system
(Whitmore 2003). Second, we know of many loose open star clusters within the Galaxy that
are expected to disperse on timescales shorter than 10 Myr (e.g. Lada & Lada 1991). Lastly,
∼ 10 Myr is the timescale given for NGC 5253 for clusters to dissolve and disperse their
stars into the field (Tremonti et al. 2001). Adopting this scenario, we can explore what
percentage of the young clusters will disrupt within the next few Myr.
To do this we compare the observed “formation” rates in the first two bins of Fig. 3.11,
i.e. the bins of log(t/yr)=6.6 to 6.93, and 6.93 to 7.26. In Fig. 3.13 we show the percentage
of the young clusters that are expected to disrupt before they age to older than 10 Myr, as a
function of their mass. One striking feature of this figure, is that the percentage of the clusters disrupted is largely independent of mass within the uncertainties of the measurements.
The mean value of the number ratio of clusters in the logarithmic age bins of (6.93,7.26)
compared to (6.6,6.93) for clusters with a mass in the range of 3.5 < log(M/M ) < 5.0
is 68± 15%. This is comparable to the fraction (∼ 87%) of missing clusters less than
108 years (observed relative to predictions based on embedded star clusters in GMCs) in the
solar neighbourhood estimated by Lada & Lada (1991). This missing fraction is presumably
made up of unbound clusters that have dispersed. For clusters to disappear from our sample
due to expansion, their radius should extend over more than ∼ 3 pixels (with the exact
value depending on the cluster’s brightness and the brightness of the local background),
corresponding to a linear size of 48 pc. For a mean initial velocity dispersion of the stars in
a cluster of about 10 km s−1 , this corresponds to a disruption time of about 5 Myr.
The largely mass independent destruction rate of the clusters is in stark contrast to other
observed disruption patterns (Boutloukos & Lamers 2003) in which the disruption timescale
is heavily dependent on the initial mass of the cluster. Boutloukos & Lamers (2003) found
that the disruption time depends on the cluster mass to the power 0.6 for cluster systems
in four different galaxies. Also theoretical disruption studies of young cluster populations
(e.g. Vesperini 1998, Fall & Zhang 2001, Baumgardt & Makino 2003) have shown a strong
dependence of the disruption timescale on the mass of the cluster. This implies that there
are two distinct stages of disruption. The first, mass independent, operates on very short
timescales and may be related to the sudden removal of gas from the system caused by
supernovae and stellar winds (Boily & Kroupa 2003). This effect has been dubbed “infant
mortality” (e.g. Whitmore 2004) and it corresponds to the rapid disruption of unbound clusters. The second stage of disruption, strongly mass dependent, operates on longer timescales
and is a combination of different effects, including evaporation, tidal fields, and relaxation.
Indeed, we expect that the first period of disruption is largely mass independent in order
that the mass functions (as interpreted through the luminosity function) of extremely young
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(< 10 Myr) cluster systems such as in the Antennae (Whitmore et al. 1999) is similar to
that of intermediate-age populations (300 Myr - 3 Gyr) such as in NGC 7252 (Miller et al.
1997) and NGC 3610 (Whitmore et al. 2002).

Figure 3.13: The fraction of the young (< 10 Myr old) clusters per mass bin that are expected to disrupt within the next ∼ 10 Myr.

3.8 Cluster sizes
Using the ishape algorithm by Larsen (1999), we have attempted to derive the effective
radius of all clusters on the WF chips in M51 with an observed F439W magnitude brighter
than 22.6 mag. We have restricted ourselves to these brighter clusters, as fainter clusters
do not have a high enough signal-to-noise ratio for unambiguous model fits. Briefly, the
algorithm convolves a two dimensional analytical model (e.g. a King profile) with the PSF
and diffusion kernel of the F555W filter for a given WFPC2 chip. We have modelled the
PSF of the F555W filter with Tiny Tim, at position x = 400, y = 400 for each of the three
wide field chips. We have tested whether the fits change significantly if the PSF used is
from a different portion of the chip, and find that the difference is marginal, on the order
of 10% in the derived radius. The algorithm then compares the model with the observed
cluster profile using a reduced χ2 test. For each observed cluster, multiple King profiles,
all with concentration factor 30, of varying sizes were compared and the best fit model was
selected. We then converted the measured FWHM of the profile to effective radius, R eff
(Larsen 1999).
Following Larsen (2004), the minimum value accepted for a ’resolved’ cluster was a
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FWHM of 0.2 pixels. At the distance of M51, a FWHM of 0.2 pixels for a King profile with
concentration factor 30 corresponds to an Reff of 1.2 pc. We adopt the more conservative
lower limit of 2 pc when making the subsample of resolved clusters from the full cluster
sample. We caution that this size criterion biases the sample towards large clusters, but due
to the resolution of the data, clusters smaller than this criterion do not have well determined
radii. This results in 407 clusters that pass the criteria given in § 3.4.4, have reliable size
measurements of ≥ 2 pc and are located more than 3 pixels away from the nearest source.
The final criterion was applied in order to avoid contamination by neighboring sources in the
size determination. The size criterion (Reff ≥ 2 pc) eliminates 552 clusters from the sample.
Of the 91 sources that were detected in four or more bands, did not pass our σ 2 (BV R)
criterion, and were brighter than V = 22.0, 84% were unresolved. This provides further
evidence that our cluster selection eliminates the majority of contaminating individual stars
from our sample.
Additionally, we have tested the reliability of the derived fit as a function of the magnitude of the cluster. To do this we generated 20 artificial clusters with effective radii between
0.65 and 12.4 pc for magnitudes V = 20, 21, 22, and 23 mag (i.e., 80 clusters in total). We
added these analytic profiles to the F555W images and re-fit them using the above method.
Figure 3.14 shows the results of these tests. As a function of decreasing brightness, the first
clusters to deviate from the input radius are the large clusters. This is due to the fact that the
outer parts of the clusters will be lost in the background noise, and so larger clusters will be
affected first.
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Figure 3.14: A test of the accuracy of the measurements of cluster radii. The derived effective radius as a function of both the input effective radius and the magnitude. A one-to-one
relation is shown by the solid line. The difference between the recovered and the input radii
is shown as the dashed line, while the dotted lines show the value 10% difference between
the input and the recovered radii.
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The distribution of sizes for all clusters more than 3 pixels away from the nearest source,
is shown in Fig. 3.8. The dashed line in the figure is a power-law fit to the data of the form
N (r)dr ∝ r−η dr, with η = 2.2 ± 0.2, where the fit was carried out only on clusters with
Reff > 2 pc (i.e. the resolved sample) and Reff < 15 pc (most larger sources were determined to be blends of sources upon visual inspection). We note that this fit overestimates the
number of small clusters, a possible indication of a turnover in this distribution. We compare
this to the size distribution of the Galactic globular clusters, by using the data available in
the McMaster catalog (Harris 1996)4. Fig. 3.8 shows the size distribution (half-mass radius)
of the Galactic globular clusters, along with the best fitting power-law with η = 2.4 ± 0.5.
We note that the size distribution of the M51 clusters is different from that reported for the
young cluster system in the merger remnant NGC 3256, which is characterized by η = 3.4
(Ashman & Zepf 2001). In that same work, the authors report that the size distribution of the
Galactic globular clusters has η = 3.4, significantly steeper than that found here (although
using the same catalog). This may have been caused by the erroneous addition of +1 to η
in the fitting of the size distribution (see Elmegreen & Falgarone 1996 for a correction of a
similar point of confusion in the data of Galactic GMCs). We therefore report that the size
distribution of the old Globular clusters in the Galaxy and that of the young M51 clusters
(and possibly that of the young NGC 3256 system) has the same form, within the errors.
This distribution is, however, significantly different from the Galactic GMC size distribution, which is characterized by η = 3.3 ± 0.3 (Elmegreen & Falgarone 1996), in contrast
with what was reported by Ashman & Zepf (2001).
The similarity between the size distributions of MW GCs and young star clusters suggests that disruption processes (which have had a much longer time to act on the MW GCs)
have not preferentially acted upon the larger clusters. Thus, cluster disruption appears to be
largely independent of size. Additionally, the strong resemblance between size distributions
of M51 and the Galactic globular clusters lends support to the idea of a universal formation
mechanism for star clusters.

3.9 Correlations with the cluster radius
With a dataset such as compiled in this work, it is interesting to search for correlations
among the derived parameters. In particular we are interested in relations which may reflect
the formation mechanism of star clusters. Much emphasis has been placed on the relation
between the size of a cluster and the cluster’s mass/luminosity (e.g. Zepf et al. 1999, Ashman & Zepf 2001). The GMCs that are presumed to be the birth place of young clusters
1/2
follow the relation rcloud ∝ Mcloud (Larson 1981). Young clusters, such as those in merging
galaxies (Zepf et al. 1999) and in spiral galaxies (Larsen 2004) show only a slight correlation (if at all) between their radii and masses. The results using our sample are shown in
Fig. 3.9. There is no apparent direct relation between the mass and size of a cluster in M51.
Recently, Larsen (2004) has shown that young clusters in spiral galaxies have shallower
4 We

used the revised February 2003 verison, http://physun.physics.mcmaster.ca/Globular.html
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Figure 3.15: Size distribution of all clusters more than 3 pixels away from the nearest source.
The dashed line is a power-law fit to the data of the form N (r)dr ∝ r −η dr, with η =
2.2 ± 0.2. The fit was carried out for all clusters with 2.0 < Reff < 15.0 pc. The powerlaw fits the data quite well for sources greater than 2 pc, although it over-estimates the
number of small clusters (unresolved clusters were given a size of 0 pc) with respect to the
observations.

luminosity profiles than older clusters, presumably due to an extended halo surrounding
young clusters, although no correlation between size and age is found. In § 3.8 we presented
our method used to derive the cluster sizes, which assumed a constant cluster profile, unlike
the study of Larsen (2004) which also solved for the best fitting cluster profile. We have
searched for a relation between the age of a cluster and its effective radius. Although we do
not find a strong correlation, there is a slight tendency for younger clusters to be more
extended than their older counterparts. We also note that if we include the unresolved
clusters (assigning an effective radius of 1 pc) this slight trend is removed.
We have also attempted a multi-variable fit of the form:
Reff = b × agex ∗ massy .

(3.2)

The derived exponents, x and y, are −0.051 ± 0.027 and 0.048 ± 0.031, respectively, if we
restrict the sample to only the most robust measurements, 3 < Reff (pc) < 10 and sources
more than 5 pixels away from the nearest source. As before we see a slight trend of the
size decreasing with increasing age as well as a slight increase in size with increasing mass,
though both relations are quite shallow and have rather large uncertainties.
Van den Bergh et al. (1991) report that globular clusters in the Galaxy follow the relation
1/2
Deff ∝ Rgal (with a large scatter) where Deff is the diameter within which half the light of
the cluster is contained, in projection, and Rgal is the distance of the cluster to the Galactic
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Figure 3.16: Size distribution (half mass radius) of the Galactic globular cluster population.
The dashed line is a power-law fit to the data of the form N (r)dr ∝ r −η dr, with η =
2.4 ± 0.5. The fit was carried out for all clusters with 2.0 < Reff > 15.0 pc.

Figure 3.17: The cluster mass vs. radius for all clusters with Reff > 2 pc and located more
than 3 pixels away from the nearest neighboring source.

center. They interpret this result as suggesting that compact clusters form preferentially near
the centers of galaxies where the density of gas clouds is higher than in the outer regions of
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the galaxy. We have searched our sample in two ways to see if a similar effect is present.
We have looked for a relation between the effective radius of a cluster and its galactocentric
distance (Fig. 3.9) as well as a trend between the stellar density (instead the effective radius)
of each cluster and its galactocentric distance (Fig. 3.9). No clear relation can be seen.
This may mean that the young clusters are forming by a different mechanism than globular
clusters. This may simply be due to our sample coming mainly from the disk of M51
while the globular clusters presumably formed outside the Galactic disk. Alternatively, the
relation found for old globular clusters in the Galaxy may be due to disruption effects which
have had a much longer time to work on globular clusters than on the young disk population
in the M51 sample.

Figure 3.18: The effective radii of a clusters versus their distance to the nucleus of M51. No
trend is apparent in the data.

3.10 Conclusions
We have analysed the star cluster population of the interacting galaxy M51. By comparing
the broad-band magnitudes with those of SSP models, we have derived the ages, extinction values and masses of 1152 clusters with ages between 4 Myr and 10 Gyr, and masses
between 102.7 − 106 M . The main conclusions can be summarized as follows:
1. In order to examine the cluster formation history within a galaxy, a minimum mass
cut-off must be applied, above which the sample is complete over the entire age range
of interest. This avoids the bias introduced by the effects of the fading of clusters due
to stellar evolution.
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Figure 3.19: The density of the clusters versus their distance to the nucleus of M51. No
trend is apparent in the data.

2. The cluster formation rate increased significantly approximately 60 Myr ago, which
is coeval with the proposed second encounter between M51 and its companion NGC
5195. We interpret this as evidence supporting the multiple encounter model of Salo
& Laurikainen (2000).
3. The number of young (< 10 Myr) clusters is much higher than would be expected
for a constant cluster formation rate over the past 20-30 Myr. By comparing the
formation rate during the past 10 Myr to that between 10-20 Myr, we find that ∼
70% of the young clusters will disrupt before they are 10 Myr old. This process
appears to be independent of mass, which implies that it is a fundamentally different
disruption mechanism from that which dominates the disruption of older clusters.
Thus, there seem to be at least two distinct modes of cluster disruption. The first
mechanism operates during the first ∼ 10 Myr of the cluster’s lifetime while the
second operates on significantly longer timescales. We suggest that the first may
be due to rapid gas removal from the emerging young cluster, based on the models
of Boily & Kroupa (2003). This is similar to the fraction of unbound clusters in the
solar neighbourhood. The second mechanism has been extensively modelled (e.g.
Vesperini 1998, Fall & Zhang 2001, Baumgardt & Makino 2003) and includes twobody encounters within the cluster, disk shocking, and stellar evolutionary processes.
This disruption mechanism was studied for M51 by Boutloukos and Lamers (2003),
based on the cluster study in one of the WFPC2 chips presented in Paper I. We will
improve this disruption study in detail in Paper III, based on the new and largely
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extended cluster sample presented in this paper.
4. The western side of M51 contains a significantly higher number of star clusters, although the age and mass distributions of the clusters present do not show any large
discrepancies. This trend is also reflected in the presence of large, isolated, and young
star cluster complexes located in the west spiral arm, which appear to be absent on
the east side of the galaxy. This is also consistent with the estimated star formation
rates of Henry et al. (2003).
5. The cluster effective radius distribution can be well approximated by a power-law of
the form N (r)dr ∝ r −η dr, with η = 2.2 ± 0.2. This is remarkably similar to the
distribution of old Milky Way Globular Clusters, which is characterized by η ' 2.4 ±
0.5. These distributions are significantly different from the Galactic giant molecular
cloud (GMC) distribution (η = 3.3). The agreement between the size distributions of
the old Galactic globular clusters and the young clusters in M51 suggests that cluster
disruption is largely independent of cluster size and argues for a universal cluster
formation mechanism.
6. We have searched our dataset in order to look for correlations among the derived
parameters. From this study we report that:
(a) We find a strong correlation between the age of a cluster and its extinction, with
the youngest clusters (< 10 Myr) having < AV >≈ 0.55 mag, while the oldest
clusters (∼ 1 Gyr) have < AV >≈ 0.30 mag. At an age of ∼ 20 Myr the
extinction drops suddenly, and then remains relatively constant for older ages.
This is qualitatively expected as clusters emerge from the molecular cloud from
which they formed.
(b) A shallow relation is found between the effective radius of a cluster and its mass.
(c) There is a marginal correlation between the age of a cluster and its effective
radius, with young clusters being slightly larger than older ones.
(d) Contrary to observations of globular clusters in the Galaxy, no correlation between the size of a cluster and its galactocentric radius is found. Additionally, no
correlation between density and galactocentric radius is apparent in our dataset.
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Abstract We obtain new age and mass estimates for the star clusters in M82’s fossil starburst region B, based on improved fitting methods. Our new age estimates confirm the
peak in the age histogram attributed to the last tidal encounter with M81; we find a peak
formation epoch at slightly older ages than previously published, log(t peak /yr) = 9.04,
with a Gaussian σ of ∆ log(twidth ) = 0.273. The actual duration of the burst of cluster
formation may have been shorter because uncertainties in the age determinations may have
broadened the peak. Our improved mass estimates confirm that the (initial) masses of the
M82 B clusters with V ≤ 22.5 mag are mostly in the range 104 − 106 M , with a median
mass of Mcl = 1.08 × 105 M . The formation history of the observed clusters shows a
steady decrease towards older ages. This indicates that cluster disruption has removed a
large fraction of the older clusters.
4
γ
Adopting the expression for the cluster disruption time-scale of t dis (M ) = tdis
4 (M/10 M )
with γ ' 0.62 (Paper I), we find that the ratios between the real cluster formation rates in
the pre-burst phase (log(t/yr) ≥ 9.4), the burst-phase (8.4 < log(t/yr) < 9.4) and the
1
post-burst phase (log(t/yr) ≤ 8.4) are about 1 : 2 : 40
. The formation rate during the burst
may have been higher if the actual duration of the burst was shorter than adopted. The mass
distribution of the clusters formed during the burst shows a turnover at log(M cl /M ) ' 5.3
which is not caused by selection effects. This distribution can be explained by cluster formation with an initial power-law mass function of slope α = 2 up to a maximum cluster mass of Mmax = 3 × 106 M , and cluster disruption with a normalisation time-scale
−2
tdis
. For a burst age of 1 × 109 yr, we find that the disruption
4 /tburst = (3.0 ± 0.3) × 10
4
7
time-scale of a cluster of 10 M is tdis
4 ∼ 3 × 10 years, with an uncertainty of approximately a factor of two. This is the shortest disruption time-scale known in any (disc region
of a) galaxy.
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4.1 Introduction
4.1.1 Multiple starbursts in M82
M82 is often regarded as the “prototype” starburst galaxy. Observations over the entire
wavelength range, from radio waves to X-rays (see, e.g., Telesco 1988 and Rieke et al.
1993 for reviews), seem to support a scenario in which tidal interactions, predominantly
with its large neighbour M81, triggered intense star formation in the centre of this small
irregular galaxy during the last several 100 Myr. The resulting starburst, with the high star
formation rate of ∼ 10M yr−1 , has continued up to about 50 Myr ago (e.g., O’Connell &
Mangano 1978, Rieke et al. 1993). Energy and gas ejection from supernovae and combined
stellar winds drive a large-scale galactic wind along the minor axis of M82 (e.g., Lynds &
Sandage 1963, McCarthy et al. 1987, Shopbell & Bland-Hawthorn 1998).
All of the bright radio and infrared sources associated with the active starburst are found
in a small region within a radius of ∼ 250 pc from the galaxy’s centre, but most of this
volume is heavily obscured by dust at optical wavelengths.
However, there is now compelling evidence that the active starburst was not the only
major starburst event to have occurred in M82. A region at ∼ 400−1000 pc from the centre,
“M82 B” (nomenclature from O’Connell & Mangano 1978), has the high surface brightness
and spectral features expected for an ancient starburst with an age in excess of several 100
Myr and an amplitude similar to the active burst (O’Connell & Mangano 1978, Marcum &
O’Connell 1996, de Grijs et al. 2001, hereafter dGOG). Its spectral features resemble the
characteristics of the anomalous “E+A” spectra found in distant galaxy clusters, which are
generally interpreted as the signature of a truncated burst of star formation that occurred
100 − 1000 Myr earlier (e.g., Couch & Sharples 1987, Dressler & Gunn 1990, Couch et
al. 1998). It is thought that these starbursts are closely related to the process by which disc
galaxies are converted into elliptical or lenticular galaxies and they are thought to result from
tidal interactions, mergers, or perhaps ram-pressure stripping by the intergalactic medium
(Butcher & Oemler 1978, Oemler 1992, Barger et al. 1996).
The significance of the detailed study of M82’s starburst environment lies, therefore, in
the broader context of galaxy evolution. Starbursts of this scale are likely to be common
features of early galaxy evolution, and M82 is the nearest analogue to the sample of starforming galaxies recently identified at high redshifts (z & 3; Steidel et al. 1996, Giavalisco
et al. 1997, Lowenthal et al. 1997). In addition, M82 affords a close-up view not only of an
active starburst – in M82 A, C and E – but also, in region B and elsewhere, of the multiple
post-burst phases.
In a recent study focusing on the fossil starburst site, M82 B, we found a large population
of (∼ 110) evolved compact star clusters (dGOG), whose properties appear to be consistent
with them being evolved (and therefore faded) counterparts of the young (super) star clusters
detected in the galaxy’s active core (O’Connell et al. 1995). Based on broad-band optical
and near-infrared colours and comparison with stellar evolutionary synthesis models, we
estimated ages for the M82 B cluster population from ∼ 30 Myr to over 10 Gyr, with a peak
near 650 Myr (see also de Grijs 2001). About 22 per cent of the clusters in M82 B are older
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than 2 Gyr, with a roughly flat distribution to over 10 Gyr. Very few clusters are younger
than 300 Myr. The full-width of the peak at 650 Myr is ∼ 500 Myr, but this is undoubtedly
broadened by the various uncertainties entering the age-dating process. The selection bias
of the star clusters in dGOG is such that the truncation of cluster formation for ages < 300
Myr is better established than the roughly constant formation rate at ages > 2 Gyr.
Thus, we suggested steady, continuing cluster formation in M82 B at a very modest rate
at early times (> 2 Gyr ago) followed by a concentrated formation episode lasting from
400–1000 Myr ago and a subsequent suppression of cluster formation (dGOG).

4.1.2 Cluster disruption time-scales
In the determination of the cluster formation history from the age distribution of magnitudelimited cluster samples, cluster disruption must be taken into account. This is because the
observed age distribution is that of the surviving clusters only. Therefore, in this study of
the evolution of the star cluster system in M82’s fossil starburst region, we determine both
its cluster formation history and the characteristic disruption time-scales.
The dynamical evolution of star clusters is determined by a combination of internal and
external time-scales. The free-fall and two-body relaxation time-scales, which depend explicitly on the initial cluster mass density (e.g., Spitzer 1957, Chernoff & Weinberg 1990,
de la Fuente Marcos 1997, Portegies Zwart et al. 2001), affect the cluster-internal processes
of star formation and mass redistribution through energy equipartition, leading to mass segregation and, eventually, core collapse (see, e.g., de Grijs et al. [2002a,b] for a detailed
description of mass segregation effects in young star clusters). While the internal relaxation
process will, over time, eject both high-mass stars from the core (e.g., due to interactions
with hard binaries; see Brandl et al. 2001, de Grijs et al. 2002a) and lose lower-mass stars
from its halo through diffusion (e.g., due to Roche-lobe overflow), the external process of
tidal disruption and stripping by the surrounding galactic field is in general more important
for the discussion of the disruption of star clusters.
Tidal disruptive processes are enhanced by “normal” stellar evolutionary effects such
as mass loss by winds and/or supernova explosions, which will further reduce the stellar
density in a cluster, and thus make it more sensitive to external tidal forces.
From the bimodal age distribution of (young) open and (old) globular clusters in the
Milky Way, Oort (1957) concluded that disruption of Galactic star clusters must occur on
time-scales of ∼ 5 × 108 yr. Around the same time, Spitzer (1957) derived an expression
for the disruption time scale as a function of a cluster’s mean density, ρ c (M pc−3 ): tdis =
1.9 × 108 ρc yr, for 2.2 < ρc < 22M pc−3 . More advanced recent studies, based on Nbody modeling, have shown that the cluster disruption time-scale is sensitive to the cluster
mass, the fraction of binary (or multiple) stars, and the initial mass function (IMF) adopted
(e.g., Chernoff & Weinberg 1990, de la Fuente Marcos 1997).
Boutloukos & Lamers (2001, 2002) derived an empirical relation between the disruption
time and a cluster’s initial mass for the Milky Way, the Small Magellanic Cloud (SMC),
M33 and the inner spiral arms of M51. They showed, based on an analysis of the mass
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and age distributions of magnitude-limited samples of clusters, that the empirical disruption
time of clusters depends on their initial mass (Mi ) as
4
γ
tdis = tdis
4 (Mi /10 M )

(4.1)

4
where tdis
4 is the disruption time of a cluster of initial mass Mi = 10 M . The value of γ is
approximately the same in these four galaxies, γ = 0.62 ± 0.06. However, the characteristic
disruption time-scale tdis
4 is widely different in the different galaxies. The disruption timescale is longest in the SMC (∼ 8 Gyr) and shortest in the inner spiral arms of M51 (∼ 40
Myr). We will derive the disruption time-scale of clusters in M82 B and allow for disruption
in the determination of the cluster formation history.
In Section 4.2, we will summarise the observations on which our discussion is based,
and in Section 4.3 we obtain new age and mass estimates for the clusters in M82 B, based
on the 3/2DEF method (3/2-dimensional energy-fitting method; Bik et al. 2002) of fitting
the observed spectral energy distribution to that of cluster evolution models. In Section 4.4
we derive the cluster formation history and the characteristic cluster disruption time-scale.
In Section 4.5 we discuss the mass distribution of the clusters formed during the burst.
The methods and assumptions are discussed in Section 4.6; finally, we will summarise and
conclude the paper in Section 4.7.

4.2 Observations
The observations on which our analysis of the M82 cluster formation history is based were
described in detail in dGOG. Briefly summarised, we observed region B with the Wide
Field Planetary Camera 2 (WFPC2) on board the Hubble Space Telescope (HST) through
the F439W, F555W and F814W filters, roughly corresponding to the standard JohnsonCousins B, V and I passbands, respectively. We obtained WFPC2 observations using two
pointings, so that the entire region B was covered by the Planetary Camera (PC) chip, the
highest-resolution optical imaging instrument available on board HST at that time, with a
pixel size of 0.045500. The effective integration times used for the F439W, F555W, and
F814W observations were 4400s, 2500s and 2200s, respectively, for the western half of
M82 B and 4100s, 3100s and 2200s, respectively, for the eastern half closest to the galaxy’s
starburst core.
In addition, we imaged the entire region with HST’s Near-Infrared Camera and MultiObject Spectrometer (NICMOS) (Camera 2; pixel size 0.07500) in both the F110W and
F160W filters (comparable to the Bessell J and H filters, respectively), in a tiled pattern
of 2 × 4 partially overlapping exposures. The integrations, with effective integration times
of 768s for each of the eastern and western halfs of M82 B and each filter, were taken in
MULTIACCUM mode to preserve dynamic range and to correct for cosmic rays.
We subsequently obtained integrated photometry for the extended objects (i.e., star clusters) in M82 B down to a 50 per cent completeness limit of V ' 23.3 mag. Because of the
highly variable background and the numerous spurious features due to dust lanes and back-
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ground variations, we decided to select only genuine star cluster brighter than V = 22.5 for
further analysis, corresponding to close to 100 per cent completeness (dGOG).

4.3 Observed cluster mass and age distributions
For the final 113 objects obtained following the procedures outlined in the previous section,
dGOG used (B−V ) versus (V −I) colour-colour diagrams to disentangle age and extinction
effects, since the age and extinction vectors are not entirely degenerate for this choice of
optical colours.
Accurate age and mass determinations are essential for the analysis of cluster formation
and disruption time-scales performed in this paper. Combining the observed luminosities of
the M82 B star cluster population with the appropriate, age-dependent mass-to-light ratios
from spectral synthesis models provided us with photometric mass estimates with an accuracy of well within an order of magnitude. Independent dynamical mass estimates from
high-resolution spectroscopy are available only for a few of the most luminous super star
clusters seen in the nearest starburst galaxies (M82, the Antennae, NGC 1569 and NGC
1705), and are approximately 106 M (Ho & Filippenko 1996a,b, Smith & Gallagher 2000,
Mengel et al. 2002). Because of the proximity of M82, we have been able to probe the
young cluster population in M82 B to fainter absolute magnitudes, and thus lower masses,
than has been possible before in other starburst galaxies. Other young star cluster samples are biased towards high masses by selection effects due to their host galaxies’ greater
distances.
Keeping the importance of the age dependence on our photometric mass estimates in
mind, we decided to redetermine the M82 B cluster ages using the full parameter space
available. We obtained more accurate age determinations by also including the NICMOS
observations, and solving for the best-fitting ages matching the full spectral energy distributions (SEDs) of our sample clusters, from the F439W to the F160W passband. We compared
the observed cluster SEDs with the model predictions for an instantaneous burst of star formation, assuming a Salpeter IMF from 0.1 − 100M with power-law slope αIMF = 2.35
to obtain our new estimates for the cluster age t, initial mass Mcl and extinction E(B − V );
for the latter we adopted the (Galactic) extinction law of Scuderi et al. (1996). For ages
t ≤ 109 yr we used the Starburst99 models (Leitherer et al. 1999), while for older ages we
used the most recent single stellar population models by Bruzual & Charlot (2000, hereafter
BC00). Examples of our model fits to the observed cluster SEDs are shown in Fig. 4.1.
We realise that recent determinations of the stellar IMF deviate significantly from a
Salpeter-type IMF at low masses, in the sense that the low-mass stellar IMF is significantly
flatter than the Salpeter slope. The implication of using a Salpeter-type IMF for our cluster
mass determinations is therefore that we have overestimated the individual cluster masses
(although the relative mass distribution of our entire cluster sample remains unaffected).
Therefore, we used the more modern IMF of Kroupa, Tout & Gilmore (1993, hereafter
KTG) to determine the correction factor, C, between our masses and the more realistic
masses obtained from the KTG IMF (both normalised at 1.0M ). This IMF is characterised
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Table 4.1: New age, mass and extinction determinations for the M82 B clusters, and comparison with previously published values. This table can be found in the electronic version
of the MNRAS journal.

by slopes of α = −2.7 for m > 1.0M , α = −2.2 for 0.5 ≤ m/M ≤ 1.0, and
−1.85 < α < −0.70 for 0.08 < m/M ≤ 0.5. Depending on the adopted slope for the
lowest mass range, we have therefore overestimated our individual cluster masses by a factor
of 1.70 < C < 3.46 for an IMF containing stellar masses in the range 0.1 ≤ m/M ≤ 100.
The fitting of the observed cluster SEDs to the Starburst99 and BC00 models was done
using a three-dimensional maximum likelihood method, 3/2DEF, with the initial mass M i ,
age and extinction E(B − V ) as free parameters (see Bik et al. 2002). For the 46 clusters
with upper limits in one or more filters we used a two-dimensional maximum likelihood fit,
using the extinction probability distribution for E(B −V ). This distribution was derived for
the clusters with well-defined SEDs over the full wavelength range (see Bik et al. 2002). We
obtained reliable age estimates based on the full SED modeling for 81 of the 113 clusters.
The new age and mass estimates for these 81 clusters are listed in Table 4.1, where the
individual clusters are identified by their dGOG ID. The dGOG mass estimates in Table
4.1 were determined by combining the absolute magnitudes of the clusters with their agedependent mass-to-light ratios.
Our analysis in both dGOG and the present paper is based on the assumption of solar
metallicity, which should be a reasonable match to the young objects in M82 (Gallagher
& Smith 1999; see also Fritze-v. Alvensleben & Gerhard 1994), but the effects of varying
the metallicity between one-fifth and 2.5 times solar are small compared to the photometric
uncertainties (see also dGOG). We therefore assert that our results are not significantly affected by possibly varying metallicities. Ongoing analysis (Parmentier, de Grijs & Gilmore,
2002) suggests that this assumption was indeed justified. We should caution, however, that
we have only been able to sample the star clusters located close to the surface of region B,
as evidenced by the derived extinction estimates: dGOG find AV . 1 mag in general, while
our new determinations (this paper) restrict the extinction even more, to A V . 0.2 mag for
the clusters with well-determined ages, and possibly up to AV ∼ 0.40 − 0.55 for some of
the others.
In Fig. 4.2 we compare the age and mass estimates from the more sophisticated 3/2DEF
method used in this paper with the corresponding parameters obtained by dGOG based on
their location in the (B − V ) vs. (V − I) diagrams. The black dots represent clusters
for which the range between the minimum and maximum plausible ages, log(Age[max]) −
log(Age[min]) ≤ 1.0; the open circles are objects with more uncertain age determinations.
We conclude that the new age and mass determinations are consistent with the dGOG values;
this consistency is better for the photometric cluster mass estimates than for their ages, as
shown by the larger scatter in Fig. 4.2a with respect to panel b. However, we also note that
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Figure 4.1: Examples of a few fits of the Starburst99 and BC00 models (dashed lines) to the
observed cluster SEDs sampled in the B, V, I, J, and H passbands (data points with error
bars), representative of clusters throughout the entire age range (age increases from panel a
to f). The best-fitting model SEDs are based on the 3/2DEF maximum likelihood method.
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Figure 4.2: Comparison between (a) the age and (b) mass estimates of dGOG based on BVI
photometry and new estimates using additional JH observations and a full-parameter fitting
routine as described in the text. The black dots represent clusters for which the total age
range obtained is (log(Age[max]) − log(Age[min])) ≤ 1.0; the open circles are objects
with more uncertain age determinations. They show a larger scatter than the black dots, but
both distributions are internally consistent.

the age and mass distributions obtained for the subsample with well-determined ages and
for the full sample are internally consistent.

Fig. 4.3 shows the distribution of the M82 B clusters in the age vs. mass plane. It
is immediately clear that the lower mass limit increases with increasing cluster age. The
various (solid, dashed and dotted) lines overplotted on the figure show that this is indeed the
expected effect of normal evolutionary fading of a synthetic single stellar population of an
instantaneously formed cluster. For ages ≤ 109 yr, we show the unreddened fading line for
clusters with a limiting magnitude of V = 22.5 at the distance of M82 (m − M = 27.8; see
dGOG), and various choices for the IMF (indicated in the figure are the IMF slope α IMF ,
and the lower and upper mass cut-offs), predicted by the Starburst99 models (“SB99”). For
older ages (t ≥ 109 yr), we show its extension predicted by the BC00 models. These
predicted lower limits agree well with our data points.
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Figure 4.3: Distribution of the M82 B clusters in the (age vs. mass) plane. The symbol
coding is as in Fig. 4.2. Overplotted for ages up to 1.0 Gyr are the expected detection
limits in the (age vs. mass) plane, predicted by Starburst99 for a range of IMFs; for older
ages, we use the BC00 models for a standard IMF, as indicated in the figure legend. These
model predictions are based on a detection limit of V = 22.5 and (m − M ) M82 = 27.8,
assuming no extinction. For a nominal extinction of AV = 0.2 mag, expected for the
clusters with well-determined ages, the detection limit is expected to shift to higher masses
by ∆ log(Mcl /M ) = 0.08, which is well within the uncertainties associated with our
mass determinations. The features around 10 Myr are caused by the appearance of red
supergiants.

98

Chapter 4

4.4 The derived cluster formation history
4.4.1 Cluster age and mass distributions
The cluster age and mass distributions for the M82 B cluster sample are shown in Figs.
4.4a and b. Our new age estimates confirm the peak in the age histogram attributed to
the last tidal encounter with M81 by dGOG. For the subsample of clusters with welldetermined ages (shaded histogram), we find a peak formation epoch at log(t peak /yr) =
9.04 (tpeak ' 1.10 Gyr), with a Gaussian σ of ∆ log(twidth ) = 0.27, corresponding to
a FWHM of ∆ log(twidth ) = 0.64. The corresponding numbers for the full sample are
log(tpeak /yr) = 8.97 (tpeak ' 0.93 Gyr) for the peak of cluster formation, and for σ,
∆ log(twidth ) = 0.35 (FWHM, ∆ log(twidth ) = 0.82). In dGOG (see also de Grijs 2001),
we concluded that there is a strong peak of cluster formation at ∼ 650 Myr ago, which have
formed over a period of ∼ 500 Myr, but very few clusters are younger than log(t/yr) ' 8.5
(t ' 300 Myr). Our new age estimates date the event triggering the starburst to be slightly
older than the value of 650 Myr derived by dGOG. Our estimate of the duration of the burst
should be considered an upper limit, because uncertainties in the cluster age determination
may have broadened the peak in Fig. 4.4a.
At the distance from the centre of region B, one would expect M82’s differential rotation
(cf. Shen & Lo 1995) to have caused the starburst area to disperse on these time-scales. The
reason why the fossil starburst region has remained relatively well constrained is likely
found in the complex structure of the disc. It is well-known that the inner ∼ 1 kpc of M82 is
dominated by a stellar bar (e.g., Wills et al. 2000) in solid-body rotation. From observations
in other galaxies, it appears to be a common feature that central bars are often surrounded
by a ring-like structure. If this is also true for M82, it is reasonable to assume that stars in
the ring are trapped, and therefore cannot move very much in radius because of dynamical
resonance effects. The phase mixing around the ring might be slow enough for a specific
part of the ring to keep its identity over a sufficient time so as to appear like region B (see
de Grijs 2001): if the diffusion velocity around the ring is sufficiently small, any specific
region would remain self-constrained for several rotation periods. In addition, since the
density in the region is high (see Sect. 4.6.1), simple calculations imply that the area’s selfgravity is non-negligible compared to the rotational shear, therefore also prohibiting a rapid
dispersion of the fossil starburst region.
The improved mass estimates also confirm that the (initial) masses of the young clusters
in M82 B with V ≤ 22.5 mag are mostly in the range 104 − 106 M , with a median of
105 M (dGOG). In fact, based on a Gaussian fit, we find that the mean mass of our M82
B cluster sample is log(Mcl /M ) = 5.03 and 4.88 for the subsample with well-determined
ages and the full sample, respectively, corresponding to Mcl = 1.1 × 105 and 0.8 × 105M ,
respectively.
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Figure 4.4: (a) and (b) – Age and mass distributions of the M82 B clusters, redetermined in
this paper using improved methods. The shaded histograms correspond to the clusters with
(log(Age[max]) − log(Age[min]) ≤ 1.0; the open histograms represent the entire cluster
sample. (c) – The cluster formation rate (in number of clusters per Myr) as a function of
age. Open circles: full sample; filled circles: clusters with well-determined ages, as above.
The vertical dashed lines indicate the age range dominated by the burst of cluster formation.
The dotted line is the least-squares power-law fit to the fading, non-disrupted clusters, for
a constant ongoing cluster formation rate. The solid line segments are the disruption lines
of clusters formed in the pre-burst phase, during the burst, and in the post-burst phase, as
described in Section 4.6.1. (d) – Mass spectrum of the M82 B clusters (number of clusters
per mass bin); symbol coding as in panel (c).
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4.4.2 Cluster disruption and the cluster formation history
In Figs. 4.4c and d we show the formation rate and the mass spectrum of the observed
clusters in M82 B. The open circles were derived for the entire sample, whereas the filled
data points represent only those clusters for which we could obtain good age estimates.
These distributions depend on the cluster formation history and on the cluster disruption
time-scale of M82 B.
As shown by Boutloukos & Lamers (2002, hereafter Paper I), with only a few welljustified assumptions, the mass and age distributions of a magnitude-limited sample of star
clusters in a given galaxy can be predicted both accurately and robustly, despite the complex
physical processes underlying the assumptions (for a full discussion see Paper I). If all of
the following conditions are met:
1. the cluster formation rate,

dN (Mcl )
dt

= S × Mcl−α , is constant;

2. the slope α of the cluster IMF is constant with N (Mcl )dM ∝ Mcl−α dM ;
3. stellar evolution causes clusters to fade as Fλ ∼ t−ζ , as predicted by cluster evolution
models; and
4
γ
4. the cluster disruption time depends on their initial mass as tdis = tdis
4 ×(Mcl /10 M ) ,
dis
4
where t4 is the disruption time-scale of a cluster with Mcl = 10 M . It is wellestablished, however, that the disruption time-scale does not only depend on mass,
but also on the initial cluster density and internal velocity dispersion (e.g., Spitzer
1957, Chernoff & Weinberg 1990, de la Fuente Marcos 1997, Portegies Zwart et al.
2001). Following the approach adopted in Paper I, however, we point out that if clusters are approximately in pressure equilibrium with their environment, we can expect
the density of all clusters in a limited volume of a galaxy to be roughly similar, so that
their disruption time-scale will predominantly depend on their (initial) mass (with the
exception of clusters on highly-eccentric orbits). In the opposite case that the initial
cluster density ρ depends on their mass M in a power-law fashion, e.g., ρ ∼ M x
with x being the (arbitrary) power-law exponent, the disruption time-scale will also
depend on mass if tdis ∼ M a ρb (Paper I).

then it can be shown easily that the age distribution of the observed cluster population will
obey the following approximate power-law behaviours (see Paper I):
• dNcl /dt ∝ tζ(1−α) for young clusters due to fading;
• dNcl /dt ∝ t(1−α)/γ for old clusters due to disruption.
Similarly the mass spectrum of the observed clusters will be
(1/ζ)−α

• dNcl /dMcl ∝ Mcl

for low-mass clusters due to fading;

• dNcl /dMcl ∝ Mclγ−α for high-mass clusters due to disruption.
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So both distributions will show a double power law with slopes determined by α, ζ and
γ. The crossing points are determined by the cluster formation rate and the characteristic
disruption time-scale of a cluster with an initial mass of 104 M , tdis
4 .
In Paper I we showed that the observed age and mass distributions of the star cluster systems in four well-studied galaxies indeed show the predicted double power-law behaviour.
From the analysis of these observed distributions Boutloukos & Lamers (2002) showed that
the value of γ is approximately constant, (γ = 0.62 ± 0.06), under the very different environmental conditions in the four galaxies, but the characteristic disruption time-scales differ
significantly from galaxy to galaxy.
For the clusters in M82 B the situation is more complex, because the cluster formation
rate was certainly not constant. In fact the distribution in Fig. 4.4c suggests that we can
distinguish three phases, which we will discuss separately.
We will assume that the cluster formation rate has been constant within each phase, but
may differ strongly among the phases. We adopt a cluster IMF of slope α = 2.0 (Harris
& Pudritz 1994; McLaughlin & Pudritz 1996; Elmegreen & Efremov 1997; Zhang & Fall
1999; Bik et al. 2002). We will also adopt a slope ζ = 0.648 for the evolutionary fading of
clusters in the V band, derived from the Starburst99 cluster models (see also Paper I). For
the mass scaling of the disruption time-scale we adopt γ = 0.62 (Paper I).
1. The pre-burst phase, at log(t/yr) ≥ 9.4. The age distribution of this earliest phase
is represented by only three age-bins of high age at log(t/yr) ≥ 9.4. The predicted
slope is (1 − α)/γ = −1.61. We have fitted a straight line through the last three
age-bins with this slope. We see that the predicted slope matches the observations
within the uncertainties.
2. The burst phase, in the approximate time interval 8.4 < log(t/yr) ≤ 9.4. Its distribution can be fitted with a line of the same predicted slope of −1.61. This is also shown
in Fig. 4.4c. The predicted slope fits the observations very well. We see that this
disruption line of the burst-phase is higher than in the pre-burst phase by (0.3 ± 0.1)
dex. This implies that the cluster formation rate during the burst was approximately
a factor of 2 higher than before. However, this factor depends on the assumed duration of the burst. The duration of the burst may have been shorter than the value of
∆ log(t) = 1.0 suggested by the figure, because uncertainties in the derived cluster
ages may have broadened the burst peak. If the duration of the burst was a factor X
shorter than we adopted, then the overall cluster formation rate during the burst was
a factor X higher than we estimated.
3. The post-burst phase, at log(t/yr) < 8.4. The age distribution of this most recent,
post-burst phase extends from 6.0 ≤ log(t/yr) ≤ 8.4. Unless the disruption time was
extremely short with tdis
4 of order a few Myr (which is contradicted by the analysis of
the mass distribution in the burst, see Sect. 4.5), the age distribution of the youngest
bins is governed by the fading of the clusters and the detection limit. Despite the
rather large uncertainties for young ages, log(t/yr) < 7.0, we find a best-fitting slope
ζ(1 − α) = −0.57 ± 0.05, so that ζ = 0.57 ± 0.05 (formal uncertainty, not including
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the large error bars) for a mass-function slope α = 2 (dotted line in Fig. 4.4c). This
is, within the rather large uncertainties, similar to the value of ζ ' 0.65 expected
from the Starburst99 and BC00 models. Therefore we have assumed a fading line
with the predicted slope ζ(1 − α) = −0.65 for the youngest three age bins. The age
bins in the range of 7.0 ≤ log(t/yr) ≤ 8.4 fall below the extrapolated fading line.
The difference is about one dex at log(t/yr) ' 8, although the number of observed
clusters is small. This suggest that the number of clusters for ages t & 10 7 yr is
already affected by disruption. We can fit a disruption line with the predicted slope
of −1.61 through the data points, despite their rather large uncertainties. We see
that the best-fitting line is displaced by (−1.6 ± 0.1) dex compared to the pre-burst
disruption line. This shows that the cluster formation rate in the post-burst phase was
approximately a factor of 40 smaller than during the pre-burst phase.
We conclude from this analysis that the cluster formation rate during the burst was
at least a factor of 2 higher than during the pre-burst phase (depending on the duration
of the burst), and that the cluster formation rate was a factor of ∼ 40 smaller after the
burst than before the burst. This is not surprising because the intense episode of cluster
formation during the burst will have consumed a large fraction of the available number of
molecular clouds, leaving little material for cluster formation at later times. In fact, it is
likely that starbursts are strongly self-limited, or quenched, by supernova-driven outflows,
which remove the remaining cool gas from the immediate starburst region (e.g., Chevalier
& Clegg 1985, Doane & Mathews 1993). The remarkable minor-axis wind in M82 is a
dramatic example of this process. However, the disturbed conditions near an early burst
may discourage re-ignition at the same site when cool gas inflows resume, shifting the
location of active star formation (e.g., dGOG).

4.5 The mass distribution of clusters formed in the burst.
In this section we analyse the mass distribution of the clusters that were formed during
the burst of cluster formation, roughly defined to have occurred in the age range 8.4 ≤
log(t/yr) ≤ 9.4 (see the vertical dashed lines in Fig. 4.4c). In Fig. 4.5 we show their
mass distribution. Although the M82 B cluster system does not contain large numbers
of very massive clusters, its mass distributions shows a clear increase in cluster numbers
from the high-mass end towards lower masses, for log Mcl /M & 5. For lower masses,
however, the number of clusters decreases rapidly. If the mass spectrum of young, newly
formed clusters resembles a power-law distribution, this turn-over at log M cl /M ' 5 is
not expected, unless disruption effects have preferentially removed the lower-mass clusters
from our magnitude-limited sample.
In dGOG we concluded that the distribution of cluster luminosities (and therefore the
equivalent mass distribution) in M82 B – corrected to a common age of 50 Myr – shows a
broader and flatter mass distribution than typical for young cluster systems, although this
distribution is subject to strong selection effects. For the small age range considered here,
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the selection limit in observable mass at log(M/M ) ' 4.2 imposed by the brightness limit
at V = 22.5 mag (Fig. 4.3) occurs at almost an order of magnitude lower masses than the
turn-over mass in Fig. 4.5, at log(Mcl /M ) ' 5. The arrow in Fig. 4.5 indicates the mass
where the onset of significant selection effects, and therefore of sample incompleteness, is
expected to occur, based on the selection limit in the (age vs. mass) plane shown in Fig. 4.3.
The expected effect of the AV . 0.2 mag extinction for the clusters with well-determined
ages is a marginal shift in mass towards higher masses of ∆ log(Mcl /M ) . 0.08. This
implies that the observed turnover is not a spurious effect due to varying extinction. In
addition, we do not observe a systematic trend between cluster mass and extinction, derived
from the SED fitting, which would be expected if the higher-mass clusters (and therefore
brighter at the same age) were located slightly deeper into M82 B, while the fainter lowermass clusters were only observed near the very surface of the region.
Therefore, we conclude that if the initial mass spectrum of the M82 B clusters formed
in the burst of cluster formation resembled a power-law distribution down to the low-mass
selection limits, cluster disruption must have transformed this distribution on a time-scale
of . 109 yrs into a distribution resembling a log-normal or Gaussian distribution.
We now compare the observed mass distribution of the clusters formed in the burst with
model predictions. These predictions are based on the assumption that the clusters were
formed with a cluster IMF of slope α = 2, and that the distribution has been modified
subsequently by cluster disruption. For the cluster disruption we adopt the same relation
4
γ
tdis = tdis
4 (M/10 M ) with γ = 0.62 (Eq. (4.1)), as found in Paper I for four galaxies,
and used in the previous section. We can then model the mass distribution of the observed
burst clusters with only one free parameter, i.e. the disruption time t dis
4 of a cluster with an
initial mass of 104 M .
The decreasing mass of a cluster with time is given by1
M
M
dM
'−
= − dis
dt
tdis
t4 (M/104 M )γ

,

(4.2)

so that
M (Mi , t) = (Miγ − Bt)1/γ

,

(4.3)

where M and Mi are, respectively, the present and the initial mass of the cluster, both in
units of M , and B = γ104γ /tdis
4 .
Suppose that clusters form in a burst as
dN (Mi , t) = S(t)Mi−α dMi dt

(4.4)

over the mass range Mmin < Mi < Mmax , and governed by a formation rate S(t) in units
of M α−1 yr−1 . We assume an instantaneous burst of cluster formation, so that S(t) is a δ
1 Recent simulations, based on both Monte Carlo realisations (e.g., Giersz 2001, his Fig. 2) and N-body modeling (e.g., Portegies Zwart et al. 2002, their Fig. 2; S.J. Aarseth, priv. comm.), show that this is a close approximation to real cluster evolution, provided that the initial cluster has reached an equilibrium state.
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Figure 4.5: Mass distribution of the clusters formed in the burst of cluster formation, 8.4 ≤
log(t/yr) ≤ 9.4. The shaded histograms correspond to the clusters with (log(Age[max]) −
log(Age[min]) ≤ 1.0; the open histograms represent the entire cluster sample in this age
range. The arrow indicates the mass where the onset of significant selection effects, and
therefore of sample incompleteness, is expected to occur, based on the selection limit in
Fig. 4.3. The expected effect of the AV . 0.2 mag extinction for the clusters with welldetermined ages is a shift in mass towards higher masses of ∆ log(M cl /M ) . 0.08, which
implies that the observed turnover is not a spurious effect due to varying extinction.

function at age tburst = 109 yr. We adopt Mmax = 3 × 106 M (i.e., log Mmax /M = 6.5,
one mass bin beyond the maximum mass of clusters formed in the burst, thus allowing for
some disruption effects) and Mmin = 102 M , but this lower limit is not important since it
is below the detection limit of ∼ 104 M for the burst clusters (see Fig. 2). The function
S(t) is related to the total number of clusters formed per unit time as
S(t) =


−1
dNtot
1−α
1−α
(α − 1) Mmin
− Mmax
dt

(4.5)

where dNtot /dt is the total number of clusters formed per year. It is easy to show that the
present mass distribution of clusters formed in an instantaneous burst of age t burst can be
written as
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= S(t) 1 + γ


M
M

−α

M
104 M

dM

γ
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tburst
tdis
4

(1−α−γ)/γ
(4.6)

γ
for masses above the detection limit and smaller than (Mmax
− Btburst )1/γ . We see that
−α
the initial mass distribution, dN (Mi , t) = S(t)Mi , has been modified by a factor that
depends on the ratio tburst /tdis
4 , for given values of α = 2.0 and γ = 0.62.
We have calculated the predicted mass distribution, using Eq. (4.6), for a burst age
of 1 Gyr and for several values of the cluster disruption time-scale t dis
4 , see Fig. 4.6. To
match the observed peak in the cluster mass distribution, a characteristic disruption timescale log(tdis
4 /yr) between 7.5 and 8.0 is required, with the most likely value closer to
yr)
= 8.0.
log(tdis
4

Figure 4.6: Predicted mass distributions in terms of log(dN/dM ) × (M/Ntot (equivalent to the logarithm of the number of clusters per mass bin) for an instantaneous burst of
cluster formation that occurred 1 Gyr ago. From top to bottom, the curves represent the
(normalised) mass distributions for characteristic cluster disruption times log(t dis
4 /yr) =
10.0, 9.5, 9.0, 8.5, 8.0, and 7.5. Notice the dependence of both the turnover mass, indicated
by the dotted line, and the maximum mass on tdis
4 .
We then calculated the expected number of clusters in the same age bins as observed
(Fig. 4.5) and normalised the distribution to the observed total number of clusters. The
results are shown in Fig. 4.7a for the subsample of the 42 clusters with the most accurately

106

Chapter 4

determined ages, and in panel b for the full sample of 58 clusters. The location of the
predicted peak is very sensitive to the value of tdis
4 /tburst , which follows from Eq. (4.6),
and is shown in Fig. 4.6. We found the best fit for a cluster disruption time of t dis
'
4
3 × 10−2 tburst , with an uncertainty of approximately a factor of two. This corresponds to
tburst = 3 × 107 yr if tburst = 1 Gyr. We conclude that the mass distribution of the clusters
formed during the burst can be explained by an initial cluster IMF with a slope of α = 2, an
upper limit to their mass of ∼ 3 × 106 M and cluster disruption with a time-scale given by
7
9
Eq. (4.1), tdis
4 ' 3 × 10 yr if the age of the burst is tburst = 1 × 10 yr. The uncertainties
in both the observed and predicted numbers of clusters of a given mass are governed by
identical Poisson-type statistical errors. The uncertainties in the mass and age scales, on
the other hand, are dominated by systematic uncertainties introduced by the adopted stellar
evolutionary synthesis models, and – to some extent – by the specific extinction law adopted,
although the relative mass and age distributions are robust.

4.6 Discussion
4.6.1 The cluster disruption time-scale
We have derived the characteristic cluster disruption time-scale from the mass distribution
of the clusters formed during the burst. In principle this disruption time-scale could also
be derived from the the age distributions of the clusters formed during the post-burst phase,
shown in Fig. 4.4c. However the number of observed young clusters is very small, only a
few per age bin so that the crossing point between the (dotted) fading line and the (solid)
disruption line is very uncertain. However, the crossing point suggested in Fig. 4.4c agrees
7
approximately with that expected for the disruption time-scale of t dis
4 ' 3 × 10 yr derived
from the clusters formed during the burst (see the description of the method in Paper I).
In Paper I we have shown that the disruption time-scale can also be derived from the
mass distribution of clusters in a magnitude limited sample if the cluster formation rate is
constant. This last assumption is certainly not justified for M82 B. For a strongly variable
cluster formation rate, as in M82 B, the mass distribution is heavily affected such that the
crossing point between the power-law fit to the distribution of low mass clusters (the fading
line) and the power-law fit to the distribution of the massive clusters (the disruption line)
does no longer represent the value of tdis
4 . Therefore, we could only use the mass distribution
of the clusters formed during the burst to derived the disruption time-scale.
An initial comparison among the characteristic cluster disruption time-scales found in
Paper I reveals large differences. However, the characteristic cluster disruption time-scale
for the clusters in region B of its low-mass host galaxy M82 is, within the uncertainties,
comparable to that in the dense centre of the massive grand-design spiral M51. Lamers &
Portegies Zwart (in prep.) are currently analysing the cluster disruption time-scales derived
for the galaxies studied in Paper I and in this paper, using N-body simulations. Here, we
will therefore simply explore whether this similarity between tdis
4 in the centre of M51 and
in M82 B can be understood from a comparison of the ambient density in both regions.
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Figure 4.7: Comparison between the observed mass distribution of the clusters formed in the
burst of cluster formation and the predicted distribution, based on a cluster IMF with slope
4
0.62
α = 2 and cluster disruption with time-scales of tdis = tdis
. (a) Cluster
4 (M/10 M )
sample with the most accurate masses and ages. (b) Full sample. The predicted number of
clusters in each mass bin, normalised to the total number of observed clusters, are shown
by the dotted, full and dashed lines for characteristic disruption time-scales log(t dis
4 /yr) =
8.5, 8.0, and 7.5, respectively.

In order to estimate the density in M82 B, we determined its total V-band luminosity, after correcting for a nominal extinction throughout the region of A V ∼ 0.5 mag, Vtot ∼ 9.5
from our HST observations (dGOG), so that MV,tot = −18.3, LV,tot ' 1.8 × 109 LV, .
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Spectral synthesis of region B suggests that it has a V-band mass-to-light ratio, M/L V ∼
0.5 − 1.0 (R.W. O’Connell, priv. comm.), as expected from the Starburst99 models for a
stellar population of several 100 Myr, so that the total mass contained in the objects providing most of the V-band luminosity is M ∼ 1.35 × 109 M . If we now assume that the
volume occupied by these objects is roughly similar to a sphere with a radius determined
by the radius of the area in which we measured the total flux, we derive an average density
for M82 B of hρi ∼ 2.5M pc−3 , or loghρi(M pc−3 ) ∼ 0.4. Note, however, that we have
introduced large uncertainties by adopting the above assumptions, in particular because we
have assumed to have sampled the entire volume of the “spherical region” M82 B. This implies that the region has been assumed transparent, as opposed to the conclusion in dGOG
that the M82 B cluster sample contains likely only the subset of M82 B clusters on the surface of the “sphere”. The implications of our assumptions are therefore that we expect to
have missed a large number of clusters present in the interior of M82 B. For these missed
clusters in the interior we expect the disruption time to be shorter because of the higher
densities predicted there.
For the interstellar medium in the centre of M51, Lamers & Portegies Zwart (in prep.)
derive a mean density of hρi ∼ 0.60M pc−3 , based on column density estimates by
Athanassoula et al. (1987) and similar geometrical arguments as used above for M82 B.
Within the large uncertainties involved in such back-of-the-envelope approximations, these
two estimates of the mean density in the centre of M51 and in M82 B are remarkably similar, within an order of magnitude, as are their characteristic cluster disruption time-scales.
Thus, we conclude that, although M82 as such is a small, low-mass irregular galaxy, its
fossil starburst region B has achieved a similarly dense interstellar medium as the centre of
M51, so that similar cluster disruption time-scales are not a priori ruled out.

4.6.2 The cluster formation rate
We have derived the cluster formation history of M82 B from the age distribution shown in
Fig. 4.4c. The age distribution itself, Fig. 4.4a already shows a very strong peak around
109 years. Part of the steep increase between 8 < log(t/yr) < 9 is owing to the use of
logarithmic age bins. Therefore we have transformed the age distribution into the formation
history of the observed clusters, Fig 4.4c. The general decrease with age clearly shows
the effect of cluster disruption. Disruption of clusters formed at a constant formation rate
and with a mass-dependent disruption time-scale will result in a power-law decrease of the
observed cluster formation rate (Paper I), roughly in agreement with the observations. The
deviations from the power law, e.g., the peak in the observed formation history around 1
Gyr, reflect changes in the real formation history, or in the disruption time.
For magnitude-limited cluster samples with a constant cluster formation rate and a constant mass-dependent disruption time-scale, the disruption time and its dependence on mass
can be derived from the age distribution. Because of the non-constant cluster formation rate
and the small number of clusters, such an analysis is not possible here. Therefore we opted
for the reasonable alternative of adopting the mass dependence of the disruption time-scale,
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i.e., the value of γ ' 0.62 in Eq. (4.1), which seems to be a universal value found in four
galaxies with very different conditions (Paper I). We also assumed that the scaling factor
tdis
4 of the disruption time-scale is constant. With these two assumptions, we derived the
ratios between the real cluster formation rates in the pre-burst phase (log(t/yr) ≥ 9.4), the
burst-phase (8.4 < log(t/yr) < 9.4) and the post-burst phase (log(t/yr) ≤ 8.4 of, roughly,
1
1 : 2 : 40
. The formation rate during the burst may have been higher if the actual duration
of the burst was shorter than adopted.
Alternatively, we could have adopted a constant cluster formation rate, but wildly variable cluster disruption time-scales. In that case the cluster disruption time-scale should have
been much longer (i.e. much slower disruption) during the burst than before the burst, and
again much shorter (faster disruption) after the burst. We think that this alternative is very
unlikely because (a) disruption is a slow process that occurs over an extended period of time,
so large changes are not to be expected, (b) there is no obvious physical process that would
produce such large changes and (c) the alternative of a variable cluster formation rate is
much more likely, because this effect is observed in several interacting galaxies and in M82
regions A, C and E (dGOG). Therefore, we are confident that the changes in the apparent
formation rates of the observed clusters are due to changes in the real cluster formation rate.

4.7 Summary and Conclusions
In this paper, we have reanalysed the previously published optical and near-infrared HST
photometry of the star clusters in M82’s fossil starburst region B (dGOG) to obtain improved
individual age and mass estimates. We have also extended this study to obtain estimates for
the cluster formation history and include the importance of cluster disruption. Our main
results and conclusions can be summarised as follows:
1. Our new age estimates, based on improved fitting methods, confirm the peak in the
age histogram attributed to the last tidal encounter with M81 by dGOG. For the subsample of clusters with well-determined ages we find a peak formation epoch at
log(tpeak /yr) = 9.04 (tpeak ' 1.10 Gyr), with a Gaussian σ of ∆ log(twidth ) =
0.27, corresponding to a FWHM of ∆ log(twidth ) = 0.64. The corresponding numbers for the full sample are log(tpeak /yr) = 8.97 (tpeak ' 0.93 Gyr) for the peak of
cluster formation, and for σ, ∆ log(twidth ) = 0.35 (FWHM, ∆ log(twidth ) = 0.82).
In dGOG (see also de Grijs 2001), we concluded that there is a strong peak of cluster
formation at ∼ 650 Myr ago, which have formed over a period of ∼ 500 Myr, but
very few clusters are younger than 300 Myr (log(t/yr) ' 8.5). Our new age estimates date the event triggering the starburst to be slightly older. Our estimate of the
duration of the peak is an upper limit because the observed width of the peak in the
age histogram may have been broadened by uncertainties in the derived cluster ages.
2. The improved mass estimates confirm that the (initial) masses of the young clusters
in M82 B with V ≤ 22.5 mag are mostly in the range 104 − 106 M , with a median
of 105 M (dGOG). We find that the mean mass of our M82 B cluster sample is
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log(Mcl /M ) = 5.03 and 4.88 for the subsample with well-determined ages and
the full sample, respectively, corresponding to Mcl = 1.1 × 105 and 0.8 × 105 M ,
respectively. If the initial mass spectrum of the clusters formed at the burst epoch
was a power law, disruption effects have transformed it into a broader and flatter
distribution on time-scales of . 1 Gyr.
3. The (apparent) formation history of the observed clusters shows a gradual increase
to younger ages, reaching a maximum at the present time. This shows that cluster
disruption must have removed a large fraction of the older clusters. Adopting the
4
γ
expression for the cluster disruption time, tdis (M ) = tdis
4 (M/10 M ) with γ '
0.62, that was derived for four galaxies characterized by very different conditions
(Paper I), we found that ratios between the real cluster formation rates in the pre-burst
phase (log(t/yr) ≥ 9.4), the burst-phase (8.4 < log(t/yr) < 9.4) and the post-burst
1
. The formation rate during the burst
phase (log(t/yr) ≤ 8.4) are roughly 1 : 2 : 40
may have been higher if the actual duration of the burst was shorter than adopted.
We see that the cluster formation rate in the post-burst phase is much smaller than in
the pre-burst phase, because the burst has consumed a large fraction of the available
molecular clouds, leaving little material for the cluster formation in the post-burst
phase.
4. The mass distribution of the clusters formed during the burst shows a turnover at
log(Mcl /M ) ' 5.2. This turnover is not due to selection effects, because the magnitude limit of our sample would produce a turnover near log(M cl /M ) ' 4.5. The
observed distribution can be explained by cluster formation with an initial powerlaw mass function of exponent α = 2 up to a maximum cluster mass of M max =
3 × 106 M , and cluster disruption given by Eq. (4.1) with the adopted value of
−2
γ = 0.62 with only one free fitting parameter: tdis
. For a burst
4 /tburst ' 3 × 10
9
dis
7
age of 1 × 10 yr, we find that t4 ' 3 × 10 years, with an uncertainty of a factor of
two.
5. The time-scale of tdis
4 ∼ 30 Myr is much shorter than derived in Paper I for any of
the SMC (∼ 8 Gyr), the solar neighbourhood (∼ 1 Gyr), M33 (∼ 0.13 Gyr) and even
shorter than in the inner spiral arms of M51 (∼ 40 Myr). The characteristic disruption
time-scale in M82 B is the shortest known in any disc (region of a) galaxy.
Acknowledgments RdeG wishes to thank the Astronomical Institute of Utrecht University for
their hospitality and partial support on a visit when this work was started. We acknowledge interesting and useful discussions with Bob O’Connell and Sverre Aarseth and helpful suggestions by
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The Missing Link in Star Cluster Evolution
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Abstract The currently most popular models for the dynamical evolution of star clusters predict that the power-law Cluster Luminosity Functions (CLFs) of young star cluster
systems will be transformed rapidly into the universal Gaussian CLFs of old Milky Waytype “globular” cluster systems. Here, we provide the first evidence for a turn-over in the
intermediate-age, approximately 1 Gyr-old CLF in the center of the nearby starburst galaxy
M82, which very closely matches the universal CLFs of old Milky Way-type globular cluster
systems. This provides an important test of both cluster disruption theories and hierarchical galaxy formation models. It also lends strong support to the scenario that these young
cluster systems may eventually evolve into old Milky Way-type globular cluster systems.
M82’s proximity, its shortest known cluster disruption time-scale of any galaxy, and its
well-defined peak of cluster formation make it an ideal candidate to probe the evolution of
its star cluster system to fainter luminosities, and thus lower masses, than has been possible
for any galaxy before.
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5.1 The Cluster Luminosity Function
For old globular cluster systems, with ages in excess of ∼ 1010 yr, the shape of the cluster
luminosity function (CLF) is well-established: it is roughly Gaussian, with an apparently
universal peak luminosity, MV0 ' −7.4 mag, and a Gaussian FWHM ∼ 3 mag (e.g., Whitmore et al. 1995, Harris 1996, 2001, Ashman & Zepf 1998, Harris et al. 1998). On the other
hand, the well-studied young, . 2 Gyr-old star cluster population in the Large Magellanic
Cloud displays a power-law CLF of the form N (L)dL ∝ Lα dL, where L is the cluster
luminosity and −2.0 . α . −1.5 (e.g., Elson & Fall 1985, Elmegreen & Efremov 1997).

Hubble Space Telescope (HST) observations are continuing to provide an increasing
number of luminosity distributions for additional samples of young and intermediate-age
compact star clusters in more distant galaxies (e.g., Whitmore & Schweizer 1995, Schweizer
et al. 1996, Miller et al. 1997, Zepf et al. 1999, de Grijs, O’Connell & Gallagher 2001,
Whitmore et al. 2002). Although a large number of studies have attempted to detect a turnover in young or intermediate-age CLFs, the shapes of such young and intermediate-age
CLFs have thus far been consistent with power laws down to the observational completeness
thresholds.
Based on the observational evidence discussed above, the currently most popular globular cluster formation models suggest that the distribution of the initial cluster luminosities
and, therefore, the corresponding distribution of their initial masses is closely approximated
by a power law (Harris & Pudritz 1994, McLaughlin & Pudritz 1996, Elmegreen & Efremov
1997, Ashman & Zepf 2001) of the form dN (M )dM ∝ M α dM , where −2.0 . α . −1.5.
Several processes are proposed for the transformation of the CLF of young star cluster systems into the Gaussian or log-normal distributions characteristic of old globular cluster-type
distributions. These include the preferential depletion of low-mass clusters both by evaporation due to two-body relaxation and by tidal interactions with the gravitational field of
their host galaxy, and the preferential disruption of high-mass clusters by dynamical friction. However, the relative importance of these disruption processes is still controversial
(see, e.g., Vesperini [2000, 2001], and Bromm & Clarke [2002] for models that do not
implicitly assume a power-law initial mass distribution). If the age range within a given
cluster system is a significant fraction of the system’s mean age, fading due to aging of the
non-coeval cluster population also severely affects the shape of its CLF: the observed CLF
will de dominated by the younger clusters, because a fraction of the older clusters in the
system will have faded to below the observational detection limit, thus introducing further
incompleteness effects.
The detection of a characteristic turn-over luminosity in young or intermediate-age
CLFs would lend strong support to the popular (but thus far only speculative) scenario that
the young star clusters observed in mergers are the analogues to the ubiquitous old globular
clusters at younger ages.
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5.2 The intermediate-age star cluster system in M82
We now consider the intermediate-age star cluster system in the disturbed, late-type galaxy
M82 in this context. M82, the nearest and best-studied starburst galaxy, has undergone
multiple starburst episodes over the past ∼ 1 − 2 Gyr. These were likely triggered by tidal
interactions with M81 and/or other members of the M81/M82/NGC 3077 group (O’Connell
& Mangano 1978, Telesco 1988, Rieke et al. 1993, Yun, Ho & Lo 1994, O’Connell et al.
1995, de Grijs et al. 2001, 2003).
In a recent study in which we focused on the fossil starburst site near the center of
M82, region B, we found a population of ∼ 110 gravitationally bound evolved compact star
clusters (de Grijs et al. 2001). Their properties appear to be consistent with the conclusion
that they are evolved counterparts of the young compact star clusters detected in the galaxy’s
active core (O’Connell et al. 1995). We estimated ages for the M82 B cluster population
from ∼ 30 Myr to over 10 Gyr, with a peak at 1.0 Gyr (de Grijs et al. 2001, 2003), based
on a comparison of broad-band optical and near-infrared HST colors with the Bruzual &
Charlot (2000; BC00) stellar evolutionary synthesis models.
These results suggest steady, continuing cluster formation in M82 B at a very modest
rate at early times (> 2 Gyr ago) followed by a concentrated formation episode lasting from
500–1500 Myr ago and a subsequent suppression or decline of cluster formation (de Grijs et
al. 2001, 2003, Parmentier, de Grijs & Gilmore 2003). This finite burst of cluster formation
makes the star cluster system in M82 B a good candidate to address the evolution of the
CLF, because it provides a large sample of approximately coeval clusters (see Fig. 5.1a).
Moreover, because of the proximity of M82, we have been able to probe the intermediateage cluster population in M82 B to fainter absolute magnitudes, and thus lower masses, than
has been possible before in other, more distant galaxies.
Figure 5.1a shows the star cluster formation rate in M82 B (de Grijs et al. 2003). We
have highlighted the enhanced cluster formation episode, 8.4 . log(Age/yr) . 9.4. Uncertainties in the age determinations may have broadened the peak, so that the actual duration
of the burst of cluster formation may have been shorter (de Grijs et al. 2001, 2003).
For the proper interpretation of the M82 B CLF, we need to correct the individual cluster
luminosities for their range in ages (Meurer 1995, Fritze–v. Alvensleben 1999, de Grijs et
al. 2001, 2003). Using the BC00 models, we have corrected the present-day absolute
magnitudes of the clusters formed in the burst of cluster formation to those at a common,
fiducial age of 1.0 Gyr. The results are shown in Fig. 5.1b for both the subsample of 42
clusters with well-defined ages (de Grijs et al. 2003), and for the full sample of 58 clusters
formed in the burst (open histogram). The corresponding mass distributions, obtained from
the application of the BC00 mass–luminosity relation to the cluster luminosities, are shown
in Fig. 5.1c. In both Figs. 5.1b and c, we have also indicated our conservative detection
limit at V = 22.5 mag (for which we are confident to have an almost fully complete sample;
see de Grijs et al. [2001], their Fig. 7), or MV = −5.3 mag (in case of no extinction), at an
age of 1.0 Gyr, assuming a distance to M82 of m − M = 27.8 (de Grijs et al. 2001). Since
all sources in our sample are resolved, the sample is not contaminated by bright stars (see de
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Figure 5.1: (a) The cluster formation rate (in number of clusters per Myr) as a function
of age. Open circles: full sample; filled circles: clusters with well-determined ages (de
Grijs et al. 2003). The age range dominated by the burst of cluster formation is indicated.
(b) CLF of the clusters formed in the burst of cluster formation, 8.4 ≤ log(Age/yr) ≤
9.4. The shaded histograms correspond to the clusters with well-determined ages; the open
histograms represent the entire cluster sample in this age range, as above. The Gaussian
curve is the best fit to the shaded distribution. Finally, the vertical dashed line is our selection
limit. (c) Mass distribution of the clusters formed in the burst of cluster formation; the
coding is as in Fig. 5.1b. The expected effect of the AV . 0.2 mag extinction (de Grijs et
al. 2003) for the clusters with well-determined ages is a shift in mass towards higher masses
of ∆ log(Mcl /M ) . 0.08, which implies that the observed turnover is not a spurious effect
due to varying extinction.

Grijs et al. [2001] for a full discussion). We have shown that if we do not restrict ourselves to
the limited age range of the burst, the age and mass distributions obtained for the subsample
with well-determined ages and those for the full sample of M82 B clusters are internally
fully consistent (de Grijs et al. 2003). However, if we impose age limits on our analysis in
order to restrict our study to a coeval cluster population at ∼ 1 Gyr, the large uncertainties
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in the age determinations for the subset of the full sample with less well-determined ages
lead us to conclude that the results for the full sample should be given less weight and be
treated with caution. Those clusters that are not well fit (e.g., having less well-constrained
ages and masses) are generally fainter and as such are artificialy skewed towards younger
ages due to the well-known age-extinction degeneracy, which is more important for these
clusters owing to their lower signal-to-noise ratios (see de Grijs et al. 2003 for more details).
In Fig. 5.2 we show the distribution of the M82 B clusters in the age vs. mass plane. The
various (solid, dashed and dotted) lines overplotted on the figure show the expected effect
of normal evolutionary fading of a synthetic single stellar population of an instantaneously
formed cluster at our limiting magnitude. For ages ≤ 109 yr, we show the unreddened
fading line for various choices for the IMF, predicted by the Starburst99 (SB99) models
(Leitherer et al. 1999). For older ages (t ≥ 109 yr), we show its extension predicted by the
BC00 models. These predicted lower limits agree well with our data points, which therefore
shows that we understand our selection effects to sufficient accuracy.

5.3 Detection of a turn-over in an intermediate-age CLF
Both the M82 B burst CLF and the corresponding mass distribution show a clear turn-over
at about 2 magnitudes brighter, and an order of magnitude more massive, than our detection
limit, respectively. This is the first time that a turn-over has been detected for a coeval star
cluster system as young as ∼ 1 Gyr.
The characteristic turn-over mass of the M82 B clusters formed in the burst of cluster
formation, MTO ' 1.2 × 105 M (de Grijs et al. 2003), is approximately half that of the
old Galactic globular cluster system (Harris 1996). However, if we assume a power-law or
Schechter-type initial cluster mass distribution in a Milky Way-type gravitational potential
with strongly radially dependent radial anisotropy (Fall & Zhang 2001), the peak of the
mass distribution will change over time towards higher masses due to the effects of cluster
disruption, which will preferentially deplete the lower-mass clusters. Furthermore, these
models by Fall & Zhang (2001) suggest that the turn-over of the cluster mass distribution
will move towards higher masses by approximately ∆ log(Mcl /M ) ' +0.9 by the time
the cluster population reaches an age of 12 Gyr, similar to the median age of the Galactic
globular cluster system. This implies that the star cluster system in M82 B will be dominated
by higher masses than the Galactic globular cluster system when it reaches a similar age,
and most of the present-day clusters will be depleted. This is most likely due to the fact
that M82 B is characterized by the shortest known cluster disruption time-scale for any disk
region of a galaxy, ∼ 30 Myr for 104 M clusters (de Grijs et al. 2003, using the method
described in Boutloukos & Lamers 2002).
This very short disruption time-scale suggests a significantly different gravitational potential, however, so that our estimate of the amount that the turn-over mass will move towards higher masses is, in fact, a lower limit. Additional support for this conclusion is given
by the observation that the current turn-over mass is already ∆ log(M cl /M ) ' +0.5 more
massive than the turn-over mass for a young star cluster system in a Galactic gravitational
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Figure 5.2: Distribution of the M82 B clusters in the (age vs. mass) plane. The age range
dominated by the burst of cluster formation is indicated. The black dots represent clusters
for which the total age range obtained is (log(Age[max])−log(Age[min])) ≤ 1.0; the open
circles are objects with more uncertain age determinations. Overplotted for ages up to 1.0
Gyr are the expected detection limits in the predicted by Starburst99 (SB99) for a range of
IMFs (solid line: mass range 0.1 − 100M , IMF slope α = 2.35; dotted line: identical
mass range, but α = 3.30; dashed line: mass range 0.1 − 30M , α = 2.35); for older ages,
we use the BC00 models for a standard IMF (mass range 0.1 − 100M , α = 2.35). These
model predictions are based on a very conservative detection limit of V = 22.5 (see de Grijs
et al. 2001) and (m − M )M82 = 27.8, assuming no extinction. For a nominal extinction of
AV = 0.2 mag, expected for the clusters with well-determined ages (de Grijs et al. 2003),
the detection limit is expected to shift to higher masses by ∆ log(Mcl /M ) = 0.08, which
is well within the uncertainties associated with our mass determinations.

potential at a similar age, corresponding to MTO,young ∼ 7×104 M (Fall & Zhang 2001).1
1 We note, however, that a significant contributor to this apparent difference may be hidden in our choice for the
IMF, which we have assumed to be roughly Salpeter-like. Despite a growing body of evidence for a universal IMF
independent of the environment (see Gilmore [2001] for a review), significant departures from a Salpeter-type IMF
(e.g., Smith & Gallagher 2001) may give rise to larger-than-expected uncertainties in the derived mass distribution.
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In addition, the width of the mass distribution in Fig. 5.1c is significantly smaller than that
of the Galactic globular cluster mass function (Harris 1996), which again emphasizes the
significant effects of the very short cluster disruption time-scale and the significantly different (and time-varying) gravitational potential governing the M82 system.
If the Fall & Zhang (2001) models would apply to the M82 B cluster system, which we
assume for the sake of the current discussion, the peak luminosity and width of the CLF
will remain virtually unchanged for a Hubble time from its current age of ∼ 1 Gyr (S.M.
Fall, priv. comm.), due to the combination of evolutionary fading and continuing disruption
processes (Whitmore et al. 2002). In that case, we can directly compare the intermediateage M82 B clusters to the old Galactic globular cluster population. The CLF of the M82 B
cluster system is characterized by a turn-over luminosity of MV0 = −7.3 ± 0.1 mag, and
(within the Poissonian observational uncertainties) a Gaussian FWHM of ∼ 3.1 mag. The
M82 B CLF of clusters formed in the burst of cluster formation is therefore nearly identical
to the Galactic globular CLF, although the old Galactic globular clusters are significantly
more metal-poor than the roughly solar-abundance M82 B clusters (Parmentier et al. 2003).
This difference in metallicity will, however, only affect the peak luminosity slightly, by less
than ∼ 0.3 mag (Whitmore et al. 2002).
Finally, we note that the key ingredient of the Fall & Zhang (2001) models is the radial
anisotropy, which is a strong function of galactocentric distance. The net result of this
assumption is that all of the Galactic globular clusters in their models have effectively the
same pericenter. While this does not have to apply to the cluster system of M82 as a whole,
we emphasize that the cluster system discussed in this letter is confined to a relatively small
spatially confined region in the disk of M82, at the end of the central bar (cf. de Grijs 2001).
These clusters have, therefore, very similar pericenters indeed.

5.4 Summary and Implications
Thus, here we have presented the first conclusive evidence for a clear turn-over in the CLF of
a 1 Gyr-old, roughly coeval cluster population. The CLF shape and characteristic luminosity
is nearly identical to that of the apparently universal CLFs of the old globular cluster systems
in the Galaxy, M31, M87, and old elliptical galaxies (e.g., Whitmore et al. 1995, Harris
1996, 2001, Ashman & Zepf 1998, Harris et al. 1998). This is likely to remain virtually
unchanged for a Hubble time. We have also shown that with the very short characteristic
cluster disruption time-scale governing M82 B, its cluster mass distribution will evolve
towards a higher characteristic mass scale than for the Galactic globular clusters by the time
it reaches a similar age. We argue, therefore, that this evidence, combined with the similar
cluster sizes (de Grijs et al. 2001), lends strong support to a scenario in which the current
M82 B cluster population will eventually evolve into a significantly depleted old Milky
Way-type globular cluster system dominated by a small number of high-mass clusters. This
implies that globular clusters, which were once thought to be the oldest building blocks of
galaxies, are still forming today in galaxy interactions and mergers. However, they will
likely be more metal-rich than the present-day old globular cluster systems.
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This connection between young or intermediate-age star cluster systems and old globular clusters lends support to the hierarchical galaxy formation scenario. Old globular clusters were once thought to have been formed at the time of, or before, galaxy formation,
i.e., during the first galaxy mergers. However, here we have shown that the evolved CLF of
the compact star clusters in M82 B most likely to survive for a Hubble time will probably
resemble the high-mass wing of the “universal” old globular cluster systems in the local
Universe. Proto-globular cluster formation thus appears to be continuing until the present.
In order to better constrain the future evolution of the M82 B star cluster system it is
important to consider a range of models, characterized by fewer or perhaps different orbital
restrictions (e.g., Baumgardt 1998, Vesperini 2000, 2001). This is, however, beyond the
scope of the current letter and will be done in a subsequent paper (de Grijs et al., in prep.).
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Chapter 6
The Star Cluster Population in the Tidal Tails
of NGC 6872
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Astronomy & Astrophysics, in press (2005)
Abstract We present a photometric analysis of the rich star cluster population in the tidal
tails of NGC 6872. We find star clusters with ages between 1 - 100 Myr distributed in the
tidal tails, while the tails themselves have an age of less than 150 Myr. Most of the young
massive (104 ≤ M/M ≤ 107 ) clusters are found in the outer regions of the galactic disk
or the tidal tails. The mass distribution of the cluster population can be well described by a
power-law of the form N (m) ∝ m−α , where α = 1.85±0.11, in very good agreement with
other young cluster populations found in a variety of different environments. We estimate
the star formation rate for three separate regions of the galaxy, and find that the eastern tail
is forming stars at ∼ 2 times the rate of the western tail and ∼ 5 times the rate of the main
body of the galaxy. By comparing our observations with published N-body models of the
fate of material in tidal tails in a galaxy cluster potential, we see that many of these young
clusters will be lost into the intergalactic medium. We speculate that this mechanism may
also be at work in larger galaxy clusters such as Fornax, and suggest that the so-called ultracompact dwarf galaxies could be the most massive star clusters that have formed in the tidal
tails of an ancient galactic merger.
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6.1 Introduction
An increasing number of studies are showing the great variety and abundance of environments that are conducive to the formation of young massive stellar clusters (YMCs). From
the centers of merging galaxies (e.g. Miller et al. 1997; Whitmore et al. 1999) to nuclear
starburst rings (Maoz et al. 2001) and even in normal spiral galaxies (Larsen & Richtler
2000). In addition, recent studies have shown that YMCs can form outside the main body
of a galaxy, in tidal tails (Tran et al. 2001, Knierman et al. 2003) and between galaxies in compact groups (Gallagher et al. 2001). Indeed, it appears that wherever the local
star-formation rate is high enough, YMCs are certain to be present.
The goal of this study is to determine the properties of the rich star cluster population in
the tidal tails of the NGC 6872. By studying the age distribution of the clusters with respect
to the spatial distribution, we can gain insight into the cluster formation process on large
(∼galaxy) scales. Additionally, we shall compare the derived parameters of the population
as a whole with that of more typical cluster populations in order to search for differences
related to environmental influence.
Recently, Knierman et al. (2003) have surveyed the tidal tails of four mergers of spiral
galaxies. They found that only one of the six tails studied (the west tail of NGC 3256)
showed a large number of star clusters, while three others showed evidence of a small number of clusters. The authors suggest that the presence of tidal dwarf galaxies may hamper
the formation of YMCs in the rest of the tidal tail. In this sense, NGC 6872 is akin to
NGC 3256, as it lacks a clear tidal dwarf galaxy in each of its tails.
NGC 6872 is a barred spiral galaxy that is interacting with IC 4970, a smaller S0 galaxy
(de Vaucouleurs et al. 1991), which is the elliptical structure in the center left of Fig. 6.1.
In Figure 6.1 an optical (B-band) image of NGC 6872 is shown, and each of the regions
labeled and shown in more detail in the subsequent figures (Figs. 6.2, 6.2, & 6.2). Note that
all panels are based on the same scaling (see panel A, F, and G).
The NGC 6872/IC 4970 interaction has been modeled by Mihos et al. (1993) and Horellou & Koribalski (2003) who both find a mass ratio between NGC 6872 and IC 4970 of ∼
5:1, and a time since periapse of ∼ 145 Myr, i.e. the event that triggered the formation of the
tails. Two long, thin tidal tails extend from the disk of NGC 6872, the optical component
of which terminates some 60 kpc from the galactic center. NGC 6872 has a rich star cluster
population in its tidal tails, first noted by Horellou & Koribalski (2003). The combination
of new U-band imaging, archival B, V, and I imaging, and Fabry-Perot Hα data taken from
the literature allow an analysis of the cluster population as a whole including their formation history and spatial position within the tails. This in turn will provide insight into the
formation and evolution of star clusters in the special circumstance of galaxy interactions.
This study is set up in the following way. In § 6.2 we present the observations and the
methods of reduction and photometry employed. In § 6.3 we study the colour distribution
of the cluster population and infer each cluster’s age and mass. The youngest clusters are
discussed in § 6.4 which is followed by an estimation of the star formation rate in the individual regions of the galaxy in § 6.5. Our observational results are combined with models of
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Figure 6.1: B-band image of NGC 6872. Regions of interest (i.e. high YMC density) are
labeled. North is to left, and east is to the bottom. The image is 297 00 by 38200 or ∼18.7 kpc
by 24.1 kpc.

galaxy interactions from the literature in order to explore the formation and future evolution
of the cluster population in § 6.6, and in § 6.7 we summarize our results.
The heliocentric redshift of NGC 6872 is 4701 km/s (de Vaucouleurs et al. 1991), which,
assuming H0 = 72 kms−1 Mpc−1 , corresponds to a distance of ∼ 65 Mpc and a distance
modulus of 33.9 mag.

6.2 Observations, reduction and photometry
To derive the ages and masses of extragalactic YMC using photometry, multi-band observations spanning a wide range in wavelength are required (e.g. de Grijs et al. 2003a). To this
end, we retrieved images taken with VLT-FORS1 of NGC 6872 in the B, V, and I bands from
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the ESO/VLT archive. The B band image was a single exposure of 600s, while the V and I
band images consisted of two exposures each of 150s and 200s respectively. Additionally,
Hα Fabry-Perot observations of NGC 6872 were kindly provided by C.J. Mihos and used
to corroborate our results (see Mihos et al. 1993 for a description of the observations).
As shown by Anders et al. (2004) U-band observations are essential for photometric
investigations of young star clusters. We have therefore complemented the existing archival
data with VLT-FORS1 U-band observations, taken on May 6th, 2004. Three U band images
of 300s each were taken. All images were flat-fielded and the bias subtracted in the standard
way.
Sources were identified using the DAOFIND routine in IRAF. Aperture photometry was
performed with an aperture, inner background radius, and outer background radius of 5/7/9
pixels (1 pixel= 0.200 ). Aperture corrections to a 50 pixel (1000 ) radius were calculated using
bright isolated sources. The applied corrections were −0.71, −0.21, −0.16, −0.16 mag for
the U, B, V, and, I respectively. The large difference between the aperture correction for the
U band relative to the other bands was due to the differences in seeing. The seeing during
the B, V, and I observations was ∼ 0.55 arc seconds, while for the U band observations
it was ∼ 1.5 arc seconds. Photometric zero points were determined using Landolt (1992)
standard fields.
Completeness limits were determined by adding artificial sources with magnitudes between 21 and 26 mag, using the IRAF task ADDSTAR. The sources and their magnitudes
were found following the procedure described above. The 90% completeness limits are
23.75, 24.0, 23.5, and 22.75 for the U, B, V, and I bands respectively. We do not expect our
sample to be contaminated by individual luminous stars in NGC 6872, as our completeness
limit corresponds to MV = -10.4 (at the distance of NGC 6872) which is almost a magnitude and a half brighter than the cluster selection limit used by Whitmore et al. (1999).
Foreground stars, however, may contaminate our sample, and will need to be accounted for.
We have corrected all observed sources for Galactic extinction (A V = 0.15, Schlegel,
Finkbeiner, & Davis 1998).

6.3 The cluster population
6.3.1 Colours
Figure 6.3.1 shows the colour-colour (V −I vs U −B) diagram for point-like sources in both
tidal tails as well as in the central region of NGC 6872. The solid and dashed lines are the
SSP model tracks (Bruzual & Charlot 1993 - 2000 version) for 51 Z and 1Z respectively,
and salpeter IMF. For comparison we also constructed the colour-colour diagram for the
background sample (sources outside the labeled areas in Fig. 6.1), which is shown in the
top right panel of Fig. 6.3.1. Presumably the sources in the background field are foreground
stars and background galaxies. This is shown in the top right panel of Fig. 6.3.1 by also
showing the stellar model tracks (Z = 0.008, 0.8 ≤ M/M ≤ 5.2, 100 Myr - Lejune &
Schaerer 2001). Most of the bright sources follow the stellar tracks quite nicely (the small
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Figure 6.2: B-band images of the individual regions A, B, and C in the east tidal tail. All
images have the same scale.
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Figure 6.3: B-band images of the regions D, E and F in the main body of the galaxy and the
region between the two galaxies. All images have the same scale.
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Figure 6.4: B-band images of the individual regions G and H in the west tail. All images
have the same scale.

offset to the blue is caused by the correction for Galactic extinction).
We then removed the contamination from our sample by subtracting the ’background’
field from the ’galaxy’ field (normalizing to equal areas). This was done statistically by
dividing the colour-colour plane for both the background and galaxy fields, into square
regions (∆(U − B) & ∆(V − I) = 0.3), and then summing the number of sources within
each colour box. The resulting background grid was then subtracted from the galaxy grid,
and the result is shown as a contour plot in the bottom of Fig. 6.3.1.
There is a clear over-density of very blue objects, with colours consistent with ages
between 1 - 100 Myr, peaked at a few Myr (following the extinction vector), as shown by
the contour plot (bottom panel in Fig. 6.3.1). The tails have ages of ∼ 145 Myr (Mihos et
al. 1993), and many of the very young clusters are found at a large distance from the main
body of the galaxy. Hence these structures must have formed within the tail, and were not
formed inside the main body of the galaxy and ejected into the tail.

6.3.2 Ages
In order to more quantitatively investigate the properties of these clusters, we attempt to
derive the age, mass, and extinction of each cluster. To do this we employ the three dimensional spectral energy fitting algorithm (3DEF method) first proposed by Bik et al. (2003).
A detailed description of the method is given there, and as such we shall only provide a
brief summary here. The 3DEF method compares each cluster’s observed spectral energy
distribution (SED) to that of a grid of simple stellar population (SSP) models of ages be-

Clusters in the Tidal Tails of NGC 6872

127

Figure 6.5: Top Left: Colour-colour diagram for sources in NGC 6872, including the tidal
tails. Galactic extinction has been removed. The extinction correction vector of A V = 1 is
shown. Here error refers to the error in the measured colours. SSP model tracks are overplotted (see text). The numbers along the model tracks refer to the logarithm of the age in
years. Top Right: Colour-colour diagram for the background region in the images. Here
the solid line is the stellar model tracks (see text for a description) Bottom: The contour
levels of the middle figure subtracted from the top figure (see text for details). Model tracks
are the same as in the top panel.

tween 1 Myr and 11 Gyr, and extinctions ranging from 0 ≤ AV ≤ 4 in equal steps of
0.02. We adopt the models of Bruzual & Charlot (1993 - 2000 version) with a metallicity
of 15 Z . The metallicity was chosen to most nearly match the observed metallicity of tidal
dwarf galaxies (Z ∼ 13 Z - Duc & Mirabel 1998), which are objects which also form in
the tidal debris of merging galaxies. For a detailed description of the effects of an apriori
metallicity assumption, see Anders et al. (2004). Here we note that if solar metallicity is
used the derived ages become less, on average, and therefore so do the determined masses.
We will discuss how our assumed metallicity affects our results where applicable.
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Applying this technique to the clusters in NGC 6872, we derive ages between a few
Myr to a few hundred Myr. No clusters older than 145 Myr (the age of the interaction) are
found inside the tidal tails. Figure 6.6 shows the derived ages (divided into five age bins)
as a function of position in the galaxy. From this we conclude that the youngest clusters
are spread throughout the tidal tails, while the older clusters are concentrated towards the
main body of the galaxy. Some caution must be taken in the interpretation of this figure
(also Figs. 6.7 & 6.8) as foreground stars and background galaxies may be contaminating
the sample. We have attempted to eliminate contaminating sources by applying a reduced
χ2 criterion to the fits (Bik et al. 2003). For this we adopted the value from Bik et al. (2003)
of a maximum χ2ν of 3 between the observed cluster spectral energy distribution and that
of the best fitting model. Adopting solar metallicity for the SSP model does not change the
general properties of the spatial distribution, except for a larger number of sources with ages
between 30 Myr and 100 Myr in the tidal tails.
From Fig. 6.6 we note that clusters with ages less than ∼ 30 Myr (log (age/yr) = ∼
7.5) are spread throughout the galaxy, including the tidal tails. Clusters older than this are
concentrated towards the center of the galaxy. This can be interpreted as a delay between
the merger event which caused the tidal tails, and cluster formation inside the tidal tails.
Additionally, the 3DEF method solves for the extinction for each cluster simultaneously
with the age. Most of the clusters in this study were fit with low extinction values (0 ≤
AV ≤ 0.5 - after correction for foreground extinction). Figure 6.7 shows the position in
the galaxy for five different extinction bins. We do not find any strong correlation between
position and extinction. In particular no increase is found in the average extinction along
the tidal tails from HI gas poor to gas rich regions. However, the two groups of star clusters
far into the tidal tails in the 0.5 < AV < 1.0 bin seem to be associated with peaks in the HI
intensity map of Horellou & Koribalski (2003).

6.3.3 Masses
At a distance of ∼ 65 Mpc, one FORS1 pixel corresponds to 63 pc, which leaves room
to discuss to which degree our cluster detections might not refer to single clusters but to
multiple, unresolved clusters. Given that young clusters seem to be themselves clustered
(e.g. Larsen 2004) it is likely that some of our sources are made up of multiple clusters.
This may cause us to over-estimate the mass of the observed clusters, as the mass that we
measure is in fact the total mass of multiple clusters. Therefore our mass estimates for
some sources represent the total mass of a complex of clusters, which, given the scale of
the resolution (. 150 pc), implies that these clusters formed within the same star forming
complex. High resolution imaging is required to estimate to what degree our mass estimates
are affected by this effect. Note, however, that this effect will have a negligible influence on
our age and extinction results.
Figure 6.8 shows the position of the sources inside the galaxy and tails in five different
mass bins. As in Fig. 6.6 we have attempted to remove foreground stellar contamination
by applying a χ2ν criterion. There are clusters with masses up to 106 M forming in the
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Figure 6.6: The age of the detected clusters as a function of their position. The x and y axis
are in pixels (1 pixel = 0.2 arc seconds = 63 pc). The large asterisks in the figure mark the
center of NGC 6872 and IC 4970.
tails, and clusters with even larger masses forming inside the main galaxies and region
between the two interacting galaxies. The assumption of solar metallicity for the template
SSP models does not change the qualitative description of the spatial positions of the clusters
for different mass ranges given above.
Although we are limited to rather low spatial resolution and are potentially biased towards identifying multiple, closely spaced clusters as a single massive clusters (see above),
we move forward, and construct a mass distribution for the clusters in our sample. The mass
of each cluster can be estimated by combining the derived age and extinction of each cluster, the measured brightness, the known distance modulus, and the predicted mass-to-light
ratios of SSP models. Figure 6.4 shows the derived mass distribution for the young clusters
(≤ 10 Myr) in our sample. The assumed metallicity has almost no influence on the mass
distribution. The dashed vertical line in the figure is the detection limit of our sample assuming an age of 10 Myr and no extinction. Presumably the mass function extends to much
lower masses, and the observed turnover is simply caused by the detection limit. There is,
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Figure 6.7: The derived extinction of the detected clusters as a function of their position.
The x and y axis are in pixels (1 pixel = 0.2 arc seconds = 63 pc). The large asterisks in the
figure mark the center of NGC 6872 and IC 4970.
however, a significant number of high mass (> 5 × 105M ) clusters. The shaded histogram
is the mass distribution of the young clusters which were selected based on their Hα flux.
This subsample will be discussed in more detail in § 6.4.
Cluster initial mass function
The mass function of young star cluster populations in many diverse environments can be
well fit with a power-law of the form N (m) ∝ m−α , where α = 1.95 ± 0.26 (data taken
from Table 2 of de Grijs et al. 2003b1). The error of 0.26 is calculated as the standard deviation from the mean. It is curious that this relation holds across many orders of magnitude
and many different environments, such as the centers of galaxy mergers with strong starbursts or quiescent disk galaxies. This hints at a uniformity in the cluster formation process,
1 Note that the exponents of mass functions and luminosity functions have been combined here. If the cluster
population is close to a single aged population then α is the same for the mass and luminosity functions.
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Figure 6.8: The mass of the detected clusters as a function of their position. The x and y
axis are in pixels (1 pixel = 0.2 arc seconds = 63 pc). The large asterisks in the figure mark
the center of NGC 6872 and IC 4970.

independent of environment.
As tidal tails in galaxy mergers are an unexplored environment for this characteristic we
derive the mass function for the detected clusters in our sample. We assume a fit of the form
above, with α as the free parameter. The results of this procedure are shown in Fig. 6.4.
We find that α = 1.85 ± 0.11, which is somewhat shallow for a young cluster population,
but still within the standard deviation given above. The shallowness of the slope may be
caused by crowding problems, as we may mistake a tight collection of clusters as a single
cluster, hence overestimating the number of bright clusters and underestimating the number
of faint clusters. Thus, we would expect that the cluster luminosity function would become
somewhat steeper with higher resolution images. Even with this caveat it is clear that the
population within NGC 6872 is very similar to other young cluster populations in terms of
its mass function (see also review by Whitmore 2002).
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6.4 The Youngest Clusters
In order to test the reliability of our age estimates, we have compared the spatial distribution
of the youngest (< 10 Myr) clusters with the Hα emission Fabry-Perot intensity map of
Mihos et al. (1993), which traces the massive stars in the galaxy. As shown in Fig. 6.4,
the Hα intensity (dark indicating the strongest emission), and the positions of the young
(. 10 Myr) massive (> 104 M ) clusters, coincide. At almost every maxima of the Hα
intensity we find a young massive cluster. Strong Hα emission is evidence of a very young
(< 8 Myr) population of massive stars (e.g. Whitmore & Zhang 2002). Our results, based
on colour fitting, are consistent with the Hα emission.
In practice, the construction of a mass distribution of a population of clusters of many
ages is difficult, as over-estimating the age of a cluster will also cause a significant overestimate of the mass. This is especially the case for clusters with ages ≤ 100 Myr, where
the mass to light ratio (M/L) of SSP models increases rapidly. In principle, if the cluster
formation rate is high enough, one can construct a mass distribution of clusters whose ages
are extremely young, which minimizes the chance of over-estimating their masses. We have
carried out such an analysis with the sample generated above, i.e. those clusters which are
spatially coincident with a peak in the Hα intensity and pass our χ2ν criterion. The resulting
mass distribution is shown as the shaded histogram in Fig. 6.4. We note that this distribution
resembles that of the entire population, in particular all of the most massive young clusters
are detected in Hα. The deviation below 106 M is presumably due to the fainter detection
limit in Hα than in the broad band filters.

6.5 Specific U-band Luminosity
A useful tool to study populations of young clusters and their environments is the specific
U-band luminosity, first proposed by Larsen & Richtler (2000). It is defined as
TL (U ) = 100 ×

LClusters (U )
LGalaxy (U )

(6.1)

where LCluster (U ) is the total amount of light coming from clusters in the U-band, and
LGalaxy (U ) is the total U-band light of the galaxy, or of a specific region. T L (U ) has been
found to correlate with the area-normalized star formation rate, Σ SFR , and to be more or
less insensitive to the low-luminosity tail of the young cluster luminosity function (Larsen
& Richtler 2000).
Although the TL (U ) relation was defined for an entire cluster system with respect to the
integrated luminosity of the host galaxy, the concept has been applied to individual cluster
complexes within a galaxy (Larsen et al. 2002). In the present case we have sub-divided
the galaxy into three distinct regions, the east tail (roughly regions A, B, and C in Fig. 6.1),
the center (the central part of region F), and the west tail (the west part of region F and
regions G and H). We then calculated the total U-band luminosity of each region, L Galaxy ,
as well as that for all point-like sources with B − V < 0.45. The colour cut is an attempt to
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Figure 6.9: The mass distribution for the young (< 10 Myr) clusters. The shaded histogram
are clusters that are associated with peaks in the Hα intensity image. The dotted vertical
line is the completeness limit in the V-band for a 10 Myr old cluster. The dashed line is a fit
to the data above the completeness limit of the form N (m) ∝ m−α with α = 1.85.

homogenize our results with respect to Larsen & Richtler (2000) who use the same cut in
order to eliminate foreground stars.
For the Larsen & Richtler (2000) relation between TL (U ) and the area normalized star
formation rate, we used a fit through the data of Fig. 8 in Larsen (2000), namely
ΣSF R [M yr−1 kpc−2 ] = (TL (U ) + 0.53)/263.
Inserting the derived values of TL (U ) into the Larsen & Richtler (2000) relation allows us
to infer the star formation rates for the different regions of the galaxy.
While the Larsen & Richtler (2000) relation seems to hold for normal galaxies and for
galaxies with high star formation rates, there is considerable scatter in the trend. Thus, while
the absolute star formation rates estimated in this way are uncertain, the comparison of the
SFR for different regions still allows a relative interpretation. Table 6.1 gives the resultant
SFR for each region. We see that the star formation rate in the eastern tail is over twice
that of the western tail and more than five times that of the central region of the galaxy. We
note that the star formation rate in the central region of the galaxy is consistent with that of
Mihos et al. (1993), who estimated the SFR < 5.7 M yr−1 using far infrared colours.
The eastern tail of NGC 6872 seems to dominate the star formation for the entire galaxy,
while the central region has a rather low SFR. Mihos et al. (1993) speculate that the reason
for this low SFR is a lack of gas in the central part of the galaxy. If most of the gas was
located in the outskirts of the galaxy at the time of the interaction most of it would be lost
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15"

Figure 6.10: The young (< 10 Myr) massive (& 104.5 M ) clusters overlayed on Hα intensity maps. The top panel is the central region of the galaxy (approximately region F in
Fig. 6.2). The bottom left and right panels show the east (regions A, B, and C from Fig. 6.2)
and west (region G from Fig. 6.2) tails respectively.

into the tails. This scenario is consistent with the results of Reif et al. (1982) who did not
detect HI in NGC 6872, as well as with the observations by Horellou & Koribalski (2003)
which show large amounts of HI inside the tidal tails. As can be seen in Figures 6.6 & 6.4,
the majority of the young star clusters are found in the tidal tails or the outer regions of the
disk, consistent with the scenario above.
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Region
East Tail
West Tail
Center

TLU
6.6 (1.42)
4.8 (1.0)
2.3 (0.5)

ΣSF R (10−2 M yr−1 kpc−2 )
2.7 (0.5)
2.1 (0.4)
1.1 (0.2)
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Area (kpc2 )
605
375
291

SFR (M yr−1 )
16.5 (3.3)
7.6 (1.4)
3.1 (0.5)

Table 6.1: Specific U-band luminosity for the different regions of NGC 6872 and the implied star formation rates using the Larsen & Richtler (2000) relation. The numbers in the
parentheses represent the errors of the derived quantities. The errors were calculated by
comparing the derived values using only clusters with errors in their colours less than 0.2
with that of using no error criteria.

6.6 A Scenario for the Formation and Evolution of Star
Clusters in Tidal Tails
6.6.1 Cluster formation
The age distribution as a function of position in the galaxy, as seen in Fig. 6.6, can be compared with models of structure formation in the tidal tails, in order to explore the formation
history and triggers of star formation in the galaxy and tidal tails.
Mihos et al. (1993) have modeled the NGC 6872 interaction in detail, including a threshold for star formation. The authors argue that the coincidence of strong gas compressions
with regions of high star formation rates, is evidence that collisionally induced star formation is the dominant mode of star formation. Our result that many of the YMCs are forming
within the regions of strong gas compression and high star formation rate (see Fig. 6.4)
agrees with the Mihos et al. (1993) scenario. Additionally, in both tails we observe a sudden drop in Hα intensity and density of young clusters directly outside the regions with
high star formation rate along the tails. After this decrease, we find sporadic single peaks
in the Hα intensity, coincident with young clusters. To explain this, we combine the results from the models of Mihos et al. (1993) with those of structure formation in the tails
(e.g. Barnes & Hernquist 1992; Elmegreen et al. 1993).
By combining these models with our observations, we advance the following scenario.
As the gas gets expelled into the tails, it collides with other gas clouds, causing an initial
burst of collisionally induced star formation (Mihos et al. 1993). Following this initial burst
of star/cluster formation the gas is allowed to cool, as it expands further into the tail. This
explains the sudden drop in Hα intensity along the tails after the large peak, at the base of
the tail (i.e. the part of the tail closest to the galaxy). Due to cooling, the gas it will begin to
form denser clouds and fragment, resembling those found in simulations of the formation
of tidal tails (e.g. Barnes & Hernquist 1992 & Elmegreen et al. 1993). This collapse of
clouds and structure in the tidal tails by self-gravity was also suggested by Hibbard & van
Gorkom (1996) to explain regions of reduced surface brightness in tidal tails. These clouds,
in turn, will be the sites of individual regions of cluster formation. Spatial peaks of cluster

136

Chapter 6

formation, separated by large gaps, have also been seen in the tidal tails of the “Tadpole”
galaxy (UGC 10214 - Tran et al. 2003).
If this scenario is correct, we may expect older disk stars, that have been ejected into
the tail, to act as seeds for the gravitational collapse of clouds (Barnes & Hernquist 1992).
In this way, the structures formed are expected to be made up of an older disk population
and a younger burst population that forms from the condensing gas. Evidence for this
scenario has been given by Weilbacher et al. (2000, 2004), who find that the colours of
Tidal Dwarf Galaxy candidates can be well fit by population synthesis models which contain
both populations. As the Tidal Dwarf Galaxy candidates also presumably form in the tidal
tails (Duc & Mirabel 1998, Weilbacher et al. 2000), it is tempting to consider a common
formation mechanism, although this is not necessarily the case. Optical and near-infrared
spectroscopy/photometry will be necessary to determine if there is a significant underlying
old stellar population within the young clusters presented here (e.g. Weilbacher et al. 2004).

6.6.2 Fate of the Tidal Material
N-body simulations of galaxy interactions and the subsequent formation of tidal tails show
that the majority of the material thrown into the tail will fall back onto the host galaxy within
a few 100 Myr (Hibbard & Mihos 1995). This material though, is dissipative gas, while any
non-dissipative structures (e.g. stars and clusters) will become ballistic, and in an isolated
environment will orbit between the outer and inner turning points indefinitely (Hibbard &
Mihos 1995). The orbits of this material may reach distances of several hundred kiloparsecs
with periods of a few Gyr. Based on this, we expect much of the gas seen in the tails of
NGC 6872 to fall back onto the main body of the galaxy, while the YMCs will continue to
orbit far outside the galaxy.
The above mentioned simulations were carried out assuming that the galaxy interaction/merger took place in an isolated environment. NGC 6872 is, however, a member of the
Pavo group, and as such, the tidal material will experience the potential of the group. As
such, a set of more realistic simulations may be that of Mihos (2004a,b). In these N-body
simulations, the author places the galaxy merger (and hence the tidal tails) in the potential of
a rich, Coma-like cluster. The authors find that > 30% of the material thrown into the tidal
tails is stripped from the host galaxy by the cluster potential, into the intra-cluster medium.
The cluster potential of the simulated Coma-like cluster (Mtot = 1015 M ) over-estimates
the potential of the much smaller Pavo group by about a factor of 50 to 100 2 . Although
the Pavo group is relatively small compared with the simulated Coma-like cluster, the same
mechanism is likely to be at work. Due to the lower velocities in small galaxy groups, relative to galaxy clusters, the group potential may in fact be more efficient in stripping the tidal
debris away from the host galaxy. In either case, we can expect many of the star clusters
reported here to contribute to the intergalactic environment of the group.
2 The mass of the Pavo group was estimated using its measured temperature of 0.82 keV (Davis, Mulchaey, &
Mushotzky 1999), which is typical of poor galaxy clusters with masses of a few times 10 13 M (Mulchaey et al.
1996).
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As shown in Maraston et al. (2004), massive young star clusters have parameters (such
as size, mass, and κ values) that resemble those of the so-called Ultra-Compact Dwarf
Galaxies (UCDs) discovered in the Fornax cluster (Hilker et al. 1999; Drinkwater et al.
2000) and Abel 1689 (Mieske et al. 2004 - though for a discussion on the relevance of the
name see Kissler-Patig 2004). Despite this similarity, the prevailing interpretation of the
UCDs is that they are the nuclei of nucleated dwarf galaxies which have had the rest of the
galaxy stripped off due to tidal interactions within the galaxy cluster, the ’threshing scenario’
(Bekki et al. 2003). On the other hand, it may be possible that the UCDs are star clusters
which have been formed in the tidal tails of a galaxy merger/interaction. Due to the influence
of the galaxy cluster potential (see above) many of the star clusters formed in this way would
be expected to be stripped from the host galaxy, and contribute to a intra-galaxy cluster
population of star clusters. These clusters would then follow the velocity/spatial distribution
of dwarf galaxies, rather than that of the globular cluster system of the host galaxy. Thus, the
observed velocity and spatial distribution of the UCDs in Fornax (Drinkwater et al. 2000)
does not rule out the possibility of them being star clusters.
Although NGC 6872 is not currently forming any star clusters with masses comparable
to that of the observed UCDs, larger mergers of gas-rich galaxies may be able to do so
(e.g. NGC 7252, Maraston et al. 2004). This is due to the relation between the strength of
the interaction/merger and the mass of structures that form in the tidal tails, with stronger
encounters producing larger structures (Elmegreen et al. 1993).

6.7 Conclusions
We have investigated the star cluster population in the tidal tails and main body of NGC 6872
with U , B, V , and I observations, along with Hα Fabry-Perot observations taken from the
literature (Mihos et al. 1993). By the use of colour-colour diagrams and the 3DEF method
we have derived the age distribution of the population along with the corresponding mass
distribution. We find a rich population of young (< 10 Myr) massive clusters inside the
tidal tails, which when compared with the dynamical timescale of the tidal tails themselves
(∼ 145 Myr) show that the clusters have formed in the tidal debris.
We find young (< 10 Myr) and intermediate (< 30 Myr) clusters spread throughout
the tidal tails and main body of the NGC 6872. Clusters older than this are concentrated
towards the main body of the galaxy. We interpret this as the cluster formation in the tidal
tails being delayed by 50–100 Myr with respect to the event that triggered the formation of
the tidal tails themselves. This will be the case if a significant time delay is required for
clouds to contract under self-gravity in the expanding tidal tails. Additionally we do not
find any strong correlation between the extinction of the clusters and the HI column density.
Young massive (> 105 M ) clusters are found throughout the tidal tails and in the region
between the two galaxies. We find clusters with masses up to 106.5 −107M forming due to
the interaction between NGC 6872 and IC 4970. We may expect even more massive clusters
to form from stronger (e.g. equal mass) encounters/mergers (Elmegreen et al. 1993).
The mass function of the population is very similar to that of other young populations
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in various environments (e.g. galaxy mergers, nuclear starbursts, normal spirals), being well
fit by a power-law of the form N (m) ∝ m−α where α = 1.85 ± 0.11. Due to the intrinsic
low spatial resolution of ground based images, we may have slightly underestimated α by
mistaking a group of young clusters as one single cluster. Thus, we expect that α would be
somewhat larger on higher resolution images.
Using the specific U-band luminosity TL (U ) of the tidal tails and the main body of
NGC 6872, and combining this result with the empirical TL (U ) vs. ΣSFR relationship
(Larsen & Richter 2000), we have estimated the star formation rate for each area. While the
actual numbers derived in this way are relatively uncertain, the relative star formation rates
should hold. Using this method we find that the east tidal tail has the highest star formation
rate (∼ 16.5M yr−1 ) at present, with the west tail having about half of this value, and the
star formation rate in the central region of the galaxy being about five times lower than the
eastern tail.
By comparing the spatial position of the youngest clusters with Hα observations of
NGC 6872, we can get an independent constraint on the ages of the clusters and eliminate
foreground stellar contamination. We find that the most massive (> 10 5 M ) and youngest
(< 10 Myr) clusters coincide with peaks in the Hα intensity supporting our age and the
resulting mass estimates based on colours. The tidal tails show prominent large gaps in the
Hα intensity which coincide with large gaps in the cluster population. This is consistent
with the scenario of Hibbard and van Gorkom (1996) who propose that clouds contract under self-gravity inside the tails, leaving areas of low surface brightness between the clouds.
If we apply our analysis to only those clusters which coincide with peaks in the Hα emission we find that these clusters account for all of the most massive young clusters in our
sample. We find that there are many massive (> 105 M ) clusters present in the tidal tails
and the outer parts of the galactic disk.
Finally, we have qualitatively combined our observations with detailed models of structure formation in tidal tails as well as their evolution. These models conclude that a large
fraction (∼ 30%) of the material in the tidal tails, and a possibly larger fraction of the material in stars and star clusters, will be expelled into the intra-galaxy cluster environment.
Although the Pavo group is a factor of 50–100 smaller than the simulated Coma-like cluster,
the smaller velocities of the galaxies may make tidal stripping even more efficient. Since
the same stripping mechanism is expected to be operating on both the galaxy cluster and
galaxy group scales, NGC 6872 can be used as an interesting test case. We have shown
that massive clusters can form in the tidal tails, far from the main body of the galaxy. This
tidal debris will be stripped into the intra-cluster environment, and form a population of star
clusters that follow the galaxy cluster potential in terms of velocities and spatial distribution. If the central cD galaxies of Fornax-like galaxy clusters were formed by the merging
of galaxies which resulted in tidal tails, we expect a population of star clusters in the intracluster environment. The most massive clusters are expected to have similar properties to
the observed ultra-compact dwarf galaxies found in Fornax and Abel 1689.
Acknowledgements We thank Chris Mihos for providing his Hα data in electronic form, as
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id

RA(J2000)

Dec(J2000)

xa

ya

χ2ν c

AV d

log (Age/yr)d

2
6
10
14
16
19
20
23
29
33
34
41

20:17:36.075
20:17:34.597
20:17:33.490
20:17:34.432
20:17:33.831
20:17:31.112
20:17:31.362
20:17:30.876
20:17:29.727
20:17:29.496
20:17:28.507
20:17:27.184

-70:45:03.51
-70:45:15.40
-70:45:19.06
-70:44:43.57
-70:44:49.00
-70:45:11.76
-70:45:03.37
-70:45:00.73
-70:45:00.91
-70:45:00.71
-70:45:11.84
-70:45:16.87

120.6
189.0
215.5
40.4
71.0
201.0
159.4
151.0
161.5
162.5
223.2
258.0

164.0
178.2
197.7
236.0
240.8
265.4
273.8
289.6
316.0
321.7
325.8
348.0

2.00
7.60
1.80
0.80
6.80
9.20
3.10
1.70
0.40
0.90
8.20
5.80

0.00
0.19
0.06
0.00
0.25
0.19
0.74
0.00
0.37
0.56
0.00
0.25

9.48
7.20
6.64
8.96
6.62
6.88
7.30
7.28
6.46
6.42
7.30
6.62

log Mass/M
6.89
5.11
4.59
7.20
4.79
4.95
5.52
5.14
5.00
5.19
4.93
4.44

d

MV e
-11.63
-10.51
-11.23
-13.44
-11.87
-11.48
-11.57
-10.69
-11.58
-11.51
-9.97
-11.00

a

Pixel coordinate used in Figs. 6.6 - 6.8.

b

Magnitudes have only been corrected for foreground extinction.

c

The reduced χ2 value for the best fitting model.

d

Derived extinction, age, and mass using the 3DEF method. Sources with ages greater than 1 Gyr are most likely
foreground stars.

e

Absolute magnitue of the source, correcting for the derived extinction.

Table 6.2: Photometric and derived properties of candidate clusters in NGC 6872. The
complete list (including photometry and errors) can be found in the eletronic version
of the A&A journal and also at http://www.astro.uu.nl/∼bastian/NGC6872/data.txt.
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Part D: Dynamical Studies of
Massive Star Clusters

Chapter 7
The dynamical mass of the young cluster W3 in NGC 7252:
Heavy-Weight globular cluster or ultra compact dwarf galaxy ?

C. Maraston, N. Bastian, R. Saglia, M. Kissler-Patig, F. Schweizer and P. Goudfrooij
Astronomy & Astrophysics, 416, 467 (2004)
Abstract We have determined the dynamical mass of the most luminous stellar cluster
known to date, i.e. object W3 in the merger remnant galaxy NGC 7252. The dynamical mass
is estimated from the velocity dispersion measured with the high-resolution spectrograph
UVES on VLT. Our result is the astonishingly high velocity dispersion of σ = 45 ± 5 km/s.
Combined with the large cluster size Reff = 17.5 ± 1.8 pc, this translates into a dynamical
virial mass for W3 of (8 ± 2) 107 M . This mass is in excellent agreement with the value
(∼ 7.2 · 107 M ) we previously estimated from the cluster luminosity (MV = −16.2) by
means of stellar M/L ratios predicted by Simple Stellar Population models (with a Salpeter
IMF) and confirms the heavy-weight nature of this object. This results points out that the
NGC 7252-type of mergers are able to form stellar systems with masses up to ∼ 10 8 M .
We find that W3, when evolved to ∼ 10 Gyr, lies far from the typical Milky Way globular
clusters, but appears to be also separated from ωCen in the Milky Way and G1 in M31, the
most massive old stellar clusters of the Local Group, because it is too extended for a given
mass, and from dwarf elliptical galaxies because it is much more compact for its mass.
Instead the aged W3 is amazingly close to the compact objects named ultracompact dwarf
galaxies (UCDGs) found in the Fornax cluster (Hilker et al. 1999; Drinkwater et al. 2000),
and to a miniature version of the compact elliptical M32. These objects start populating a
previously deserted region of the fundamental plane.
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7.1 Introduction
About a decade ago, HST observations (Holtzmann et al. 1992) confirmed the early groundbased discovery (Schweizer 1982) that mergers and merger remnant galaxies host luminous,
compact objects. These are believed to be candidate young globular clusters (GCs) on the
basis of their blue colours, high luminosities, and compactness as derived from the small
radii. They were predicted to form during the (violent) interaction caused by the merger
event (Schweizer 1987). The properties of these star clusters, such as their number, masses,
ages and metallicities have attracted a number of studies (see review by Schweizer 1998)
since they impact on the success of the scenario in which elliptical galaxies form via merging
of spirals. Leaving aside pros and cons of this view, comprehensively discussed in KisslerPatig (2000), the formation of star clusters during mergers is nowadays an accepted fact.
Besides helping in exploring the connection to the host galaxy, the properties of young
stellar clusters aid in understanding the poorly known process of star cluster formation.
Among the various properties, the present paper focuses on the cluster mass. A striking
feature of the star clusters detected in galactic mergers and merger remnants are the high
stellar masses reached by some of the members, as derived using M/L ratios from stellar
population models. For example, in the “Antennae” galaxies, the most luminous objects
have masses up to a few 106 M (e.g. Zhang & Fall 1999). Such luminous masses are
larger than the mean mass of old globular clusters in the Milky Way (M ∼ 2 · 10 5 M ,
e.g. Harris 1991), but are comparable to the mass of the most massive galactic GCs, like 47
Tuc (∼ 1.3 · 106 M , Meylan & Mayor 1986) especially considering that (some) cluster
mass will be lost. The percentage of mass loss due to stellar evolution between 30 Myr and
15 Gyr is only ∼ 20% (Maraston 1998), but dynamical processes such as evaporation and
tidal disruption are also expected to reduce masses of GCs. However the amount is difficult
to estimate, since it depends on the exact orbit of the cluster, its number of particles and
the potential of the parent galaxy. Recent N-body simulations for potentials appropriate for
spiral galaxies (Baumgardt & Makino 2003) indicate values from ∼ 50% of dynamical
mass-loss, to a negligible amount of dynamical mass loss when the cluster is populous
enough (N > 106 ). For the potential of an early-type system similar predictions are not yet
available.
This work focuses on the most extreme case of a superluminous star cluster known
to date, i.e. object W3 in NGC 7252. Its luminosity-derived mass is in the range ∼
107 − 108 M (Schweizer & Seitzer 1998; Maraston et al. 2001). These values are more
than ten times larger than those of the star clusters in the “Antennae”, in spite of W3 being
significantly older (t ∼ 300 − 500 Myr, Schweizer & Seitzer 1998, Maraston et al. 2001).
However, the mass determination via population synthesis models is affected by uncertainties in the age determination. As stellar M/L ratios increase with age due to the fading of
the light, an overestimation of the cluster age leads to an overestimation of its mass (other
effects like metallicity and initial mass function playing a minor rôle).
Given the potential impact of such high masses on the formation of stellar systems, in
particular in violent interactions and extreme environments, the light-derived masses have to
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Figure 7.1: The portion of the WFPC2 image of NGC 7252 containing W3 (from HST
archive, see Miller et al. 1997), with the UVES slit position superimposed. The x and
y dimensions are 27.8 arcseconds and 18.9 arcseconds, or 8.7 and 5.9 kpc, respectively
(1 pixel = 14.2 pc at the distance of NGC 7252 of 64.4 Mpc for H 0 = 75 km/sec, see
Miller et al. 1997).

be checked by comparing them with the values determined dynamically. The first succesful
attempt in this direction was by Ho & Filippenko (1996) for the young star clusters of
NGC 1569 (see Section 5), and more recently by Mengel et al. (2002) for those in the
“Antennae”. Here we have employed the spectrograph UVES on VLT to obtain a highresolution optical spectrum of W3 in order to measure its velocity dispersion, and hence
its virial mass. This paper reports on the (spectacular) results for W3. We will devote a
follow-up paper to present the results for the other star clusters measured during the same
observing program.

7.2 Determination of velocity dispersion
We obtained a high-resolution, high signal-to-noise (S/N ∼ 25 per pixel), visual spectrum
of W3 using the UltraViolet Echelle Spectrograph (UVES) mounted on the ESO/VLT. The
data were acquired during 2001 in service mode. The spectrum covers the wavelength
range 3500 − 6600 Å (setup Dichroic mode 1, CD#2+#3)) with a spectral resolution of 2
km/sec. Standard stars of spectral types A to K were acquired with the same setup in order
to construct an appropriate stellar template to be used to measure the velocity dispersion
(see below). The mean seeing during our runs was about 0.65 arcseconds FWHM at 5000
Angstroems. A narrow slit (0.8 arcseconds) was employed in order to minimize the background contamination. The slit lenght was 8 arcseconds, the position angle was 15 0 ± 30 and
the slit was centered on the object within less than 1 pixel, or 0.18 arcseconds. Figure 7.1
shows the portion of the WFPC2 image of NGC 7252 that contains W3, with the UVES slit
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Table 7.1: Velocity dispersion σ of W3 for different stellar templates (used wavelength
range: ∼ 5064.44 − ∼ 5324.10). Statistical errors on σ’s are of the order of 5 km/s.
Template
Sp
σ (km/s)
HD 204943
HD 3229

A7V
F5IV

37
60.2

HD 8048
HD 8462

F3V
F0V

54
48

Composite

–

45

superimposed on the object. The data were reduced by means of the UVES pipeline. The
UVES pipeline includes a standard procedure for the subtraction of the background light,
that applies well in case of a standard setting, like that adopted by us. To strenghten our
confidence concerning the background contamination, we evaluate the surface brightness of
the unresolved light around W3 in a series of apertures around it from 15 to 20 pixels, and
we found V /arcsec2 = 22.1 ± 0.3. Thus the galaxy is much fainter than W3 (V ∼ 17.8)
and the contamination is clearly insignificant.
We determined the line-of-sight velocity dispersion of W3 using an adapted version of
the Fourier Correlation Quotient (FCQ, Bender 1990) method as implemented by Bender,
Saglia and Gerhard (1994). Following Gerhard et al. (1998), the optimal order for the polynomial fitting of the continuum was determined from Monte Carlo simulations, as well as
the statistical errors of the derived parameters. The wavelength range was chosen to avoid
intrinsically broadened lines (e.g., the Balmer series), thus excluding the blue (λ < 4500 Å)
section of the UVES spectrum. In the reddest section (λ > 5650 Å) no strong lines are available for kinematical analysis. The final results were obtained using the region redwards of
Hβ (see Figure 1, where the spectrum of W3 has been blue-shifted to zero-redshift), comprising the Mg and Fe lines. When spectra of stars as hot as the ones present in W3 are
considered, even for these metallic lines the intrinsic broadenings are much larger than the
UVES instrumental resolution (≈ 37 km/s for the A7V star, see Table 7.1). Therefore,
it is important to test the effects of various templates. We considered: i) different individual stellar templates; and ii) a composite stellar template. The latter template aims at
reproducing the photometric properties of the cluster as close as possible and was obtained
by coadding individual stellar spectra with weights determined via the best-fitting stellar
population model for W3. Following Maraston et al. (2001), such a model is a Simple Stellar Population (SSP, i.e. a single metallicity instantaneous burst) with age of 300 Myr and
metallicity 0.5 Z , and it is shown to reproduce both the optical and near-IR light extremely
well. From this model we determine the contributions to the visual spectrum (i.e. the region
of application of FCQ) of the various stellar temperature bins. These are: ∼ 35% for the
main sequence stars around the turnoff (Teff >
∼ 8000 K), with other main sequence stars

Dynamical Mass of W3 in NGC 7252

147

Figure 7.2: The individual echelle orders of the smoothed, continuum subtracted and normalized spectrum of W3 (black lines) as a function of ln λ(Å) (range in Å∼ 5140 − 5570).
The red lines show the composite template broadened to the fitted σ (given in each panel in
km/sec.) and the green lines the difference with respect to the smoothed spectrum of W3,
shifted by 0.15 units for clarity. The rms of the differences are given in each panel. The
whole λ-range is shown in the last panel.

148

Chapter 7

contributing roughly ∼ 9%; ∼ 37% for helium-burning giants (4000K <
∼ Teff <
∼ 6000K);
∼ 19% for Thermally Pulsing-AGB stars. While template spectra for the TP-AGB stars
are not available, they are very cool and have small line widths, whence their inclusion
would increase the velocity dispersion (see Table 1). The spectrum of the composite template is then: Scomp = (0.5 · 0.3681) · (SHD3229 + SHR8084 ) + (0.5 · 0.09181) · (SHR8462 +
SHD204943 )+(0.35516·SHR3476). We note that a similar template would have been obtained
if we would have considered for W3 an SSP with solar metallicity and the slightly older age
of ∼ 500 Myr, a model that also provides a very good match to the optical spectrum of W3
(Schweizer & Seitzer 1998).
The individual echelle orders of the continuum subtracted and normalized spectrum
of W3 (black lines) are shown in Figure 7.2. For presentation reasons we smoothed the
original spectrum with a box average running mean of 20 pixel radius. The heliocentric
radial velocity derived averaging over the echelle spectra presented in Figure 1 is v hel =
4822.5 ± 0.97 km/sec, that compares very well with the value given by Schweizer &
Seitzer (1998) of vhel = 4821 ± 7 km/sec.
We derived the value of the velocity dispersion σ fitting each unsmoothed single order
independently. The red lines in the Figure show the corresponding broadened composite
template. The green lines display the difference to the smoothed spectrum of W3, shifted
by 0.15 units for clarity. The rms of the differences are also given. The last panel shows the
whole λ-range.
The σ’s derived from the single orders range from 36.5 to 51.6 km/sec, with a mean of
45 km/sec and r.m.s. of 5 km/sec. The r.m.s. of the difference is in the range 1.5 − 2 %.
Monte Carlo simulations matching the S/N of the observations reveal no systematic bias.
The estimated (statistical) error for the single echelle order is 5 km/sec. For completeness,
we list in Table 1 the σ’s obtained for W3 using the individual stellar templates. As our
final value of the velocity dispersion σ of W3 we adopt that obtained with the composite
template: σ = 45 ± 5 km/sec. This σ is much larger than any value determined so far for
galactic (see the compilation by Pryor & Meylan 1993) and extra-galactic (see Sect. 5.1)
GCs.

7.3 Structure and radius of W3
We use the most recent version of Ishape (Larsen 1999) to measure the structural parameters
of W3 on the images obtained with HST/WFPC2 through the F555W filter with an exposure
time of 60 s. and available through the HST archive. First, we created a synthetic PSF using
TinyTim 1 at the position of W3 on the chip. For the input spectrum of TinyTim we used
a blackbody with of 6500 K (having tested that blackbodies of other temperatures did not
affect the results). We then checked if Ishape could resolve any point-like sources at the
distance of NGC 7252 (64.4 Mpc, see e.g. Schweizer & Seitzer 1998), by running it on
10 isolated bright sources at various locations on the PC, W3 included. For these sources
1 version

5.0 as available at http://www.stsci.edu/software/tinytim
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Table 7.2: Structural parameters of W3 for various analytical models, b and a refer to the
minor and major axis respectively.
Model
FWHM (pix) Reff (pix/pc) b/a
χ2ν
King5
King30

1.61
0.71

1.14/16.2
1.05/14.9

0.71
0.76

2.75
1.2

King100
Moffat15

0.48
1.13

1.23/17.5
1.18/16.8

0.79
0.77

1.0
1.45

Moffat25
Gaussian

1.69
2.28

1.15/16.3
1.14/16.2

0.73
0.75

2.3
4.02

a King (1966) profile with a concentration index (i.e. the ratio of the tidal radius to the
core radius) c of 30 has been assumed. The returned values of the FWHM ranged between
0.17 and 0.71 pixels, showing the presence of both extended and point-like sources on the
PC. We then ran Ishape on W3 assuming various analytical models. The output structural
parameters for these models are given in Table 7.2, where the number after ‘King’ refers
to the concentration index, that after ‘Moffat’ to the power index multiplied by 10. The
reduced χ2 for each model (χ2ν ), normalized to the χ2 of model King100 are given in the
last column. The expected statistical uncertainty is δχ2ν = 0.17 and refers to 70 degrees of
freedom.
As the more extended King models reproduce the cluster light profile significantly better,
it is very likely that W3 is an extended object. Further, since the ratio of minor to major
axis (b/a) is found to be ∼ 0.75 consistently for all models, it is safe to say that W3 is
significantly flattened. The effect of the fitting radius on the derived cluster size has been
assessed by varying it between 5 and 20 pixels, and the variations are of the order of 1 pc,
therefore well within the observational errors. The derived effective radii for the best fitting
model (King100) range between 14.9 pc and 18.5 pc, for all possible combinations of model
profile and fitting radius. From all fits, we conclude that the best value of R eff for W3 is 17.5
± 1.8 pc. This value is larger than those for most young stellar clusters. For comparison,
for the clusters in the “Antennae” typical effective radii are found to be <
∼ 10 pc (Whitmore
et al. 1999).
The Reff we obtain here for W3 is significantly larger than the 7 pc obtained by Miller
et al. (1997). This is likely due to the extended envelope of W3, which fell beyond the small
apertures used by Miller et al. (1997) for their size estimates. The aperture method used
missed flux and oversubtracted background (which contained cluster-envelope light), with
the final effect of underestimating the cluster radius. To test this hyphotesis we ran Ishape
on the other clusters of NGC 7252 with extended wings, i.e. W6, W26 and W30, and on
those that do not have extended wings, i.e. W32 and W35. For the former we find sizes
systematically larger than those given by Miller et al. (1997), while for the latter we derive
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values perfectly consistent with those by Miller et al..

7.4 Dynamical mass of W3
According to Spitzer (1987), the virial mass M of a cluster is M = 3aσx2 rh /G where σx is
the one-dimensional velocity dispersion, the factor 3 relating it with the actual velocity
dispersion; rh (= 1.3 Reff , Spitzer 1987) is the half mass radius; a ∼ 2.5 is the factor
connecting the half-mass radius to the gravitational radius, the latter being the radius to be
used into the virial theorem. Using the value of σ obtained with the composite template,
and Reff = 17.5 ± 1.8 pc, we obtain: MW3 = 8 ± 2 · 107 M . As will be discussed
in Section 5, this value is in excellent agreement with that we derived previously using
stellar M/L ratios predicted by evolutionary population synthesis models (see Maraston et
al. 2001). The assumption behind the determination of a virial mass is that W3 is a relaxed
system, i.e. self-gravitating and stable.
3/2
The half-mass relaxation time according to Spitzer (1987) is trh = 1.7 · 105 · rh · N 1/2 ·
−1/2
m
where rh is the half mass radius (in pc), N is the total number of stars, m is
the typical stellar mass (in M ), i.e. m = M/N , with M the total mass of the cluster.
N is determined by integrating the Salpeter mass function from 100 M down to a lower
limit of 0.1 M , and normalizing the IMF scale factor to the present mass taking into account both living stars and stellar remnants (according to the prescriptions given in Maraston 1998). The number of stars is estimated to be N ∼ 2.8 · 108 . Using rh = 22.75 pc (see
Section 3), we obtain trh ∼ 6 × 1011 yr. We conclude that, contrary to usual globular clusters, W3 is not collisionally relaxed. Nevertheless, its crossing time is very short
(tcross ≈ Reff /σ = 3.5 × 105 yr), much smaller than its age (∼ 300 Myr, see above).
Therefore we expect that, like in elliptical galaxies, violent relaxation has taken place, virializing the system.
It is extremely unlikely that W3 is a superposition of smaller clusters for the following
reasons: 1) the surface brightness profile of W3 is very smooth (almost a PSF); 2) W3
is located in a quite uncrowded area ∼ 5 Kpc from the center (see Miller et al. 1997,
Figure 6; Maraston et al. 2001, Figure 1) where not many objects are found; and 3) the
component clusters would need to possess almost identical spectral type and radial velocity
to be invisible in the spectrum.

7.5 Discussion
7.5.1 Mass
Our main result is the perfect agreement between the dynamical mass determined here for
W3, and the luminous mass as derived for it from model M/L ratios (Maraston et al. 2001).
Recalling those results, a luminous mass 7.2 × 107 M was obtained for a Salpeter IMF
with lower and upper mass cutoffs of 0.1 and 100 M , respectively; 4. × 107 M for a
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Gould IMF (Gould, Bahcall & Flynn 1997), i.e. an IMF the slope of which flattens with
respect to Salpeter at the low mass-end (M ≤ 0.6 M ). The mass derived using a Salpeter
IMF is amazingly close to the dynamical estimate. In case one prefers the Gould-type IMF,
roughly 45 % of the total mass of W3 inside the half-mass radius should be dark, but it is
clearly not possible to discriminate among the two options. It should be noted that the same
agreement is found for the luminous masses as derived from the near-IR M/L (Maraston et
al. 2001).
The modeling of W3 as a simple stellar population of 300 Myr, 0.5 Z appears very
self-consistent from every side, colours, Balmer lines (Schweizer & Seitzer 1998), M/L.
This favours the idea that W3 is a globular cluster, since all but one globular clusters in the
Milky Way are simple stellar populations. However, as initially pointed out by Schweizer &
Seitzer (1998), the mass of the evolved W3 will still be > 100 times larger than the mass of
typical galactic GCs, having taken into account the stellar mass losses. Note that a flat IMF
all over the mass range, as sometime advocated in the literature (e.g. Mengel et al. 2002)
does not help in reducing significantly the total mass of the aged W3. Quantitatively, the
decrease in the stellar mass between 300 Myr and 10 Gyr for a flat IMF with exponent 1.5
(in the notation in which the Salpeter’s one is 2.35) is only a factor 1.64 larger than in case
of Salpeter or Gould IMF (Maraston 1998).
Dynamical mass-loss, e.g. tidal stripping and evaporation, act in removing mass. However evaporation is not important for such a massive object, and we estimated that it can
remove only 1% of mass (see Maraston et al. 2001). Tidal stripping might be more efficient,
but as stated in Section 1, its impact is difficult to assess for our object since current N-body
simulations (Baumgardt & Makino 2003) refer to clusters in spiral-like gravitational potential for the parent galaxy, while NGC 7252 has a de Vaucouleurs profile (Schweizer 1982).
However, according to these simulations, the amount of dynamical mass-loss decreases
strongly with an increasing number of particles, therefore it is probably negligible for W3
because of its very large number of stars (cfr. Section 4).
The very large mass and flattened structure of W3 (cf. Table 2) cast some doubt as to
its nature as a GC. Indeed, in the Milky Way the maximum value of σ is ∼ 18 km/sec for
the old metal-rich GCs NGC 6441 and NGC 6388 (Pryor & Meylan 1993). The Magellanic Clouds GCs, many of which have ages/metallicities like W3, have normal luminosities (∼ 104−5 L ) and, when measured, normal σ’s (for the SMC GC NGC 419 Dubath
et al. (1997) give σ ∼ 9.5 ± 0.3 km/s). The young (some tenths of Myr) star clusters
of the nearby dwarf galaxy NGC 1569 have dynamical masses ∼ 3 · 10 5 M , and will
evolve in perfectly normal Galactic-type GCs. Instead, the mass of some of the star clusters
in the ongoing merger NGC 4038/4039 (“the Antennae”), although being coeval to those
of NGC 1569, are at least ten times larger (see Section 1), as well as that of a very young
(∼ 15 Myr) star cluster in the nearby spiral NGC 6946 (Larsen et al. (2001). Worth noting
is also the case of the star clusters in the 3 Gyr old merger remnant NGC 1316 in Fornax.
As discussed by Goudfrooij et al. (2001), the luminosity-derived mass of the brightest star
cluster, being already 3 Gyr old is still ∼ 1.4 · 107 M . It would be interesting to verify
this number with dynamical measurements.
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Figure 7.3: The κ space of stellar systems, in a remake of Fig. 11 of Burstein et al. (1997).
To easy the reading, the physical parameters mass, M/L and surface brightness are also
reported, according to the definition of κ’s (Bender, Burstein & Faber 1992). Lines define
average sequences for: B+E (bulges and ellipticals); dE (dwarf ellipticals); GC (globular
clusters). The open circle highlights the position of the compact elliptical M32. For the
sources of these data see Burstein et al. (1997). The quantities refer to H 0 = 75 km/sec.
The present position of W3 is displayed by means of the open star, while its predicted
position at an age of 10 Gyr is indicated by the arrow. Crosses show G1 and ωCen, the most
massive stellar clusters known in the Local Group. The filled triangle indicates the very
compact objects detected in the Fornax cluster (Hilker et al. 1999; Drinkwater et al. 2000)
named ultra compact dwarf galaxies (UCDGs) (sources of the data of the latter three objects
are given in the text).

It seems natural to conclude that the formation of abnormally massive star clusters is
very much favoured by extreme environments like galaxy interactions/mergers.
With a mass of ∼ 108 M W3 is two orders of magnitudes more massive than any
other GC with reliable dynamical mass estimates, and its classification does not appear
straightforward.
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7.5.2 Clues from the κ space
In order to put the properties of W3 in context among other types of stellar systems, the
most comprehensive way is to consider the fundamental plane of dynamically hot systems
(Dressler et al. 1987; Djorgovski et al. 1987) in which the basic structural parameters: effective radius, mean surface brightness inside the effective radius, and central velocity dispersion, are considered simultaneously. Particularly useful is the re-definition of the fundamental plane known as κ-space (Bender, Burstein & Faber 1992) that combines the three
variables mentioned above into more physically meaningful ones. The new variables called
κ1 , κ2 and κ3 , are proportional to the mass, the product of M/L and surface brightness (i.e.
the compactness of the system) and the M/L, respectively.
The κ-space is shown in Figure 7.3, in a fashion similar to Fig. 11 of Burstein et
al. (1997). The sequences defined by the stellar systems: B+E (bulges plus ellipticals);
dE (dwarf ellipticals); GC (globular clusters) have been drawn from their work. The κcoordinates of the compact dwarf elliptical M32 (open circle) are from Bender et al. (1992).
In order to place W3 onto the κ-space, the central velocity dispersion σ 0 has been evaluated from its average value determined in this work, by means of the relation σ 0 =< σ >
/0.87 = 51.72 km/sec (derived from Djorgovski et al. 1997), where it has been assumed
that all the light out to 3 − 5Reff fell into the UVES aperture. The arrow indicates the position of W3 when 10 Gyr old. This implies a fading of 3.66 mag in B, according to the
evolutionary synthesis models adopted here (Maraston 1998; Maraston et al. 2001).
The most massive star clusters (with dynamical mass measurements) known before W3
are G1 in M31, the most luminous stellar cluster of the Local Group, and ωCentauri in the
Milky Way. As the aged W3 could be more related to these heavy-weight objects than to
typical GCs, we have also plotted them into the κ-space. For G1 a σ0 ∼ 27.8 km/sec is
provided by Meylan et al. (2001), and from their dynamical model we estimate R eff ∼
4.47 pc. For ωCen σ0 ∼ 16 km/sec (from Pryor & Meylan 1993), and Reff ∼ 4.85 pc is
from van den Bergh et al. (1991). It should be noted that both G1 and ωCen have been
argued to be the remnant nuclei of stripped galaxies (Meylan et al. 2001; Freeman 1993),
because they show a metallicity spread, in other words they both are not simple stellar
populations as all other galactic GCs.
The filled triangle in Figure 2 shows the position of the objects named Ultra Compact
Dwarf galaxies (UCDGs) detected recently in a deep spectroscopic survey in Fornax (Hilker
et al. 1999; Drinkwater et al. 2000). The nature of these objects is currently under debate,
and as discussed by Phillipps et al. (2001) they could be either extremely large star clusters
or extremely compact small galaxies, perhaps the nuclei of stripped dE (see Drinkwater et
al. 2003). This ambiguity pushes to a comparison with our object. To place the UCDGs in
the κ-space we evaluate as average magnitude B ∼ 19.95 using objects n. 1,2,4,5 from
Table 3 of Karik et al. (2003) that show consistent properties, i.e. we excluded object n. 3
that is significantly brighter. Mean values of Reff ∼ 20.75 pc and σ0 ∼ 27.54 km/sec are
obtained by averaging the individual values of the 4 objects (M. Hilker, private communications, see also Drinkwater et al. 2003). The spectra of the UCDGs are consistent with
old stellar populations (Hilker et al. 1999; Drinkwater et al. 2003), therefore they should be
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compared to W3 aged to 10 Gyr.
The following conclusions emerge from Figure 7.3. It is confirmed that W3 lies far
from the GC sequence because it is not compact enough given its mass compared to the
GC sequence. This remains true when W3 is compared with G1 and ωCen. W3 is also far
from the position of dwarf ellipticals because it is far more concentrated at a mass matching
the least massive dEs. Instead, the aged W3 shows properties that are remarkably similar to
those of the mysterious UCDGs. Using the similarity in the opposite direction appears safer,
since we presume to know how W3 has been formed, i.e. during the merger event. This
suggests that the UCDGs might have formed in similar violent galaxy interactions at high
redshift, since they are found to be old. It should be noted however that while these objects
are currently found in a galaxy cluster, NGC 7252 is rather isolated. This implies that the
cluster environment is not an exclusive one for forming ultracompact massive objects. It
would be interesting to search for these type of objects in the vicinity of other relatively
isolated elliptical galaxies. Additionally, we note that other gas rich galaxy mergers, like
the Antennae, seem not to have produced objects as massive as W3.
Finally, we briefly comment on the relation between W3 and the compact elliptical M32
(empty circle). Similar to W3, M32 has properties that place it in the realm of rare objects
(see e.g. Bender, Burstein & Faber 1992), since for its mass is much more compact that
the elliptical galaxies defining the sequence in Figure 2. In this context it is worth noting
that, contrary to the compact objects of Fornax, M32 is the only close companion of the
giant spiral M31. Similarly, in 10 Gyrs W3 will be the only visible close companion of
NGC 7252.
It is unfortunate that the most straightforward difference between GCs and dwarf galaxies, i.e. the simple (i.e. single, mono-metallic burst) versus the complex (i.e. extended star
formation) nature of their stellar populations is not assessable in case of distant objects, like
W3 (and the UCDGs). In any case, we have learned that the galaxy interaction that has
originated NGC 7252 roughly 1 Gyr ago was also capable to form a stellar system whose
structural properties fall into a domain of rare objects. These objects at a given mass are
more compact than dwarf galaxies, and at given compactness are more massive than GCs,
and start populating a previously empty region of the fundamental plane.
It would be valuable to explore under which conditions current simulations of NGC 7252type mergers (e.g. Mihos & Hernquist 1996) can produce W3-like objects.
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Chapter 8
VIMOS Spectroscopy of Young Cluster Complexes
in the Antennae Galaxies

N. Bastian, E. Emsellem, M. Kissler-Patig, and C. Maraston
Astronomy & Astrophysics, to be submitted
Abstract We present the first results of a survey to obtain Integral Field Unit Spectroscopy
of merging galaxies along the Toomre Sequence. In the present work, we concentrate on
the star cluster complexes in the Antennae galaxies (NGC 4038/39) in the overlap region
as well as the nuclear region of NGC 4038. Using the optical spectroscopy we derive
the extinction, age, metallicity and star formation rate for each of the seven complexes
detected. We supplement this study with archival HST-WFPC2 U, B, V, Hα, and I band
imaging. Correcting the observed colours of the star clusters within the complexes for
extinction, measured through our optical spectra, we compare the clusters with simple stellar
population models to independently derive their ages and masses. In four of the complexes
we detect strong Wolf-Rayet emission features, indicating extremely young ages. We also
find that the complexes themselves are grouped, at about the largest scale of which young
star clusters are correlated, representing the largest coherent star forming region. In a few
cases we can resolve the emission lines and determine outflow velocities (FWHM) of 50150 km/s. These types of outflow velocities are typical for the centers of dwarf starburst
galaxies. We show that the area normalized star formation rates of these complexes clearly
place them in the regime of star forming regions in starburst galaxies, thereby justifying
the label of local starbursts. Finally, we estimate the stability of the complexes, and find
that they will probably loose a large fraction of their mass to the surrounding environment,
although the central regions may merge into a single large star cluster.
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8.1 Introduction
Mergers of gas-rich spiral galaxies can produce vast amounts of young massive star clusters.
Examples of these extraordinary systems are NGC 7252 (Miller et al. 1997, Schweizer &
Seitzer 1998), NGC 3921 (Schweizer et al. 1996), NGC 1316 (Goudfrooij et al. 2001) and
NGC 3256 (Zepf et al. 1999), all of which harbor populations of globular cluster sized
star clusters which formed concurrently with the merger. The closest, and most spectacular
ongoing spiral-spiral merger is NGC 4038/39 (also known as The Antennae) which contains
thousands of massive star clusters in the process of forming (Whitmore et al. 1999). Due
to its proximity and high cluster formation rate, the cluster population of NGC 4038/39 has
been arguably one of the most rigorously studied.
Using a wealth of multi-wavelength data, Zhang et al. (2001) showed that the youngest
star clusters in NGC 4038/39 are not isolated, but instead tend to be distributed in a clustered
fashion themselves. This implies that clusters do not form in isolation, but as part of a larger
hierarchy of structure formation, extending from stellar to kiloparsec scales (Elmegreen &
Efremov 1996). These complexes of star clusters are the subject of the present study.
The best studied cluster complex is a large complex in the spiral galaxy NGC 6946. This
complex has a diameter of 600 pc and a total mass estimated to be ∼ 10 7 M (Larsen et
al. 2002). The most massive star cluster within the complex has a mass of ∼ 10 6 M and an
age of 15 Myr (Larsen et al. 2002). Additionally there are other smaller star clusters within
the complex which have similar ages (Elmegreen, Efremov & Larsen 2000). This complex
seems to have undergone three distinct bursts in its star formation history, one between 20
and 30 Myr ago, the second, including the most massive cluster, around 15 Myr ago, and
a third which began roughly 6 to 8 Myr ago and is continuing until the present (Larsen et
al. 2002). Despite the multiple star formation epochs there is no clear relation between the
age of the star clusters and their locations within the complex.
Other large complexes (with and without star clusters) include the Gould Belt in the
Galaxy (e.g. Stothers & Frogel 1974), a large stellar complex in M83 (Camerón 2001), as
well as a series of cluster complexes along the western spiral arm of M51. These latter complexes seem to follow the same mass vs. radius relation as giant molecular clouds, which
appears absent at the level of the individual star clusters (Bastian et al. 2005). This suggests
that these complexes are the direct results of fragmentation of single giant molecular clouds.
Kroupa (1998) and Fellhauer & Kroupa (2002) have suggested that cluster complexes
(what they call superclusters) host a significant amount of merging of clusters within them.
In their simulations this merging results in a massive extended star cluster which shows a
radial age and metallicity gradient. The authors suggest that this is a mechanism to form extremely massive star clusters, like those observed in the merger remnant NGC 7252 (Maraston et al. 2004).
To better understand the nature of cluster and cluster complex formation, we have obtained integral field spectroscopy of two regions in the merging galaxies NGC 4038/39. This
data is then combined with archival HST-WFPC2 broad and narrow band imaging which is
able to spatially resolve each complex into its individual cluster components. The spectro-

VIMOS Spectroscopy of Cluster Complexes

159

scopic data presented here is one part of a much larger survey of the relationship between
young massive star clusters, the interstellar medium, and the background stellar populations
in interacting galaxies.
In § 8.2 we present both the spectroscopic and photometric observations. The spectral
features are introduced in § 8.3 and we exploit them in § 8.4 to derive their extinctions
and metallicities. § 8.5 is dedicated to deriving the ages of the complexes through the
individual clusters within the complexes as well as by Wolf-Rayet features when available.
The interstellar matter within the complexes, the star formation rates, and expanding shells
are the topic of § 8.6. In § 8.7 we discuss the formation of the complexes and their relation
to giant molecular clouds. The stability of the complexes is the subject of § 8.8 and in § 8.9
we summarize the main results.

8.2 Observations
8.2.1 VLT - VIMOS
Two fields in the interacting galaxies NGC 4038/39, containing young massive star clusters, were observed with the VIMOS (Visual Multi-Object Spectrograph) Integral Field Unit
on the VLT during the nights of April 3rd, 4th, and 5th, 2003. The first field (hereafter
Field 1) is located in the interaction region between the two galaxies (Region E + F, Fig. 6a
in Whitmore et al. 1999), while the second field (hereafter Field 2) is centered on the nucleus of NGC 4038. The positions of the two fields are shown in Fig. 8.1. The observations were taken with the blue arm in high-resolution mode, covering the wavelength range
4150Å to 6100Å with a spectral resolution of ∼ 1.8Å at the position of Hβ. The spatial
sampling of the IFU was 0.6600 covering 2700 by 2700 on the sky. Each individual exposure
was 1200s, and we obtained 8 useful exposures resulting in a total exposure time for each
field of 9600 seconds. We also obtained off-target pointings in order to subtract the sky
background. These are not used in the present work as we used neighboring regions of the
complexes to estimate the background, including the underlying contributions from both the
sky and galaxies NGC 4038/39.
The data were reduced using the VIMOS/IFU pipeline1 . The pipeline includes bias
subtraction, flat-fielding, extraction of individual spectra, and wavelength calibration. The
pipeline also produces reconstructed images of the field of view, which are shown in Fig. 8.1.
To obtain the spectra of each cluster complex, we summed the spectra from all the ’spaxels’
(spatial elements of the reconstructed image) containing flux from the cluster complex. The
apertures were selected from the reconstructed images, and typically contained 12 to 18
spaxels. Due to the irregular apertures and the sizes of the complexes being comparable
to the spatial resolution, no attempt was made to resolve the individual complexes. We
then selected a region of background near each complex in order to extract a background
spectrum, which was then subtracted from each cluster complex spectrum. These spectra
1 The

pipeline available at http://www.eso.org/observing/gasgano/vimos-pipe-recipes.html
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Figure 8.1: Left: HST-WFPC2 F555W mosaic image of the Antennae. Right: The reconstructed VLT-VIMOS/IFU images shown in the same orientation, of the two pointings.
Field 1 is shown on the top, while Field 2 is the bottom inset.

were then flux-calibrated using photometric standard stars observed in each of the four
VIMOS/IFU quadrants.

8.2.2 HST - WFPC2
We retrieved HST WFPC2 observations in the F336W (U), F439W (B), F555W (V), F658N
(Hα), and F814W (I) filters from the HST archive. These data are presented in depth in
Whitmore et al. (1999). Point-like sources were found using the DAOFIND task in IRAF
and aperture photometry was carried out with the PHOT routine using an aperture, inner
and outer background radii of 1.5, 3.5 and 5.5 respectively. CTE corrections were carried
out using the formulae of Whitmore, Heyer & Casertano (1999). Aperture corrections were
determined from bright isolated sources. Comparison of our photometry to that of Whitmore
et al. (1999) reveals that they are consistent within 0.03 in magnitude. Figures 8.2 & 8.3
show images of Field 1 and Field 2 respectively. We adopt the same distance to the Antennae
as Whitmore et al. (1999), namely 19.2 Mpc.
The complexes in Field 1 are named Complex 1 through 5, which the complexes in
Field 2 are named Nuc 1 and Nuc 2 to designate them as belonging to the nuclear region of
NGC 4038.
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Figure 8.2: Field 1. Top Left: F439W image with the complexes labeled by number. Five
arcseconds corresponds to ∼ 465 pc at the adopted distance of NGC 4038/39. The complexes are identified and labelled Complex 1 through 5. Top Right: Continuum subtracted
Hα image of the same field.
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Figure 8.3: Field 2. F439W (B) band image of the nuclear region of NGC 4038. The two
complexes in this region are labelled Nuc 1 and Nuc 2.
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8.3 Observed spectral properties
8.3.1 Introduction to the spectra
The full spectra of each of the complexes are shown in Fig. 8.4 & 8.5. The dominating features of these spectra are the nebular emission lines Hγ, Hβ, [O III] (λλ4959, 5007 Å) and
He I (λ5876), indicating the presence of a large amount of ionized gas. Additionally, Complexes 4, 5, Nuc 1, and Nuc 2 show strong Wolf-Rayet emission features (e.g. He II λ4686),
characteristic of extremely young stellar populations. Many of the complexes also show
underlying stellar absorption features, the most notable example of this is Complex 3. All
of these features will be discussed in detail in the following sections.

8.3.2 Nebular emission line features
Many of the spectra of the cluster complexes show a combination of (nebular) emission
and underlying stellar absorption features. In the present study we are primarily interested
in the emission features, namely Hγ, Hβ, and [O III]λλ4959, 5007 which can be used
to estimate the extinction, metallicity, and total ionizing flux in the region. In order to
remove the underlying absorption features from our data, we have employed the penalized
pixel fitting method developed by Cappellari & Emsellem (2004). This procedure fits a
linear combination of template models (in this case the simple stellar population models)
with the addition of a polynomial, to the observed spectra. For templates, we choose the
simple stellar population models of Vazdekis (1999). The best fitting combination template
was then subtracted from the observed spectra, leaving a pure emission line spectrum. An
example of this technique for two sections of the spectra of Complex 3 is shown in Fig. 8.7.
We then measured the wavelength, flux, and FWHM of each of the emission lines with
the SPLOT routine in IRAF, approximating each line as a Gaussian. For the kinematic
determination we measured the Hγ, Hβ, [O III]λλ4959, 5007, and HeII(λ5876) emission
lines when available. Typical velocity errors are ∼ 5 − 10 km/s. Fluxes, equivalent widths
and velocities are shown in Table 8.2.
We do not detect [O III]λ4363 in any of our spectra, thus we were not able to estimate
the temperature of the ionized regions. Non-detection of this line, however, is not surprising since it is known to become extremely weak in systems with metallicities above 0.5
(O/H) (Kennicutt et al. 2003). As will be seen in the next section, the complexes studied
here are all nearly or above 0.5 Z .

8.4 Extinction and metallicity of the complexes
By measuring the relative strengths of Hγ to Hβ, we can estimate the amount of extinction
within the complex. For Case B recombination at 10,000K the ratio of Hγ to Hβ is 0.466.
By comparing the observed value of Hγ/Hβ and assuming the extinction curve of Savage &
Mathis (1979) we find extinctions, AF555W , between 0 and ∼ 1.5. Care must be taken when
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Figure 8.4: Observed spectra of the cluster complexes in Field 1. All spectra are in the rest
wavelength of NGC 4038, and have not been corrected for extinction. Prominent emission
lines are indicated, including the Wolf-Rayet feature at ∼ 4650 Å. The spectra have been
smoothed using a boxcar function with width 4.5 Å.

interpreting these numbers, however, as extinction most likely varies across each complex.
Unfortunately our observations do not have the spatial resolution to correct for this effect.
We therefore apply the average extinction estimate of each complex to each source within
that complex. The one exception to this is Complex 1. The lack of Hα emission (as seen
in the top right panel of Fig. 8.2) at the position of Complex 1 and the strong HII region
nearby lead us to conclude that the emission lines and Wolf-Rayet features come from the
neighboring HII region, and not from Complex 1 itself. Thus, we do not know the extinction
for Complex 1 and we therefore assign the clusters within Complex 1 zero extinction.
We can also use the spectra to estimate the metallicity of each complex. As is the
case with extinction, we do not have high enough spatial resolution to detect variations
in metallicity across the complex. However, we do not expect large metallicity gradients
within each complex as all sources within a complex presumably formed from the same
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Figure 8.5: Observed spectra of the cluster complexes in Field 2. All spectra are in the rest
wavelength of NGC 4038, and have not been corrected for extinction. Prominent emission
lines are indicated, including the Wolf-Rayet feature at ∼ 4650 Å(the blue bump) as well as
the Wolf-Rayet feature at 5696 Åwhich is the broad emission from C III. The spectra have
been binned using a boxcar function with width 4.5 Å.

giant molecular cloud or cloud complex. From Vacca & Conti (1992), we derive the O/H
ratio in the emission line regions using:
log(O/H) = −0.69logR3 − 3.24(−0.6 ≤ logR3 ≤ 1.0)
where
R3 =

I([O III]λ4959) + I([O III]λ5007)
I(Hβ)

The estimated intrinsic uncertainty in the calibration of this method is ± 0.2 in log
(O/H) (Edmunds & Pagel 1984). We have adopted the “Local Galactic” oxygen abundance
of (O/H) = 8.30 × 10−4 (Meyer 1985) for the ’solar’ abundance.
This empirical relation, however, has been shown to be affected by the hardness of the
ionizing photons. Another empirical relation has been introduced which attempts to compensate for this effect, the R23 relation. The relation includes the contribution from a another
ionized species of oxygen, namely [O II], which takes into account the ionization structure
of oxygen. Unfortunately our wavelength range does not extend to the [O II]λ3727 Å line,
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which is required for the R23 calibration. Also see Kennicutt et al. (2003) for a discussion
on the accuracy of using collisionally excited lines for metallicity determination.
Despite the above caveats, we list the measured metallicities of the complexes in Table 8.2.

Figure 8.6: Reconstructed image of the VIMOS-IFU observations of Field 1 with the five
complexes labeled by number. The orientation is the same as in Fig. 8.2.

8.5 Ages of the cluster complexes
8.5.1 Ages of the individual clusters based on photometry
A common technique employed to derive the ages of individual clusters is to compare the
spectral energy distribution of each cluster to that of simple stellar population models (e.g.
Bik et al. 2003, Bastian et al. 2004). In the present work, we choose the GALEV models
(Schulz et al. 2002, Anders & Fritze v. Alvensleben 2003) which use the isochrones from
the Padova group and include the contribution of emission lines for young ages. The solar
metallicity tracks assume a Salpeter IMF from 0.15 to 50 M .
One of the main degeneracies in this kind of study, is between age and extinction for
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Figure 8.7: Top: The blue region of the spectrum of Complex 3 in Field 1. The black line is
the observed spectrum, the red line is the best fitting stellar template, and the green line is the
pure emission line spectrum (the observed spectrum minus the stellar template). Bottom:
The same as the top panel, but now for the red section of the spectrum of Complex 3.

young clusters. This can be seen in Fig. 8.8 where the extinction vector is almost parallel
to the evolutionary tracks for ages less than ∼ 107.5 years. In the present study, however,
we estimated the extinction independently, using the Hγ/Hβ ratio from our spectroscopy.
Therefore, we have corrected the photometry of each cluster within the complexes for the
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extinction value derived in § 8.4 (except Complex 3 as discussed above).

Figure 8.8: Top: Colour - colour diagram of the clusters within the five complexes in
Field 1. The short dashed, solid, and long dashed lines are the model GALEV SSP model
tracks for half solar, solar, and twice solar metallicity, respectively (the numbers correspond
to the logarithm of the age in years at that point). All points have been corrected for the
average extinction of the complex (see text). The brightest cluster in each complex is circled.
Sources within each complex have been labeled as follows; solid diamonds for Complex 1,
filled triangles for Complex 2, open squares for Complex 3, open diamonds for Complex 4,
and open triangles for Complex 5
Figures 8.8 & 8.9 show the colours of all clusters that have errors of less than 0.15 in
their colours, the brightest cluster in each complex is circled. The GALEV evolutionary
tracks of different metallicities, 12 Z , Z , 2Z are overplotted as dashed-dotted, solid, and
dashed lines respectively. The numbers correspond to the log of the age of the models (in
years), which are also marked with an asterisk.
The GALEV models do an excellent job in reproducing the observed colours, once extinction is removed. Table 8.1 shows the derived ages and masses from the photometric
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Figure 8.9: Same as Fig. 8.8 but now for clusters inside the complexes in the nuclear region
of NGC 4038 (Field 2). Filled diamonds are clusters within Complex Nuc 1 while filled
triangles represent clusters in Complex Nuc 2. The two clusters from complex Nuc 1 near
the lower left model tracks dominate the optical light from the complex. Complex Nuc 2
seems to have clusters within it’s projected radius with ages between a few Myr and a
hundred Myr. The brightest cluster in each complex is circled.

method. The age (and hence the mass) of Complex 3 is poorly constrained as it is located
near the ’red loop’ in colour space for solar metallicity SSP evolutionary tracks. An addition
complication is that its extinction is poorly constrained.
It is evident from the colours in Figs. 8.8 & 8.9 that Complexes 2, 3, and Nuc 1 contain clusters with significant age differences, as they have a significant scatter in their
colours which is not parallel to the extinction vector. This is consistent with the findings of
Elmegreen et al. (2000) and Larsen et al. (2002) who found clusters with different ages in
the large cluster complex in NGC 6946 (∆(age)≈ 30 Myr). Despite the possible presence of
these multi-age populations, we assign the age of the brightest cluster to that of the complex
for further comparison.
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We can see the caveat of our extinction determination in Complex Nuc 2 in Fig. 8.9.
There, we see that all the clusters within the complex can be connected by the extinction arrow in colour space. Thus, these clusters could be older, low extinction objects, or younger,
high extinction objects. So we can only conclude that there is either a large difference in
reddening across the complex or that there exists a multiple age population. Spectroscopy
of individual complex members is required to break this degeneracy.
The photometric ages of the brightest cluster in each complex derived in this section are
shown in Table 8.1, and range from a few Myr to ∼ 60 Myr.

8.5.2 Age dating of the complexes based on their Wolf-Rayet features
We can take advantage of the presence of young massive stars within each complex by using
their Wolf-Rayet features to independently derive their ages. Wolf-Rayet stars produce
strong broad emission lines which can be identified in the composite spectrum of a stellar
population. This technique has the advantage that it is independent of extinction and can be
used to verify or contradict the ages determined through their colours. The main drawback
of this method is that stellar synthesis models (such as GALEV) are often of too low spectral
resolution to be used as templates. The spectral region around the “blue bump” Wolf-Rayet
feature (λ4650Å) for each of the complexes is shown in Figs. 8.10 & 8.11.

Figure 8.10: The region of the spectrum around the ’blue bump’ Wolf-Rayet (∼ λ4650 Å,
made up of the N III, C IV and He II broad emmision lines) feature for the five complexes in
Field 1. The continuum has been subtracted from each spectrum. The WR feature is clearly
observed in complexes 4 and 5, and weakly, though definitely present, in complex 1.
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Figure 8.11: Same as Fig. 8.10 but now for the two complexes present in the nuclear region
of NGC 4038. Complex Nuc 1 has a strong WR feature, while in Nuc 2 the feature is either
weak or absent.

Recently, Norris (2003) has incorporated the new detailed models of O star and WolfRayet atmospheres of Smith, Norris, & Crowther (2002) into the spectral synthesis code,
Starburst99 (Leitherer et al. 1999). The models predict the relative strengths of strong WolfRayet features, namely He II(λ4686Å), C IV(λ4658Å), and N III(λλ4634, 4640Å). These
models show that Wolf-Rayet features are only present between the ages of 3 and 5.5 Myr.
Some caution must be used here, as the models assume an instantaneous formation of all
stars in the complex. This is probably not correct, however, as the best studied local young
massive cluster, R136 in 30 Dor (where the cluster can be resolved into individual stars),
shows an age spread of ∼ 3 − 4 Myr within the cluster (Massey & Hunter 1998). This
effect will be even more pronounced if the most massive stars form last within a cluster, as
suggested in the data of Massey & Hunter (1998). Additionally, if there are a significant
number of massive binary systems, mass transfer between the two stars can significantly
extend the time during which a population contains Wolf-Rayet stars (Van Bever & Vanbeveren 2003). Thus, the ages derived in this way are not necessarily absolute, although the
relative age dating (younger to older) should hold, assuming that each cluster forms over
the same amount of time and that the ratio of binaries to single stars is constant between
clusters. Since the metallicities derived in § 8.4 (listed in Table 8.2) were all near solar or
higher, we choose to restrict our analysis to models with solar metallicity. Here we discuss
the Wolf-Rayet features of each cluster complex individually.
• Complex 4: This complex shows strong N III(λ4634) & C IV(λ4658 Å) as well as
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broad underlying Wolf-Rayet emission features. The two lines mentioned are equal
to or stronger than the He II(λ4686Å) feature, indicating an age of 3-4.5 Myr.
• Complex 5: The presence of a broad underlying blend of lines, as well as strong
He II(λ4686Å) and C IV(λ4658Å) emission indicates a young age, estimated to be
between 2.5 and 3 Myr.
• Complex Nuc 1: The equal strengths of He II(λ4686Å), C IV(λ4658Å), and
N III(λλ4634, 4640Å) emission indicate a somewhat older age, between 3.5 and
4.5 Myr.
• Complex Nuc 2: The Wolf-Rayet features in this complex are not far above the continuum, presumably because this complex contains multiple age populations, and the
youngest cluster (which has the Wolf-Rayet features) does not out-shine the rest of
the complex. The colours of the young cluster in the complex put it very near the
position of Complex 5 in colour space, although the Wolf-Rayet features put it at a
larger age than Complex 5. The equal strengths of He II(λ4686 Å), C IV(λ4658Å),
and N III(λλ4634, 4640Å) suggest an age of 3.5 to 4.5 Myr.
The ages estimated in this way give slightly younger ages than the photometric method,
assuming that the brightest cluster within the complex is the one contributing the WolfRayet features (see Table 8.1). This discrepancy may be due to an extended lifetime of the
Wolf-Rayet phase linked with binary star evolution.
We conclude that the complexes with Wolf-Rayet features in their spectra contain star
clusters which appear to be very young (< 10 Myr), presumably the source of the WolfRayet features. Thus, given the uncertainties in both methods, the two age dating methods
are consistent with each other.

8.6 Interstellar matter in the cluster complexes
8.6.1 Expansion velocities of the complexes and star formation rates
As stated in § 8.2, the resolution of our spectra at the wavelength of Hβ is 1.8 Å or
106 km/s. We are therefore able to measure the expansion velocities of the gas in the complexes. We measured the FWHM of each emission line, approximating it by a Gaussian.
We then subtracted quadratically the instrumental broadening, assuming it to also be Gaus2
2
2
+ σinst
where σobs , σint , and σinst are the observed,
sian, using the equation σobs
= σint
intrinsic, and instrumental FWHM respectively. The results are shown in Table 8.2 where
missing values correspond to unresolved lines.
These expansion velocities (∼ 70 − 150 km/s) are extremely similar to those found for
starbursts regions of dwarf galaxies (∼ 50−120 km/s; Marlowe et al. 1995). These outflows
are expected to be due to the energy input from multiple supernovae and stellar winds of
massive stars. The material swept up in the expansion is likely to be the gas left from the
formation phase of the cluster (assuming a non-100% star formation efficiency).
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We can also estimate the star formation rates of the complexes. Our optical spectra
do not extend to the Hα emission line, therefore we will use the dereddened Hβ line.
We assume Case B recombination (10,000 K) giving a Hα to Hβ ratio of 2.85. We then
assume a star formation rate proportional to the Hα flux as ΣSFR (M yr−1 ) = 7.9 ·
10−42 L(Hα)(ergs s−1 ) (Kennicutt 1998). The dereddened Hβ fluxes are given in Table 8.3
and the corresponding star formation rates are given in Table 8.1. Again, we note that the
emission features seen in Complex 1 are likely due to the overlapping HII region.
The star formation rates of the complexes are between 0.2 and ∼ 1.4M yr−1 . These
rates are extremely high, considering their relatively small sizes. Using the radius determined in the F555W band (and assuming that the complexes are circular) the star formation
rate per kpc (M yr−1 kpc−2 ) is between 1 and 10. This is comparable to circumnuclear
starbursts (Kennicutt 1998) and more than 10 times higher than the definition for a starburst
put forward by Kennicutt et al. (2004).
These outflow velocities, typical of dwarf starburst galaxies and high star formation
rates show that the complexes studied here can be thought of as local starbursts.

8.6.2 Expanding shells
Figure 8.13 shows the position of the brightest cluster within each complex, centered and
superimposed on a continuum subtracted Hα image. In two cases, Complexes 2 and Nuc 1,
another bright young (as determined using Figures 8.8 & 8.9) cluster is also shown. Complexes 4, 5 and Nuc 1 are consistent with the idea that the youngest, brightest source is
responsible for the bubble shaped structures visible in Hα. The clearest example of this
is Complex 4, where the northern edge is almost perfectly circular, with a radius of ∼ 90
pc. Assuming that the expansion velocity has been constant (present expansion is 92 km/s
FWHM or an expansion velocity of ∼ 50 km/s2 ) then it has been blowing for ∼2 Myr. In
Sections 8.5.1 & 8.5.2 we estimated the age of Complex 4 to be 4.5 − 5.5 Myr. Thus, with
these assumptions, we see that the wind began 2.5 to 3.5 Myr after the central cluster was
formed. This, in turn, is approximately the age where the initial burst of supernovae and
strong stellar winds is expected (see Fig. 13 of Efremov et al. 2002).
Figure 8.13 shows that the bubble structure of Complex 5 seems to be made up of discrete sources, which combined with the young age of the central source, suggests that they
are not part of an expansion from the brightest source, but constitute the formation of other
star clusters.

8.7 Formation of the complexes
In Fig. 8.14 we show the Hα contours on top of the F555W image of Field 1. The sizes of the
complexes in Hα and the F555W bands is given in Table 8.1. The complexes are roughly
the typical size of GMCs, and the masses derived are similar to that expected for GMCs
2 For an optically thin spherically expanding shell the FWHM of the emission line is roughly twice that of the
outflow velocity.
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of similar sizes3 . The large ionized region surrounding Complexes 4, 5, and one just to the
North of 5 (which falls outside the field of view of our VIMOS pointing) is approximately the
size (∼ 735 pc) where the two-point correlation function of young clusters drops suddenly
(Zhang et al. 2001). This is also approximately the size of large GMCs or GMC complexes
within the Antennae (Wilson et al. 2003). The common Hα envelope around this grouping
of complexes suggests that all of these complexes began to form at roughly the same time
(∆(age) < 5-6 Myr). Complexes 4 and 5 also have very similar metallicities. Thus this
grouping of complexes may have formed from a single GMC (or GMC complex).
This large structure, along with the HII region associated with Complex 1, all lie on
the edge of a steep increase in velocity dispersion in both Hα and HI, as can be seen in
Figs. 16 & 17 of Zhang et al. (2001). Complexes 2 and 3, on the other hand, lie in much
more quiescent surroundings. Whether or not these complexes have caused the steep increase in the velocity dispersion, or are a cause of it cannot be answered with the present
dataset.
Additionally, this large grouping of complexes (i.e. Complexes 4, 5, and another outside
the field of view of our VIMOS observations) lies on the edge of a large dust lane (see
Figs. 8.2 & 8.14). The southern edge of the Hα emission stops rather abruptly at the edge of
a dust filament. The same is true for the western edge, but less pronounced. This, combined
with the measured expansion velocities, suggests that these complexes are destroying their
surrounding molecular gas and dust in presumably the same way that Complexes 2 and 3
have already done.
In Complex 2, the brightest source appears to be older than other parts of the complex,
and not responsible the HII region. There is another bright source, which appears to be
very young (6–9 Myr from Fig. 8.8). This bright young source is located near the center of
the ionized region, suggesting that it is responsible for it. The photometry of the brightest
source in Complex 2 gives an age of ∼ 25 Myr. At this age, no significant Hα emission is
expected. If, on the other hand, the brightest cluster in this complex has a larger extinction
than estimated in § 8.4 then we would expect to see Hα emission, which is not present. The
interpretation of this is that this complex contains clusters with different ages. This is highly
reminiscent of the star cluster Hodge 301 in 30 Doradus. This cluster has an age of ∼ 25
Myr, much larger than R136 (Grebel & Chu 2000). Therefore multiple episodes of cluster
formation within complexes may be a common feature.
As may have been expected, the complexes near the nucleus of NGC 4038 appear as
the most complicated. Complex Nuc 2 is made up of multiple ionized regions, whereas
Complex Nuc 1 also has a clear bubble like structure. The center of this bubble seems
completely devoid of Hα and any optical source. The eastern region of the bubble contains
two bright young clusters which may be the ionizing sources.

3 Using the data of spatially resolved clouds in The Antennae from Wilson et al. (2003), we find that M
vir =
0.024 · R3.47 , where M and R are in units of M and pc respectively.
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8.7.1 Relation to giant molecular clouds
Figure 8.12 shows the giant molecular cloud velocities in the overlap region of the NGC
4038/39 merger (Wilson et al. 2003). The dashed vertical lines represent the velocities of
the complexes in Field 1. The match is extremely good, showing that the young complexes
and the GMCs share the same general velocity distribution within this region. The main
exception is the complex at V = −153 km/s (with respect to the center of NGC 4038).
This is the emission feature found in Complex 3. Near-IR spectroscopy of the two members
(Gilbert 2002) of Complex 3, show a continuum with no emission features. In particular the
Brγ emission feature is absent, whereas it is expected to be present since we see relatively
strong Hβ and Hγ emission. Additionally, high resolution spectroscopy centered on the
Complex 3 shows some hint of a shifted emission line ∼ 4 arcseconds from the center of
the slit (Sabine Mengel, Priv. Comm.). The nature of the emission feature is unknown.

Figure 8.12: Histogram of the line of sight velocities of GMCs in NGC 4038/39 in the
contact region (∆2100 in RA and ∆4000 in Dec centered on Field 1). The vertical dashed
lines are the velocities of the complexes. The furthest line to the left is the emission feature
observed in the direction of Complex 3.
Upon closer examination, however, the complexes in Field 1 are located in a region
devoid of molecular gas (see Fig. 4 in Wilson et al. 2003), although the detection limit of
their survey was rather high at ∼ 5 × 106 M . Thus they conclude that regions which have
no detectable CO emission but contain young star clusters, either formed the clusters from
lower masses clouds or the clusters present have destroyed their parent GMCs.
As shown in § 8.5.1 the complexes in Field 1 have luminous masses between 0.6− ∼
5 × 106 M , suggesting that their progenitor GMCs were greater than 5 × 10 6 M . Thus,
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our data are consistent with the idea that the young clusters and complexes have destroyed
their parent GMCs through their supernovae, stellar winds and ionizing photons. Additional
support for this scenario was discussed in § 8.6.2, based on the large expansion velocities
measured for the complexes and the strong ionizing radiation coming from young clusters
within the complexes.

8.8 Stability of the complexes
A number of recent studies (e.g. Kroupa 1998) have suggested that the clusters within
complexes, such as the ones studied here, will merge to form a single large star cluster in
the center of the complex. This is expected to happen on timescales of a few ×10 7 yrs
(Kroupa 1998). We therefore address the stability of the complexes in this section. We
concentrate this analysis on Field 1, where the complicated dynamics that occurs within the
center of merging galaxies should be less of a concern.
As a simple initial assumption, we estimate the tidal radius of structures within a rotating
disk. This can be estimated by
rt = (

GMcomplex 1/3 2/3
) RG
2 · VG2

where Mcomplex, VG , and RG are the mass of the complex, the circular velocity of the
galaxy at that point, and the distance to the galactic center (Baumgardt & Makino 2003).
Assuming a rotational velocity of 90 km/s (from Fig. 15 in Zhang et al. 2001) and a distance
between 2 and 4 kpc from the galactic center, we see that the tidal radii of complexes with
masses between 105 and 106 M are between 50 and 150 pc. (Additionally, given the steep
velocity gradient at the position of Complexes 1, 4, and 5 the approximation given above
will tend to overestimate the tidal radius.) Comparison with Table 8.1 shows that most of
the complexes are larger than their tidal radii, implying that a significant fraction of each
complex is unbound.
Also, due to the rapid removal of gas from these systems (see § 8.6) a substantial fraction
of the mass of the complex, i.e. the gas left over from the star formation process, will be
removed in a very short time. This will add to the amount of mass lost by the complexes.
The inner regions of these complexes however, may be less affected by these processes due
to the higher cluster densities there, and merge to form a single massive object.
Due to the expected loss of clusters from these complexes, we expect them to contribute
a large amount of their star clusters into the surrounding field.

8.9 Conclusions
We have presented the first results from a VLT-VIMOS/IFU survey of merging galaxies. Our
targets were two fields within the Antennae galaxies, one in the overlap region and the other
near the center of NGC 4038. In particular we have studied five star cluster complexes in the
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first region and two in the second region. We have estimated the extinction, metallicity, and
velocity for each of these complexes using the emission lines Hγ, Hβ, [OIII]λλ4959, 5007,
and He I (λ 5876). The derived metallicities of the complexes are all above 0.5Z .
Assuming a common extinction value for all sources in each complex (see caveats to
this assumption in § 8.5.1), we are able to correct the HST photometry of the individual
sources within each complex. We then determined their ages using colour-colour diagrams.
Complexes 4, 5, Nuc 1 and Nuc 2 show strong Wolf-Rayet features, which we have used
as an independent age estimator for the clusters. In general the age dating through the WR
features give ages which are younger than that determined through photometric methods.
This may be due to an increased amount of time spent in the Wolf-Rayet phase, due to
binary star evolution. An alternative explanation is that the complexes may be formed over
an extened (few Myr) period.
Complexes 4 and 5 appear to be part of a larger structure which includes one additional
complex which is outside the field of view of our VIMOS observations. This complex is
most notably visible in Hα, where the complexes seem to share a common ionized envelope. This common ionized envelope, as well as the similarity in ages and metallicities of
Complexes 4 and 5, lead us to conclude that they were part of a single GMC or GMC complex, which fragmented into individual cluster complexes. The outflow velocities and Hα
spatial distributions are also hints that this collection of three complexes is destroying the
surrounding molecular gas and dust. This is presumably what has happened in the eastern
section of Field 1 where little gas and dust is seen.
The size of the large collection of complexes is approximately the same as the scale
at which the two-point correlation function of young clusters drastically drops (i.e. at
∼ 735 pc). Thus, these groupings of complexes are likely to be the largest scale of correlated cluster formation. This scale corresponds to the size of large GMCs or GMC complexes, suggesting that a single GMC can form multiple complexes, each in turn containing
many star clusters.
At least one complex in Field 1, Complex 2, shows evidence for a multiple aged population. The brightest cluster within the complex is not spatially coincident with the Hα
emission in the region, and has a photometric age estimate of ∼ 25 Myr. Another bright
cluster within the complex has a young photometric age estimate, and is centered on the
HII region. Thus we see that even a single complex can undergo multiple star formation
episodes.
Using the dereddened Hβ emission line, we have estimated the star formation rates
within the complexes. By normalizing the star formation rates by their areas, we see that
these complexes, with star formation rates from 0.2 to 1.4 M /yr are comparable to star
forming regions in starburst galaxies. Thus we label these complexes as local starbursts.
The complexes in Field 1 have sizes similar to, or larger than, their tidal radii, estimated
by assuming a smooth circular velocity profile of the galaxy. (Our tidal radii estimates are
an upper limit, as the velocity profile of the galaxy, at the position of the complexes, is
quite irregular.) Therefore we expect that these complexes will loose a significant amount
of their mass (individual stars and clusters) into their surroundings. The central regions of
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the complexes, however, may be dense enough to allow a significant amount of merging
between clusters, as predicted by Kroupa (1998).
Table 8.1: Derived properties of the complexes
ID

Field

Agea
(Myr)

Ageb
(Myr)

Mass
(106 M )

McF555W

RF555W
(pc)

RHα
(pc)

SFRd
(M /yr)

1
2
3
4
5
1 Nuc
2 Nuc

1
1
1
1
1
2
2

63
32
8–25
5.5
4.5
6
4.5

–
–
–
3-4.5
2.5-3
3.5-4.5
3.5-4.5

4.0
2.3
1.6–6.7
0.6
0.7
0.9
1.1

-11.50
-11.23
-12.31
-12.73
-13.15
-13.49
-12.12

–
198
200
136
175
123
–

–
94
–
180
189
238
–

1.40
0.20
–
0.43
0.35
0.47
0.70

a

The age determined from the comparison of the photometry of the brightest cluster to that
of SSP models.

b

The age determined from Wolf-Rayet emission features

c

The magnitude of the brightest cluster within the complex, corrected for extinction.

d

Based on the Hβ emission flux.
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Table 8.2: Positional and general information on the observed complexes.
IDa

RA (J2000)

DEC (J2000)

MVa

AbV

Z
(Z )

Vbr
(km/s)

VFWHM d
(km/s)

1c
2
3a
3b
4
5
1 Nuc
2 Nuc

12:01:55.60
12:01:55.73
12:01:55.99

-18:52:21.8
-18:52:13.3
-18:52:10.4

-13.8
-13.6
-13.6

0.0
0.0
0.0

0.97
1.3
0.45

156c
–
–

12:01:54.86
12:01:54.71
12:01:52.97
12:01:53.04

-18:52:12.9
-18:52:10.6
-18:52:08.4
-18:52:02.7

-13.5
-14.0
-14.6
-14.3

0.72
0.67
0.0
1.0

0.75
0.87
>2
1.67

-58.5± 13.8
-21.3± 4.25
-152.8± 9.1
-17.0 ± 19.2
-51.7± 7.5
-6.0± 6.1
13.6± 3.7
60.5± 21.0

92
–
76
149

a

Within the 15 pixel (140 pc) radius used for source detection, uncorrected for extinction.

b

Relative to the velocity of NGC 4038, taken to be V=1642 km/s.

c

d

Measured extinction (AV = 1.3 mag) and metallicity presumably refer to the contaminating HII region
nearby, as these quantities are measured from emission lines. For the photometric analysis, no extinction
correction has been applied.
FWHM of the Hβ emission line (corrected for instrumental broadening).

Table 8.3: Relative flux and equivalent width of emission lines.
ID

a

1
2
3a
3b
4
5
1 Nuc
2 Nuc

W (Hγ) a

W (Hβ) a

I(Hβ) b

-6.6 ± 0.4
-7.1 ± 1.0
-0.7 ± 0.1
3.0 ± 0.1
-10.1 ± 0.7
-8.4 ± 0.4
-6.5 ± 0.4
-13.7 ± 1.8

-20.4 ± 1.0
-23.6 ± 2.1
-2.2 ± 0.1
3.2 ± 0.15
-31.9 ± 0.3
-26.5 ± 0.7
-20.8 ± 0.7
-34.0 ± 1.0

140.9 ± 0.2
19.2 ± 0.1

488.1 ± 0.4
505.6 ± 5.9

169.3 ± 0.7
100.9 ± 1.9

429.8 ± 0.4
282.3 ± 1.1

82.0 ± 1.0
67.4 ± 0.3

43.2 ± 0.0
35.1 ± 0.0
47.6 ± 0.2
70.4 ± 0.2

480.4 ± 1.2
491.9 ± 1.8
510.4 ± 3.9
473.7 ± 8.1

212.9 ± 0.9
180.1 ± 0.2
24.8 ± 1.6
69.8 ± 0.8

621.9 ± 2.6
531.0 ± 1.1
82.9 ± 3.0
211.4 ± 3.6

78.3 ± 1.3
68.8 ± 0.5
62.0 ± 6.1
64.2 ± 1.9

Hγ

c

[OIII]λ4959

a

Equivalent width in Å

b

Dereddened flux of the Hβ emission line in 10−14 ergs s−1 cm−2

c

Dereddened flux normalized to I(Hβ) = 1000.

c

[OIII]λ5007

c

He I λ5876 c
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Figure 8.13: The positions of the brightest cluster within each complex, superimposed on
a continuum subtracted Hα image. The complex IDs are given in the bottom right of each
panel. Each image is centered on the brightest source, other sources shown are other young
clusters in the complex as seen from Figures 8.8 & 8.9, presumably responsible for creating
the surrounding HII regions. The orientation of each field is the same as Figures 8.2 & 8.3
and all panels have the same scale.

Figure 8.14: Hα contours superimposed on the F555W image. Note the large structure
surrounding Complexes 4, 5, and another complex outside our VIMOS field of view. The
Hα flux stops abruptly above Complex 4 at the interface with a dust lane, suggesting that the
ionization front is progressing into the dust. This image has the same scale and orientation
as Fig. 8.2

Chapter 9
Hierarchical Star Formation in M51:
Star/Cluster Complexes

N. Bastian, M. Gieles, Yu-N. Efremov, and H.J.G.L.M. Lamers
Astronomy & Astrophysics, to be submitted
Abstract We report on a study of young star cluster complexes in the spiral galaxy M51.
Recent studies have shown that star clusters do not form in isolation, but instead tend to
form in larger complexes. We use HST broad and narrow band images, along with BIMACO observations to study the properties and investigate the origin of these complexes. We
find that the complexes are all young (< 10 Myr), have sizes between ∼85 and ∼240 pc, and
have masses between 3-30 ×104 M . Unlike that found for isolated young star clusters, we
find a strong correlation between the complex mass and radius, namely M ∝ R 2.33±0.19 .
This is similar to that found for giant molecular clouds (GMCs). By comparing the massradius relation of GMCs in M51 to that of the complexes, we estimate that the star formation
efficiency of the complexes is 50 ± 20%. The complexes studied here have the same surface
density distribution as individual young star clusters and GMCs. If star formation within
the complexes is proportional to the gas density at that point, then the shared mass-radius
relation of GMCs and complexes is a natural consequence of their shared density profiles.
We briefly discuss possibilities for the lack of a mass-radius relation for young star clusters.
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9.1 Introduction
Recent studies of star cluster populations have shown that young star clusters do not form in
isolation, but tend to be clustered themselves (Zhang et al. 2001, Larsen 2004). Despite the
relatively large amount of attention that young star clusters have received in recent years,
these complexes have been largely ignored, leaving many of their basic properties unknown.
What triggers the formation of these complexes? What are their masses and sizes? Do their
properties resemble those of giant molecular clouds (GMCs) from which they are formed
or are they more akin to single young massive star clusters? It is this last question that may
shed light on their formation mechanism.
Star/cluster complexes are the largest and oldest objects in the hierarchy of embedded
groupings, which starts with multiple stars and finishes on galactic scales. The younger and
smaller complexes are always within the older and the larger ones. This hierarchy is similar
to the fractal dictribution observed in the interstellar gas and in fact is the result of the latter
(Elmegreen and Efremov 1996; Efremov and Elmegreen 1998; Elmegreen, 2004).
Large star forming complexes associated with the spiral arms of disk galaxies are well
known. The range in age of objects within these complexes is usually quite small (< 20
Myr) suggesting a coherent formation mechanism, which separates them from other large
star forming regions within disk galaxies (such as the local Gould Belt in the Galaxy) which
have a much larger intrinsic spread in age within them (Efremov 1995). Elmegreen &
Elmegreen (1983) suggested that complexes associated with spiral arms form from large
HI/CO clouds due to gravitational instabilities along the spiral arm. If the complexes formed
directly from large gas clouds we may expect them to retain some of the properties of
their progenitor clouds. Additionally, the high pressures associated with spiral arms are
conducive to the formation of massive star clusters instead of loose associations (Elmegreen
& Efremov 1997). Thus we may expect complexes associated with spiral arms to contain a
rich population of compact stellar clusters.
Galactic giant molecular clouds (GMCs) have a clear relation between their mass and
radius, namely MGMC ∝ RGMC 2 (Solomon et al. 1997). This relation holds down to the
scale of cloud clumps, which are only a few parsecs in radius (Williams et al. 1995). Young
massive star clusters (YMCs), on the other hand, show a weak relation between cluster mass
and radius, namely MYMC ∝ RYMC 0.1 , with a large scatter (Zepf et al. 1999; Larsen 2004;
Bastian et al. 2005a1). Assuming that virialized GMCs are the progenitors of young massive
clusters, this result is quite surprising because it implies that this imprint from the parent
GMC (i.e. the mass-radius relation) must be erased on timescales similar to the formation
timescale of the clusters. Thus, a mechanism which destroys any initial mass-radius relation
must be a key ingredient in star cluster formation models (Ashman & Zepf 2001). In this
paper, we look at one scale larger than the individual star clusters, namely that of clusters
of clusters, or cluster complexes.
An important question about these complexes concerns their future evolution. N -body
1 The data of Bastian et al. 2005a, of young star clusters in M51, are consistent with no relation between the
mass and radius.
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simulations (Kroupa 1998) have shown that in complexes of high cluster densities, significant merging of clusters is likely. This may provide a mechanism for the formation
of extremely massive clusters (Fellhauer & Kroupa 2002). On the other hand, Bastian et
al. (2005a) have shown that gas is being expelled extremely rapidly from complexes in the
Antennae galaxies (∼ 50 − 100 km/s). This will result in a rapid decrease in binding energy
of the systems, and will tend to destroy the complexes.
This paper is organized in the following way. In § 2 we present both the optical and CO
observations and introduce the complexes in M51. § 3 is dedicated to the derivation of the
properties of each complex (e.g. their size, age, mass and star formation rates), as well as
an analysis of the cluster population within each complex. In § 4 we discuss the formation
and evolution of the cluster complexes in light of their relation to young massive clusters
and giant molecular clouds. Finally, in § 5 we discuss the complexes in terms of the general
hierarchy of star formation with galaxies and in § 9.6 we summarize the main results.

9.2 Observations
9.2.1 HST-WFPC2 observations
The observations used in this study were taken from the HST archive, and are presented in
detail in Bastian et al. (2005a). The data set consists of two pointings, shown in Fig. 1
in Bastian et al. (2005a), each consisting of broadband F439W (≈ B), F555W (≈ V),
F675W (≈ R), F814W (≈ I), and F656N (Hα) filters. In addition, Field 2 also has F336W
(≈ U) filter observations, which are critical for age dating young star clusters. Thus, we
will concentrate the detailed analysis on those complexes which have F336W observations,
while using the others to corroborate the results.
The complexes were found using flux contour cuts on the F439W, F555W and F675W
images. In the regions away from the center of the galaxy, this resulted in fairly unambiguous selection. Complexes in the inner spiral regions were discarded from our sample, as
background variations made the identification of the complexes non-trivial. The one exception to this is a large complex in the north-eastern section of the inner spiral arms, as
this complex was noted in the study of Scoville et al. (2001). These authors also noted
the existence of Complex G2 in their study. The complexes are identified in Fig. 9.1. The
numbering system (1 or 2) corresponds to the two different spiral arms. Complexes with
F336W observations are Complexes B1, C2, D2, E2, F2, and G2.
The magnitude of each complex was measured with a circular aperture with a size equal
to the size of the complex (see § 9.3.1). The background was determined and subtracted
using a ring with inner radius 6 pixels more than the radius of the complex, and with a
width of 10 pixels. The magnitudes of the individual sources within the complexes were
measured using the PSF fitting package HSTphot (Dolphin 2000). This is different from the
technique used in Bastian et al. (2005a), who used aperture photometry. The change is due
to the increased crowding within the complexes relative to the field. The HSTphot package
also outputs a sharpness parameter, which we will use to differentiate between point-sources
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and sources which are slightly extended.
The positions of the complexes are shown in Fig. 9.1, while Figs. 9.2 & 9.3 show enlarged images of the complexes without and with F336W(∼ U )-band data respectively.
Additionally, we show a colour image of the largest complex in our sample (Complex G2)
in Fig. 9.4, where blue, green and red are the F439W (≈ B), F555W (≈ V ) and F656N
(≈ Hα) brightness respectively.

Figure 9.1: Positions of the cluster complexes overlayed on the F555W (V) band image.
The complexes are identified with circles representing their measured radii as determined
in § 9.3.1. The image is 260 × 170 arcseconds2

9.2.2 Bima CO observations
We obtained CO (J=1-0) observations of M51 from the BIMA SONG (Survey of Nearby
Galaxies) survey2. The data are presented in detail in Helfer et al. (2003). As described
in Henry et al. (2003), we used an image of M51 which was obtained by integrating the
intensity over all velocity channels. The details of the observations and reduction of the
data are given in detail in the preceding references, and thus will not be repeated here. The
CO data were converted to physical units, namely solar masses per square parsec, using the
2 The data were taken from
http://nedwww.ipac.caltech.edu/

the

NASA

Extragalactic

Database,

which

can

be

found

at
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Figure 9.2: F555W images of the complexes without F336 data. The images are 120 × 120
pixels2 (12 by 12 arseconds) which corresponds to ∼ 550 × 550pc2 . The circles on the
images correspond to the radius derived for each complex.

same procedure as Henry et al. (2003) who adopted a CO-to-H 2 conversion factor (from
antenna temperature to mass) of 2 · 1020 H2 cm−2 (K km s−1 )−1 (Strong & Mattox 1996).
Cloud sizes were determined by measuring the major and minor axes of each cloud and
calculating the average. Fig. 9.5 shows the positions of the cluster complexes on top of the
BIMA intensity map.

9.3 Properties of the complexes
9.3.1 Sizes of the complexes
The size of the complexes were measured on the HST-WFPC2 images and determined
through the method used for star clusters, defined by Maı́z-Apellániz (2001). The method
defines the edge of the complex at the point were the colour, as a function of radius, becomes constant. To determine this point, we assumed that the complexes are circular, and
measured the surface brightness in concentric rings. This provides us with surface brightness and colour profiles for each complex. An example of one complex, Complex G2, is
shown in Fig. 9.6. The vertical dashed line in the right panel shows the radius adopted for
this complex. The sizes of the complexes with U-band data (F336W) are shown in Table 9.1.

9.3.2 Intensity profile of the complexes
In the left panel of Fig. 9.6 we show the surface brightness profile of Complex G2. We have
1
over-plotted (dashed line) a function of the form, Flux ∝ r − 2 . A power-law of this form
follows the data quite well (the two peaks in this distribution correspond to two clusters).
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Figure 9.3: F555W images of complexes with F336W. The image of Complex C2 is 70 ×
70 pixels2 which is approximately 300 by 300 pc2 . The rest of the images are 120 × 120
pixels2 (12 by 12 arcseconds) which corresponds to ∼ 550 × 550pc2 . The circles on the
images correspond to the radius derived for each complex.

This corresponds to the projected density profile of a clump with ρ(r) ∝ r −α , where α
is 1.5, where ρ is in units of M pc−3 . We will discuss the physical implications of this in
§ 9.4.1.

9.3.3 Ages of the complexes
Ages determined by Hα measurements
The presence of Hα emission within the comlexes indicate that they are quite young, and as
such suffer from the degeneracy between age and extinction (e.g. Bastian et al. 2005b). We
therefore first determine the ages of the complexes (with F336W data) through Hα emission
width, which is independent of extinction.
To estimate the equivalent widths of Hα we use the F656N narrow band filter. The
F675W filter was used to estimate the continuum contribution. Photometry was done with
aperture as large as the estimated radius for the cluster. The monochromatic flux in the
F656N and F675W band can then be found as follows: Fλ = SU Mλ ∗P HOT F LAMλ/EXP T IM Eλ,
where λ refers to the central wavelength of the filter, SU Mλ is the sum of the counts within
the aperture (i.e. without background subtraction) and P HOT F LAM λ and EXP T IM Eλ
were taken from the image headers.
The equivalent width of Hα can now be found by
EW (Hα) = 28.33 ∗

FHα − FR
FR

where 28.33 is the rectangular width of the Hα filter in Å.

(9.1)
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Figure 9.4: Composite image of complex G2. The blue, green, and red correspond to
F439W, F555W, and F656N filters respectively. The scale is the same as in Fig. 9.3

The errors were estimated by calculating the EW values with apertures of plus and minus
5 pixels, which is approximately the uncertainty in the radius estimates.
We can then compare the derived EW for each complex, with the Starburst99 SSP models of solar metallicity and Salpeter IMF (Leitherer et al. 1999), in order to derive the age of
each complex. The results are shown in Fig. 9.7. We note that the assumed metallicity (Z
or 2Z ) does not significantly affect the derived ages. We see that the complexes are indeed
very young, with ages between 5 and 8 Myr. In § 9.3.3 we will show that the measured
cluster colours are well matched by cluster models of solar and twice solar metallicity.
This method assumes that each complex formed in an instantaneous burst. Thus, this
method puts a lower limit on the age of the complexes, as any additional formation of massive stars will tend to increase the equivalent width of Hα. This means that a combination
of an older burst plus new star formation can mimick the observed strength of the equivalent
width.
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Figure 9.5: BIMA CO intensity map, dark indicates regions of high intensity. North is
down, and east is to the left. The positions of the cluster complexes are shown as black
diamonds. Note that most fall on the edges of the spiral arm pattern. The lack of spatial
correspondence between the complexes and high CO intensity regions indicates that the
complexes have already destroyed their parent GMCs.

Ages from the individual clusters
We can also determine the ages of the complexes by looking at the ages of the individual
star clusters within the complexes. Fig. 9.8 shows (F336W - F439W) vs. (F555W - F814W)
for the sources within the six complexes for which we have F336W observations which are
essential for the age dating of young star clusters (e.g. Anders et al. 2004). We also show
the solar (dashed-dotted line) and twice solar metallicity (solid line) GALEV SSP model
tracks for a Salpeter IMF. The filled data points are clusters with MF555W < −8.6, which
are highly likely to be star clusters. The open points are the fainter sources within each
complex, which may be faint clusters or individual bright stars. Assuming, for the moment,
that the sources within the complex are star clusters, we see that the majority of the clusters
have ages of ∼ 4 − 10 Myr. The exact age is difficult to determine due to age, extinction,
and metallicity degeneracies for young clusters (e.g. Bastian et al. 2005b). However,
we conclude that the ages derived from the Hα equivalent widths of the complexes are
consistent with the ages derived from the colours of the individual clusters.
In Fig. 9.8 we see that Complexes C2, D2, and B1 have a relatively small amount of
scatter of their points around the extinction vector, implying similar ages between all the
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Figure 9.6: Left: The surface brightness profile of Complex G2. The dashed line represents
a profile where flux ∝ r 0.5 . Right: The colours of the same complex as a function of
distance from the center. The vertical dashed line is the adopted radius of the complex.

clusters. The other complexes (Complexes E2, F2, and G2), however, contain some sources
that appear much older (> 100 Myr) in the colour-colour diagram. These sources may in
fact be young clusters which are heavily extincted or individual massive stars. In particular
the sources in Complexes G2, show a significant amount of scatter perpendicular to the
extinction vector. Taken at face value this suggests that this complex has been forming
clusters for at least the last ∼ 100 Myr.
Some of these sources which appear quite old in Complexes E2, F2, and G2, however,
may be individual bright stars. In order to test this, in Fig. 9.9 we plot the absolute magnitude of each source within Complex G2 (uncorrected for extinction) vs. the colour (F336W F439W, roughly U-B). The dashed lines are GALEV SSP model tracks for a 10 3 M (lower)
and 104 M (upper) cluster. The solid lines are stellar isochrones for 2, 3, 5, and 10 Myr
(from left to right respectively, Lejeune & Schaerer 2001). The solid points are sources
which appear pointlike (sharpness parameter greater than -0.12), while the open symbols
appear to be slightly extended (sharpness parameter less than -0.12). We see that many of
the objects in Complex G2 are consistent with both the stellar isochrones and the cluster
model tracks. We note however that there is a significant grouping of sources that would be
consistent with star clusters of a few ×102 M to ∼ 104 M and ages between 4 and 10
Myr (between −1.7 and −1.2 in F336W-F439W) .
Stochastic sampling of the underlying stellar IMF can cause significant deviations from
standard SSP model colours (e.g. Dolphin & Kennicutt 2002), therefore it is not completely
unexpected that sources do not lie directly on the SSP model tracks. We also note that
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Table 9.1: Properties of the complexes in with F336W and Hα
imaging.
ID
C2
D2
E2
F2
G2
B1

MV a
(mag)

MV,cluster b
(mag)

Massc
(105 M )

Radius
(pc)

Tidal Radius
(pc)

-12.6
-12.4
-11.2
-11.1
-13.3
-12.0

-10.2
-9.8d
-9.0
-9.0
-10.1
-10.4

1.4
1.1
0.4
0.3
2.6
0.7

160
160
85
100
220
125

37
35
27
26
62
36

(M

SFR/area
yr−1 kpc−2 )
2.59
0.07
0.06
0.06
0.07
0.06

a

The magnitude of the complex within the defined radius. Uncorrected for extinction.

b

The magnitude of the brightest source within each complex. Uncorrected for
extinction.

c

d

Total mass of the complex assuming an age of 7 Myr.
Not shown in Fig. 9.8 because it appears to be a blend of sources, hence the
colours are highly uncertain.

due to the large crowding in these complexes, accurate photometry is difficult and will tend
to increase the scatter in diagrams such as Fig. 9.9 (the error bars shown in Fig. 9.9 do
not include errors due to crowding). Without higher resolution imaging or spectroscopy of
individual sources, the degeneracy between stars and star clusters is extremely difficult to
break.
Based on the brigtness criterium of MV < −8.6, we conclude that there are clusters
within the complexes and their ages are between 4 and ∼10 Myr, although Complexes G2,
E2, and F2 seem to also contain older clusters.
Ages from dynamical arguments
The final way that we can estimate the ages of the complexes is by their positions within the
galaxy with respect to the spiral arms. All but two of the complexes (the exceptions being
C1 and G2) lie just outside the spiral arm regions which contain large amounts of molecular
gas. If we assume that the complexes formed from GMCs within the arm then their ages
must be equal to or less than the spiral arm crossing time. Assuming that the spiral arm
pattern speed of the spiral structure is 36.7 km s−1 kpc−1 (Zimmer et al 2004), and also
assuming that a spiral arm covers ∼ 20 degrees of the disk (Schweizer 1976), then we see
that the crossing time is:
tcross ≈ (2 · π · R · 1000 · 20/360)/(Vrot,disk − Ωp · R),
where R, Vrot,disk , and Ωp are the galactocentric distance (in kpc), rotational velocity (in
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Figure 9.7: Determining the ages of the complexes from the observed equivalent width of
Hα (EW(Hα)) combined with the Starburst99 models (Salpeter IMF). The solid line is for
solar metallicity while the dashed line is for twice solar metallicity. The EW of each complex was put on the line, and the corresponding age is read off. The errors were calculated
by varying the apertures used for the photometry by 5 pixels (plus and minus) around the
measured radius. Note that the derived ages are largely independent of the assumed metallicity.
km s−1 ), and pattern speed (in km s−1 kpc−1 ), respectively while the 1000 is to convert
R into parsecs.. The complexes are between 2 and 5 kpc from the center of M51, which
when assuming that Vrot,disk is ∼ 200 km s−1 , means that tcross is between 8 and 20 Myr.
Although this age estimate is not very precise, it supports the conclusions based on the Hα
equivalent width (§ 9.3.3) and the photometry of the individual clusters (§ 9.3.3) that the
complexes are quite young and is not reliant on SSP models.

9.3.4 Masses of cluster complexes
The masses of the clusters were estimated by combining the complex luminosities and the
age dependent mass-to-light (M/L) ratios of the GALEV SSP models. We assign all complexes the same age, ∼ 7 Myr, and interpolate the SSP models between 4 and 8 Myr to
determine M/L for this age. We have used the F555W magnitudes to derive the masses of
the complexes, but we note that the other broad-band magnitudes give similar results. The
masses of these complexes range from 0.3 · 105M (Complex F2) to 3.0 · 105 M (Complex
G2) and are given in Table 9.1. The errors in the masses (as seen in Fig. 9.11) are based on
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Figure 9.8: Colour-Colour diagrams for sources in the six cluster complexes with F336W
observations. The names of the complexes are given in each panel. Filled points are for
sources with MV < −8.6 (uncorrected for extinction), while open points are fainter than
this (somewhat arbitrary) limit. The dash-dotted and solid lines represent the GALEV SSP
models for solar and twice solar metallicity, respectively. The asterisks mark age points
on the evolutionary curves, labelled as the logarithm of the age in years. The dashed line
is a stellar isochrone for a 10 Myr old population. The arrow in each panel represents the
extinction correction of AF555W =1.0. See also Fig. 9.9
.

errors in the age estimate, from 4 to 12 Myr.

9.3.5 Star formation rates within the complexes
Using the continuum subtracted Hα images, we can estimate the star formation rates, Σ SFR ,
within the complexes. For this, we adopt the conversion factor of Hα luminosity to star
formation rate of Kennicutt (1998a), namely
ΣSFR (M yr−1 ) = 7.9 · 10−42 L(Hα)(ergs s−1 ).
The values derived are shown in Table 9.1. The star formation rates per unit area of the
complexes are comparable to the definition of a starburst galaxy (0.1 M yr−1 kpc−2 ,
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Figure 9.9: Colour-magnitude diagram of the sources within complex G2. The solid lines
are stellar isochrones for 2, 3, 5, 7 and 10 Myr from left to right. The dashed lines are
GALEV SSP (cluster) model tracks (Salpeter IMF and twice solar metallicity) for a 10 4 M
(upper) and 103 M (lower) cluster. The open diamonds are sources which are not resolved
(i.e. either stars or small clusters) while the filled diamonds are sources which appear extended (i.e. either clusters or overlapping stars). The error bars shown on the right side of
the panel are the average errors for that magnitude, not including the effect of crowding.

Kennicutt et al. 2004), justifying these complexes as localized starbursts (terminology from
Efremov 2004).
Star cluster complexes in the Antennae galaxies have area normalized star formation
efficiencies which are approximately 10 times higher than the ones studied here, despite
having similar sizes (Bastian et al. 2005b). This difference can be understood by comparing
the GMCs properties in the two galaxies. The resolved GMCs in the Antennae (Wilson et
al. 2003) have roughly 10 times the mass, and hence 10 times the density, as those in M51,
for a given spatial size. Therefore the differences in the SFR/area can be well explained
through the Schmidt law (Schmidt 1959) where the rate of star formation is proportional to
the gas density to the power N . Kennicutt (1998b) has shown that N ∼ 1.4 ± 0.15 for
normal disk galaxies.
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9.4 Comparison between the properties of cluster complexes
and GMCs
9.4.1 The density profiles
In § 9.3.2 we found that the surface brightness of Complex G2 is well fit by a power-law of
1
the form Flux ∝ r − 2 . Assuming sphericity, this corresponds to a three dimensional density
profile of ρ ∝ r −1.5 . This power-law profile is similar to that observed for GMCs (α =
1 − 2, Ashman & Zepf 2001)3 and much shallower than King profiles which fit old globular
clusters quite well. The similarity between the profiles of GMCs and the cluster complexes
studied here suggests that the amount of luminous material formed is proportional to the gas
density at that point within the GMC. We shall return to this point in § 9.5.1.

9.4.2 Size and radius relation of GMCs and cluster complexes
By combining the study of the cluster complexes and GMCs in M51 we can gain insight into
the hierarchical nature of structure formation within spiral galaxies. Solomon et al. (1987)
showed that there is a clear relationship between size and mass for GMCs in the Galaxy,
2
namely MCloud ∝ RCloud
, a consequence of virial equilibrium. This relation has also been
found for GMCs outside the Galaxy (see summary in Ashman & Zepf 2001).
However, as shown here, a single massive GMC does not produce a single star cluster,
but a complex of star clusters. Therefore it is interesting to see how these complexes fit
into the hierarchy of star formation. We begin by searching for a relation between mass and
radius for GMCs in M51. Fig. 9.10 shows the radius vs. mass for the detected GMCs within
M51. The dashed vertical line shows the spatial resolution of the BIMA survey. We have fit
a function of the form log M = κ · log R + c (i.e. M ∝ R κ ). We find that κ = 2.16 ± 0.20.
The filled area corresponds to the best fit to the data above the resolution limit including the
1σ error (this area also includes the error on the zero point of the function).
Fig. 9.11 shows the result of the same analysis applied to the cluster complexes. Here
we find that κ = 2.33 ± 0.19. The filled area with the horizontal hash marks, represents
the best fit plus the corresponding 1σ errors. The filled area with the vertical hash marks
is the fit (plus errors) of the GMCs extrapolated into the size range of the complexes. We
see that the relations for the GMCs and the cluster complexes have almost the same slope,
but are offset by ∼ 0.3 dex in the vertical (mass) direction. This offset is related to the star
formation efficiency which will be discussed in § 9.4.3.
We conclude that the cluster complexes follow a similar mass-radius relation as GMCs.
On the contrary, young star clusters do not follow this mass-radius relation. This implies
that the mass-radius relation must be broken below the scale of the complexes. If binding
energy is the factor that determines the star formation efficiency (assuming that the star
formation efficiency causes the lack of a mass-radius relation in young star clusters) then
3 Recent

studies have shown that Galactic GMCs have α = 1.7 ± 0.2, Joao Alves priv. comm.
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it is not the binding energy of the cloud which is important but the binding energy of the
clumps within the cloud which is the dominant factor.
Additionally we note that the mass-radius relation holds for clumps within GMCs, down
to the resolution limit (∼ 0.5 pc and ∼ 13 M in the Rosette molecular cloud (Williams
et al. 1995). This suggests that the mass-radius relation is broken during (or after) the star
formation process.

9.4.3 Star formation efficiency within the complexes
We have shown that the GMCs and the star cluster complexes in M51 share the same mass
vs. radius relation. This offers a unique opportunity to investigate the star formation efficiency,  = Mcomplex/MGMC , for each complex. Although we cannot measure the mass
of the GMC that formed the present complexes, if we assume that parent GMCs had the
same size as the complexes, we can estimate the progenitor mass. Thus it remains to be
shown that the radius of the clouds do not change significantly during the formation of the
complexes.
We can estimate the timescale on which the GMCs will shrink by calculating their free
1
fall time. The free fall timescale is tFF ≈ (ρ · G)− 2 . Using the relation between the
mass and radius of the clouds derived above, we see that the free fall timescale of GMCs,
as a whole, is between 80 and 200 Myr. The ages (e.g. the upper limit of the formation
timescale) of the complexes are between 5 and 10 Myr, much shorter than the collapse time
of the GMCs. This means that the complexes formed from the GMCs on a timescale much
shorter than the collapse time of the GMC. Thus the size of the complexes should be about
the same as that of the GMC from which they formed.
In Fig. 9.11 we show the mass-radius relation for the complexes (the data points along
with the best fitting power-law relation with the associated 1σ errors) and over-plot the
relation for the GMCs, extrapolated to the size scale of the complexes. The vertical offset
between the best fit line of the complexes and the best fit line of the the GMCs is the star
formation efficiency, . In the case of M51, we measure  of the complexes to be 50 ± 20
%. The convergence of the two relations at higher masses suggests that there is a trend for
 to increase for larger complexes, but the trend is well within the observational errors.

9.5 Discussion
9.5.1 Formation of the complexes: comparison with previous observations
We can compare the properties of the complexes in M51 with those of complexes and young
and older clusters in the Antennae galaxies which have been measured by Whitmore et
al. (1999). Knot S4 in the Antennae galaxies has an extremely similar power-law profile
4 The large amount of substructure within this knot, particularly in the F555W (≈V) and Hα bands, suggests
that this knot is a cluster complex, and not just a single large star cluster.
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(Flux ∝ r−1/2 ) over ∼ 300 pc from the center as Complex G2. Additionally, the very
young (< 10 Myr) massive star cluster #430 in the Antennae follows the same power-law
density distribution. However, the older cluster #225 (∼ 500 Myr old) does not follow a
clear power-law relation but instead has a sharp cut-off at ∼ 50 pc. Presumably cluster
#225 was formed with a power-law density profile which has been eroded due to dynamical
evolution. Additional support for this scenario comes from star clusters in the LMC, where
young star clusters show a power-law density profile (with no distinct cut-off radius)(Elson,
Fall, & Freeman 1987) while older clusters have King-type profiles with a distinct tidal
truncation.
The similarity between the profiles of GMCs and the complexes studied here, suggests
that the amount of luminous material formed at a certain radius within a GMCs is proportional to the density of the cloud at that radius. This naturally explains why the complexes
share the same mass-radius relation as GMCs (see § 9.4.2), as any relation inherent to the
progenitor cloud will be imprinted onto the complexes as they form. Additionally, the similarity between the projected profiles of the complexes, and young clusters implies a common
formation mechanism (i.e. star formation proportional to the gas density).
However, young cluster systems, such as those of NGC 3256 (Zepf et al. 1999), M51
(Bastian et al. 2005a), and various spiral galaxies (Larsen 2004) have a weak relation between their mass and radius (with a large scatter). The similarity between the density profiles of the complexes and young star clusters makes the lack of a mass-radius relation in
star clusters all the more surprising. This is because we would also expect them to bear the
imprint from the cloud of which they formed.
Ashman & Zepf (2001) have suggested that a star formation efficiency which depends
on the binding energy (predicted by Elmegreen & Efremov 1997) of the progenitor GMC
could destroy such a relation during the formation of young clusters. But this theory does
not explain the shallower size distribution of star clusters relative to GMCs.
Another possible explanation for this lack of a mass-radius relation in young clusters
is that dynamical encounters between young clusters (and gas clouds) add energy into the
forming clusters, thereby increase their radii. Some support for this scenario is given by
differences in the size distributions of clusters and GMCs. GMCs (e.g. Elmegreen & Falgarone 1996) and cloud clumps (e.g. Williams et al. 1995) follow the size distributions
of N (r)dr ∝ r −η dr where η ≈ 3.2. Star clusters (both young and old), however, follow a shallower relation, namely a power-law with η ≈ 2.2 (Bastian et al. 2005a). If the
proto-clusters follow the same mass-radius relation as GMCs and clumps, then their density
will be ρ ∝ M/R3 ∝ R−1 , showing that the larger proto-clusters are less dense. Due to
their lower density, we expect larger proto-clusters to be more effected by encounters, i.e.
making large clusters even larger. This would tend to make the size distribution shallower,
as observed.
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Figure 9.10: The mass vs. radius relation for GMCs in M51. The vertical dashed line
indicates the spatial resolution of the BIMA survey. The filled area is a power-law fit to the
data above the resolution limit, with index 2.16, and the corresponding 1σ error bars on the
index (±0.20) and the zero point.

9.5.2 Truncation of the size of the complexes
The complexes most nearly associated with spiral arms (e.g. excluding complexes C1 and
G2) have diameters similar to the minor axes of GMCs within the arms. We have shown that
the size of a complex does not change significantly from the progenitor GMC. This suggests
that the maximum size (and hence mass due to the mass-radius relation) of the complexes
is determined by the size of the GMCs within the galaxy. Due to sheer effects, caused by
differential rotation within the disk, GMCs have a maximum size (hence mass). This in turn
will determine the maximum sized complex which can form. If the star clusters within the
complex are formed with an initial mass function, then the most massive cluster formed will
be dependent on the size of the parent complex. There does seem to be a relation between
the most massive GMC and the most massive star cluster within a galaxy (e.g. Wilson et
al. 2003).
However, there are two exceptions where the size of a complex is larger than the typical
semi-minor axis of a GMC. These two complexes (Complex A1 and G2) do not seem to be
directly related with a spiral arm, in fact A1 is on the inside of the spiral arm. G2 is located
at a the starting point of a large spur, which is a sign of instabilities in the arm. Instabilities,
such as large spurs, may allow larger GMCs to exist for short periods, and hence explain the
existence of these larger than expected complexes.
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Figure 9.11: The mass vs. radius relation for cluster complexes in M51. The solid line is a
power-law fit to the data with index, 2.3. The filled area with vertical hashes is the fit to the
GMCs from Fig 9.10, extended into the size regime of the complexes. The filled area with
the horizontal hash marks is the power-law fit to the complexes, with index 2.33, and the
corresponding 1σ error bars on the index (±0.19) and the zero point.

9.5.3 The evolution of the cluster complexes
As shown in § 3.2, the complexes studied here are all quite young. However, if the complexes are a long lived phenomenon, then we would expect to see complexes throughout the
disk and not just associated with the spiral arms. Do such complexes exist? The present
data set is not adequate to conclusively answer this question. As shown in Bastian et al.
(2005a) the detection limit imposed by the data severely limits which clusters (e.g. how
bright and hence how massive) we can observe. At an age of ∼ 100 Myr, we can only
detect clusters (with no extinction) which have masses above 10 4 M . Therefore, we would
miss smaller clusters belonging to the same complex, if they exist. We have found 3 candidate complexes with ages between 40 and 80 Myr as determined by the colours of the
detected clusters. Deeper images are necessary to resolve this question.
In order to estimate whether or not these complexes are gravitationally stable, we can
compare their present radii with their estimated tidal radii. In a rotating disk, this can be
estimated by
GMcomplex 1/3 2/3
rt = (
) RG
2 · VG2
where Mcomplex, VG , and RG are the mass of the complex, the circular velocity of the
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galaxy at that point, and the distance to the galactic center (Baumgardt & Makino 2003). If
we assume a disk rotation velocity of 200 km/s (e.g. Rand 1993) and distances to the galactic
center between 2 and 4 kpc, then we see that complexes with masses between 10 4 M and
105.5 M have tidal radii of 50 to 100 pc. In Table 9.1 we compare the measured sizes of
the complexes with their derived tidal radii. We see that the tidal radii are much smaller
than the measured radii, indicating that the outer material of the complexes are not bound to
the complex. Because of the steep density profile of the complexes (see Fig. 9.6) the inner
region may be bound and survive for extended periods. If this is the case, then the inner
clusters are expected to merge within a few ×107 years (e.g. Kroupa 1998; Fellhauer &
Kroupa 2002), forming a single massive star cluster like object.
Larsen et al. (2002) have speculated that the most massive cluster within the giant
stellar complex in NGC 6946 may have formed by the merging of other members of the
complex. This cluster is located in the center of the complex and its measured age (through
photometry and spectroscopy) appears to be the average of the surrounding clusters, which
is exactly as the merger theory predicts. We note that the centers of many of the complexes
presented here, show the presence of massive objects, in particular Complexes A1, E2, F2,
and G2.

9.6 Summary and conclusions
1. Cluster complexes in M51: From archival HST imaging we identified 9 cluster complexes in the inner ∼ 5 kpc of M51. We derived their ages by comparing their equivalent widths of Hα to that of Starburst99 SSP models. We checked the validity of these
age measurements by comparing the colours of the star clusters within each complex
to the GALEV SSP models. We find reasonable agreement between the two methods.
We further constrained the ages through dynamical arguments, namely by comparing
the crossing time of a spiral arm with the location of the complexes within the galaxy.
2. GMCs in M51 We have also measured the sizes and masses of a sample of giant
molecular clouds in M51 from existing CO data. This was done in order to enable a
comparison between the complexes and the gas content of the galaxy.
3. The star formation rate with the complexes: We have measured the star formation
rates within the complexes from the (continuum subtracted) Hα flux using the relation
between the Hα flux and the star formation rate given by Kennicutt (1998a). The area
normalized star formation rates are as high as starburst galaxies, thereby justifying
their designation as localized starbursts, a label first coined by Efremov (2004). We
found that the star formation rates (for a given size) within the complexes studied
here are about a factor of 10 lower than complexes (of the same size) in the merging
Antennae galaxies. We trace this difference to the molecular cloud populations within
the two galaxies, as the GMCs in the Antennae galaxies are roughly 10 times more
dense than the GMCs in M51. Thus, if star formation is proportional to gas density,
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as is the case in the commonly used Schmidt law of star formation, then the difference
in the star formation rates between the two galaxies is readily understandable.
4. The surface density distribution: The cluster complexes follow the same surface
density distribution as that of GMCs and young star clusters, namely a power law
with exponent − 21 , corresponding to a spatial density ρ ∝ r −1.5 . This provides a
natural explanation for the similarity between the observed mass-radius distribution
of GMCs and cluster complexes. Presumably older clusters follow a steeper density
distribution with a distinct tidal truncation due to dynamical evolution.
5. The mass-radius relation: The complexes in M51 follow the same mass-radius relation observed for GMCs. We conclude that this similarity is due to the imprint of
the progenitor GMC onto the complex forming within it. The shared mass-radius
relation is a natural consequence of the shared density distributions. Contrary to the
complexes however, young star clusters do not share the same mass-radius relation
(they follow a much weaker relation with a large scatter). We suggest that this may
be due to interactions between the young star clusters and gas clouds. This scenario
is supported by the observation that the size distribution is significantly shallower for
star clusters (young and old) than for GMCs (Bastian et al. 2005a).
6. Star formation efficiency: We have argued that the size of the progenitor GMC and
that of the each complex are the same, due to the short formation timescale relative to
the free-fall timescale of the GMC. We estimate the star formation efficiency within
each complex, by extending the observed mass-radius relation of GMCs to that of the
scale of the complexes. In this way, we estimate that the star formation efficiency
in the complexes is 50 ± 20%. There is a trend for the efficiency to increase with
complex size, but a constant efficiency is also consistent with the data.
7. Evolution of the complexes: The complexes studied here are quite similar to those
modeled by Fellhauer & Kroupa (2002). Their models show that a significant amount
of merging of the individual clusters is expected to happen within the complexes,
which may lead to the formation of a much larger star cluster than would be expected
from statistical sampling of a cluster initial mass function. This may explain why
clusters with masses up to 5 × 105 M are found in M51 (Bastian et al. 2005a),
which is about the mass of the largest complex analyzed here.
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Part F: Summary

Chapter 10
Nederlandse Samenvatting

10.1 Dit Proefschrift
Dit proefschrift heeft als doel de formatie, evolutie en disruptie van jonge, zware sterclusters (of sterhopen) te begrijpen. Met jong bedoelen we leeftijden tussen een miljoen en een
miljard jaar, met zwaar bedoelen we een massa groter dan ongeveer 10 4 M . Er is bewijs in
dit proefschrift en in ander recent werk, dat de voorgaande definitie nogal arbitrair is en dat
een karakteristieke massaschaal voor jonge clusters niet bestaat. Ondanks de grote variëteit
in stervormingsgebieden (zoals het interstellaire medium, de lokale druk, stervormingssnelheid en het lokale snelheidsveld) lijken de eigenschappen van clusters vrij uniform te
zijn. Verschillen tussen sterhopen kunnen voor het grootste gedeelte verklaard worden door
het moment van ontstaan, dynamische evolutie en druk van de moleculaire wolk waaruit
ze gevormd zijn. Er is daarom steeds meer consensus dat de oude bolvormige sterhopen,
die alomvertegenwoordigd zijn in sterrenstelsels en waarvan men dacht dat ze alleen in het
vroege heelal konden ontstaan, vandaag de dag nog steeds gevormd worden.

10.2 Deel A, B en C: De clusterpopulaties van M 51, M 82
en in getijdearmen
Het eerste gedeelte van dit proefschrift richt zich op optische studies van jonge (< 1 Gjr)
populaties van sterhopen in samensmeltende en botsende sterrenstelsels. Door gebruik te
maken van multi-colour imaging hebben we leeftijden en massa’s van clusters in andere
sterrenstelsels afgeleid. De belangrijkste doelwitten waren M 51, M 82, en NGC 6872. Door
de eigenschappen van de verschillende populaties van sterhopen te bestuderen hebben we
de volgende resultaten verworven:
1. We hebben de resultaten van andere studies bevestigd die lieten zien dat galactische
interacties de formatiesnelheid van sterhopen verhogen tot een factor 40, vergeleken
met normale clusterformatiesnelheden binnen hetzelfde sterrenstelsel.
2. Ons werk suggereert dat minimaal 70% van de jonge sterhopen verdampt binnen de
eerste 10 Mjr van hun bestaan. Dit effect is “infant mortality” (wiegendood) genoemd
en beschrijft disruptie van ongebonden clusters. De verklaring is hoogstwaarschijnlijk
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de snelle afname van de gravitatiepotentiaal binnen de sterhoop doordat supernovaexplosies het gas, dat is overgebleven van het stervormingsproces, uit het cluster verwijderen.
3. Door middel van waarnemingen geven we het eerste directe bewijs dat de massadistributie van jonge clusters (een machtswet met index −2) kan evolueren tot een lognormaal massadistributie, zoals waargenomen voor de oude bolvormige sterhopen,
door de disruptie van voornamelijk lage-massa clusters. Dit suggereert dat jonge,
zware sterhopen en oude bolvormige sterhopen ontstaan volgens hetzelfde mechanisme en dat de verschillen veroorzaakt worden door evolutionaire effecten. Kortom,
bolvormige sterhopen worden vandaag de dag nog steeds gevormd.
4. We hebben laten zien dat zware (> 105 M ) sterclusters kunnen ontstaan in de getijdearmen van samensmeltende sterrenstelsels. Deze sterhopen zullen bijdragen aan de
populatie van sterhopen tussen de sterrenstelsels. De eigenschappen van deze jonge
sterhopen (inclusief hun ruimtelijke en snelheidsverdeling binnen het cluster van sterrenstelsels) zijn vergelijkbaar met de zogenaamde “ultra-compact dwarf galaxies”
(UCDs), ontdekt in het cluster van melkwegstelsels Fornax. Dit suggereert dat deze
UCDs sterhopen zijn die gevormd zijn in de getijdearmen van oeroude samengesmolten sterrenstelsels.

10.3 Deel D: Dynamische studies van ultra-zware sterclusters
Het tweede gedeelte van dit proefschrift behandelt de gedetailleerde studie van één enkele,
ogenschijnlijk uitzonderlijke sterhoop: W 3, in NGC 7252 (het eindprodukt van twee samengesmolten sterrenstelsels). Door de gemeten snelheidsverdeling en morfologische parameters
te combineren konden we de dynamische massa afschatten van deze sterhoop. Ons resultaat is een extreem hoge massa van ∼ 7 × 107 M . Dit is bijna gelijk aan de fotometrische
massabepaling, wat betekent dat de stellaire initiële massafunctie (IMF) overeenkomt met
de standaard Salpeter-IMF. Door een ”belangrijkste-componentenanalyse” toe te passen,
hebben we laten zien dat W 3 significant anders is dan andere jonge sterhopen. Deze cluster
is veel te diffuus voor een cluster met een massa van ∼ 7 × 107 M , op basis van wat men
verwacht door simpelweg de eigenschappen van normale sterhopen te extrapoleren naar het
bereik van W3. We hebben VLT-UVES/FLAMES-spectroscopie verkregen van andere extreem zware clusters om te zien of deze dezelfde eigenschappen hebben als W 3 (werk in
uitvoering).

10.4 Deel E: Complexen van sterclusters
Het derde en laatste gedeelte van dit proefschrift is gericht op het leren begrijpen van de
eigenschappen van complexen van jonge sterhopen. We hebben een grote verscheiden-
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heid aan waarneemtechnieken gebruikt, zoals hoge-resolutie ruimte-waarnemingen, ”integral field” optische spectroscopie en millimeter-radio-interferometrie. Onze resultaten kunnen als volgt worden samengevat:
1. In NGC 4038 (de Antenne-sterrenstelsels) stoten de complexen hun gas uit met snelheden van 50-120 km/s, vergelijkbaar met wat is waargenomen voor dwarf starburst
galaxies. Ook hebben deze complexen een oppervlak-genormaliseerde stervormingssnelheid die net zo hoog is als, of hoger dan die van starburst galaxies. Daarom
kunnen we deze complexen zien als local starbursts.
2. In M 51 volgen de complexen een massa-straalrelatie en hebben een dichtheidsprofiel
vergelijkbaar met dat van reuze moleculaire wolken.
3. Gebruikmakend van de bovengenoemde relaties, schatten we een stervormingsefficiëntie (de hoeveelheid gas die omgezet wordt in sterren) van ongeveer 50% in deze
complexen.
4. In de Antenne-sterrenstelsels vinden we dat de complexen van sterhopen op hun beurt
weer onderdeel uitmaken van grotere structuren, zogenaamde complexen van complexen. Dit lijkt de grootste schaal van coherente stervorming te zijn en correspondeert met de schaal van reuze moleculaire wolken of complexen van wolken.
5. Ten slotte laten we zien dat de complexen in de Antenne-sterrenstelsels een stervormingssnelheid hebben die ongeveer 10 keer hoger is dan die in M 51, voor een
bepaalde straal. We beargumenteren dat dit komt door het feit dat moleculaire wolken
in de Antenne-stelsels een 10 keer zo hoge dichtheid hebben als hun tegenhangers in
M 51. Als de stervormingssnelheid ongeveer evenredig is met de dichtheid, wat de
Schmidt-wet suggereert, dan verwachten we dat de stervormingssnelheid tussen de
twee sterrenstelsels ruwweg met een factor 10 verschilt.

10.5 Slotwoord
In deze studie hebben we vele aspecten van jonge, zware sterhopen bestudeerd. Dit onderzoeksgebied staat nog in de kinderschoenen en men kan zich daarom niet aan de illusie
onttrekken dat we slechts de top van de ijsberg hebben bestudeerd. Er zijn vele fundamentele problemen die onopgelost blijven: Wat veroorzaakt de ineenstorting van een moleculaire wolk die uiteindelijk leidt tot de vorming van sterclusters? Is de ratio van sterren en
sterhopen die in een complex ontstaan constant, of hangt dit af van lokale/globale omgevingsparameters? Hoe verhouden de eigenschappen van de ultra-zware clusters zich tot de
eigenschappen van meer normale sterhopen? Variëert het type sterren dat ontstaat in een
cluster (met andere woorden: de stellaire initiële massafunctie) als functie van omgeving,
of is dit universeel?
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De diversiteit en gevoeligheid van nieuwe instrumenten op telescopen van de 8-meterklasse
en de volgende generatie interferometers bieden hoop op een oplossing voor deze problemen. Meer specifiek, hoge-resolutie multi-object spectrografen bieden de mogelijkheid om
tot in groot detail vele sterhopen gelijktijdig te bestuderen. De volgende generatie van
integral field units (IFUs) zou wel eens voor een revolutie kunnen zorgen in de studie van
complexen van sterhopen. Zij biedt de mogelijkheid gelijktijdig ruimtelijk opgeloste spectra
van alle bronnen in een complex te maken. Dit zal ongekende inzichten bieden in de leeftijden, metalliciteiten en snelheidsverdelingen, die gebruikt kunnen worden om de formatieen evolutiescenario’s te achterhalen. Tot slot, de extreme gevoeligheid en resolutie van de
millimeter- en sub-millimeter interferometer (ALMA, die op dit moment gebouwd wordt),
zal toegang verschaffen tot volledig nieuwe gebieden van onderzoek naar de formatie van
sterren en sterhopen.
Als waarnemers moeten we ten alle tijden de woorden van Harlow Shapley in ons achterhoofd houden: Een hypothese of theorie is helder, standvastig, en absoluut, maar hij wordt
door niemand anders geloofd dan degene die hem bedacht heeft. Experimentele bevindingen daarentegen, zijn slonzig en niet exact en worden door iedereen geloofd behalve degene
die het werk heeft gedaan.
Acknowledgements Veel dank aan Mark Gieles en Marc van der Sluys voor hun hulp in de vertaling van de samenvatting in het Nederlands.

Chapter 11
English Summary

11.1 This Thesis
This thesis had the broad goal of understanding the formation, evolution, and destruction
of young massive star clusters. By young, we typically mean clusters with ages between 1
Myr to 1 Gyr. By massive, we are referring to clusters with masses above ∼ 10 4 M . The
evidence presented in this thesis, and in other recent works, has shown that the latter definition is arbitrary, and that there is not a characteristic mass scale for young clusters. Thus,
despite the wide variation in their formation environments (e.g. ISM pressure, star formation rates, local velocity field), star cluster properties seem to be quite uniform. Differences
between clusters can be largely explained by formation epoch, dynamical evolution, and
pressure of the progenitor molecular cloud from which they formed. Thus, there is growing
consensus that the old globular clusters, which are ubiquitous in galaxies and once thought
to be capable of forming only in the early universe, are still forming today.

11.2 Parts A, B and C: The Cluster Populations of M51,
M82, and Inside Tidal Tails
A large part of this thesis was focused on optical studies of young (< 1 Gyr old) star cluster
populations in merging and interacting galaxies. By using multi-colour imaging we have
derived the ages and masses of cluster populations inside galaxies. The primary targets
of this research were M51, M82, NGC 6872. By studying the properties of each cluster
population we have obtained the following main results:
1. We have confirmed the results of other studies which showed that galactic interactions
tend to increase the cluster formation rate by up to a factor of 40 relative to the normal
cluster formation rate within the same galaxy. The factor strongly correlates with the
strength of the interaction.
2. Our work suggests that at least 70% of young clusters disrupt within the first 10 Myr
of their lifetimes. This effect has been named “infant mortality” and corresponds to
the destruction of unbound clusters. This is presumably due to the rapid decrease of
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the gravitational potential within a young cluster, due to the removal of the gas (left
over from the star formation process) by supernovae.
3. We provided the first direct observational evidence that the mass distribution of young
star clusters (a power-law with index −2) can evolve into a log-normal mass distribution as observed for old globular cluster systems, due to the preferential disruption
of low mass clusters. This suggests that young massive clusters and old globular
clusters form through the same mechanism, and that the differences between the two
populations are due to evolutionary effects. Hence, globular clusters are still forming
today.
4. We have found that massive (> 105 M ) clusters can form in the tidal tails of galaxy
mergers. These clusters will contribute to a intra-galaxy population of star clusters.
The properties of these young clusters (including their spatial and velocity distributions within the cluster of galaxies) are very similar to those of the so-called “ultracompact dwarf galaxies” (UCDs) discovered in Fornax, suggesting that some/many
of the UCDs are star clusters that formed in the tidal tails of a ancient galaxy mergers.
5. A theme throughout this work has been the luminosity function of star clusters.
The results presented here (and by other studies) suggest that the initial luminosity
function can be broadly described as a power-law function of the form N (L)dL ∝
L−α dL where α ∼ 2. We have discussed the affect that spatial resolution plays in
determining α in Chapter 6. In a study in progress (Gieles, Bastian & Lamers 2005b)
we are investigating the luminosity function in detail, including the affects of spatial
resolution, a multiple aged population, and a physical upper limit to the most massive
cluster which can be formed.
6. Presently, we are combining many of the results that have been obtained in this thesis, and other recent studies, in order to gain an understanding of a complete cluster
population (Gieles, Bastian, & Lamers 2005a). We are including the effects of disruption, infant mortality, a physical upper limit to the mass function, and variable
cluster formation histories, in order to model all the observed properties of the cluster
population in M 51.

11.3 Part D: Dynamical Studies of Ultra-Massive Star
Clusters
The second section of this thesis dealt with the detailed study of a single, apparently extraordinary, star cluster W3 in the merger remnant NGC 7252. We concentrated on the
determination of the dynamical mass of this ultra-massive young star cluster. By combining the measured velocity dispersion and structural parameters we were able to estimate the
dynamical mass of the cluster. Our results showed that W3 has the extremely large mass of
∼ 7 × 107 M . This is very similar to that estimated by photometric methods, indicating
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that the stellar initial mass function (IMF) of this cluster is in agreement with the standard
Salpter IMF. At present, we are carrying out detailed N-body simulations of massive young
clusters to test the effects of mass segregation (i.e. the most massive stars moving to the
center of the cluster), a realistic stellar initial mass function, and wavelength dependence of
the observations, in the determination of the dynamical mass of young clusters.
By using principal component analysis, we showed that W3 is significantly different
from other young clusters in the sense that it is much too diffuse for a ∼ 7 × 10 7M cluster
relative to what is expected from simply extrapolating the properties of normal star clusters
to the regime of W3. Following up on this result, we have obtained VLT-UVES/FLAMES
spectroscopy to determine the velocity dispersions of other ultra-massive star clusters to see
if they share the properties of W3 or if there are trends in their properties (work in progress).

11.4 Part E: Star Cluster Complexes
The third, and final, section of this thesis was aimed at understanding the properties of
complexes of young star clusters. Here, we used a wide variety of observational tools, from
space-based high-resolution imaging, integral field optical spectroscopy, and millimeterwave radio interferometry. Our results can be summarized as follows:
1. In NGC 4038, the complexes are expelling their nebular gas at velocities from 50-120
km/s, similar to that observed for dwarf starburst galaxies. Also these complexes have
area normalized star formation rates which are as high or higher than starburst galaxies. Therefore these complexes can accurately be referred to as localized starbursts.
2. In M51, the complexes follow a mass-radius relation and a density profile which are
extremely similar to that of the giant molecular clouds.
3. Exploiting the above relationship, we have estimated the star-formation efficiency
(the amount of gas which gets converted into stars during the formation of the complex) to be ∼ 50% in these complexes.
4. In the Antennae galaxies we find that the complexes of star clusters are themselves
part of larger structures, the so called complexes of complexes. This appears to be the
largest scale of coherent star/cluster formation, and corresponds to the scale of giant
molecular clouds or cloud complexes.
5. Finally, we showed that the complexes in The Antennae have star formation rates
which are ∼ 10 times higher than in M51, for a given radius. We argued that this
is due to the fact that molecular clouds in the Antennae are ∼ 10 more dense than
their counterparts in M51. Therefore if star formation is roughly proportional to gas
surface density, such as in the Schmidt Law, then we would expect the star formation
rate between the two galaxies to differ by a factor of ∼ 10.
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11.5 Final Word
Throughout this work, we have investigated many aspects of young massive star clusters.
Due to the infancy of the field many fundamental questions of star clusters remain unsolved.
What triggers the collapse of a molecular cloud to begin the star formation process? Is the
ratio of stars to star clusters formed constant within complexes or does it depended on the
local/global environment? How do the properties of the most massive star clusters relate to
their more common cousins? Does the types of stars formed within a cluster (i.e. the stellar
initial mass function) vary with environment or is it truly universal?
The diversity and sensitivity of new instruments on 8-meter class telescopes and the next
generation of interferometers offers hope of resolving some of these issues. In particular,
high-resolution multi-object spectrographs offer the opportunity to study many clusters in
extreme detail at the same time. The new generation of integral field units are poised to revolutionize the study of star/star cluster complexes, providing the ability to obtain spatially
resolved spectra of all sources within a complex simultaneously. This will allow unprecedented insight into the age, metallicity, and velocity distributions which can be used to
constrain formation/evolution scenarios. Finally, the extreme sensitivity and resolution of
the millimeter and sub-millimeter interferometer ALMA (currently under construction), will
give access to whole new regimes in terms of star, and star cluster formation, allowing us to
glimpse the very earliest stages of formation.
As observers we would do well to remember the words of Harlow Shapely. A hypothesis
or theory is clear, decisive, and positive, but it is believed by no one but the man who created
it. Experimental findings, on the other hand, are messy, inexact things which are believed
by everyone except the man who did that work.
Acknowledgements Many thanks to Mark Gieles and Marc van der Sluys for the help in translating this summary into Dutch.
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