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Chapter

Introduction

Imagine encountering a stranger at night, in a dark and teeséeld. There is hardly any
Moon, but you can just see his scarred face as he approachesiigoshredded clothes are
hanging from his skinny shoulders and he does not speak aadsegq A closer look at his
mouth reveals several teeth are missing. The way he movdsfhem indicates a badly
healed fracture that must have been menacing him for yaassmbments later, time freezes
and everything stops moving, except you.

For some people, the discomfort of the situation might faheem to run and leave this
place. For others, the sight of the petrified world arounantfaad the exceptional being
that just passed may cause them to stand frozen themselegmrdRess of their response,
everyone will wonder where the stranger came from, whatexhiss dreadful looks, and
why he arrived in the first place. But he will never answer.Zemas he stands, all you can
rely on is the image of a man in a field, marked by his history.

In the skies, our stranger is not alone. For centuries, hitpnhas been delving deeper
and deeper into a cosmos that appeared immobile at first, sigempting to unravel its se-
crets and, in time, to understand tausalityof things. The processes that shape the structure
of the universe — the formation and evolution of stars, dizsters, and galaxies, all the way
up to the scales of the cosmic web — tend to take place on tieesmuch longer than a
human lifetime. Despite the continuous motion, this défere of time scales creates the illu-
sion of a static cosmos. Observationally, astronomerséeveloped indirect means to detect
motion, enabling them to discern kinematics that would atlige go unnoticed. In terms of
the interpretation and underlying theory of such obseovati the digital revolution of the
late twentieth century has left a spectacular imprint. eStdtthe-art computer simulations
provide a new level of freedom that allows astrophysiciststtidy idealised representations
of the evolution of cosmic systems at any moment in time, in@mnfiguration they prefer.
The outcomes of such simulations can be used to trace a spstekrto its origin. Building
from certain assumptions, we can now make the stranger move.

This work concerns the formation and evolution of star @usin the context of their
galactic environment. Our own Milky Way is surrounded byistures which are almost as
old as the universe itself. These ‘globular clusters’ aeestiangers we aim to understand —
where did they come from, and what did they endure? What igvbéutionary history of
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2 Chapter 1

a population of star clusters, and how is it affected by thectgrular changes that its host
galaxy may have experienced? A large fraction of all obskpgadaxies is interacting with
other galaxies, often facing an inevitable coalescenaeargingle, larger galaxy. It seems
obvious that the star cluster systems harboured by suckigalare influenced in some way,
but the nature of these effects should be quantified. In dadgrasp the role of star cluster
populations as tracers of a distant past, it is essentiahtierstand their life from birth to
death. In the following chapters, the formation and evolutf star clusters will be treated,
going into the internal and external processes that infleidineir properties, up to the point
where we can witness tleo-evolution of star clusters and galaxies.

1.1 Star formation

The history of a star cluster begins in a giant molecular @¢l@&MC) that becomes locally
unstable to gravitational collapse (Jeans 1902), possillyced by a density wave like a
spiral arm or another (tidal) perturbation. During the caation of the cloud, smaller struc-
tures become self-gravitating. The cloud fragments intapsing clumps, which eventually
reach densities high enough to ignite nuclear fusion. By tin@e, the cloud has formed
(proto)stars, which continue to accrete gas until theirgyeutput inhibits further gas in-
flow and evacuates the star-forming region.

Protostars do notform inisolation. The turbulent fragnaéioh that occurs in a collapsing
GMC produces populationof protostars (e.g. Bonnell et al. 1998, Bate et al. 2003 r&tn
et al. 2008). It depends on the efficiency of star formatiahttue density of the star-forming
structure whether these protostars could potentially ;yerdgorm fewer, more massive stars
(see Chapter 2 and Portegies Zwart et al. 1999, Gaburov 20&0). Observations of star-
forming regions (see Fig. 1.1) reveal young stellar popurtet that are consistent with the
fragmentation model — star formation produces groups o$ skeat are spatially associated.
However, this does not necessarily indicate the birth ohadtister. Recent observations of
star-forming regions in the solar neighbourhood show ttaatfermation takes place with a
continuous range of stellar number densities (Bressett 2020, also see Chapter 2), some
of which are so low that the stellar associations dispersestimmediately.

Star formation ends when the remaining gas is expelled ipsteinds or supernovae
Only then, the formation of a star cluster is finally defiretivwhether the spatially associated
stellar structure is disrupted by the change of the grawitat potential or remains as a bound
(complex of) star cluster(s) is determined by its dynamieaponse to the expulsion of the
remaining GMC gas. The disruption of gas-embedded stateckiby gas expulsion (Hills
1980, Elmegreen 1983) is called ‘infant mortality’ (Lada &da 2003) and has been thought
to be the driving mechanism behind the relatively low fractdf star formation that produces
bound clusters (Boily & Kroupa 2003a,b, Goodwin & Bastiai®@)) which is about 3—20%
(Lada & Lada 2003, Bastian 2008, Portegies Zwart et al. 201Xxims of two separate

1Feedback in the form of radiation, stellar winds, or supeangjecta.

2This termination of the star formation process implies thist not efficient, i.e. not all gas is consumed in the
star formation process. Indeed, typical ‘star formatiditieincies’ are of the order of a few percent on the scales of
GMCs (McKee & Ostriker 2007).
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Figure 1.1: Hubble Space Telescope image of the Trapezium Clustetelddathe central part of the
Orion Nebula (M42).Left WFPC2 optical image (credit: O"Dell & Wong; NASARight NICMOS
infrared image (credit: Luhman et al.; NASA). The clustenature of the stellar structure is clearest in
the infrared, which is less sensitive to extinction by the@unding gas than optical light.

modes of star formation, yielding unbound field stars andteled stars, have been refuted
by the aforementioned discovery of a continuous range dastensities produced by the
star formation process (Bressert et al. 2010). As we willl@xrpin Chapter 2, the density
above which the stellar structure remains bound througti@iprocess of gas expulsion
is not constant and depends on the properties of the loca&ommrent. Consequently, the
division of the star formation process in two distinct mogesot adequate, and clusters and
field stars should be considered as the possible outcomesimjle star formation process.

The transition of gas-embedded structure to isolated betarctlusters poses a challeng-
ing observational problem. Visually, young stellar asatiohs look very much alike and it
can therefore be hard to assess which end up as bound séucfithis touches an essential
point: how is a star cluster defined? In a recent paper, GéeRgartegies Zwart (2011) show
that star clusters and associations can be reliably sepbbgt comparing the age of the
stars with the crossing time.{ < p~/2, with p the density) of the stellar structure. Struc-
tures with stellar ages larger than their crossing tinies=(7 /t.; > 1) are star clusters. If the
age is smaller than the crossing tinie€ 7/t < 1), the structure is an unbound association.
This distinction is enhanced by the time evolution of staistérs and unbound associations
— for star clusters[1 increases with time, while for unbound associations it dases. In
this work, the term ‘star cluster’ will refer to the bound drat that remains after the star
formation process ends and the remaining gas has beeneaxkpell

As a result of the characteristics of the star formation pss¢star clusters are born with
certain properties. Because the stars in a star clusterearerally formed from the same
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GMC?, they share the same chemical composition. The short timle sn which star for-
mation takes place implies that the stars also share the agase— by the time that stellar
structure can be identified as a star cluster, the age spfdhd stars is much smaller than
the age itself.

Not only the stars within a single cluster show similaritteat reflect the imprint of
their formation process, but also different star clustara population of clusters do. The
distribution of stellar masses in young clustera {dm, the ‘initial mass function’ or IMF)
is largely universal (Bastian et al. 2010) and follows a segtad power law with a slope
of —2.3 at masses > 0.5 M, and a turnover at lower masses (Kroupa 2001). The main
remaining debates in literature concern (1) the way in wihgdi star clusters populate the
massive end of this distribution, i.e. whether or not it isgible (from a probabilistic point of
view) to form isolated O stars (Weidner et al. 2004, Bastiaal.€2010), (2) which underlying
physics cause the characteristic mass of the distribugan Bonnell et al. 2006), and (3)
whether the first generation of stars to populate the ureMeasl a different IMF (e.g. Bromm
& Larson 2004). For the star clusters that are consideretigvtork, the (approximate)
universality of the stellar mass function is only violatagedo cluster evolution, during the
millions or billions of years following their formation uihtheir eventual destruction.

1.2 Star cluster evolution

After the expulsion of the primordial gas, the evolution t#rsclusters and the stellar mass
function is driven by a combination of internal and exteqpralcesses. All of these processes
yield a decrease of the star cluster mass, eventually lgddithe destruction of a cluster.
Stellar evolutiorremoves the massive stars, which have the shortest lifstiarel replaces
them with stellar remnants, i.e. black holes, neutron siamghite dwarfs. This is the only
destruction mechanism that is tied to a specific time scateespective of the cluster mass,
all clusters will have lost about 30% of their initial masseda stellar evolution after 10 Gyr
(Lamers et al. 2005a). Under the right circumstafcé change of the gravitational poten-
tial due to the mass loss by stellar evolution can induce arstary, dynamical loss of mass
in the form of stars that were already moving at velocitieselto the escape energy (Lamers
et al. 2010). This additional mass loss is of the same ordemagfitude as the mass loss
due to stellar evolution itself. While the first-order effed stellar evolution only removes
the massive stars from a cluster, the escape probabilittacs sue to induced mass loss is
largely independent of their mass, unless the cluster istsegregated (see below).
Two-body relaxations the third internal disruption mechanism, but its implicas are
also influenced by external factors. It is dynamical in n@amd does not act on a fixed time
scale. Instead, the disruption rate due to two-body relexatepends on the cluster mass

3There are certain exceptions to this rule, which is illustigby the observation of multiple stellar populations
in the colour-magnitude diagrams of intermediate-ageciteters in the Magellanic Clouds (e.g. Mackey & Broby
Nielsen 2007, Mackey et al. 2008) and certain old globulastelrs (e.g. Piotto et al. 2007). A possible explanation
is that these subpopulations are the product of two stardtiom events at different ages or metallicities, where the
second generation of stars possibly formed from the ejddtzedirst generation (e.g. D’Ercole et al. 2008).

4This mainly depends on the density profile of the cluster &edeffectiveness of the other disruption mecha-
nisms.
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and the tidal field in which a star cluster is situated. Twahprelaxation is the macroscopic
term for the many individual encounters of the stars in atehisluring which they exchange
energy and evolve towards a state of energy equipartitipitZ& 1987). The energy ex-
change affects the orbits of the stars, potentially movireart outside the Jacobi radtuat
some point in time, which causes them to become unbound.€Budting rate at which mass
is lost from the cluster is determined by the cluster mass ssiva clusters lose a smaller
fraction of their mass per unit time than low-mass clusteend the tidal field strength —
clusters orbiting an idealised galaxy with a smooth po&thive higher disruption rates near
the galactic centre than in the outskirts of a galaxy.

A secondary effect of two-body relaxation is mass segregatie. the redistribution of
stars such that the mean stellar mass decreases with raléua. cluster evolves towards
energy equipartition, to first order low-mass stars obtaghér velocities than massive stars,
which causes them to move to larger radii. The massive staltd@vards the cluster centre
(during which their velocity increases again) and stayehdihe time scale on which mass
segregation is reached decreases with stellar mass, issiveatars segregate to the centre
more quickly than low-mass stars move towards larger rddie long-term effect of mass
segregation is that low-mass stars have a higher probatuliéscape a cluster than massive
stars. The mass function of stars in @rolvingcluster is far from universal (Hénon 1969,
Fukushige & Heggie 2000, Heggie & Hut 2003, Baumgardt & Mak2903), because it is
affected by cluster disruption. The rate at which it changeset by environmental factors
such as the tidal field as well as the mass of the cluster.it§aif ‘low-mass star depletion’
or ‘preferential loss of low-mass stars’ also affects thtegnated properties of clusters, such
as their mass-to-light ratios (see Chapters 3-7).

The last disruption mechanism is related to episodic chaingehe tidal field, which
disrupt a star cluster by heating the kinematics of the qtapitzer 1958, Ostriker et al.
1972, Chernoff et al. 1986, Spitzer 1987, Gnedin & Ostrik&97). Theseidal shockccur
in nature when a cluster passes through a galaxy disc (a stlisck’), moves through the
pericentre of its orbit near the bulge of a galaxy (a ‘bulgect), encounters a GMC (Gieles
et al. 2006b) or passes a spiral arm (Gieles et al. 2007a). phogess that changes the
tidal field in which a cluster is situated causes a tidal sharott thereby contributes to the
disruption of the cluster. The relative importance of theraltion rate due to tidal shocks
changes with the environment. For globular clusters, whasiide in the halo of large spiral
and elliptical galaxies, it is known that disc and bulge #tsoo not outweigh the disruption
due to two-body relaxation (see Dinescu et al. 1999 and @h&ptHowever, tidal shocks do
dominate the mass loss of open clusters that orbit in thes disspiral galaxies (see Lamers
et al. 2006 and Chapter 8). Although the energy injectioruccapproximately uniformly
throughout a cluster, the stars in the outskirts are typicialser to the escape energy than the
stars residing in the cluster centre. Therefore, the masgifin of the stars in a cluster can
change due to tidal shocks, but only if the cluster is magsegmted.

Summarising the different disruption mechanisms, it isleut that the long-term dy-
namical evolution of star clusters is largely governed tgirtiyalactic environment. When

SThis is the radius of the zero-point in the gravitationalgmdial, which separates the volume in which stars are
bound to the cluster from the space where the stars beconmindlmue to the tidal field (see e.g. Fukushige &
Heggie 2000, Portegies Zwart et al. 2010).
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Figure 1.2: Left optical image of the Pleiades (M45), an open cluster wittage of approximately
1C® yr, taken with the Palomar 48-inch Schmidt telescope (er&thSA/ESA/AURA/Caltech) Right
optical image of the globular cluster M80, which has an agetmfut 18° yr, taken with the Hubble
Space Telescope/WFPC2 (credit: the Hubble Heritage Te&iRAXSTSCI/NASA).

considering populations of star clusters, either in ddfgrgalaxies or in different parts of a
single galaxy, it is important to recognise the imprintstod £nvironment on the properties
of the population. The initial age distribution of star d¢krs is given by the cluster forma-
tion history, while the mass spectrum of star clustefé (dM) is initially characterised by a
power law with index—2 down to a lower mass limit of about 504W(Lada & Lada 2003,
Portegies Zwart et al. 2010). After someé®}@ars of dynamical evolution, these distributions
have changed. Because star clusters are disrupted as tigregses, the actual age distribu-
tion of star clusters deviates from the cluster formatiesidry that defines its initial form —
at older ages, there is an increasing deficit of clustersy tipet point where none are left and
all have been disrupted (e.g. Hunter et al. 2003, Smith &0&17). The mass distribution of
clusters evolves in a similar way. All disrupted clustersglanass, but the relative fraction of
their mass that is lost per unit time increases as fewer gtarain (Lamers et al. 2005a). In
other words, the mass loss rate of a star cluster escalabesalisolute mass loss rate may
decrease, but the relative mass loss rate increases. Aslg disruption causes the initial
cluster mass spectrum to flatten at the low-mass end (Elrae@d&fremov 1997, Vesperini
2001, Boutloukos & Lamers 2003, Lamers et al. 2005a, Larfé9R

The dynamical evolution of star clusters has a pronounceaaton the observed prop-
erties of cluster populations, primarily so in older systenWithin the Milky Way, these
imprints have given rise to the classical distinction betwepen and globular clusters (see
Fig. 1.2), which differ in terms of their ages, masses, niieiti¢s and spatial configurations.
Open clusters reside in the disc of the Milky Way, are typycpbung (- < 10° yr), low-mass
(M < 10* M) and metal-richZ ~ Z). Globular clusters, on the other hand, are found in
the Milky Way halo, have ages comparable to the age of thesusd/(r ~ 12 Gyr), are mas-

6A ‘Hubble time’.
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sive (M ~ 10° M), and contain little metalsZ ~ 0.05 Z,). Of these two populations, the
youngest should be expected to best reflect the initial ptiggeof a population of star clus-
ters. Indeed, the mass distribution of open clusters ieifit age ranges can be described by
a power law with index close te 2 (Portegies Zwart et al. 2010), while the mass function of
globular clusters is depleted at the faint or low-mass eratrjsl1996). Over the past decade,
the origin of the globular cluster mass function has beerresitely debated in literature.
Most studies consider a dynamical origin (Elmegreen & Efrert097, Vesperini 1998, Fall

& Zhang 2001, Vesperini & Zepf 2003), but other works haveuadythat the conditions in
the early universe could have been such that the initial sy@sstrum of star clusters differed
from its current form (Harris & Pudritz 1994, Parmentier &@ore 2007).

Given the ages of globular clusters, it is not surprising thair properties differ so
strongly from those of open clusters. Not only is a Hubbleetiof dynamical evolution
bound to have a lasting impact on a population of star clasbert the environmental condi-
tions under which globular clusters formed and evolved ralssi have changed widely. An
understanding of how the characteristics of star clustpufations change with time, under
a variety of conditions, will provide insight in the clusteopulations that may result after
several gigayears of cluster formation and evolution. hntthis approach can be reversed
to use (globular) cluster populations to trace the cosmmaitins throughout their history.

1.3 Galaxy evolution

Processes on galactic scales influence the propertiesarfelsster population. The presence
or absence of spiral arms, the GMC number density, and thdwtaation rate all impact
the formation and destruction of star clusters in isolateldxjes. In the more irregular en-
vironments of interacting galaxies and dwarf galaxy adoretarge-scale processes such as
tidal stripping and violent relaxation continuously redisute stars and star clusters. These
processes are capable of dominating the macroscopic eohftstar cluster populations.

Some of the main interests of modern astrophysics concerriotmation and evolu-
tion of galaxies, and their hierarchical assembly througgngimg (e.g. Sanders & Mirabel
1996, Conselice et al. 2003). In the current picture of m@m@al cosmology (White & Rees
1978), galaxy mergers play a fundamental role. In the eariyause, the first dwarf galax-
ies condensed from small fluctuations that deviated fromtaeraise almost homogeneous
distribution of matter. As the gravitational contractidrttee first structures continued, these
galaxies accreted gas and collided with other galaxiedesoiag to form larger and more
massive systems. This hierarchical build-up of galaxiesdwatinued up to the present day
(McConnachie et al. 2009), producing a wide variety of gelex Some of the early dwarf
galaxies are still present, but in other cases the hiersathssembly of mass has created
gas-rich spiral galaxies or giant elliptical galaxies, ihigh gas is absent. The cosmological
environment of a galaxy determines how much gas it can acoretvhether it can merge
with other galaxies. As a result, the galaxy population hrasrged as an excellent tool to
test cosmological models (e.g. Kauffmann et al. 1993, Suitfee& Primack 1999, Bell et al.
2005). By connecting the evolution of star clusters to tlidheir host galaxies, hierarchical
cosmology and star cluster populations become associstedla
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Figure 1.3: Optical image of the Antennae galaxies (NGC 4038/9), takéh thhe Hubble Space
Telescope/ACS/WFC (credit: Whitmore et al.; the Hubbleitdge Team; AURA/STScI/NASA/ESA).
The blue dots and clumpy structure represent (complexepgoof)g star clusters, which are formed at
an increased rate due to the interaction between both galakhe orange regions are the bulges of the
galaxies, the pink haze surrounding the clusters represeatgas, and the brown filamentary structure
reflects the distribution of dust.

In isolated galaxies, the formation of stars and star ctastegoverned by the density
structure of the interstellar medium (ISM) and internaltpdrations that may trigger the
gravitational collapse of GMCs, which signifies the onsestafr formation. On a global
scale, the star formation rate den$ity set by the gas density through the Schmidt-Kennicutt
law (Schmidt 1959, Kennicutt 1998b). The density of stanfation is higher in dense re-
gions than in sparse ones. The clumpiness of the ISM in disaghlaxies is known to have
evolved strongly over the course of a Hubble time. Massivedanse clumps dominated the
morphology of these galaxies at redshiftszof- 2 (EImegreen & Elmegreen 2005), which
as a result have been put forward as the possible formatesai the metal-rich part of the
globular cluster population (Shapiro et al. 2010).

The range of possible origins of globular clusters is notrigsd to the dense clumps

"The star formation rate per unit area or volume.
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of isolated disc galaxies. Interacting and merging gakueiehibit spectacular amounts of
star and cluster formation in relatively small volumes. W&o disc galaxies interact and
merge, the tidal torques that are exerted on the galaxy dislcsan inflow of the gas towards
the centres of the galaxies, where the high density fuelgst bistar formation, potentially
up to 100 My, yr—! (Hernquist 1989, Mihos & Hernquist 1996). A certain fractiof this
star formation will result in bound star clusters (Holtznedrmal. 1992, Schweizer et al. 1996,
Whitmore et al. 1999), of which the most massive ones coulihég@rogenitors of globular
clusters that populate the halos of spiral and giant edightgalaxies (see Ashman & Zepf
1992 and Chapter 9). In the nearby universe, galaxy mergetsas the ‘Antennae’ galaxies
(NGC 4038/9, see Fig. 1.3) are well known for their extreméi populations of young,
massive clusters. It is hard to imagine a better example wfthe galactic (and cosmolog-
ical) environment can affect a star cluster population. &gy do the starbursts change the
appearance of these merging disc galaxies by consumingggirall of the gas and even-
tually leaving a ‘dead’ giant elliptical galaxy, but theysalproduce the beacons that may
remain visible for billions of years after the collision hexsded. It is one of the main aims of
the final part of this work to find out which star clusters carviue such galaxy interactions,
and how they are affected by these drastic events.

1.4 This thesis

This work concerns the formation and evolution of (popuwlasi of) star clusters in the con-
text of their galactic environment. It covers the internghamics of stellar clusters during

their formation and subsequent evolution, and also cosrtbeir evolution to galaxy-scale

events such as mergers. The key question that will be askedghout is how star clusters

dynamically respond to their environment, and what the wswpic implications are for a

population of star clusters. The first part of this work tsgle formation of stellar subclusters
and their response to gas expulsion — the first stage of whid potentially become a (pop-

ulation of) star cluster(s). The second part discussesiteenal dynamics of star clusters, the
effect cluster disruption has on their photometric prapsriand what the implications are for
the characteristics of (globular) cluster populationsthia third and final part, the different

ingredients are combined to assess the evolution of stateclpopulations in simulations of

(interacting) galaxies. This is the part in which the prdigsrof star cluster populations and
the evolutionary histories of their host galaxies are cotatk

Part A — The formation of star clusters

Chapter 2 During the turbulent fragmentation of GMCs, accreting pstéars interact and
form small groups. These stellar subclusters are the seedse hierarchical formation of
actual star clusters. This chapter addresses the dynafmsesolusters in hydrodynamical
simulations of star formation, in order to investigate thiesponse to gas expulsion and the
fraction of star formation that results in bound clusterdié¥ ignoring the gravitational po-
tential of the gas, we find that the subclusters evolve togvardtate of virial equilibrium
before the onset of gas expulsion. This surprising reschised by the fact that the subclus-
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ters are gas-poor on spatial scales corresponding to takinmtass radii, with gas fractions

below 10%. Due to their low gas fractions, the subclusteii teddly change upon gas ex-

pulsion. By scaling the units of the simulation, we estinhte mass and length scales on
which actual star clusters could become gas-poor beforexgagsion. We propose that the
disruption of clusters during the transition from a gas-edded to a gas-rid state is not al-
ways due to gas expulsion (infant mortality), but also dugaéotidal shocking of clusters by

the surrounding GMCs (the ‘cruel cradle effect’).

Part B — The evolution of star clusters in their galactic envionment

Chapter 3 The photometric properties of star clusters are influengethb IMF, their
metallicities, the retention of stellar remnants, and tha&wgion of the mass function due
to cluster disruption, which generally leads to low-mass depletion (also see Chapter 7).
In this chapter, we present semi-analytic star cluster tsodewhich these effects are in-
cluded. Low-mass star depletion is approximated to firseoby increasing the lower mass
limit of the stellar mass spectrum as a cluster loses masscoWipute the evolution of star
clusters for a range of initial masses and disruption raad, synthesise their broad-band
photometric properties by using stellar evolutionary isones. It is found that the choice of
IMF affects the mass and mass-to-light ratio evolution oktdrs, the choice of metallicity
influences their magnitude, colour and mass-to-light ratiolution, the inclusion of stellar
remnants alters their mass and mass-to-light ratio ewlutnd accounting for low-mass
star depletion impacts their magnitude and mass-to-lafid evolution. When considering a
population of clusters, low-mass (faint) clusters havedgity experienced more disruption
than massive clusters. As a result, we find that the maggtib+iatio of clusters increases
with cluster luminosity and mass. A comparison with the grbips of Galactic globular
clusters gives good results, provided that low-mass staletien and the retention of stellar
remnants are accounted for.

Chapter 4 The mass-to-light ratios of globular clusters are too low tfeeir respective
metallicities when comparing them with simple stellar plagion models. We apply the
models from Chapter 3 to samples of globular clusters in tikeyMVay, Centaurus A, M31,
and the Large Magellanic Cloud. We characterise evolutiptracks and cluster isochrones
in the mass vs. mass-to-light ratio plane, and compare thdehpyedictions to the distri-
bution of observed globular clusters in this plane. The nwdee found to be consistent
with the observed masses and mass-to-light ratios for aigaljysacceptable range of dis-
ruption rates. Without accounting for low-mass star demhetonly 39% of all clusters lie
within one standard deviation of their expected massghbtlratios. With our new models,
this percentage increases to 92%.

Chapter 5 Of all known Galactic globular clusters, a subset of 24 hasaknorbits and
mass-to-light ratios. Assuming a fixed orbit over theirtiifees, we model the disruption
history of these clusters to predict the mass-to-lighbrtiey should have according to our
models from Chapter 3. The disruption rates we derive fogtbbular cluster orbits lie in the
same range as those needed in Chapter 4. Out of the 24 glehigtars in the sample under
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consideration, 12 clusters have observed mass-to-ligiuisréhat are within one standard
deviation of the predicted ones. For about half of the dgant clusters, the difference arises
because their central and global mass-to-light ratiosa@trsimilar. Our models predict global
mass-to-light ratios, while the observations are biasélddstars inside the half-mass radius.
This leads to dissimilarities for clusters with high maggegation and a long disruption time.
They can be excluded by imposing limits on the derived disompgrates and observed King
parameters. For the thus obtained sample of clusters, dugbed and observed mass-to-
light ratios are about 78% of the value they would have hatauit low-mass star depletion.
This depletion of low-mass stars should be present in obtiens of the stellar mass function
in globular clusters, which we confirm by considering theddetiusters for which the data is
available. We end the chapter by identifying targets for lageovational campaign aimed at
constructing the stellar mass functions of globular clsste

Chapter 6 The mass function of dissolving globular clusters beconededed in low-
mass stars, which have high mass-to-light ratios. Theeetbie cluster mass-to-light ratio
decreases with respect to clusters with a stellar massifurtbiat still follows the shape of the
IMF. Statistically speaking, low-mass clusters have lostevstars than massive clusters. This
implies that for a fixed age, the mass-to-light ratio incesasith cluster mass and luminosity.
We apply this trend to the conversion of the peaked globuilester luminosity function to a
cluster mass function. The observed luminosity functiocoissistent with an exponentially
truncated power law initial cluster mass function, proddbat the mass loss rate of the
clusters depends on their mass. The slope of the globulateclmass function at masses
below the peak is 0.7 when accounting for the effects of lomssnstar depletion, and 1.0
when these effects are ignored. These results hold for desiatation between luminosity
and mass-to-light ratio, but also for a population of glabalusters with different orbits (and
disruption rates), for which this ‘relation’ is more of ariewith substantial scatter.

Chapter 7 The change of the stellar mass function in dissolving stastels is caused by
two-body relaxation. In this chapter, a simple physical elasl derived from the principles
of two-body encounters and energy considerations. Theiggalof the stellar mass function
is determined by the disruption rate, the masses and retefinéiction of stellar remnants, and
the IMF. The escape probability is typically highest atlateiasses around 15-20% of the
maximum stellar mass in a cluster. After about 400 Myr, atedivolution has decreased this
mass to such an extent that stars of the lowest masses hah@gtiest escape probability.
Low-mass star depletion is inhibited by the retention of snasstellar remnants, such as
black holes, which efficiently eject stars with masses simib those of white dwarfs and
neutron stars. As a result, the cluster mass constitutedéglifferent remnant types is also
affected by the dynamical evolution of the mass function. omparison of the predicted
mass function slopes to those of Galactic globular clugimes excellent agreement.

Part C — The co-evolution of star clusters and galaxies

Chapter 8 The formation and evolution of star clusters is governedhegylbcal environ-
ment. In isolated galaxies and galaxy mergers, the enviemtsnof star clusters should
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be expected to vary widely in time and space. To address thsilge emergent prop-
erties of the cluster population that could arise in a complevironment, we presem-
body/hydrodynamic simulations of galaxies in which a semélytic model for the star clus-
ter population is included. The model includes star fororatfeedback, stellar evolution,
and star cluster disruption by two-body relaxation and stiacks. We validate the model by
comparing it to the results fromV-body simulations of dissolving star clusters. The evolu-
tion of selected individual clusters shows that their etioluis dominated by the variation of
their environment in time and space. In isolated disc gaelxhe disruption rate decreases
with cluster age, due to clusters escaping their dense tomsites (‘cluster migration’) and
the preferential disruption of clusters residing in dens@renments (‘natural selection’).
These mechanisms exemplify the emergent properties oflsister populations in complex
environments. In galaxy mergers, such effects are even premalent. The evolutionary
histories of individual clusters in a galaxy merger are cltatgly determined by their orbits
and the corresponding changes of the environment. Clustarescape into the stellar halo
survive the merger, while those clusters that stay neareh&al starbursts have very short
lifetimes. This form of natural selection has a lasting ictgan the star cluster population of
a merger remnant.

Chapter 9 Galaxy mergers are famous for their high star formatiorsratel large numbers
of clusters. However, it is also known that dense envirortmend changes in the tidal field
can efficiently destroy clusters. We apply the model from@éa8 to asses the evolution
of the cluster population during a merger. It is found that tidal shocks that occur during
a merger are strong enough to destroy clusters at such dedteestruction dominates over
the formation of clusters. The number of clusters increasgsfor the subset of massive and
young clusters that is easily detected in observations. preferential destruction of low-
mass clusters causes the power law initial cluster massiumo evolve into a peaked form.
Just after the merger, the peak mass is abo&f My, which subsequentially evolves to
higher masses. This suggests that globular cluster systeahd be the natural consequence
of the large starbursts and the corresponding cluster mlisruthat took place in the early
universe.

Chapter 10 The model of Chapter 8 is applied to the case of the Antennkziga (see
Fig. 1.3), which is a textbook example of how the changinggfa environment can affect
the population of star clusters. Itis found that the obsgara predicted distributions of clus-
ter ages and masses are in excellent agreement. Moreosiehiaracteristics suggest that
the mechanisms of cluster migration and natural selecea Chapter 8), and the resulting
decrease of the disruption rate with cluster age are impbfta ages below ~ 150 Myr.
This is verified by considering the mean ambient gas dens$itheclusters as a function
of age, which is also found to decrease until ages of abost 150 Myr. We discuss the
results in the context of Chapter 2 and the cruel cradle gféewd conclude the chapter by
discussing how the Antennae galaxies illustrate the négedfsaccounting for variations of
the environment when modelling cluster populations.
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The dynamical state of stellar structure in
star-forming regions
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Abstract The fraction of star formation that results in bound stastus is influenced by the den-
sity spectrum in which stars are formed and by the respongleecstellar structure to gas expulsion.
We analyse hydrodynamical simulations of turbulent fragtagon in star-forming regions to assess
the dynamical properties of the resulting population ofsstnd (sub)clusters. Stellar subclusters are
identified using a minimum spanning tree algorithm. Whersatgring only the gravitational potential
of the stars and ignoring the gas, we find that the identifidxtisisters are close to virial equilibrium
(the typical virial ratioQir =~ 0.59, where virial equilibrium would b&ir ~ 0.5). This virial state is a
consequence of the low gas fractions within the subclustarssed by gas accretion and the accretion-
induced shrinkage of the subclusters. Because the subduste gas-poor, up to a length scale of
0.1-0.2 pc at the end of the simulation, they are only wealtgcted by gas expulsion. The fraction of
subclusters that reaches the high density required to etola gas-poor state increases with the density
of the star-forming region. We extend this argument to dizster scales, and suggest that the absence
of gas indicates that the early disruption of star clusteses h gas expulsion (infant mortality) plays
a smaller role than anticipated, and is potentially refddo star-forming regions with low ambient
gas densities. We propose thatdensestar-forming regions, the tidal shocking of young star @ts

by the surrounding gas clouds could be responsible for thg d&sruption. This ‘cruel cradle effect’
would work in addition to disruption by gas expulsion. We gesst possible methods to quantify the
relative contributions of both mechanisms.

2.1 Introduction

Over the past years, the implications of clustered star &ion have touched a range of
astrophysical disciplines, from the scales of the star &diom process itself (see the review by

15
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McKee & Ostriker 2007) to the fundamental properties of ypatar clusters (e.g. McMillan
et al. 2007, Allison et al. 2009a, Moeckel & Bonnell 2009), pmssibly even the global
stellar mass assembly of galaxies (see e.g. Pflamm-Altgrdtad. 2007, Bastian et al. 2010).
While it seems evident that most stars form in a clusteretihgete.g. Parker & Goodwin
2007), estimations of the exact fraction are hampered bgubstantial dissociation of stellar
structure that occurs during (but is not necessarily rdl&dg the transition from the gas-
embedded phase to classical, gas-poor star clusters (Ladad& 2003, Portegies Zwart
et al. 2010). The traditional interpretation that most,af all stars form in clusters, with gas
expulsion leading to their early disruption (‘infant mditid, see Lada & Lada 2003, Bastian
& Goodwin 2006, Goodwin & Bastian 2006) has recently beerlehged by observational
studies suggesting that stars form with a continuous Higinn of densities, of which only
the high-density tail eventually leads to bound stellastdus (Bressert et al. 2010, Gieles &
Portegies Zwart 2011).

Currentadvancements in numerical calculations of turitdtagmentation in star-forming
regions enable the study of clustered star formation ineiasing detail (e.g. Bonnell et al.
1998, Klessen & Burkert 2000, Bate et al. 2003, Bonnell e2@08). However, theoretical
investigations of the response of stellar structure to gpalsion are still largely based on the
assumption of either a static gas potential or initial @qtitim between the stars and gas (e.g.
Tutukov 1978, Adams 2000, Geyer & Burkert 2001, Boily & Kr@ap003a,b, Baumgardt &
Kroupa 2007, Parmentier et al. 2008), which need not appyeieforming regions in nature.
A more realistic setting was recently explored by Offnerle{2009), who find that the ve-
locity dispersions of the stars in hydrodynamic simulasiofhstar formation are smaller than
that of the gas by about a factor of 5, suggesting that thegsson of equilibrium between
both components indeed does not hold. The response of atterd to gas expulsion has
also been investigated by Moeckel & Bate (2010), who comgitdeody simulations of star
clusters using initial conditions from hydrodynamic siatidns, and by Moeckel & Clarke
(2010), who address the dynamical evolution of star clssteder the condition of ongoing
gas accretion. They propose that the disruptive effect sfeg@ulsion is limited by the way
in which gas and stars are redistributed by the accretidneed shrinkage of clusters.

The hydrodynamical calculations of Bonnell et al. (2008)ardhe hierarchical formation
of several stellar (sub)clusters, which have been idedté#iel analysed by Maschberger et al.
(2010). The simulation is very suitable for investigatihg fproperties of the (sub)cluster
population due to the relatively large range of mass scdlédeeomodelled structure (see
Sect. 2.2). In this paper, we analyse the simulations redantBonnell et al. (2008) to probe
the response of gas-embedded stellar structure to gassexpuiVe consider the dynamical
state of the stars while ignoring the gas, which is equivateobserving the stellar structure
under the condition of instantaneous gas expulsion at amgyiti the simulation.

This paper starts with a discussion of the setup of the sitionls, the subcluster identi-
fication algorithm, and the characteristics of the stellercture in Sect. 2.2. An analysis of
the dynamical state of the subclusters follows in Sect. ®t8¢ch covers quantities such as
the virial ratio, bound mass fraction and gas content. Thpaese of the clusters to gas ex-
pulsion and an extension to the length scales of actual lststiecs is considered in Sect. 2.4.
The paper is concluded with a summary and an outlook in Sestwhere we discuss the
possible dependence of the results on the initial conditafrthe simulations and the input
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physics, and suggest ways in which our analysis could beavwgarand extended.

2.2 Simulations and cluster selection

In this work, we analyse the hydrodynamicéibody simulations of Bonnell et al. (2003)
and Bonnell et al. (2008), extending the analysis of Masjdreet al. (2010) and Masch-
berger & Clarke (2011). These smoothed particle hydrodyes(SPH) simulations follow
the evolution of a initially marginally unbound, homogens@as sphere of $M, with a
diameter of 1 pc (Bonnell et al. 2003), and a cylinder of 30 pc that contains £0M

gas, bound in the upper part and unbound in the lower (Boenhell 2008). Initial turbulent
motions are modelled with an initially divergence-freedam Gaussian velocity field with

a power spectrunP(k) o< k—*. The gas is kept at a temperature of 10 K, staying isothermal
throughout the 1®M, simulation. In the 1® M, simulation, the gas follows a modified
Larson-type equation of state (Larson 2005) comprisedre&tbarotropic equations of state:

P=kp", (2.1)
with P the pressurey the density, and where

0.75; p<p1
10, pp<p<p2
1.4; p2<p<ps
1.0; p > p3,

(2.2)

D00
TRETRTT

andp; = 5.5x 107 °%g cm 3, p, = 5.5x 10715 cn 3, p3 = 2 x 10~ 3g cm 3.

Star formation is modelled via sink particles, which areried if the densest gas particle
and its~ 50 neighbours are gravitationally bound (the critical digris 1.5x 10~°g cnm3
for the 1¢ M, simulation, and 6.8 10~4g cm3 for the 1@ M, simulation). The mass
resolutions of the sink particles are 0.1 M. and 0.0167 M, respectively. Accretion
onto sink particles occurs if SPH particles move within tiik sadius (200 AU for both
simulations) and are gravitationally bound, or if SPH e move within the accretion
radius (40 AU for both simulations). Gravitational forcesween sink particles are softened
at smoothing lengths of 160 AU (301) and 40 AU (16 M,,).

Under the influence of gravity, the initially smooth gas disitions quickly form fila-
ments in which the sink particles are formed. The sink plagithemselves group together in
subclusters that merge into larger structures, leadingegddrmation of one ‘star cluster’ in
the 1¢ M, simulation and about three ‘star clusters’ in thé M., simulation. Throughout
this paper, we will focus on the 1M, simulation, which contains about ten times more
subclusters than the 10, simulation, and therefore enables us to considgopulation
of subclusters rather than a select set of examples. Weatsour analyses for the 1M,
simulation, which gave results that are consistent witls¢tfoom the 16M ., simulation.

For the identification of the subclusters, we employ a mimmspanning tree (MST)
based clustering technique, which has been used in thextafitgoung star forming regions
(e.g. Maschberger et al. 2010, Kirk & Myers 2011). The MSTjchhas the advantageous
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property of not imposing any geometrical symmetry on thedat, has also been used to
guantify the amount of substructure (e.g. Cartwright & Wikmitth 2004, Schmeja et al. 2008,
Maschberger et al. 2010) and mass segregation (e.g. Alisain2009a,b, Maschberger et al.
2010, Parker et al. 2011 — see Moeckel & Bonnell 2009 and Masger & Clarke 2011 for
alternative methods) in star forming regions. The MST isrzcept from graph theory, which
represents the unique connection of all points of a datesedhat there are no closed loops
(a ‘tree’), and so that the total length of all edges betwéenpoints is minimal. Typically,
two separated groups of points are connected with one silogig edge, whereas the points
within the groups have short edges. By simply removing etltggisare longer than a chosen
break distance the tree can be split in subtrees, which obtimepoints of the subclusters in
the data set (further information on MST based clusteriegnigues can be found in Zahn
1971). To avoid spurious detections, we require that a sisb®l contains a minimum number
of 12 stars.

The MST technique utilises one free parameter, which is tealkbdistance. Automated
methods to determine the break distance are ill-suitechfoahalysis of the simulations due
to the highly varying properties of the stellar distributioNe therefore choose a break dis-
tance ofdyeak = 0.035 pc, which gives subclusters that are comparableasetidentified
by the human eye, although they do not include the stellavdsasurrounding them. This
break distance is larger than the choice of Maschberger @l0), but leads to comparable
clusters because we analyse the stellar structure in thegiakdimensions and not in projec-
tion. Because the choice of a single break distance coulddate an artificial length scale
into the analysis (Bastian et al. 2007), we have also peddrour calculations for a set of
other break distances in the rangjg = 0.020-0.100 pc, of which the results are used when
discussing the implications and applicability of our fingkrin Sects. 2.4 and 2.5.

An example of the results of the subcluster identificationthod can be seen in Fig. 2.1,
which shows the spatial distribution of sink particles anddusters at the end of the“lBI ;,
simulation att = 0.641 Myr, some 0.3 Myr after the onset of star formationttAs point in
the simulation, after one free-fall time, about 60% of adlisir mass is constituted by subclus-
ters. The spatial distribution shown in Fig. 2.1 is the resfih complex tree of hierarchical
merging of small subclusters (Maschberger et al. 2010)s Pphocess is still ongoing at the
end of the simulation, which is illustrated by the close jmtiky of the subclusters towards
the right in the plane of Fig. 2.1.

Following Casertano & Hut (1985), we use the projected distato theNth nearest
neighbour to determine the surface density distributiorihef sink particles. For a rank
numberN, the local surface density at the locations of each of thle garticles is gk =
(N —1)/(=D3), with Dy the projected distance to tiNth nearest neighbour in the x-y plane.
The resulting distribution of surface densities fér= 7 is shown in Fig. 2.2, which includes
all sink particles at the end of the simulatidr=/0.641 Myr), as well as those from a snapshot
att = 0.442 Myr, not too long after the onset of star formatiosdadee Fig. 2.3). The differ-
ence between the surface density distributions at bothstshews that the stellar structure
in the simulation typically evolves towards higher demsitieven though the densitgnge
spanned by the sink particles does not change much. As shewdgpected, the high end of
the surface density distribution is occupied by the sinkiplas that are residing in subclus-
ters (shaded area), reaching densities of more thastaés per p& These surface densities
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Figure 2.1: Spatial distribution of sink particles that are presenhatend of the 1DM, simulation

(t = 0.641 Myr), projected on the x-y plane. Black particles stdnte subclusters, and dark grey
particles belong to the field population. Since the spatitdrg of the simulation in the z-direction is
larger than in the x-y plane, some of the apparent clustésitige result of the projection.

500 g
400
300
200

100F

0 2 4 6
1Og<zsink/p072)

Figure 2.2: Surface density distributions of sink particles. The sdiistogram includes all sink
particles present at the end of the simulation=( 0.641 Myr), with the shaded histogram marking
the subset of particles that belong to subclusters. Theedastirve represents a lognormal fit to the
distribution with a peak at log{sink) = 3.75 and a dispersion @fi,g> = 1.13. For comparison, the
dotted histogram denotes the surface density distribatigink particles at = 0.442 Myr.



20 Chapter 2

SFE
0.01 0.05 0.10 0.15

<O [

15F 1

Ncl

10F .

30F :

<Mcl> [M®]

20 :

10F 1

ot ‘ ‘ ‘
0.3 0.4 05 0.6 0.7
t [Myr]

Figure 2.3: Top time evolution of the number of subclusteiBottom time evolution of the mean
subcluster mass. The star formation efficiency (SFE) of thigeesimulation is indicate along the top
axis.

are several orders of magnitude higher than those observeshrby & 500 pc) star-forming
regions by Bressert et al. (2010), which is not surprisinglioee reasons. Firstly, crowding
obstructs the observation of the densest parts of starifigrnegions, which are therefore
not included in their sample. Secondly, we consider a pdipmaf sulclusters in a region
that would be identified as only one or two actual star clgsietheir analysis. Lastly, the
high densities that are achieved in the simulation areylited result of the initial conditions.
Nonetheless, the surface densities do compare well to ttedensity region in the Orion
Nebula cluster (ONCE > 10° pc~2, Hillenbrand & Hartmann 1998, Bressert et al. 2010),
although the system under consideration here is about atez of magnitude younger than
the ONC.

The subcluster assembly history is considered in Fig. 2t8¢twshows how the number
of subclusters and the mean subcluster mass evolve as @funttime and star formation
efficiency (SFE, the fraction of gas that has been conveotsthrs). The number of subclus-
ters initially increases until it reaches a maximum, whicbws when the formation of new
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concentrations of sink particles is neutralised by thearni@rical merging of other subclus-
ters. This is nicely illustrated by the mean stellar subtelumass, which steeply increases
aroundt = 0.55-0.60 Myr, when the merging of new-formed subclustarsses the number
of clusters to decrease. The mean mass keeps increasihthergnd of the simulation due
to the ongoing accretion of gas and small subclusters ontogsirticles and the merging of
small subclusters with a few massive ones. This mass inergasld eventually be halted on
time scales much longer than the duration of the simulatidrgn the available gas reservoir
is depleted or, more likely, when the further inflow of gas Istoucted by feedback from
supernovae and stellar winds (neither of which are includéke simulation).

2.3 Dynamical state of stellar subclusters

Whether or not a gas-embedded stellar structure survivegxjaulsion depends on its dy-
namical state. Excluding the gas from the dynamical anaigséquivalent to observing the
stellar structure at the moment of instantaneous gas rdnidvia represents the extreme case
of gas expulsion, since a more gradual expulsion could afl@ubcluster to (adiabatically)
respond to the potential change and thereby retain a latgeber of stars. As a result, the
analysis of the dynamical state of solely the stellar congmbm simulations of star formation
provides a lower limit to the retention of stellar structupon gas removal.

2.3.1 Dynamical quantities

We have followed the evolution of several (dynamical) prtips of the identified subclusters
over the course of the simulation of Bonnell et al. (2008}}sas the stellar mass, the stellar
half-mass radius the fraction of the subcluster mass that is bound, and tfa vatio. The
properties of the stellar component are supplemented withirhation on the gas, including
the gas mass fractions within the subclusters.

The gravitational boundedness and virial ratio of subelssare fundamental measures
for their dynamical state. Both quantities are based on titerpial energy and internal
kinetic energy of a subcluster. For a sink particléhe potential energy; is defined as

Gmym;
V= — E —fil' Ly (2.3)
j# Y

wherem; andmy; are the sink particle masses afdheir mutual distance. The kinetic energy
T; of a sink particle is

1
Ti = Emi|Vi —val?, (2.4)

wherev; andy, are the respective velocity vectors of the sink particle thedcentre of mass
of the subcluster. A particle is gravitationally boundijf+ V; < 0. We define the virial ratio

1The subclusters have predominantly small elongations ¢Maerger et al. 2010, Fig. 10), which enables the use
of a half-mass radius.



22 Chapter 2

Quir as

22, Ti
Ei Vi

The factor 2 reflects the correction for counting the potdrgnergy twice for each particle
pair when combining Egs. 2.3 and 2.5. A subcluster is in Magpuilibrium if Q,; ~ 0.5 and
gravitationally bound ifQ,; < 1. Supervirial subclusters hawg,; > 0.5, while subvirial
subclusters havé,j; < 0.5.

It is possible that a single, dynamically hard binary, &ipl multiple system dominates
the energy of a subcluster. We correct for this by searchiagink particle list for binariés
and replacing them with a single centre of mass patrticle. &geat this step two more times,
thereby correcting for triples and higher-order multiptstems. During the last iteration, the
kinetic and potential energies of the subclusters geryamathain unchanged, which indicates
that a correction for higher order multiples is not requind quantify the effect of binaries
on the observables of interest below.

In previous studies, the SFE has been identified as a key ptgamhich determines
the survival chances of stellar clusters upon gas expulgan Goodwin & Bastian 2006).
However, a more fundamental critical factor is the dynamstate of the stars when the gas
is removed. TheffectiveSFE, eSFE = 12Q,;, was therefore introduced as a measure for
the survival probability of stellar structure at the momefrinstantaneous gas expulsion (e.g.
Verschueren 1990, Goodwin 2009). If the gas and stars werieidh equilibrium before gas
expulsion, the eSFE is equivalent to the actual SFE. If thesewot in virial equilibrium, the
eSFE no longer reflects the actual SFE. In that case, thevalichiance of stellar clusters is
not related to the actual SFE, but is solely determined biy thy@amical state. The eSFE is
naturally higher in the identified subclusters than in timewdation as a whole.

Quir = — (2.5)

2.3.2 Virial ratio

As star formation progresses, the population of subclagssws in terms of its total mass.
The hierarchical merging of the subclusters inhibits theéase of their number and causes
it to level off towards the end of the simulation, when thenfation of new subclusters is bal-
anced by their accretion onto more massive ones (see Fign#.®aschberger et al. 2010).
Another consequence of this hierarchical buildup is thaftoperties of the subcluster pop-
ulation as a whole is not a direct representation of the éwavlwof individual subclusters,
but also include ‘emergent’ properties of the populatioe thuthe interactions between the
subclusters. This is also relevant when considering thenmaggal ratio of the subclusters
as a function of time. Individual subclusters can be form#tee subvirially or supervirially
with respect to the total potential, and would eventuallyalise with the total potential if
kept in isolation. Deviations from this trend occur whendubters merge or accrete smaller
stellar aggregates, which temporarily increases thelvai#o of the merger product due to
the relative velocity of the progenitors. Another thing ek in mind is that we only include

2Binaries are selected by identifying a most bound partneedeh sink particle. If it exists and the semimajor
axis is smaller than 1000 AU, it is considered a binary.
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Figure 2.4: Time evolution of the mean virial ratio of the stellar sulstkrs (black solid line), of the
mean virial ratio weighted by subcluster mass (grey dasteddine), and of the total virial ratio of
all sink particles in the simulation (dashed line). The honital dotted lines indicate the marginally
gravitationally bound caseQir < 1) and the virialised cas&); = 0.5). Aftert = 0.5 Myr, about
40-60% of the stars resides in subclusters.

the stars in our dynamical analysis, implying that the otgdivirial ratio is always higher
than its actual value by an amount that depends on the ga®frad his affects the mean
virial ratio of the population of subclusters, in which thés a continuous formation of new,
gas-rich subclusters, which are typically still supertieind only reacl@,; = 0.5 after some

further evolution.

Despite the complex setting of hierarchical star formatiba evolution of the mean virial
ratio can be used as a first indication of how the dynamictg sibthe subcluster population
evolves over time. This is shown in Fig. 2.4, which also ines the time evolution of the
virial ratio of the entire simulation. As indicated ear]i@re ignore the contribution of the
gas to the gravitational potential, in order to assess thauhycal state of the stellar structure
under the assumption of instantaneous gas removal. Evéouwtiaccounting for the gas
potential, the population of subclusters evolves to a ne&@lised state on a time scale of
only a few tenths of a Myr. This would suggest that the suliehssare typically gas-poor
on length scales corresponding to their half-mass radiie difference between the mean
virial ratio and the mean virial ratio weighted by subclustess in Fig. 2.4 indicates that
more massive subclusters are typically somewhat closeiried &quilibrium than low-mass
subclusters. This is more of a trend than a relation: a sifipdar regression of the virial
ratio and subcluster mas4 yields a best fit of;; = 0.86-0.16 logM, but with scatter larger
than the fitted slope. Lastly, it is also shown by Fig. 2.4 thatentire stellar population in
the simulation does not reach virial equilibrium, but doesdme marginally bound. This
occurs because the simulation as a whole has a higher gésifrttan the subclusters (see
Sect. 2.3.3), which illustrates that the SFE depends orottaibn and length scale on which
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Figure 2.5: Dependence of the bound mass fraction (ratio of the totarofhe bound sink particles
to the subcluster mass) on the virial ratio for the subchsstem all snapshots of the simulation. Each
symbol represents a subcluster. The dashed line represdintsar fit to the data. Like in Fig. 2.4,
the dotted lines indicate the marginally gravitationaljuhd case @i < 1) and the virialised case

(Qir =0.5).

it is computed. The dynamical state of the entire simulaéitso bears some traces of the
initial conditions, covering a cylinder that contains a bdwpper half and an unbound lower
half (see Sect. 2.2).

The virial ratios of individual subclusters do not show riad¢ecorrelations with subcluster
mass or half-mass raditidnstead, they depend more strongly on the recent massteroti
the subclusters. The virial ratio temporarily increasesmdver the subcluster mass increases,
be it due to the merging with other subclusters or by indigidiink particles moving inside
the MST break distance. When sink particles move more tharakidistance away and the
subcluster mass decreases, the virial ratio decreasedlaBoth are natural consequences
of the inclusion or exclusion of transient substructurehia identification of the subclusters.
The same dependence is found when using different MST brisédndes to identify the
subclusters: larger break distances yield more extendedwsters and consequently the
mean virial ratio is higher. When set to extreme valugs.4x > 0.050 pc), close passages
of subclusters are incorrectly picked up as merger proguoaissing a spurious increase of
the virial ratio. For the largest break distance used in oahgis @hreax = 0.100 pc), these
fluctuations can yield mean virial ratios briefly hittif@,ir) = 1, in clear contrast with the
result from Fig. 2.4.

The quantity that most strongly correlates with the virila is the bound mass fraction
of the subclusters, i.e. the fraction of their mass that isnoioeven without accounting for
the potential of the gas (see the definition in Sect. 2.3.Inka @article is bound ifT; +

3Except for the unbound sublcustex@,¢ > 1), which are generally small{ < 0.04 pc) and low-mass <
30 Mp).
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Figure 2.6: Histogram of the virial ratios of the subclusters from akpshots of the simulation (solid
line). The shaded histogram represents the set of subdiufsten the last snapshot at= 0.641 Myr.
The dashed line is a Gaussian fit to the data for all snapshittsmean valueQ,ir = 0.59 and standard
deviationog = 0.16. The vertical dotted lines again indicate the maitbjirgaavitationally bound case
(Quir < 1) and the virialised case&);; = 0.5).

V; < 0.). Itis shown in Fig. 2.5 that subclusters with high viniatios tend to have lower
bound mass fractions, albeit with substantial scatters i®mot surprising, because the virial
ratio is efficiently increased by fast, unbound sink pagicthat are included by the MST
algorithm but would be left out with a physically motivatetentification. For larger break
distances, the correlation between bound mass fractionvigiadl ratio is stronger, due to
the erroneous identification of kinematically hot struetas subclusters. Nonetheless, most
subclusters contain only very few unbound stars, with gdiound mass fractions of 0.95.
Figure 2.5 also confirms that most subclusters are closeri@l eiquilibrium, which was
already suggested by the evolution of the mean virial ratigig. 2.4. For further illustration,
Fig. 2.6 shows the distribution of the virial ratios of thebslusters from all snapshots, as
well as those from the last snapshot, which are shown as tesdhregion. Only 8% of
the subclusters are unbound when excluding the gas, white r2enains subvirial. When
considering the subclusters from all snapshots, a Gauisismthe distribution of virial
ratios gives a mean a;; = 0.59 and a standard deviation@$ = 0.16. As in Fig. 2.4,
the gradual decrease of the mean virial ratio towa&pgs= 0.5 is also visible in Fig. 2.6. A
comparison of the two histograms shows that the subclusteh® last snapshot are closer
to being virialised than the population of subclusters frhsnapshots. These virial ratios
imply that the eSFE is close to unity, i.e. the majority of dulsters will not be strongly
affected by gas expulsion (see Sect. 2.4).

Replacing hard binaries and higher order multiples by tbeirtre of mass particles is
essential to obtain a reliable picture of the subclusteadyins. The disruption of the sub-
clusters during gas expulsion is controlled by the dynahstate of the binary centres of
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mass rather than the binaries themselves. If we would no¢ctfor binaries or higher order
multiples, the measures for the dynamical state of the sshais would fluctuate with the
orbital phase of a few tightly bound and eccentric binaries.

The bound mass fraction of the subclusters is not strondgctefd by the presence of
binaries (unbound sink particles are generally single)pleeause binaries are in virial equi-
librium* or slightly subvirial, the mean virial ratio of the subclerst from all snapshots is
decreased by 0.1-0.2 if it is not corrected for multiples.olftwo thirds of this difference
is due to binaries, while the remaining third is accountedifpotriples and quadruples. This
shift of the virial ratio means that without correcting fanaries, the subclusters could be in-
correctly interpreted as being slightly subvifiéQ,i; ~ 0.45-0.50), and the entire simulation
would be close to virialised@,; ~ 0.60-0.65) instead of the marginally bound state that is
shown in Fig. 2.4. With respect to the binary-correctedlte$tom Fig. 2.4, this rather mod-
est difference arises because the finite gravitational smmaplength used in the simulation
inhibits the formation of very hard binaries. Nonetheléss,correction for binaries improves
the accuracy of our analysis, and therefore all results showhis paper are corrected for
binaries and higher order multiple systems.

2.3.3 Gas content

The key question iszhythe subclusters are so close to virial equilibrium when eegig the
gas potential. An obvious answer would be that the subatiate generally gas-poor, which
would imply that they are hardly affected by the gas potéitighe first place. To assess
the gas potential and its time evolution, we have analysediigtribution of the gas in two
snapshots of the simulation, at timegs= 0.442 Myr (when star formation is ongoing) afd:
0.641 Myr (the last snapshot of the simulation, after one-fedl time; also see Fig. 2.3). For
each of the identified subclusters in these snapshots, welatd the fraction of the total mass
within the stellar half-mass radius of the stellar disttibo that is constituted by gas. The
distribution of these gas fractions is shown in Fig. 2.7 ,ckidonfirms that the subclusters are
indeed gas-poor on their typical length scales, with gadifras of (fgay = 0-0.2. Because
the simulation does not include feedback, this means tleadtioretion of gas onto the sink
particles can keep up with the overall gas inflow towards thekisters. Another mechanism
that naturally leads to gas-poor subclusters is their &iocrelriven shrinking (Bonnell et al.
1998, Moeckel & Bate 2010, Moeckel & Clarke 2010), which Eeses the density contrast
between the subclusters and the surrounding gas.

Gas accretion and the time evolution of the structural pitogseof the population of sub-
clusters both further decrease the gas fraction as timegsegs. This evolution is illustrated
by comparing the data of the two snapshots in Fig. 2.7, cpording to timeg; = 0.442 Myr
andt, = 0.641 Myr. During the enclosed time interval, the mean gastion of all detected
subclusters decreases by 0.63 dex, fridgadt1)) = 0.238 to(fyadtz)) = 0.056. The mean

4Instantaneously, this only holds for binaries on circulebits. Binaries on eccentric orbits exhibit a variation
of the virial ratio, with a subvirial state near apocentre arsupervirial state near pericentre. When considering the
time-averaged virial ratio, eccentric binaries are inaligquilibrium. However, because the phase velocity is &twe
near apocentre, a sampled population of randomly orieriteadibs will typically be slightly subvirial.

5As in all of Sect. 2.3.2, this statement excludes the grtieital potential of the gas.
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Figure 2.7: Histogram of the gas fraction within the stellar half-maadiusr, of each subcluster from
the two snapshots &t = 0.442 Myr andf, = 0.641 Myr (solid line). The shaded histogram only shows
the gas fractions for the last snapshot at0.641 Myr.

half-mass radius of the subclusters decreases {raffi)) = 0.020 pc to{rn(tz)) = 0.013 pc,
which is a decrease of 0.18 dex. Even though the shrinkingloglasters is a second order
effect caused by gas accretion, it is interesting to ask vbidoth mechanisms contributes
most to the decrease of the gas fraction. Is it mainly drivetthie increasing mean stellar
density of the subclusters or by the ongoing gas accretitmtbe sink particles?

To assess the relative contributions to gas depletion nygion and subcluster shrinking,
we consider the spatial distribution of the sink particled ¢he gas. Due to the relatively
small numbers of stars in individual subclusters, it is beskamine the mean density profiles
of the populations of subclusters in the two snapshotsaidt,. Such a combination of the
different density profiles decreases the influence of lowHper statistics on the result. In
Fig. 2.8, we show the subcluster mass-weighted, mean ctiveufaass distributions of gas,
sink particles, and both combined. The distributions regné the enclosed mass fractions
1, normalised to the sum of the subcluster mégsand the enclosed gas mass within three
stellar half-mass radilgas

Mi; (&)

ui(§) = Mo + Mgae

(2.6)
with i = {stars, gas, dllandM;(¢) the enclosed mass&t= r/r,, which is the radial distance
in units of the stellar half-mass radius. The mean distigmnstshown in Fig. 2.8 are weighted
by subcluster mass to emphasise those subclusters witr btdtistics. A first comparison
of both panels in Fig. 2.8 shows that the gas fraction indeededses betweenpandt,. The
contribution to this decrease by subcluster shrinking caediimated by a simple thought
experiment, in which the gas distribution is kept fixed anel distribution of stellar mass
is compressed by the appropriate amount. In the top panagoPBB, the half-mass radii



28 Chapter 2

LO0F —0.442 Myr

0.01 ¢

<u(é)>

1.00}

0.01

0.1

Figure 2.8: Subcluster mass-weighted, mean cumulative mass fractjad$) (see Eq. 2.6) of sink
particles (dashed line), gas particles (dash-dotted &ind)the sum of both (solid line), as a function of
the radial distance in units of the half mass radi¢is=(r/r). Top mean cumulative distributions for
the subclusters presentfat= 0.442 Myr. Bottom mean cumulative distributions for the subclusters
present at, = 0.641 Myr. The shaded areas enclosed by the dotted linels tharl6th and 84th
percentiles and illustrate the typical spread of the erdanass fractions of sink particles (dark grey)
and gas (light grey).

(r(t)) and(r(t)) correspond tg = 1 and¢ = 0.66, between which the enclosed gas mass
differs by 0.26 dex. In other words, if the gas distributioasaheld fixed and the stellar
distribution was shrunk appropriately, then the gas faactithin the new half-mass radius
would have declined by 0.26 dex. This is a probe for the desere&the gas fraction that is
solely caused by the shrinking of the subclusters. Comgatiwith the actual decrease of
the mean gas fraction betwe&nandt, of 0.63 dex, we see that it covers about half of the
decrease, with the remaining 0.37 dex covered by gas amerigsielf — not only by adding
to the mass in stars, but also by decreasing the gas mass.nglede that the evacuation of
the gas due to ongoing gas accretion is about equally impidida the gas depletion as the
shrinking of the subclusters.

Apart from enabling a quantitative comparison of the effgfagas accretion and cluster
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shrinking, Fig. 2.8 also demonstrates the spatial vanaifdhe gas fraction in the subclusters.
At early times, the gas is still prevalent in the outskirtstod subclusters, contributing 20—
60% of the enclosed massét 3. At the end of the simulation this gas has mostly vanished,
leaving only a few percent of the mass within the stellardnadfss radius as gas, and typically
20% at¢ = 3. It is interesting to note that the relative increase ef ¢éimclosed gas mass
fraction with respect to the enclosed sink particle masgifva only occurs at radii where the
latter flattens, i.e. the subclusters only become gas-ticiiki where very little stellar mass
is present. The influence of the gas on the subcluster dysasiberefore best evaluated at
radii smaller than where the flattening pfiarsoccurs. Atty, the ratio between the enclosed
stellar mass and gas mass just before the flattening is ablgwtHile att, it has increased to
11:1. This suggests that if feedback starts at a timet,, the resulting gas expulsion will not
strongly affect the subcluster dynamics, and that theiaged state (see Sect. 2.3.2) will be
largely retained.

2.4 Response to gas expulsion

Motivated by the low gas fractions found in Sect. 2.3, we naldrass the response of the
subclusters to gas expulsion in more detail.

2.4.1 The expansion of subclusters

The long-term response of the subclusters to gas expulsioie evaluated by once again
omitting the gas from the simulations and considering ohéitlentified stellar subclusters
and their evolution towards virial equilibrium. Given a tn virial ratio and bound mass
fraction, does a subcluster expand or shrink after gas ralfdiowe combine the data from
the simulations with a simple energy argument similar tdsHiL980) to estimate how the
subcluster masses and half-mass radii evolve after thdsgpuwf the gas. It is insightful to
consider the system at two key moments.

(1) The time of instantaneous gas remqwahich is equivalent to the current system in
the simulations while omitting the gas. This can be done &mhesnapshot, thereby
providing a larger sample of subclusters than when onlydsednapshot were to be
considered. Of course, including subclusters from difieemapshots implies a corre-
spondingly extended range of moments of gas expulsion.

(2) The time at which each subcuster attains virial equilibriifese times are different
for each cluster per definition, but by considering the sudtelrs at their respective
times of virialisation the long-term impact of gas remowairiost clearly isolated and
identified.

The evolution of the subclusters between these two momantbe quantified by evaluating
the conservation of energy. For any subcluster, we can sgpihe kinetic energy as

1
T= EMCI<V2> = —VOQyir =

GM?
or, Qi (2.7)
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wherer, is the virial radius, andv?) denotes the mean square velocity, which as a result can
be written as

GM,
(V3) = Qir—2. (2.8)
Iy
The total energy at the moment of instantaneous gas rentay@becomes
GM3,
E = (Qir1 —1) TR (2.9)
rv,l

where the relevant quantities have been marked with sydisttito indicate the moment of
gas expulsion.

Given a deviation from virial equilibrium, a subcluster wéspond by changing its radius
and/or mass. As can be verified from Fig. 2.5, most subclsismtain a certain number of
unbound sink particles, which were either previously retdi by the gas potential, or are
randomly passing the subcluster close enough to be inclbgetie cluster identification
algorithm. These unbound sink particles will escape thelsisker upon gas expulsion and
take away some of the kinetic energy. We now consider a secamdent in time, at which
the gas-rid subcluster has reached virial equilibriu@ye = 0.5) and the unbound sink
particles have successfully escaped. At this time, enevggervation dictates

GMS,2
4!’\,'2

2
+(Mg1— Mc|,2)M,

Ep =B+ Egsc= — 2

(2.10)

wherekE; is the total energy of the (virialised) subclustéss.is the total energy of the escaped
stars, and the relevant quantities have been marked widtgpb‘2’ to indicate the moment
of virialisation. The parameteg? denotes the surplus energy per unit mass of the escaped
stars after they clear the potential of the subcluster, itsuf its mean square velocity. The
values off can be estimated from the simulation by computifigV;)/(GM 2m; /21, 1) for
each of the unbound sink particfegor this, we use the relation between the virial and half-
mass radius corresponding to a Plummer (1911) potentiathws given byr, = 1.3, (e.g.
Heggie & Hut 2003). The escaping sink particles are the faihapproximately Maxwellian
velocity distribution of the sink particles in the subckistand consequently the distribution
of 3 declines exponentially a3) « exp(—/3/ o), with 8o around unity. The mean of such
a distribution equal$), per definition, which illustrates that unbound stars tyfyyceetain
velocities similar to the mean square velocity in the susteluafter they escape.

Combining Egs. 2.8 and 2.10, one obtains an expression #evblution of the gas-
rid subcluster as it approaches virial equilibrium, whiehates the half-mass radii, masses,
initial virial ratio andg. It is given by

e he_ 1 1+p5 (Md,z)z _ B M 2.11)
h1 W1 1—Qua| 2 Mei1 2Mga |’ '

6The denominator holds a slightly modified form of the mearasquvelocity(vf) (see Eqg. 2.8) and assumes that
the virial radius does not change much between gas expuisidrvirialisation (i.e.ry,1 =~ r,2). This is required
sincery 2 is not available in the simulation. The assumption will befied below.
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wherer;, 2 is the only unknown and all other variables given by the satiah. Forj = 0,
i.e. all escaping stars are only marginally unbound, theesgion returns the basic result that
when unbound stars escape from a virialised syst@sni(= 0.5), it contracts to reattain virial
equilibriun?’. Inserting typical values of = 1 (see above)Q,ir1 = 0.59 andMq 2/ M1 =
0.95 (see Sect. 2.3.2) in Eq. 2.11 yields/ 1 = 1.04, which justifies the earlier assumption
that the radius does not change much between instantan@stergoval and virialisation (see
footnote 6). This minor expansion is driven by the slightlpsrvirial state of the subclusters,
and inhibited by the escape of unbound stars, which haveitiele larger than the escape
velocity.

As discussed in Sect. 2.3.2, the virial ratios of the sulietsggive an indication of their
survival fraction after gas removal. Out of all 140 subatustidentified in the simulation,
only 10 have virial ratiogQ,; > 1 and are therefore unbound. In the last snapshot of the
simulation, only one of the 21 subclusters will disperseratite removal of the gsAs a
result, typically 90-95% of all the identified subclusteusvive gas expulsion. The fate of
these survivors depends on whether they expand, and howetgronment affects them.
Expanded subclusters with lower densities are more subteefu disruption by tidal shocks.
The evolution of the half-mass radii after gas expulsionloawonsidered in more detail by
evaluating Eq. 2.11 for each of the subclusters in the sitimmaThis enables a comparison
of the distribution of half-mass radii of the current sulstérs (at the moment of instanta-
neous gas removal) with the distribution of their half-meedii when they have reached
virial equilibrium, which is shown in Fig. 2.9. The distrition of half-mass radii changes
remarkably little after gas removal, as the means of thedagal functions that are fitted to
both distributions differ by 0.035 dex. This impligs;/r 1 = 1.08, very similar to the earlier,
simple estimate of,, 2/ 1 = 1.04. The subclusters in the last snapshot experiencépug
1.5 times this expansion after gas removal, which is of timeesarder of magnitude as the
expansion of the other subclusters. The relative statufityhe half-mass radii indicates that
the subclusters themselves do not become more susceptiidaltperturbations due to their
expansion following gas expulsion.

2.4.2 The cluster formation efficiency

The instantaneous gas removal discussed in this paper idrame form of the more gradual
expulsion occurring in nature. As a result, the describeakvedfect of gas expulsion should
be even weaker in real subclusters. It seems that gas expulisiys a negligible role on the
length scales of the compact stellar aggregates in starifigrregions. However, the regions
between subclusters may still be gas-dominated, implyhiag feedback could prevent the
further merging of subclusters and thereby inhibit the@r&ichical growth.

"This situation, in which the naturally unbound componenaafystem escapes, should not be confused with
the response of a virialised system to mass loss due torstgthiution, when energy is injected into the system to
unbind mass. In such a case, the surplus energy of the egaapiss is supplied by the energy injection and not by
the dynamical system itself, which therefore mainly loseteptial energy. This does not apply to the case under
consideration in Eq. 2.11, where no energy is injected aadutibound stars take away more kinetic energy than
potential energy.

8These unbound subclusters are typically low-mass, congyatems, and are often newly formed or have just
experienced a subcluster merger.
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Figure 2.9: Histogram of the stellar half-mass radii of the subclustesm all snapshots (solid line).
The shaded histogram represents the set of subclustergtimbast snapshot at= 0.641 Myr. Top:

for the simulated radii, representing the moment of insta@bus gas removeaBottom for analytically
computed radii, reflecting the subclusters at a later moyméren they have reached virial equilibrium.
The dashed lines are lognormal fits to the data for the suleckifom all snapshots, with mean values
log (r/pc) = {—1.98,—1.95} and standard deviationsog, = {0.73,0.63 for the top and bottom
panel, respectively, with median half-mass radii lngc) ={—1.96,—1.91}.

The length scale on which the subclusters will have mergedhane become gas-poor
depends on the moment at which feedback starts. For the M&ik latistance and corre-
sponding length scale that is used in most of this paperubelgsters are gas-poor irrespec-
tive of time. However, there should be a break distance athvhinotable time-evolution
of the gas fraction appears. By comparing the subclustefrgagons for different break
distances, we find that at the end of the simulation (afterfoeeefall time), the subclusters
have become gas-podff{.y < 0.1) on a length scale of about 0.1-0.2 pc. This length scale
will increase further with the number of free-fall times tlaae completed before the onset of
feedback. In turn, this increases the spatial extent ovéchwthe subclusters are allowed to
merge before gas expulsion, which implies that the mosti@bsund structure is inversely
related to the free-fall time.
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The free-fall time is related to the density s p—1/2, which implies that the time
of the onset of feedbad, is associated with a densipy, that has a free-fall time equal to
. For a given density spectrum of subclusters (see e.g. &testsal. 2010), only those
subclusters with densitigs > pg, < tfgz have the opportunity to undergo the collapse and
shrinkage that we find in the simulations. The CFE increaststihe fraction of subclusters
that forms in these density peaks. As subclusters mergestaggas and shrink, the density
of the stellar structure further increases (see Sect. E&)h free-fall time, more subclusters
evolve into the density regime whepe> pr,, also on larger length scales. This means that
the length scales on which star-forming regions produdalised stellar systems that are
insensitive to gas expulsion are larger in dense sites off@teation than in sparse ones.
The resulting dense clusters are also less susceptiblestoptive tidal effects from their
environment, which potentially further increases themvaial chances. As a result, the CFE
should increase with density. Through the Schmidt-Kerthlaw (Schmidt 1959, Kennicutt
1998b), this suggests a relation between the CFE and thiostaation rate per unit volume
psER OF per unit surface areagser. Indeed, first observational indications for such a refatio
have been found by Larsen & Richtler (2000), Larsen (2004],racently also by Goddard
etal. (2010), who obtain CFE £224 A relation between the CFE and the star formation rate
density would also be consistent with the high cluster faromeefficiencies that are found in
starburst galaxies (e.g. Zepf et al. 1999). However, detasefaming regions are generally
also more disruptive to clustered structure due to the hifsfequency and amplitude of tidal
shocks (Lamers et al. 2005b, Kruijssen et al. 2011c). Thdien that a relation between
the CFE and the ambient density would be weakened or could leeeancelled (also see
Sect 2.4.3).

2.4.3 Infant mortality and the ‘cruel cradle effect’

It is often said that most stars form in stellar clusters. Thacept of ‘infant mortality’
(Lada & Lada 2003), i.e. the rapid dispersal of stellar gtrresfollowing the change of the
gravitational potential due to gas expulsion, has beengwidrd in the literature to explain
the observed rapid, mass-independent decline of the nuofilsézllar clusters between ages
of a few Myr and several tens of Myr (e.g. Bastian & Goodwin @0Because the majority
of stars has been thought to form in clusters, infant maytatas also held responsible for
the low number of clusters per unit field star mass. Howeeeemt (observational) evidence
is pointing towards a picture in which star clusters are teseé end of a continuous density
spectrum of star formation (see Fig. 2.2 and Bressert ef04l0 2Gieles & Portegies Zwart
2011). This view challenges the need for infant mortalityhie early disruption of stellar
structure.

The results presented in this paper show that stellar sudtste can evolve towards a
virialised state before the gas is removed. This occursusecthe dynamics of the stars
and the gas are decoupled (also see Offner et al. 2009), axctietion of gas onto the
stars together with the subcluster shrinkage can compettsaoverall gas inflow onto the
subclusters. In time, this causes the subclusters to begasipoor, thereby diminishing the
disruptive effect of gas expulsion. It depends on the leragith mass scales on which the
gas is evacuated whether this result can be extended froclustdrs to actual star clusters.
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Towards the end of the simulation, after about 0.3 Myr of &iemnation, the subclusters have
a mean mass of 40 Mand are gas-poor on length scales of 0.1-0.2 pc. As a vengcrud
first-order estimate, one can re-scale the units of the sitioul to have the subclusters match
the typical properties of young star clusterBy multiplying the mass unit by a factor of 25
and the length unit by a factor of 5, we re-scale the meaneusass to 1M, and the
length scale on which the stellar structure will be gas-godr.5-1 pc. By scaling the time
unit accordingly, we see that such gas depletion is reachedione scale of 0.8 Myr, which
is of the same order as the expectgddue to stellar winds and ionisation feedback. This
order-of-magnitude estimate is of course far from conekidbut it does show the relevance
of pursuing this problem further.

If clusters reach a relatively gas-poor state before thetasffeedback, the influence of
gas expulsion on the dynamical state of the clusters wilhballer than previously expected.
Rather than leading to the disruption of clusters (‘infawtrtality’), the different spatial dis-
tributions of gas and stars imply that gas expulsion cowdddeclusters marginally affected,
unbinding only a certain fraction of their stars (e.g. Moglck Bate 2010). This is in clear
contrast with earlier (theoretical) approaches in litera{e.g. Boily & Kroupa 2003a,b, Bas-
tian & Goodwin 2006, Goodwin & Bastian 2006, Baumgardt & Kpau2007, Parmentier
et al. 2008), which assumed a model where the gas and stairs egeilibrium during gas
expulsion. Clearly, this is not the case in the simulatioBofinell et al. (2008).

Because the density of the stellar structure determinesheher not gas expulsion af-
fects the survival chances of star clusters, a continuounsityespectrum of young stellar
structure as in Bressert et al. (2010) and Fig. 2.2 natuleslgis to the situation in which the
dispersed part of the new-born stellar structure is aftebtegas expulsion, while the other,
dense and clustered part is not. However, this does not ithalythe survival chances of
these clusters are necessarily higher. Recent papers fuedahat the disruption of star
clusters due to tidal shocks from the natal environmentdbel substantial (Elmegreen &
Hunter 2010, Kruijssen et al. 2011c, Kruijssen & Bastian D01Although the disruption
rate due to tidal shocks decreases with cluster densitycigmitly strond® shocks could still
disrupt dense clusters. Such shocks could be prevalentisedgtar-forming regions. As
clusters move out of their primordial environment, the tgbiambient gas density decreases
(Elmegreen & Hunter 2010, Kruijssen et al. 2011c), whiclsées the disruptive effect of
tidal shocks. Observationally, this mechanism affectsthecluster population in a way that
is very similar to infant mortality: the fact that young dess are more efficiently disrupted
than older clusters gives rise to a strong decline of the rurabclusters with age at young
ages. This decline acts on the age scale corresponding tarthat takes to migrate out
of the star-forming region. Rather than being an interni@otf like infant mortality is, the
primordial disruption by tidal shocks is driven by the statéhe environment in which the
clusters are born. We will therefore refer to this mecharasrthe ‘cruel cradle effect’.

It will be interesting to quantify what the relative conttibns of gas expulsion and the
cruel cradle effect are to the early disruption of youndatellusters. It is likely that both ef-
fects coexist, and that the relative importance changésthv environment. It was explained

9The simulations are scale-free except for the sink partatius and accretion radius mentioned in Sect. 2.2.
For the scaling used in this example, these respectiveasalild AU and 200 AU.
10The strength of a tidal shock corresponds to the amount afjgriginjects into the cluster.
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in Sect. 2.4.2 that the fraction of clusters that is affettgdas expulsion decreases with the
ambient density of the star-forming region. The cruel aasffect shows the opposite de-
pendence, as the disruptive effect of tidal shocks inceeadh the ambient gas density. It

would therefore not be unlikely that gas expulsion and thelccradle effect each dominate
a different side of the gas density spectrum of star-formegions. Their relative strength

would then determine the relation between the CFE and théesuingpas density.

2.5 Summary and outlook

In this paper, we have assessed the dynamical state of stellature in star-forming regions
and its response to gas expulsion by analysing the propetithe stellar structure in the
SPH/sink particle simulations of Bonnell et al. (2003, 20@ubclusters have been identified
using a minimum spanning tree algorithm (MST, following Malserger et al. 2010), and
binaries have been replaced by their centre-of-mass [e&rtichen computing the global
dynamical properties of the subclusters. We have also sstlithe long-term implications
of gas expulsion for the properties of star cluster popaitesti The main results are as follows.

(1) The surface density distribution of sink particles dals an approximately lognormal
distribution similar to that observed by Bressert et al.1(20 However, the surface
density corresponding to the peak of the distribution isgvorders of magnitudes
higher than the observed one, because the subclusterslematsin our study are part
of a region that would represent only one or two clustersénaservations. The high-
density end of the distribution is occupied by sink par8delonging to the subclusters
that are identified with the MST.

(2) When excluding the potential of the gas from the dynathacalysis and only con-
sidering the sink particles, we find that the simulation ashalesbecomes marginally
bound after one free-fall time, and the population of indiial subclusters is close to
virial equilibrium. The mean value of a Gaussian fit to therdisition of virial ratios
from all snapshots i®,i; = 0.59, where virial equilibrium would impl@,;; = 0.5. The
mean virial ratio of the population slowly decreases withej fromQ,i; = 0.70-0.80
early on toQ,;; = 0.55-0.60 towards the end of the simulation.

(3) The virialisation of the subclusters occurs due to thir gas fractions. We consider
the spatial distributions of gas and sink particles at twarabteristic moments during
the simulation §; = 0.442 Myr andf, = 0.641 Myr, reflecting the system early on and
after one free-fall time), and find that the mean gas fraatiithin the stellar half-mass
radii of the subclusters decreases by 0.63 dex during thesstttime interval, from
(fgadt1)) = 0.238 to(fgadtz)) = 0.056. By comparing the density profiles of gas and
sink particles, we conclude that this decrease is causeddgarretion and subcluster
shrinkage to approximately the same degree.

(4) Because the subclusters are relatively gas-poor, tteeprdy weakly affected by gas
expulsion and the subsequent evolution towards virial léxgiwim. According to our
analytical estimate, they expand by an average factor & after gas removal. The
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length scale on which the subclusters are gas-pdges( < 0.1) is about 0.1 pc at the
end of the simulation. By scaling up the units of the simolafrom subcluster to star
cluster scales, we find that after about 0.8 Myr of star foromatstar clusters with a
mean mass of F0M , would be gas-poor on a length scale of 0.5-1 pc.

(5) Only those (sub)clusters with densities much largen tha density that is associated
with a free-fall time equal to the gas expulsion time can bitlthe shrinkage and
accretion that causes them to become gas poor. The fradtidunsters that reaches the
required density to become insensitive to gas expulsioarbahe onset of feedback
therefore increases with ambient gas density. This suggestlation between the
cluster formation efficiency (CFE) and the ambient gas arfstanation rate density,
with a larger fraction of star formation resulting in bourldsters in dense regions.

(6) A possible relation between the CFE and the ambient gasitges affected by a sec-
ond mechanism. In dense regions, the survival chances ltdrss¢ructure are not
determined by gas expulsion or ‘infant mortality’, but b ttlisruptive effect of tidal
shocks from the surrounding gas (Elmegreen & Hunter 2010ij¢&en et al. 2011c).
This disruption of young clusters by their environmenttied the ‘cruel cradle effect’
and is suggested to take over the disruptive role of gas sixpuin dense star-forming
regions. The strength and relative contributions of infattality and the cruel cra-
dle effect as a function of ambient gas density will be thegiee factor to assess the
relation between the CFE and the ambient gas density. Thidsn® be quantified in
future studies, because the time scale covered by the giotula too short to include
the disruption of subclusters due to the cruel cradle effect

Throughout the paper, we have mentioned directions in whidier research should
be undertaken to verify and expand our conclusions. It isrg&d to check to what extent
these results depend on the properties of the simulationanakysed, such as their initial
conditions and input physics. The three chief concerns evdal whether the results are
affected by (1) the turbulence spectrum and initial setughefsimulation, (2) the inclusion
or exclusion of feedback and magnetic fields, (3) the chaoicink particle radius.

(1) The turbulence spectrum and overall boundedness ofitin@ation primarily influ-
ence the time evolution of the overall star formation efficie (McKee & Ostriker
2007, Dale & Bonnell 2008), and will only impact the evolutiof subclusters if the
inflow of gas becomes too high to be compensated by accratidswicluster shrink-
age. Judging the relative ease at which the subclusters irutinent simulation become
gas-poor, it is unlikely that the situation of a saturatirag gnflow would take place.
However, a dynamical analysis of a larger set of simulatigiishe needed to obtain
a conclusive picture, also to include the formation of starg subclusters in environ-
ments with lower densities.

(2) Feedback from accreting sink particles would inhibé thflow of the gas, which in
turn would lead to a lower gas fraction within the subclustdthere have been several
efforts in literature to quantify the effect of (positive megative) feedback on the star
formation process, which generally consider effects onéhgth scales of the giant
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molecular clouds in which the star formation takes place é&sg. McKee & Ostriker
2007). While global effects could influence the gas-pootestd the (sub)clusters,
the nature of feedback is such that it evacuates the gas ltar steales, which would
therefore should not lead to a fundamentally different éegion than made in this
paper. Magnetic fields could slow down the accretion pracétshis decrease of
the accretion rate would be smaller in the outskirts of theckisters than within the
stellar half-mass radius, it would increase the gas frastand virial ratios of the stellar
component. Therefore, the influence of magnetic fields orresults will need to be
investigated.

(3) If the accretion and/or sink radii of the sink particlesr& comparable to the typical
interstellar separation, the gas-poor nature of the sgtaisiwould be a trivial result
of a high filling factor’ of the subclusters by the sink patés, as the volume where
the gas could reside without being accreted would be toolgmachieve a stable
configuration. We have addressed this to first order by coimgthe accretion and sink
volumes taken up by sink particles and dividing it by the esetl volume. This was
done for each sink particle while taking the nearest neighidoand also by calculating
a mean radial filling factor’ profile for each subclusteraéogous to Fig. 2.8. Both
methods returned low filling factors, with typical valuesidi—2 for the sink radius
and 10 for the accretion radius. In other words, less than 1% of tanae inside
the subclusters is taken up by the sink particles. In ordexstess to which extent
this allows us to neglect spurious accretion, we ran a setrgfle test simulations with
different accretion and sink particle radii. These tests\stihat the gas accretion rate is
hardly affected by the accretion and sink radii, which vati@ our results. The details
of the tests are given in the Appendix Sect. 2.A.

Ideally, the next step would be to perform the same type afutation as in Bonnell et al.
(2008) for different initial conditions, including desptions for radiative and mechanical
feedback, potentially accounting for magnetic fields, aaying the sink particle radius. The
dynamical analysis of such simulations would provide a gadication of our conclusions,
and would improve the current understanding of the depereden initial conditions and
input physics.

The order-of-magnitude extension of our results from sugter to actual star cluster
scales should be investigated further. With the continlydogoroving computational facil-
ities, it will be possible to simulate systems on the scakeded to cover the formation of
star clusters. The key ingredients of such an effort willdrgér particle numbers and smaller
sink particle radii. Additionally, infrared or spectrogso observations can be used to verify
the length scales on which star-forming regions are gas-pioaor to the onset of feedback.
The current and upcoming generation of telescopes willideexcellent opportunities for
this.

If gas expulsion indeed only weakly affects the survivalraetes of stellar structure, it will
need to be verified in which regimes infant mortality stithp$ a role. In order to understand
the relation between the CFE and the local environment,dlaive contributions to early

11we used the particle list that was corrected for multipleslying that bound neighbours were ignored.
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star cluster disruption of infant mortality and the crueldle effect will need to be quantified.
The kinematic signatures of both effects should differ add therefore be measurable in
the velocity maps of young disrupted clusters. Possiblesviiyvhich this could be done ob-
servationally include searching for young clusters thatcarrently going through gas expul-
sion and mapping the radial velocities of the stars, ormigthe velocity dispersion profiles
of young, gas-poor clusters in dense regions. To aid thistethe differences between the
kinematic signatures of energy injection into a star clubiegas expulsion or tidal shocks
have to be established theoretically. The combination es¢happroaches should provide a
conclusive picture of the mechanisms that determine whittibn of star formation results
in bound star clusters.

Acknowledgements This research is supported by the Leids Kerkhoven-Bossonals=(LKBF)
and the Netherlands Organisation for Scientic Research@N\yrant 021.001.038. JMDK acknowl-
edges the kind hospitality of the Institute of Astronomy ian@bridge, where a large part of this work
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2.A  Appendix: Independence of results on sink parameters

In this appendix we verify that the resolution of the SPH datian is not playing an impor-
tant role in the evolution of the stellar-to-gas mass rafithe subclusters. We accomplish
this via a series of controlled, idealised tests in whichuster of 10 sink particles accretes
from an envelope of gas. The total mass of the system is ldetivequally between the
sinks and the gas. The sinks are initially of equal mass, ¢lagh has mass 0.05. They are
placed randomly in a Plummer model of virial radiggks = 1, and we use the same initial
configuration of the stars in each test. The median nearagtlmaur separation of the sinks
is 0.43. The gas is likewise in a Plummer sphere spatiallypagh with a larger radius than
the sinks. The gas has zero initial kinetic energy and mihthermal support, so that the
gas falls onto the sink cluster and is accreted. We run twoafdests, one in which the gas
sphere’s virial radius is ten timé§nks, i.€. rgas= 10, and one in whicly,s= 3.

The two numerical scales we are concerned with are the amenetdius of the sinks
Iace, @nd the smoothing length of the gas particles. For the sdk, rwe use the setf =
{0.125,0.0625, 0.03125 The middle value yields approximately the ratio of the héigur
distance to the accretion radius seen in the clusters inith@ation. The smoothing length
of the gas is determined by the number of gas particles. Tghlgumatch the simulated
value, suppose the sinks have masses:1 Whe total gas mass is then 1QJyland 5x 10*
gas particles approximates the resolution of the largeesimulation. We run the 0.0625
accretion radius cases with four times more and fewer gdisies:, i.e. 2<10° and 1.25¢10%

In Fig. 2.10 we show the gas mass as a function of time for stet@s. In the top panel
we show the results for the case witis = 3. Time is measured dimensionlessly where we
have taken the gravitational constaht= 1; the crossing time of the sink clusterds2. In
this setup, the gas free-fall time is 6 and the gas accretes quickly compared to the time
for the N-body dynamics to dissolve the small-sink system. The agreement between all
the test runs is excellent. The bottom panel showsrghe= 10 cases, and the gas falls
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Figure 2.10: Remaining gas mass as a function of time for our tests of tir¢HRulation sink param-
eters. Top panel: the runs withs = 3rsinks; bottom panel, the runs withas = 10rsinks. Grey lines have
race = 0.125, black lines havec. = 0.0625, and light grey lines havg. = 0.03125. Solid lines have
5 x 10* gas particles. The dashed lines have 20° particles, and the dotted lines have 1:23.0*
particles.

onto the sink system over a longer time scale, with a frelgifaé ~ 35. At early times the
agreement is quite good, with some disagreement betweenrkeppearing aftdr ~ 20.
We attribute this to the fact that at this point tNebody dynamics of the different runs have
set the clusters on clearly divergent paths; recall thagthgitational smoothing length of
the sinks is proportional to their sink radius. By= 80 the cluster of sinks has effectively
dissolved. We conclude that gas accretion time scale isneatly affected by the choices of
the sink radius.
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Chapter

The photometric evolution of star clusters and the
preferential loss of low-mass bodies — with an
application to globular clusters*

J. M. Diederik Kruijssen and Henny J. G. L. M. Lamers
Astronomy & Astrophysics. 490, p. 151-171 (2008)

Abstract To obtain an accurate description of broad-band photomstai cluster evolution, certain
effects should be accounted for. Energy equipartitiondeadnass segregation and the preferential loss
of low-mass stars, while stellar remnants severely inflaeriaster mass-to-light ratios. Moreover, the
stellar initial mass function and cluster metallicity affgphotometry as well. Due to the continuous
production of stellar remnants, their impact on clustertpheetry is strongest for old systems like
globular clusters. This, in combination with their low métities, evidence for mass segregation,
and a possibly deviating stellar initial mass function, esflobular clusters interesting test cases for
cluster models. In this chapter we describe cluster mothelsinclude the effects of the preferential
loss of low-mass stars, stellar remnants, choice of initiabs function and metallicity. The photometric
evolution of clusters is predicted, and the results areiegpb Galactic globular clusters. The cluster
models presented in this chapter represent an analytisatigéon of the evolution of the underlying
stellar mass function due to stellar evolution and dynahttester dissolution. Stellar remnants are
included by using initial-remnant mass relations, whilestér photometry is computed from the Padova
1999 isochrones. Our study shows that the preferentialdbksv-mass stars strongly affects cluster
magnitude, colour and mass-to-light ratio evolution, amdteases cluster magnitudes and strongly
decreases mass-to-light ratios. The effects of stellanaens are prominent in the evolution of cluster
mass, magnitude and mass-to-light ratio, while variatioihthe initial mass function induce similar,
but smaller changes. Metallicity plays an important roleclaster magnitude, colour and mass-to-light
ratio evolution. The different effects can be clearly seped with our models. We apply the models

*The models presented in this chapter are publicly availabie electronic form at
the CDS via anonymous ftp to http://cdsweb.u-strasbg.fr/ (130.79.128.5) or via
http://cdsweb.u-strasbg.fr/cgi-bin/qcat?J/A+A/.

tReproduced with permissia@) ESO.
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to the Galactic globular cluster population. Its propariige the magnitude, colour and mass-to-light
ratio ranges are well reproduced with our models, provithed the preferential loss of low-mass stars
and stellar remnants are included. We also show that the-todight ratios of clusters of similar
ages and metallicities cannot be assumed to be constarit &uster luminosities. Instead, mass-to-
light ratio increases with cluster luminosity and mass. seheodels underline the importance of more
detailed cluster models when considering cluster photgmBy including the preferential loss of low-
mass stars and the presence of stellar remnants, the ndgniimiour and mass-to-light ratio ranges
of modelled globular clusters are significantly altered.tAiNhe analytic framework provided in this
chapter, observed cluster properties can be interpretedriare complete perspective.

3.1 Introduction

In recent studies, the photometric evolution of star chsstias been extensively treated from
various approaches (e.g. Anders & Fritze-v. AlvenslebedB2Qamers et al. 2006, von Hip-
pel et al. 2006, Fagiolini et al. 2007). Because cluster gnetry is used for a broad range
of applications, like age-dating galaxies and trackingrtf@mation history, it is crucial to
obtain an accurate description of the photometric evatutibclusters. WhileSimple Stel-
lar Population(SSP) models (e.g. Leitherer et al. 1999, Bruzual & Chartit3 Anders &
Fritze-v. Alvensleben 2003, Maraston 2005) only consitier¢hanging photometric prop-
erties due to stellar evolution, other models that also beediynamical input oiN-body
simulations can predict the photometric evolution of @ustunder a wider variety of condi-
tions (e.g. Lamers et al. 2006, Fagiolini et al. 2007, Borchle2007). In reality, not only
stellar evolution but also the dynamical interaction of @stér with its environment causes
it to lose stars (e.g. Baumgardt & Makino 2003). This procedsch is called dissolution,
occurs due to internal two-body relaxation and externaatéf like tidal perturbation, spiral
arm passages or encouters with Giant Molecular Clouds Bagmgardt & Makino 2003,
Gieles et al. 2006b, 2007a). It can change the shape of ther steass function, and will
also affect photometric cluster evolution. This is the casa cluster evolves towards energy
equipartition, causing it to preferentially lose low-mata's (e.g. Portegies Zwart et al. 2001,
Baumgardt & Makino 2003, Hurley et al. 2005).

The physical driving force of the preferential loss of lovass bodies is subject to debate.
On the one hand, energy equipartition between the bodiesitating a cluster increases the
velocities of low-mass objects and thereby gives rise t@tbéerential loss of low-mass stars.
On the other hand, it has been proposed that mass segregafibenomenon in which due
to energy equipartition the more massive stars sink towdnelsluster centre and low-mass
objects move outwards, leads to the same effect since biodies cluster outskirts are more
loosely bound than objects in the cluster centre and arentlaus easily lost (e.g. Leon et al.
2000, Portegies Zwart et al. 2001, Lamers et al. 2006). Titnésdf reasoning is not compat-
ible with King (1966), where it is shown that the escape rédtgtars from a cluster does not
vary with radius. In that scenario, the preferential losi®af mass stars and mass segregation
are both the effects of energy equipartition, but do not sgmely share any causal connec-
tion (e.g. de la Fuente Marcos 2000). Regardless of its Bpegiture, in the remainder of
this chapter we consider energy equipartition to be thedomehtal cause of the preferential
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loss of low-mass stars: either directly, via mass segregatir a combination of the two. In
any case, mass segregation can serve as an indicator farsltisat have undergone a strong
preferential loss of low-mass stars (e.g. Portegies Zweaat. 2001, Baumgardt & Makino
2003) and will therefore be used in that respect.

There have been many observations of Galactic open andlgtatiusters in which evi-
dence of mass segregation was found (e.g. Anderson & Kin§,19ilenbrand & Hartmann
1998, Zoccali et al. 1998, Albrow et al. 2002, Richer et aD£2Xoch et al. 2004, Pasquali
et al. 2004). These clusters can be expected to exhibit anorical photometric evolution.
Furthermore, for a number of clusters overall mass-totlighios are observed that strongly
deviate from the mean value presented in McLaughlin (208@). Baumgardt et al. 2003b,
van de Ven et al. 2006), which suggests a range of scenaripe@ometric cluster evolution.
This, in combination with the high mass-to-light raiiothe centreof some globular clusters
(e.g. Pasquali et al. 2004, van den Bosch et al. 2006) andotieequent invocation of in-
termediate mass black holes (IMBHS) (e.g. Portegies Zwavtadlillan 2002, Gurkan et al.
2004), asks for a cluster model that can explain the obsewvage of mass-to-light ratios.
While some studies suggest IMBHSs to explain the high madggH ratio in the centres of
globular clusters (e.g. Gebhardt et al. 2005, Noyola etX62, others show that these are not
required and central concentrations of stellar remnasts @tovide a solution (e.g. Baum-
gardt et al. 2003a,b, Hurley 2007). Therefore, it is importa investigate to what extent
either model can be used to explain the observed range oftodigtht ratios, colours and
magnitudes. A model describing cluster mass-to-lighbgathay also be able to provide in-
sight in the connection between globular clusters and-glrapact dwarf galaxies (UCDs),
the latter having a different mass-to-light ratio rangentgbular clusters (e.g. Hasegan et al.
2005, Evstigneeva et al. 2007, Rejkuba et al. 2007, Mieske@ufa 2008).

In this chapter we present cluster models that are basecter ssochrones like all SSP
models, but analytically incorporate dynamical effectschrster photometry by following
the results fronN-body simulations (Baumgardt & Makino 2003). The resultspged and
applicability to a large parameter space makes it very Blgtéor studying the effect of a
range of parameters on cluster evolution. We show how phettacrproperties of clusters
like their magnitude, colour and overall mass-to-lightorate affected by the preferential loss
of low-mass stars, the inclusion of stellar remnants, teksstinitial mass function (IMF) and
metallicity.

The structure of the chapter is as follows. Our cluster eimiumodels are presented in
Sect. 3.2. In Sect. 3.2.2 it is shown how stellar evolutidaci$ the cluster content, including
the production of stellar remnants. We derive the equati@ssribing dynamical effects of
cluster evolution on a multi-component powerlaw IMF (e.gopa 2001) in Sect. 3.2.3. The
effects of the preferential loss of low-mass stars and thadhjcal loss of remnants are in-
cluded. In that section, we also provide the final set of éqnato describe cluster evolution
with our models. The computation of photometric evolutisrireated in Sect. 3.3. The re-
sults are presented in Sect. 3.4, where also the influendhe pfeferential loss of low-mass
stars, stellar remnants, IMF and metallicity are invesédaand the results are compared to
previous studies. In Sect 3.5, the models are applied tocBatglobular clusters. Section 3.6
contains a discussion of the results, while our conclusimagrovided in Sect. 3.7.
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3.2 Cluster evolution

In this section we describe cluster evolution: first we folae the stellar mass function in
the cluster, secondly we describe cluster mass loss duellar gtvolution, and thirdly cluster
mass loss due to dissolution. We include the effects of tatepential loss of low-mass stars
and stellar remnants. The models presented here représetiuster evolution part of our
new cluster population synthesis coglRACE!, which is a fast code to predict observables
like age, mass and magnitude distributions of clusters fange of galactic conditions.

3.2.1 The stellar mass function

Stars in a cluster are distributed according to a mass famdibor which we assume a general
expression for a multi-component powerlaw mass functidnictvis a function of time:

N(t, ms)dms = C(t)n(ms)ms~™dm, 3.1)

for mmin(t) < ms < Mmax(t), whereNs(t, ms) represents the number of stars per kit age

t, C(t) is the (time-dependent) normalisation of the mass functidm) is introduced to
preserve continuity at the stellar mass where the skfp®) changes, anth denotes stellar
mass in M,. Settingt = 0 gives thenitial mass function (IMF)Ns(0, ms). For a Salpeter
IMF, we have constant valuegms) = 1 and3(ms) = 2.35 with myin; = 0.1 Mg, while a

Kroupa IMF is described by

/1 =13 for 0.08 M, < ms< 0.50 My,

plms) = { B2=23 for 0.50M, < ms, oo

with initial minumum stellar masgimin; = 0.08 M;, andn(ms > 0.50 Mg) = 2np(ms <
0.50 My).

After cluster formation, clusteissemass due to stellar evolution and dissolufiofihis
section provides a description of how both mechanisms tfffiecstellar mass function and
cluster content. Clusters with and without the preferétdis of low-mass stars are treated.

3.2.2 Stellar evolution

The total mass loss due to stellar evolution and dissolut@onbe written as

() () .
dt at )., \dt )4

In this section we describe the mass loss due to stellar gonluWe separate cluster mass
into its two constituents: the mass in stars, or the lumimoassMi™(t), and the mass in

stellar remnant#/5(t). The total mas#1¥'(t) is then obtained from

ME(t) = ME™(t) + M&(t). (3.4)

cl

1This is an acronym for Stellar Population Age Computing Emvinent.
2As shown by Mieske & Baumgardt (2007), the capture of starslimsters is ineffective.
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Luminous mass

The first right-hand term of Eq. 3.3 can be expressed in tefmasmoass fractionu2i(t) =
ME'(t)/Mq; that is still present in the cluster if stellar evolution wethe only mass loss
mechanisrit

(d’\/’é?‘) _ dugy(t) My, SO (3.5)

dt dt

where the fractionC(t)/C(0) is included to correct the mass loss for a possible clmgngi
mass function normalisation due to dissolution (which dldescribed in Sect. 3.2.3). Con-
sequently, the mass fraction lost due to stellar evolutiodefined bygS(t) = 1 — uRk(t).
The remaining total mass fractigif!(t) is the sum of the luminous mass fractiolf"(t) and
the stellar remnant (sr) mass fractiagi(t):

pgn(t) = pey () + i) (3.6)

Lamers et al. (2005a) have shown that for luminous clustesspgd™(t) = 1 — pl™(t) can
be approximated as

log g™ = (logt — &)™ + Cev, (3.7)

forlogt > &, and where,, b.y andce, are constants determined by the IMF and metallicity
of the cluster. We use the Padova 1999 isochrones (Bertelli €994, AGB treatment as in
Girardi et al. 2000) to determine the maximum stellar nragg,(t) that is still present in the
cluster at timet. This also provides the initial maximum stellar maggax,, which is taken

to be the maximum mass at the youngest isochrond #06.6). After assuming an IMF, i.e.
Ns(0, ms), we can write the remaining mass fraction of luminous mass a

[l mNg(0, me)dmg

() = e , (3.8)

from which exact values fogl™(t) = 1 — Y™(t) can be determined. The resulting fitting
constantsa,, bey andce, are summarised in the top half of Table 8.The method assumes
the instantaneous removal of stars and ignores mass lossllay winds, but this assumption
is legitimate since massive stars hardly contribute toaVeluster mass and low-mass stars
only suffer significant mass loss during the last 10% of thifgtime. In order to determine
p8(t) and evaluate Eq. 3.5 als@(t) is required, which will be discussed separately in
Sect. 3.2.2.

Since in the present study the stellar content of clustersnsidered, we will be evolving
the stellar mass function of a cluster (and thereby indiyetie cluster mass) rather than
evaluating cluster mass itself. Therefore, we will usg.(t) from the isochrones instead
of Eqg. 3.5 to incorporate stellar evolution. The time eviolutof Mmax(t) is shown in the
left-hand panel of Fig. 3.1 for metallicities = {0.0004, 0.004, 0.02

3|f cluster mass also decreases due to dissolution, thenalss lnss would be larger, see Sect. 3.2.3.
4Values for the case of a Salpeter IMF are also provided by Irseteal. (2005a), but these are based on an older
version of theGALEV models (Schulz et al. 2002, Anders & Fritze-v. Alvensleb8a3).
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| Luminous cluster masggm) |

| | Salpeter IMF | Kroupa IMF |
Z mmax,i &y bev Cev oy bev Cev
0.0004 68.5101 6.83 0.316 -1.824 6.84 0.298 -1.648
0.0040 69.8779 6.80 0.313 -1.844 6.80 0.295 -1.667
0.0080 71.6804 6.76 0.309 -1.853 6.77 0.291 -1.674
0.0200 68.1211 6.70 0.308 -1.872 6.71 0.290 -1.691
0.0500 49.4481 6.63 0.314 -1.897 6.65 0.297 -1.714
| Total cluster massfS) |
| | Salpeter IMF | Kroupa IMF |
Z mmax,i &y bev Cev oy bev Cev
0.0004 68.5101 6.93 0.271 -1.8553 6.93 0.255 -1.682
0.0040 69.8779 6.89 0.271 -1.872 6.90 0.256 -1.696
0.0080 71.6804 6.88 0.265 -1.877 6.88 0.250 -1.701
0.0200 68.1211 6.82 0.263 -1.893 6.83 0.248 -1.716
0.0500 49.4481 6.78 0.263 -1.908 6.79 0.249 -1.731

Table 3.1: Top: Fitting values fora, bey and cey for the luminousfractional cluster mass decrease
due to stellar evolutiogli™(t) using the Padova 1999 isochrones (see text) at five diffenetallicities

for Salpeter (0.1 M, < ms < Mmnax,i) and Kroupa (0.08 M < ms < Mmax,) IMFs. The values of

the initial maximum stellar massinax, correspond to the maximum masses at the youngest isochrones
(logt = 6.6). The maximum difference between the fits and the ed®tt) curves is 3% after 19 Gyr.
Bottom:Same as above, but ftotal fractional cluster mass decrease due to stellar evolwimagunting

for stellar remnants. The maximum difference between teeafitl the exaaf'(f) curves is less than
10% after 19 Gyr.

Stellar remnants

Stellar remnants can constitute a large fraction of thd thtster mass Especially during
the later stages of cluster lifetime, the cluster conteliké&ly to be dominated by remnants.
As will be shown in Sect. 3.4 several observables can befgigntly affected, making it
essential to include remnants when studying cluster eloolut

The distinction between total and luminous cluster massbeamade by writingy?* =

MA™ + MS', whereMS' denotes the part of the total cluster mass constituted Htigrstem-

nants. The evolution of dark cluster mass can be expressed as

dMg _ (M, (M 5.9)
dt dt o, \dt )y

where at the right-hand side the first (positive) term déssithe production of remnants
due to stellar evolution, and the second (negative) termesgmts remnant loss due to dis-

5If stellar mass-dependent cluster dissolution is omitégthr 12 Gyr stellar remnants constitute about 30% of
the total cluster mass. Within this fraction, the summedsmasos of black holes, neutron stars and white dwarfs
are 1:3.5:9. These ratios change when mass-dependeriuti@sds included.
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log My, (Mo)

log Age (yr) log Age (yr)

Figure 3.1: Left Maximum stellar massmax(t) as a function of age faZ = {0.0004, 0.004, 0.02
(dotted, dashed and solid lines, respectiveRight: Produced stellar remnant masg(t) as a function
of age forZ = {0.0004, 0.004, 0.02(dotted, dashed and solid lines, respectively). The peateco
sponds to the transition from neutron star production taevtiivarf production, i.e. the lifetime of an
8 Mg, star.

solution. Stellar evolution removes stars at the high-neaskof the mass function. Stellar
remnant production can be included by assuming an inigiadrrant mass relation and leaving
a remnant massis; upon such removal.

From Kalirai et al. (2008), for white dwarfsri < 8 My,) this relation is given by

Mg, = 0.109ms + 0.394 My, (3.10)

with mg; the remnant mass ands the stellar mass, whenes is equal to the initial stellar
mass in our models since instantaneous death is assumels K00.45 M, Eq. 3.10 is not
valid since the remnant mass then exceeds the progenitar tHas/ever, this does not cause
any problems because it only occurs for ageghlarger than the Hubble time.

For neutron stars (8 M < ms < 30 Mg), the initial-remnant mass relation is taken to be
(Nomoto et al. 1988):

Mer = 3.63636x 1072 (ms — 8 M) + 1.02 M. (3.11)

Stars with massesi, > 30 Mg, result in a black hole and since no definitive models for
black hole formation exist, the corresponding remnant risagssumed to be

M =8 M. (3.12)

This value is in agreement with dynamical masses obtaired ¥-ray binary observations
(e.g. Casares 2007). When the above initial-remnant médsoreis linked to the maximum
stellar massnmax(t), the remnant magsi,(t) that is produced at timecan be obtained. This
varies with metallicity; forZ = {0.0004, 0.004, 0.02examples are shown in the right-hand
panel of Fig. 3.1.
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We can now compute the total cluster mass fraction in stedfanants.3,(f) by integrat-
ing the remnant massess, over the mass function for the mass range of all stars that hav
ended their lives:

o e mg(ms)NS(0, me)dm
pat) = Ma, ,

(3.13)

with Ns(0, mg) the initial form of Eq. 3.1. The total remaining mass fraati.S'(t) is obtained
by adding this to the mass fraction in luminous mass (see B). Bimilarly to g™, we
provide fitting constants as in Eq. 3.7 fgf' = 1 — X! in the bottom half of Table 3.1.
Again, we will not use these fits in the remainder of this sfuslyice the stellar content
of clusters is treated. Instead, the initial-remnant refest from Eqs. 3.10—3.12 are used.
Nonetheless, Table 3.1 is provided for convenience.

Given the expression fqugi(t), the remnant production per unit time (first right-hand
term of Eq. 3.9) can now be determined. By multiplying thedidrerivative ofugi(t) with
initial cluster mass and correcting the normalisation efgtellar mass function for a possible
decrease due to dissolution, this fraction can be trarsiate the time derivative of non-
luminous cluster mass

(dM?f) _duEn, C)

dt dt Mcl,| C(O), (3.14)
which is similar to the expression derived for the total tdusnass evolution due to stellar
evolution (Eqg. 3.5).

The above approach does not account for kick velocitiesdhatobtained by neutron
stars and black holes upon their creation. The implicatfonintegrated cluster properties
are discussed in Sect. 3.6.1, point (3).

3.2.3 Dissolution

The effect of dissolution on the stellar mass function dgféor clusters with or without
the preferential loss of low-mass stars. In clusters thaé maached energy equipartition,
the low-mass objects tend to reside in the outer regiondewié most massive bodies are
generally located near the cluster centre, and the clusténentially loses low-mass objects.
In clusters without the preferential loss of low-mass staoslie§ of different masses are lost
with almost equal probabilities. Both cases are treatedigsection.

The dynamical mass loss (second right-hand term of Eq. ar8pe expressed as

1—
() o mg e 315
dis

dt Tdis - _toMé?w B o
whereyis is the dissolution timescale. In empirical studies it wasvah to be related to

present cluster mass ags = th(Mq/Mg)? by Boutloukos & Lamers (2003) and Lamers
et al. (2005a). Boutloukos & Lamers (2003) found 0.62+0.06, the same value as derived

6‘Bodies’ denotes either stars or stellar remnants.
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by Gieles et al. (2004) for th&-body simulations of clusters in tidal fields by Baumgardt &
Makino (2003). Please note ther* represents the total cluster mass and thus includes stars
as well as their remnants.

The rapidity of the exponential mass decrease in Eq. 3.1 [s/ghe dissolution timescale
parametety, which is essentially the dissolution timescale for a hiptital 1 M, cluster.
Because the total disruption tintf®® of a cluster is determined by dynamical dissolution
andstellar evolution and thus depends on the adopted IMF andetallicity, we prefer the
use ofty overtg?sta' to characterise the strength of dissolution alone. Througthis chapter
we will give the typical total disruption times associateithwised values of the dissolution

timescalel.

Mass loss from clusters without the preferential loss of lowmass stars: the ‘canonical
mode’

Cluster mass evolution can be computed numerically frortirite derivatives due to stellar
evolution and dissolution (Egs. 3.5 and 3.15). For a moraildet and more accurate de-
scription of cluster evolution we turn to its stellar corttelVe distinguish between stellar
mass-independent dissolution (‘canonical mode’) and teéepential loss of low mass stars
(‘preferential mode’). When considering mass loss in theocdcal mode, i.e. the evolution
of the stellar mass function of a cluster without the praiéed loss of low-mass stars, the
influence of mass loss due to stellar evolution and dissmius twofold. Stellar evolution
decreases the maximum stellar masg.(t), while dissolution decreases the normalisation
factor of the mass functio@(t) (see Eq. 3.1) because stellar masses are randomly disttibu
throughout the cluster and thus all bodies have approxignsimilar probabilities of being
ejected.

The normalisation of the mass functidi{t) is directly proportional to luminous cluster
massMéLl””(t) because the latter is obtained by integrating the masgium(Eq. 3.1) over
stellar mass. We define a paraméfig#(t) to describe the fraction of mass loss occurring in
preferential mode (see Sect. 3.2.3) and a fradtigt) of the mass loss to occur in the form of
stellar remnants. This implies that the factor I.(t) denotes the fraction of mass loss that
occurs in the canonical mode, while the factor X5(t) represents the fraction of mass loss
that takes place in the form of luminous mass (i.e. not inasteémnants). For mass loss in
the canonical mode, i.e. without the preferential loss wftnass stars, we havge(t) = 0.
Then the time derivative of luminous cluster mass from ateluis the canonical mode, i.e.
without the preferential loss of low-mass stars, is writisn

dmlum 2t dviery  Mbmdc
() =i tomn - ) () =G (316)

whereC o« MY™ and thus dIrC/dt = d InM}i™M/dt leads to the last equality, and the label
‘can’ indicates we are dealing with mass loss in the candmicale. Substituting the total
mass derivative from Eq. 3.15 yields after rearranging

d totl—~
G = T Ol — 01 S OO, (3.17)
cl
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In the canonical mode, the influence of mass loss on the isteias function is completely
described by this expression. If either the cluster onlesostars of the lowest masses
(forer(t) = 1) or all mass is lost in the form of stellar remnarfty({) = 1), we have constant
normalisationC(t) and mass loss affects the cluster content in different  &ss below and
Sect. 3.2.3).

To include the loss of stellar remnants, we specify the esgiom for the fraction of mass
loss that occurs in the form of remnaifidgt). For mass loss in the canonical mode the spatial
distribution of bodies is random. This implies that the fi@ae of the total mass lost due to
dissolution that is lost in the form of remnants is equal ® itiatio of remnant mass to total
cluster mass

fo(t) = MS(t)/ ME(). (3.18)

We can use this parameter to describe how the cluster magalar semnants changes due
to dissolution (the second right-hand term of Eq. 3.9):

sry can tot totl—

(T ) =01 ettt (T ) =1 el (319)
dis dis 0

where we use the description of the total mass loss deravdtie to dissolution from Eq. 3.15.

Again, the factor 1- fiyef(t) represents the fraction of mass loss that takes place ireifen-

ical mode, while the factofs(t) denotes the fraction of mass loss that occurs in the form

of stellar remnants. This expression completely desctibesnfluence of mass loss in the

canonical mode on the total cluster mass in stellar remnants

Mass loss from clusters including the preferential loss ofdw-mass stars: the ‘preferen-
tial mode’

From N-body simulations, it is shown by Baumgardt & Makino (2008hhenergy equipar-
tition affects the evolution of the stellar mass functioror their study it is evident that most
clusters exhibit the preferential loss of low-mass staeking it a very important mechanism
when considering cluster evolution. In Lamers et al. (2086alytical models for the evolu-
tion of the mass function are presented which are based sa #imulations. In their models,
dissolution no longer induces a uniform effect on the masstfan by decreasing its normal-
isation. Instead, preferentially low-mass stars are rexdovhis can be approximated by a
gradual increase in the lower mass limit of the stars pregetiite clustermmyn(t) (Lamers
et al. 2006). By using this description, thl®peof the mass function remains unchanged as
the loss of low-mass stars is incorporated by increasindotlver mass limit. This is done
in such a way that the mean stellar mass is always compa@ie tmean stellar mass in
the N-body simulations by Baumgardt & Makino (2003), in which tteape of the mass
functiondoeschange due to the preferential loss of low-mass stars.

To describe mass loss in the preferential mode, i.e. massriokiding the preferential
loss of low-mass stars, we use the paramgje(t) that represents the fraction of cluster
mass loss that occurs in preferential mode at tiniehe formulation allows for intermediate
cases of energy equipartition, sinfg(t) can have any value between 0 and 1. The
body simulations by Baumgardt & Makino (2003) suggest ada@insition from a random
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ejection of bodies to the preferential loss of low-masssstasulting in almost a step function
for fare(t). For a cluster that initially does not preferentially Idea/-mass stars but reaches
complete energy equipartition &t tyer We can then write

he0={ 3 for (207 (3.20)
However, because complete energy equipartitigis(t) = 1) is unlikely to occur (see the
discussion in Sect. 3.4), we will probably hayggd(t) < 1 fort > tyrer.

By explicitly integrating stellar mass over the mass funei{Eq. 3.1), the luminous clus-
ter mass is obtained. Because in the preferential modeldigsoonly affects the minimum
stellar mass, we can write for the time derivative of lumisaluster mass:

dM(lleJm p’Ef_ pref dMé?t _ C(t)n(mmin) d 2 (i)
( dt )dis = fore(O[1 — 157 (t)]( dt >dis__mEmmi” . (3.21)

for 5(Mmin) # 2 and

dmlum Pref etynr (AMEY d
(o) = ookt~ 200 (TG ) = ~COOMmn g ), (322)

if B(mMmin) = 2, whereG(mnn) is the slope of the stellar mass function (see Eq. 3.1) aad th
label ‘pref’ indicates we are dealing with mass loss in thefgnential mode. The fraction
of mass loss occurring in the preferential mode is represeby the factoifyer(t), while
the factor 1— fsprref(t) denotes the fraction of mass loss in the preferential medaroing in
the form of luminous mass (i.e. not in the form of remnants, Iselow for more details).
Again, we substitute the total mass derivative (Eq. 3.18)¢ctvyields a differential equation
describing the effect of the preferential loss of low-massss After rearranging the terms,
mass loss in the preferential mode thus results in an evolofithe lower mass limitimin(t):

Mé?tlfvmmin(t)ﬁ(mmm)—l
C(t)n(Mmin)to ,

dmmin
dt

= fpref(t)[l - fsprref(t)] (3.23)

for all values of3(mmin). If @ cluster is has not reached energy equipartitigr(t) = 0),
mass loss is independent of stellar mass. In that case nieedérivative dnmi,/dt = 0 and
we thus have constant,n(t).

We now describe stellar remnant loss from clusters that rea@hed energy equipartition.
If a cluster is completely mass-segregated, remnants adkiped in the cluster centre and
only become available for dissolution if remnants are tlastenassive bodies in the cluster.
Therefore, the fraction of mass loss taking place in the fofstellar remnants that is used
heref2®(t) differs from the expression for canonical mass loss (Et8)3.

From Fig. 3.1 we know that the produced remnant mass neawigyal decreases with
time, while mmin(t) is @ monotonously increasing function of This implies that there is a
time t; at which mmn(t) increases to a value larger than the smallest stellar retrmass
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me(t)’. For allt > t;; mass can be lost in the form of remndnt§or these values df,

all remnant massesis(t) < ms < mMmin(t) are considered to be immediately available for
dissolution (see the Appendix Sect. 3.A for a justificatibthis assumption). Consequently,
they are immediatelNost by dissolution, because they are the least massive bodig®in

cluster.

The fraction of mass loss occurring in the form of stellar namts is different for clus-
ters with and without the preferential loss of low-masssstaiherefore, we define a separate
parametefs, Foref (t) for the fraction of mass loss in the form of remnants if thestkr preferen-
tially loses Iow mass bodies. The time derivative of datistér mass (the second right-hand

term in Eq. 3.9) thus becomes:

dms pref thot Mtot1 Rl
cl = pref(t) pref(t) - pref(t) pref(t) ¢l ) (3-24)
dt dis dt dis 0

which is nearly the same expression as Eq. 3.19 that is valtdé canonical mode. The
fraction of mass loss occurring in the preferential modegigita represented by the factor
foref(t). We have yet to specify the fraction of mass loss in the fofmemnants for a the
preferential loss of low-mass sta&®(t). If we consider a certain time intervat,chere are
two possibilities: either the remnant mass available fesalution (5%, which is the total
mass of all remnants with masses smaller than the Ioweﬂrsmhss present at timg is

so large that all mass loss during the interviatdn be accounted for by removing remnants
only, or luminous mass has to be lost as well. In the former casenithimum stellar mass
mnin(t) is not reached before the end of the time intervaluhile losing the lowest mass
bodies (i.e. remnants) and all mass loss takes place in thedbstellar remnants. For the
latter case/mmin(t) is reached during the intervatdand the fraction of mass loss to occur
in the form of remnants is then described by the ratio of tlelalble remnant mass and the
total mass loss during the time intervdl d'his implies

foref(t) = min {1,-/\45{"’5 d";’;' dt} (3.25)

where the denominator of the second term between bracketbecabtained from the ex-
pression for cluster mass loss due to dissolution (Eq. 3ah#)the numerator is computed
numerically from

mlsﬂin,sr(t)

di t f MtOt(t/)l 0%
M Nt) = / o Msr(ms) Ns(t, ms)dmg — /o fp,ef(t’)fsp’e(t)i
Mmax(t

dt’. (3.26)

“Incidentally, because the produced stellar remnant mas$yraways descreases with time, the smallest rem-
nant mass at timeis the stellar remnant mass that is produced at that time.

8Strictly spoken, this merely holds fammn(t) that intersectms(t) only once. From Fig. 3.1 we see that at
the transition from neutron star production to white dwadduction there is a possibility for curves ok (t) to
increase to a value larger thamy(t), before briefly being overtaken again due to the change afymed remnant
type. In that casemmin(t) intersectsme(t) three times. However, the slope ofyin(t) is typically very steep
compared tans(t), and thus only a very small fraction of all cluster initiaheses will pass through the described
fluctuation over a negligible timespan. Therefore, we caeéd assume that for dll> tsr mass can be lost in the
form of stellar remnants.
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Figure 3.2: Left Evolution of minimum and maximum masses of stars (solid) stellar remnants
(dotted) in a cluster witg; = 10° Mg, th = 3 Myr and without the preferential loss of low-mass stars.
Right: Same as left, but including the preferential loss of low-enstars. The tickmark at ldg~ 9.5
indicates the onset of the preferential mode (see Secl)3.4.

The first right-hand term denotes the total produced remmeass that is available for a
given presentmass functionNs(t, ms) and increases with time. The upper integration limit
of the integralms™™s(t) represents the initial stellar mass corresponding to sertswith
mass equal tamin(t)° and the mass function is thus integrated for produced retmasses
ms(t) < mmin(t). By introducing the second right-hand term in Eq. 3.26, wtact the
part of the produced remnant mass that has already beenylaisdolution. This integral
follows from the time derivative of non-luminous cluster s8gEq. 3.24) and describes all
remnant mass that was lost in the preferential mode. Usiagthsent mass function in
the first right-hand term of Eq. 3.26 assumes that any chamgleei normalisation of the
stellar mass function has a proportional effect on totalrmanmt mass. The normalisation
only changes for mass loss in the canonical mode (i.e. massfiom clusters without the
preferential loss of low-mass stars), for which dissolutgstellar mass-independent. Hence,
if the normalisation of the stellar mass function were torg® the total mass in remnants
would be affected accordingly, thereby justifying the abagsumption.

3.2.4 Total cluster evolution

The description of cluster evolution from Sects. 3.2.1 @ 3includes stellar evolution and
four modes of mass loss: luminous mass loss and stellar rgrtoss from clusters without
the preferential loss of low-mass stars, and luminous nuassdnd stellar remnant loss from
clusters that have reached energy equipartition and denmtially lose low-mass stars. In
this section the derived expressions are combined.

The evolution of the stellar mass function is completelycdiégd by (1) the time deriva-
tive of its normalisation facto€(t) (Eq. 3.17) that describes the general decrease of the mass

9These are the most massive remnants that are availablestmiuion.
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function, (2) the time derivative of the minimum stellar mas,in(t) (Eq. 3.23) that describes
the loss of low-mass stars, and (Bhax(t) that describes the loss of high-mass stars due to
stellar evolution. When combining these equations, theroms cluster mass follows from

Mmax(t)

Mg™(t) = / msNs(t, ms)dms, (3.27)
mmin(t)

with Ns(t, ms) the stellar mass function from Eq. 3.1.

Similarly, the expressions describing stellar remnarg fosclusters with and without the
preferential loss of low-mass stars (Egs. 3.19 and 3.24beatombined with the expression
representing remnant production (Eq. 3.14) to write

dMg' _ dpey(t)

at - dr Mol

(1)
'C0)

with p&i(t) from Eq. 3.13. The first right-hand term denotes the praduaif stellar rem-
nants, while the second represents the loss of stellar netsimathe canonical mode (rep-
resented by the factor [T fye(t)]fs(t)) and in the preferential mode (represented by the
factor fyret(t) f&''(£)). This equation can be integrated for the total remnansrireghe cluster
M§((t). Finally, addition of the total remnant mass to the lumisiolwster mass from Eq. 3.27
yields the total cluster mass as formulated in Eq. 3.4.

The above set of equations can be solved numerically andsepts a range of models
that describe the complete evolution of cluster contentliasters with and without the pref-
erential loss of low-mass stars. A simple recursive intiégmnascheme is used. As a criterion
for total cluster disruption, we use a lower luminous clustass limitMf™ = 100 M,
though other values can be adopted if necessary.

We now briefly illustrate the time evolution of the mass rasgéstars and remnants in
a 16 M, cluster. These are shown in Fig. 3.2 for models with and wittlee preferential
loss of low-mass stars. Solid lines describe the upper amdrlmnass limits of the stars in
the cluster, while the minimum and maximum masses of stedlanants are represented by
dotted curves. The left panel shows the evolution withoatgreferential loss of low-mass
stars, while for the right panel it is included.

Without the preferential loss of low-mass stars, the minimstellar mass is constant since
mass loss occurs by removing stars of all masses and thusbsedéng the normalisation of
the mass functions of stars and remnants. Stellar evoludases the maximum stellar mass
to decrease. The maximum remnant mass remains constaet rtatimum remnant mass
that was produced in the cluster. On the other hand, the maiminemnant mass decreases as
remnants of lower masses are produced. Until total clusseuption, bodies from a broad
mass range can be retained. The cluster is completely déstuphen the normalisation
constantC(t) approaches zero.

When including the preferential loss of low-mass starsnir@mum stellar mass starts
to increase as soon as mass loss occurs in the preferential mibe maximum stellar and
remnant masses exhibit the same behaviour as for clustdreuwvithe preferential loss of
low-mass stars. Initially, the same holds for the minimummant mass. However, when
the minimum remnant mass reaches the minimum stellar nfeskwest mass bodies in the

totl—7
- {[1 - fpref(t)] fsr(t) + fpref(t)fsprref(t)} MCIT' (3-28)
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cluster are stars and remnants. This leads to a combinedtievodf the lower mass limits of
both. The cluster is completely disrupted when the stellassiimits meet.

3.3 Computation of photometric cluster evolution

Cluster photometry is computed from the Padova 1999 isodwothat are described in
Bertelli et al. (1994) and are based on spectral energyilaisions from Kurucz (1992),
but use a treatment of AGB stars as in Girardi et al. (2000 @itotometry computation is
accomplished by direct integration of luminosities over gitellar mass function for a given
age and initial cluster mass. This approach allows for grexibility when including the
preferential loss of low-mass stars, since the evolvingsniasction is explicitly included in
the computation. If existing SSP models had been adoptisdytuld not have been the case
because such models only include fading by stellar evaidftioa fixed mass function.

For a cluster of arbitrary ageand initial massV,;, the stellar luminosities of the two
isochrones at agds i = {1, 2} closest ta are integrated over the computed mass functions
at these ageswith t; < t andt, > t. This results in total cluster luminositiés x(ti, Mai)
for passband. These luminosities are then interpolated to obtajn (t, M¢,;) and converted
to absolute magnitudes.

For existing SSP models, which only account for the effecteliar evolution and there-
fore do not treat clusters near their total disruption, theve procedure suffices to determine
photometric cluster evolution. Howevertif< t < t4s < t the cluster is disrupted befotg
and there are no stars lefttat This leads to inadequate luminosity computations if thevab
interpolation is used. In that case the stellar mass funaifdhe clustemat aget is adopted
for both aged; andt, and the mass range is shifted to fit the appropriate maximefn st
lar masses at these ages. After integrating the resultingriass functions, we obtain two
luminositiesL¢ (i, Mg i) for each passband. Interpolation then yields,(t, M¢i)). The
described method does not accurately reproduce the luityramtribution of the lowest
stellar masses because the mass function is shifted toMte(t1, t2). However, this leaves
the resulting magnitude almost completely unaffectedesthe high-mass end of the mass
function completely dominates cluster photometry.

Contrary to some existing SSP models IBALEV, no gas emission is included in our
photometric models. Line emission is only important forstérs that contain massive stars
that emit ionising photons. This implies that our photomyeain be considered to be accurate
for agest = 8 Myr for solar metallicity and = 20 Myr if Z = 0.0004 (Anders & Fritze-
v. Alvensleben 2003).

3.4 Photometric properties of clusters

In this section we apply the models described in Sects. 323do investigate the effects
of the preferential loss of low-mass stars, stellar remsidMF and metallicity on the mass,
magnitude, colour and mass-to-light ratio evolution oktéus. We computed our models for
cases with and without the preferential loss of low-masssteith and without stellar rem-
nants, Salpeter and Kroupa IMFs, and metallicittes {0.0004, 0.004,0.008, 0.02, 0.5
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Moreover, we considered initial cluster mas#ésg; in the range 18—10" M, and dissolu-
tion timescalegy of 0.1—100 Myr°. As a result, cluster evolution for total disruption times
tc‘,?sta' > 10 Myr has been computed for cluster ages between 10 Myr a@yd@he upper age
limit of the stellar isochrones). Models for a broad rangparfameters are publicly available
in electronic form at the CDS, while predictions for specifiodels can be made by the first
author upon request. The most important results of our nsaatel discussed in this section.

3.4.1 The effects of model components

Accounting for the preferential loss of low-mass stars anetliding the mass of stellar rem-
nants both have their effects in the framework of our modalhis section these effects are
considered.

The effects of the preferential loss of low-mass stars

The preferential loss of low-mass stars induced by energypactition and possibly also
mass segregation (see Sect. 3.1) can be expected to handfiaaiy effect on the magnitude
and colour evolution of clusters (Lamers et al. 2006), bab an their mass and mass-to-
light ratio. Complete energy equipartitiofp(t) = 1) implies thabnly bodies of the lowest
masses are lost, an implication that does not seem likelg io bccordance with reality for
two reasons. First of all, external perturbations are nmattst confined to the very outer
radius of a cluster due to internal cluster dynamics. Theegfdynamical mass loss is not
confined to the very outer layer of the cluster, which resulthe loss of stars or remnants
with masses abovern(t). Secondly, complete energy equipartition may not be reddy

a cluster (Baumgardt & Makino 2003), inducing only a pantiedferential loss of low-mass
stars. Therefore, we tuned the evolutionmaf;,(t) in our complete models to thid-body
simulations by Baumgardt & Makino (2003) so that their metellar mass evolution is
similar. This allows us to determine a step function formffp#(t) that leads to a mean mass
evolution that corresponds best to its counterpart inNkleody simulations. This analysis
results in

Foe(t) = { 04 for 150 (3.29)
with torer = 0.2£9%. A more gradual evolution would follow the simulations savhat better,
but a step function serves as a good approximation (see Isazhat. (2006) and Sect. 3.6).
The assumption of constafyter/t'92' = 0.2 serves as a typical timescale after which the
preferential loss of low-mass stars can become importaan be justified by considering
the mass-dependencestgs and %@, The total disruption time scales with cluster mass

10This is the typical dissolution timescale range (e.g. Laral. 2005b), corresponding tif# ~ 10°—
10 yr for a 1 M, cluster. It can be easily checked by considering that tred thsruption time is of the order
of té?;a' ~ to(Mej/M@)7. Throughout this sectioy = 3 Myr will be used, which is the mean value of this
range and is the typical timescale for clusters in the s@#hibourhood. This value is typical of tidally dissolving
globular clusters on circular orbits at 3 kpc from the Gatacentre, or clusters on eccentrie £ 0.7) orbits with an
apogalactic distance of 8.5 kpc (Baumgardt & Makino 2003).
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Figure 3.3: Effect of the preferential loss of low-mass stars on (a)ltolaster mass, (b)/-band
magnitude, (c)V — I and (d)M/Ly evolution for clusters with initial mas#y; = 1 Mg, no
stellar remnants, a dissolution timescales 3 Myr (£ = 16—16.5 Gyr), metallicityZ = 0.02, and

a Kroupa IMF. Solid curves denote cluster evolution whengteferential loss of low-mass stars is
included, while clusters without the preferential lossmfiimass stars are represented by dotted lines.
The onset of the preferential moggsy is denoted by a vertical line.

similarly to the dissolution timescale, i.@%® o M%52 On the other hands can be
expected to scale with the half-mass relaxation tipei.e. tyer oc M5r2-5. If we adopt a
mean mass-radius relatianoc M %1003 (Larsen 2004), this leads tger < M5 which is
comparable to the mass-dependence of the total disruptina@n YWe also considered models
with tyrer = tn, assuming the same mass-radius relation, which indeedsyi@llues fort,res
that are similar to 0.8

Furthermore, we do not consider primordial mass segregéties = 0) for the model
runs that are presented in this section. However, from atiwdel runs where we did set
toref = 0 we know that the effects of the preferential loss of lowsmstars on cluster observ-
ables are about 10% stronger for primordial mass segregtitam for the described results.
Of course fyref can always be adapted to describe different forms of massgaiipn.

The formulation in Eq. 3.29 implies that aftgfer dynamical mass loss simultaneously
occurs in both modes. Hereafter, any reference to the ‘mefial loss of low-mass stars’
implies the use of this prescription fdg.er in our models. The value dfyef(t > torer) iS
different from the one presented by Lamers et al. (2006) imxéhey did not compare its
value toN-body simulations: only,er was treated in that study.
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In Fig. 3.3 the effect of the preferential loss of low-massston the total cluster mass

M tot

cl

V-band magnitudey — | and mass-to-light ratioy /L) evolution is shown for clus-

ters with initial massM¢; = 10° M, no inclusion of stellar remnants (i.e. all remnants
are immediately removed), a dissolution timesdales 3 Myr, metallicity Z = 0.02, and
a Kroupa IMF. This leads to a total disruption time fff* ~ 16 Gyr. For cluster evolu-
tion without the preferential loss of low-mass stars, soxgeeted trends are immediately
evident: mass and magnitude decrease with time, Wiife.,, increases and the cluster be-
comes redder.

As can be observed when comparing the curves in Fig. 3.3ydimay the preferential
loss of low-mass stars has several implications for theteties/olution computed with our
models.

(1)

(2)

3)

The total disruption time of a cluster including the prefaral loss of low-mass stars
hardly changes but is slightly smaller than for a clustervdrich it is omitted This is
the result of our model assumptions, as the preferentialdbkow-mass bodies causes
a larger number of massive stars to be retained in the cluddtercorresponding shorter
lifetimes induce an increase in the cluster mass loss biastlolution. The enhanced
decrease of total cluster mass consequently leads to aesnt@thl disruption time.
However, this effect does not include the possible decrefite total disruption time
due to quicker two-body relaxation in clusters with enhahoean stellar masses. Note
that the decrease of total disruption time is of ordet%, which is best visible in the
panel displaying colour evolution.

As soon as the preferential loss of low-mass stars siegtsfyei(t) > 0, the cluster
stays much brighter than for mass loss in the canonical mBéeause the luminosity
per unit mass is much higher for massive stars, a clusteptief¢rentially loses low-
mass stars will be more luminous than a cluster of the same thatdoes not. The
change in thev-band magnitude induced by the preferential loss of lowsarstars

peaks at about 092 and is at most 1.5 mag.

The colour evolution of clusters is affected by the pref¢ial loss of low-mass stars
in two ways.After the onset of energy equipartition, Fig. 3.3(c) sholat these clus-
ters are bluer than clusters without the preferential lo§soav-mass stars, while just
before total disruption reddening can be observatffirst, the bottom end of the main
sequence, which is being lost due to the preferential lossveinmass stars, is redder
than the average colour of the cluster. Due to the removéd 0éd constituents, such a
cluster will appear bluer than a cluster without the prefded loss of low-mass stars.
However, as stars are lost ang,(t) moves up the main sequence the colours of the
stars that are ejected become increasingly blue. Clusheuics then dominated by red
giants and the ejected stars are bluer than the averagerchadour. Before total dis-
ruption, this induces a reddening of clusters exhibitirggheferential loss of low-mass
stars. The ages at which these changes occur depend omnr d;]ﬂ%teFor model runs
with differentté?sta' (either by varying initial cluster magd; or dissolution timescale
to), we find that clusters including the preferential loss afdmass stars always be-
come slightly bluer from about 0t on. However, the reddening is stronger and
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occurs at a smaller fraction ¢ff@ for clusters with smaller total disruption times. This
tendency is caused by massive red giants, which are reddemare luminous than
low-mass giants. For smaller total disruption times, thddeming causes clusters in
the preferential mode to become much redder than clustsirgglonass in the canoni-
cal mode during the last few percent of their lifetime. THfeet is also present for the
initial conditions used here if stellar remnants are ineldi(see Fig. 3.4).

(4) As can be observed in Fig. 3.3(dhe preferential loss of low-mass stars leads to a
much smaller mass-to-light ratio than for clusters losings®in the canonical mode
Considering points (1) and (2), this is not suprising. A igluminosity and slightly
smaller mass together imply a decreasé&/fifiL,,. The magnitude of the induced de-
crease is comparable to the change in clustdrand luminosity, which follows from
the magnitude change to be about a factor six.

In their study, Lamers et al. (2006) obtained magnitudewgianh curves that are much more
weakly affected by the preferential loss of low-mass sthestis shown in Fig. 3.3. In
the present chapter, cluster photometries are directlypcded from the changing stellar
mass function, which is a more direct method than the one imskdmers et al. (2006%.
Therefore, our computation of cluster evolution providesipdate to their results. Further-
more, they found that clusters including the preferentiatlof low-mass stars are bluer for
0.4 <t/ < 0.8 and redder fot > 0.8t Our extended study of the parameter space
shows that especially the value of 0.8 depends on the taalgtion time of the cluster.

The effect of the preferential loss of low-mass stars isrfeasible in magnitude, colour
andM /Ly evolutionof clusters. Especially cluster magnitude avid L, are significantly
affected. This implies that when considering either obalele, it is very important to detem-
ine whether the cluster exhibits the preferential loss wfinass stars or not, for example by
checking whether it is mass-segregated. In order to obtai@ppropriate interpretation of
cluster colour, it has to be determined how close to totaligison the cluster is.

The effects of stellar remnants

The inclusion of stellar remnants follows the descriptioegented in Sects. 3.2.2 and 3.2.3.
In our models, it implies that part of the mass is retainedupe death of a star and clusters
thus lose mass due to stellar evolution at a slower rate.nltbeaexpected to affect cluster
mass evolution, because a significant fraction of clustessroan be constituted by remnants.
Clearly, the mass-to-light ratio will then be altered aslwélo assess the effect of stellar
remnants on cluster evolution, our model results are shovig. 3.4 for clusters with initial
massM i = 10° M, with and without the preferential loss of low-mass stargisaolution
timescalefy = 3 Myr (%98 = 16—18.5 Gyr), metallicityZ = 0.02 and a Kroupa IMF.

We observe the following changes in our models due to theignah of stellar remnants.

(1) Because the net mass loss due to stellar evolution idesnifadtellar remnants are re-
tained in the cluster after the death of their progenitibrs total cluster mass is higher

11l amers et al. (2006) calculated magnitudes by using theophetry of stellar mass-truncat@ALEVmodels.
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Figure 3.4: Effect of stellar remnants on (a) total cluster mass,W pand magnitude, (¢ — I and

(d) M /Ly evolution for clusters with initial mas¥lq; = 10° M, a dissolution timescal = 3 Myr
(£ = 16—18.5 Gyr), metallicityZ = 0.02, and a Kroupa IMF. Solid curves denote the evolution
for clusters including the preferential loss of low-massstvith stellar remnants, long-dashed curves
without stellar remnants. For clusters without the prefaet loss of low-mass stars, short-dashed
curves represent the case in which remnants are includedadtedi curves represent the result without
stellar remnants. The onset of the preferential migdeis marked by vertical lines in the linestyles of
the corresponding model runs.

than in the non-remnant case at any tinffdve immediate consequence is that the mod-
els predict a larger total disruption time. For clustersuding the preferential mode,
which more easily keep their remnants (see Sect. 3.2.3 aimd (&), this effect is
smaller than for clusters without the preferential lossavf-mass stars, because the
death criterion of clusters in our SimulatiorMéﬁ”” < 100 M) only depends on lumi-
nous cluster mass. Retaining remnants implies that massligsto dissolution more
strongly affects luminous cluster mass, causing a cluktgrexhibits the preferential
loss of low-mass stars to satisfy the death criterion of codehs earlier than expected
for its total mass. However, though this weakens the lifetincreasing effect of keep-
ing stellar remnants, it never dominates.

(2) For clusters without the preferential loss of low-massss where the fraction of mass
lost in the form of remnants is simply equal to the remnantsfi@tion, the inclusion
of remnants leads to a higher luminosity. Increasing lumsitydy including remnants
might be counter-intuitive. However, when including stellemnants part of the clus-
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ter mass loss by dissolution is in the form of remnants imstdduminous stars. This
implies that the average luminosity of bodies that are lgstibsolution is smaller than
in the case without remnants, leading to a smaller lumigasitrease. Though less ex-
plicitly, the same effect is presentin clusters includimg preferential loss of low-mass
stars since low-mass stars hardly contribute to the totestet luminosity. Moreover,
the lifetime-extending effect of remnants also impliest tfiaminous) mass is lost at
a slower pace. We conclude thae cluster luminosity decrease due to dissolution
becomes smaller if stellar remnants are included

(3) The mass-to-light ratio evolution shows a very cleaedfof stellar remnants der
both mass loss modes ti\¢/L, curves are much higher if remnants are included
This means that the relative increase of cluster mass dwtnants is larger than the
corresponding relative increase of cluster magnitude weest discussed at point (2).
The former is a direct consequence of adding remnants, wieléatter is an induced
effect: the averagh! /Ly of all bodies in a cluster is higher per definition if dark mass
is added. Furthermordor clusters with the preferential loss of low-mass start th
also includes stellar remnants, the mass-to-light ratiowh an increase during the
final part of cluster evolutionThis can be attributed to the preservation of remnants
in clusters losing mass in the preferential mode, which estduthe fact that remnants
can only be lost from these clustersmif, < mMmin(t).

Because remnant production or loss does not directly dlecolour composition of lumi-
nous cluster content, colour evolution is hardly affectgdh® inclusion of remnants.

We find that the inclusion of stellar remnants strongly @fébemass, magnitudand
M /Ly evolutionof clusters. This is because part of the cluster mass loss®utthe form of
remnants rather than luminous stars. The extent of therdiffees (up to 30% dt= 0.5
and increasing afterwards) suggests that a proper treatmheemnants should be included
in any cluster model.

3.4.2 The effects of the stellar IMF

As discussed in Sect. 3.2.3, our models can be calculateanfpmulti-component power
law IMF. Different IMFs are likely to exhibit a tendency todtier or lower stellar masses
with respect to one another. For the Kroupa and Salpeter |Miesconsequences of this
effect are investigated here. As mentioned in Sect. 3.2lother mass limit is taken to be
Mmin,i = 0.08 M, for a Kroupa IMF andny,ni = 0.1 M, for a Salpeter IMF. Since a Salpeter
IMF has a slightly steeper slope than a Kroupa IMF, and therléatures a bend at 0.5/
the Salpeter IMF has a lower mean stellar mass. Figure Jptagisour results for both IMFs
in the case of clusters with initial mas&,; = 10° M, with and without the preferential loss
of low-mass stars, with stellar remnants, a dissolutioreticalety = 3 Myr (2@ = 17.5—
21 Gyr) and metallicityZz = 0.02.

The initial mass function affects the resulting clusterletion in the following ways.

(1) Total cluster mass stays higher for clusters with a SalpBt. Consequently, their
total disruption times are increased as well. Since it hdgyhtly steeper slope, the
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Figure 3.5: Effect of initial mass function on (a) total cluster masg, ¥band magnitude, (cy — /
and (d)M /Ly evolution for clusters with initial mas#l; = 1¢° Mg, including stellar remnants, a
dissolution timescalé = 3 Myr (£%@ = 17—21 Gyr) and metallicitZ = 0.02. For a Kroupa IMF,
solid curves denote the evolution for clusters including pieferential loss of low-mass stars, short-
dashed lines for clusters with canonical mass loss. Chlistéh a Salpeter IMF are represented by
long-dashed lines when the preferential loss of low-maas $¢ included and dotted lines describe
the case where it is omitted. The onset of the preferentialen.r is marked by vertical lines in the
linestyles of the corresponding model runs.

mass loss due to stellar evolution is smaller than for a KadWf-. The resulting higher
cluster mass leads to dissolution acting on a longer tinkestteereby also contributing
to an extended lifetime of the cluster. In this case, the @tamodel clusters with a
Salpeter IMF survive beyond the maximum age spanned by tlieiso

(2) Because it favours stars of higher masse&roupa IMF leads to clusters that are
initially slightly brighter than for a Salpeter IMFHowever, the mass decrease due to
stellar evolution is also stronger for a Kroupa IMF, caustagluster mass to be lower
than for a Salpeter IMF. As a resuthe luminosities of clusters with a Salpeter IMF
overtake those with a Kroupa IMF later oiThough still very weak, the transition is
best visible when comparing the curves corresponding teta with mass loss in the
preferential mode in Fig. 3.5(b). For these, the transitiocurs at aboutOtg?Sta'. From
model runs with other total disruption times, we observetihia fraction oft'® is not
constant. It significantly increases for smatfgi®', with My of a Salpeter IMF always
being fainter than that of a Kroupa IMF ¢! < 500 Myr.
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(3) Clusters with a Kroupa IMF are slightly bluer than those wétsalpeter IME How-
ever, this effect is too small to be observable in real chgstd can be understood by
considering the relatively larger contribution of masgkie) stars in evolved clusters
with a Kroupa IMF. Had the Salpeter examples been disrupiddnithe model age
range, the characteristic reddening just before totaligtsosn would have been visible
for that IMF as well.

(4) The higher masses of clusters with a Salpeter IMF and tfeerally lower lumi-
nosities that were described at point (2) together leadigber mass-to-light ratios
for clusters evolving from a Salpeter IMRgain, for clusters including the preferen-
tial loss of low-mass stars, the finkd /Ly increase upon total disruption would also
be visible for the Salpeter IMF if it would have been comgletisrupted within the
model age range.

Although specifically applied to the Kroupa and Salpeter $M&ualitatively the results of
the above analysis hold for any two mass functions of whiah loes a different mean mass
than the other. Quantitatively, there will still be var@is depending on the specific IMF.

Because the underlying stellar IMF in a cluster determite$uiture mass loss due to
stellar evolution, it strongly affects thtetal disruption timeand mass-to-light ratio Any
treatment of these two observables requires an accurataputem of the IMF.

3.4.3 The effects of metallicity

To investigate the influence of metallicity on our results,a@nsideZ = {0.0004, 0.004, 0.02
in Fig. 3.6. Model results are shown for clusters with initizassMc; = 1° M, with
and without the preferential loss of low-mass stars, indgdtellar remnants, a dissolution
timescalefy = 3 Myr (%9 = 17—18.5 Gyr) and a Kroupa IMF.

The effects of metallicity on the results are as follows.

(1) We see thabtal cluster mass is hardly affected by metallicity at amet It marginally
increases wittZ, which is caused by more rapid stellar evolution for low riiigiéies
(e.g. Hurley et al. 2000, 2004). Consequently, the totalugison time also slightly
increases with metallicity, which is best observed in Mg andV — | panels. Nev-
ertheless, the effect is small, less than 10% of the totetitife. This is in excellent
agreement with the results from Hurley et al. (2004).

(2) Low-Z clusters are brighter than higl- clusters This is due to a general luminosity
decrease of stars with metallicity (e.g. Girardi et al. 2080Qrley et al. 2004). The
difference is observed for clusters with and without thefgmential loss of low-mass
stars, and is typically more than olteband magnitude.

(3) The colour evolution shows a uniform trend wiZh Clusters with high metallicity are
much redder than clusters with low metallicifijhis is the result of stellar atmospheres
and stellar evolution (e.g. Hurley et al. 2000). For highsagieeV — | value is more or
less constant for each metallicity, underlining its valaereetallicity probe for globular
clusters when considering broadband colours (e.g. Margd105). TheV — | shift



66 Chapter 3

Cluster mass evolution Cluster magnitude evolution

1x10° ] 100 T 1
7=0.02 (a) | [ N () ]
8x10° — — - 2=0.004 N _gl S ]
,,,,,,, = \‘\ S ]
— — r NS 9
= 6x10° 1 ¥ -6 T ]
. E N
@ b N
& 4x10° b < 4 N B
[ \ 1
2x10° 4 2k ‘ \ ]
[ \ ! ]
ol w : w 0 L. ‘ L
0 5 10 15 20 0 5 10 15 20
Age [Gyr] Age [Gyr]

Cluster V-I evolution Cluster M/L, evolution

O

i,
— L
o
2 |
] =N i
j L
S b
] F ol ]
o) I . .
20 0 5 10 15 20
Age [Gyr] Age [Gyr]

Figure 3.6: Effect of metallicity on (a) total cluster mass, (&)}band magnitude, (cy — I and (d)

M /Ly evolution for clusters with initial mas8lc; = 10° M@, including stellar remnants, a dissolution
timescalety = 3 Myr (9% = 17—18.5 Gyr) and a Kroupa IMF. Solid curves denote the aiaifor

Z = 0.02, dashed curves fat = 0.004, and dotted ones far = 0.0004. Results with and without the
preferential loss of low-mass stars show effects as predént~ig. 3.3 and described in Sect. 3.4.1 and
are therefore represented by the same linestyles. The ohtet preferential modéer is marked by
vertical lines in the linestyles of the corresponding madek.

betweenZ = 0.0004 andZ = 0.02 is about 0.5 mag, but varies for colours at other
wavelengths. This is in accordance with the fact that ctgsbé different metallici-
ties move on clearly distinguishable paths in colour-coltiagrams (e.g. Bruzual &
Charlot 2003).

(4) The higher luminosity of low-metallicity stars and thensequently slightly enhanced
mass loss by stellar evolution induce a common effect ortelusass-to-light ratios.
From Fig. 3.6(d) we see thad /Ly strongly increases with metallicityThe effect is
strong enough to move the /Ly, evolution of aZ = 0.0004 cluster with canonical
mass loss through th® /L range of a cluster that does include the preferential loss
of low-mass stars af = 0.02. This apparent degeneracy is lifted by taking cluster
colours into account (see point (3)).

Whenever clustemagnitude, colouandmass-to-light raticevolution are considered, cluster
metallicity plays an important role. They are all strongffeated by the adopted metallicity.
For globular cluster populations this implies that a ranfeobours and mass-to-light ratios
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can be covered by a metallicity spread of the population tarimal cluster processes like
self-enrichment.

In Lamers et al. (2005a), an expression is provided for thed thsruption timetc‘,?sta' as
a function ofty, Mc; and~. In this study, we find that®®® depends on the inclusion of the
preferential loss of low-mass stars, stellar remnants, 8v& metallicity. Therefore, values
for t%%@ are best obtained by integrating the models presentedsichigipter. Regardless, the
expression from Lamers et al. (2005a) can still be used tmamté?sta' with approximately
20% accuracy.

3.5 Application to globular clusters

The results presented in Sect. 3.4 cover a wide range of syassgnitudes, colours and
mass-to-light ratios. As a first indication, it is relevaataheck whether the properties of
Galactic globular clusters can be reproduced in our modegs. this purpose, the results
have to be considered at ages: 12 Gyr. From Harris (1996) th#!,, range is found to be
My = —1.60 (Pal 1) toM,, = —10.29 (uCen). For the Solar neighbourhood value of the
dissolution timescale in the case ®& 0.7 orbitst; = 3 Myr!?, we find that this range can
be covered at = 12 Gyr for any metallicityZ < 0.02 if the maximumnitial cluster mass
equalsM® = 10’ M. For longer dissolution timescales (i.e. larger galaattrie radii)
the observed magnitude range can be covered with even smadlemum initial cluster
masses. Please note that the dissolution timescale depetlds tidal field strength and that
it therefore varies for different globular cluster orbit¥his implies that it is not possible
to impose limits on the properties of the complete globulaster population (like their
maximum initial masses) from an analysis in which this v#oiais not incorporated.

3.5.1 The mass-to-light ratio

Galactic globular cluster mass-to-light ratios are foumtb¢ M /Ly = 1.45+ 0.1 Mg L(gl
(McLaughlin 2000). SSP models, in which only stellar evigintis included and dynamical
effects are neglected, prediatanimumvalue ofM /Ly ~ 2 Mg L51 att = 12 Gyr, requiring
the minimum metallicity of our modelg = 0.0004 (see Fig. 3.6). This further complicates
explaining the observed mass-to-light ratios, since denfeluster metallicities are typically
Z = 0.0004—0.014 (VanDalfsen & Harris 2004). Dynamical effeare thus needed to
explain the even smaller mass-to-light ratio of Galactwbglar clusters. If the preferential
loss of low-mass stars is included, cluster mass-to-ligtid icurves do span the correct part of
M /Ly space, ranging downtd /Ly < 1 Mg Lgl (see also Kruijssen 2008). From Fig. 3.4
we see that accounting for stellar remnants yieldsnareaseup to 1 M, Lél relative to
model clusters without stellar remnants, obviously impdyihat they should be included for
accurate interpretations of globular cluster observatidh globular clusters are populated
using a Salpeter IMF rather than a Kroupa IMF, this effectaany doubled (see Fig. 3.5).
From Fig. 3.6(d) we find that cluster models at high metdiési do not reproduce the low
observedVl /Ly = 1.45+ 0.1 M, Lél. Thus, metal-poor clusters including the preferential

125ee Sect. 3.4.1.
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Figure 3.7: Effect of the preferential loss of low-mass stars on theti@icbetween mass-to-light ratio
and luminosity at an age ¢f= 12 Gyr. MetallicitiesZ = {0.0004, 0.004, 0.0Rare denoted by dotted,
dashed and solid curves, respectively. Horizontal linpsasent clusters without the preferential loss
of low-mass stars, while inclined curves show the relatfanis included. The models are computed
for initial masses between 1M and 13 M, a Kroupa IMF, dissolution timescate = 3 Myr and
including stellar remnants. On each curve, clusters witbngfleft to right)initial masses lo§/q; =

{6, 6.5, 4 are marked with crosses (canonical mode) and dots (pref@remode). The present day
mass can be derived from the luminosity and mass-to-light.ra

loss of low-mass stars with a Kroupa INFare required to reach the low average mass-to-
light ratio. If these conditions are met, the moderatelyMatL, evolution curves show that
a more or less constant time-average is not surprising.

Some globular clusters have mass-to-light ratios that aihrhigher than the mean value
of M/Ly = 1.45+ 0.1 My, Lg%, An example isoCen M /Ly = 2.5 M, L', see van de
Ven et al. 2006), which is also the most massive Galacticugéotriustet?, with MECen =
2.5x 10° M (van de Ven et al. 2006). Since a high mass implies a largeatita time, this
could agrees with the view thaiCen has not yet reached energy equipartition.

Another importantimplication of our analysis of mass-tght ratio evolution is that glob-
ular clusters of comparable ages aaot be assumed to have constant/Ly for different
cluster luminosities at fixed metallicity. For a given ade tnass-to-light ratio can strongly
(~ 0.6 dex) depend on the dynamical state of the cluster (se®RB)), and thus on cluster
mass and luminosity. The variation bf /Ly with luminosity when including mass loss in
the preferential mode is illustrated in Fig. 3.7. Models sttewn of clusters with and with-
out the preferential loss of low-mass stars, metallicifes {0.0004, 0.004, 0.02(dotted,
dashed and solid curves, respectively), agel2 Gyr, a maximum cluster mass of I, a
Kroupa IMF, dissolution timescatg = 3 Myr and including stellar remnants. The horizontal
lines denote the constant mass-to-light ratios predidtéuki preferential loss of low-mass

130r any other IMF that slightly favours massive stars withpess to a Salpeter IMF.
14In fact, wCen is not a normal globular cluster since there are stratigations that it could be a stripped dwarf
galaxy (e.g. Ideta & Makino 2004).
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stars is ignored, while the inclined curves show the refatietweenM /L, and luminosity
if it is accounted for.

Since more luminous clusters are also more massive, the ofteass loss in the prefer-
ential mode occurs later on for these clusters, implyingiteaffects are weaker for massive
clusters at any age. Because the preferential loss of lossstars decreases the mass-to-light
ratio, this decrease is thus smaller for clusters of highesses, leading to a mass-to-light ra-
tio that increases with cluster mass ang as in Fig. 3.7. Observational evidence of this
effect for the same quantitative range has been found facBaland extragalactic globular
clusters (e.g. Mandushev et al. 1991, Rejkuba et al. 2007jdsen 2008). If cluster masses
are determined using a fixéd /L, thereby not accounting for the effects of the preferential
loss of low-mass stars, these masses can be strongtgstimatetyy as much as 0.6 dex. Be-
cause the error is larger for lower masses, the slope of faeéd cluster mass function will
be underestimatedi.e. a negative slope will be steeper) if the preferentiaklof low-mass
stars is ignored.

It is straightforward to derive a quantitative estimatetfoe effect on the inferred (pow-
erlaw) cluster mass function. Let us consider clusters tiitte’ massM that are exhibiting
the preferential loss of low-mass stars and are thus in thieneethat is inconsistent with
canonical cluster models. If we now use a powerlaw with indeto reasonably approx-
imate the mass-to-light ratio increase with luminositynfr&ig. 3.7, i.e. M/L o LA for
logL < 5.5 depending on metallicity, then the ratio of the photoioally inferred mass
Msspfor which constanMssp/L is assumed to its true mass scales adlssp/M o L ~A.
This is equivalent to using a powerlaw with indBx= A /(1 + A) to approximate the mass-
to-light ratio increase wittrue massi.e. M /L oc MB, leading toMssp/M oc M~B. Then,
for a ‘true’ slope of the cluster mass functiemn, its photometrically inferredslope—assp
using constant mass-to-light ratios is given by

—assp= —a—aA +A =(—a+B)/(1- B). (3.30)

From Fig. 3.7 we find that typicallpd ~ 0.27 (and thu8 ~ 0.21), implying that for = 2
we find assp ~ 2.27. The deviation increases with the age of the clustepkathere we
usedt = 12 Gyr, while fort = 3 Gyr assp ~ 2.23) and the above approach assumes a
constant dissolution timescale for the cluster sample(fRore realistic) varying dissolution
timescales, the deviation will typically be between 50% 400% of the presented value.
This is still significant and should thus be accounted for mveidying the cluster mass
function of old cluster samples.

The variation ofV /Ly with luminosity is crucial for cluster masses inferred fréumi-
nosities, which can be incorrectly determined by 0.6 dexcaBse of increasing evidence that
more globular clusters are preferentially losing low-mstess and might have evolved to a
mass-segregated state than previously thought (e.g. Dehigtral. 2007), this effect should
always be considered when studying globular clusters.

3.5.2 Colours of globular clusters

The typical colour range of Galactic globular clusters i859-1.1 inV — | (Smith et al.
2007). From Fig. 3.6(c) we can conclude that this range ig@\/by varying metallicity in
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our models. Obviously, IMF variations might slightly affebe colour range as well, with
top-heavy IMF showing a tendency to bluer colours (see Ei(c}). However, this effect
is only significant for strongly deviating IMFs. Still, fromll figures in Sect. 3.4 we still
see that colours are affected by the preferential loss off@ss stars and the colour range
is increased. Figure 3.6(c) illustrates that if mass losthépreferential mode would be
ignored, uncertainties up to 0.2 mag (0.1 mag up and downjigte included for computed
cluster colours at a any fixed age and metallicity. This happe be the same colour spread
at fixed metallicity as found by Smith et al. (2007) in theitaxo-metallicity relation.

3.5.3 Ultra-compact dwarf galaxies

We see that including the preferential loss of low-massstad stellar remnants allows for a
more extensive analysis of globular clusters and affeeis teproduced property ranges. It
is evident that globular clusters or more massive globulester-like objects with very high
mass-to-light ratios (with regard to their metallicitiesgnnot have experienced significant
mass loss in the preferential mode unless tijfL\ is increased by a strongly differing
IMF or by agents unaccounted for by our models, for instancetermediate mass black
holes, modified gravity or dark matter. Hence, if indicatidar the preferential loss of low-
mass stars (such as mass segregation or a bottom-depletedunetion) are found for such
objects, they points to these causes for the high obsewéd,. For objects with masses
M > 10" Mg, this is unlikely to occur, since their relaxation times afette order of a
Hubble time or larger.

If there is a present day globular cluster mass above whiatiusters have yet reached
energy equipartition, any objects above that mass will Hagh mass-to-light ratios with
respect to clusters below that mass. This is found for UCDsshich the M /Ly -range is
typically 2—10 M, Lg)l (e.g. Mieske & Kroupa 2008). Pending the role of dark matter
these galaxies could be regarded a natural continuatidmeofitass spectrum beyond glob-
ular clusters. Indications for such a continuation are tbbp Wehner & Harris (2007) for
UCD candidates in NGC 3311. As is clear from Fig. 3.5(d), oodeis without the prefer-
ential loss of low-mass stars produce mass-to-light raioslar to UCDs if a Salpeter IMF
is assumed (in agreement with Hilker et al. 2007), while taeonical Kroupa IMF cannot
reproduce the range that is typical to UCDs (as is also foyridibske et al. 2008). Nonethe-
less, any possible connection between globular clustet$J&Ds would be smoothened by
metallicity spreads and the possible influence of dark matt@king it a challenge to be
directly observed.

Contrary to low-mass UCDs, more massive examples have aoheel energy equipar-
tition within a Hubble time due to their long relaxation timeHowever, this would lead to
constant mass-to-light ratios at high masses, while Ragjlattal. (2007) have shown that the
trend of increasing/ /L with mass is even stronger for UCDs than it is for globulastgus.
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3.6 Discussion

We have described models to calculate the evolution of siatars including the preferential
loss of low-mass stars and stellar remnants. Furthermueg Have been used to investigate
the influence of these model components, as well as of the IMF@etallicity on cluster
evolution. In this section we discuss the assumptions tlea¢\wnade, their influence on the
results and the applicability of our models. We also indidaiw the models can be improved.

3.6.1 Influence of assumptions
The models presented in this study are based on the follomgagmptions.

(1) We adopt the Padova 1999 stellar evolution models (Biegteal. 1994, AGB treat-
ment as in Girardi et al. 2000) to compute photometry, detezrstellar lifetimes and
describe the consequent cluster mass loss due to stellartieno For themass evo-
lution of all stars we assume constant stellar masses until thegrtaneous deaths.
Only very massive stars experience strong mass loss dusigndicant part of their
lives, but these stars hardly contribute to the total clustass. Low-mass stars with
ms < 8 Mg only suffer significant mass loss during the last 10% of the#s. There-
fore, instantaneous death is a reasonable assumption vath@nating cluster mass.
The photometric properties of stars are not affecbgdour assumption of instanta-
neous death, since stellar photometry as described in tth@/Banodels includes the
photometric effects of stellar mass loss. The Padova iso@winclude a description
of AGB evolution, which is very important since AGB stars doate the photometric
evolution of stars after about 100 Myr.

(2) If stellar remnants are included, upon its death a steeptaced by a body with mass
determined by the initial-remnant mass relation. For wHitearfs, the relation from
Kalirai et al. (2008) is assumed, while neutron star andlblamle masses are based
on studies by Nomoto et al. (1988) and Casares (2007), rixgglgc Our resulting
initial-remnant mass relation for the full stellar massgais independent of metallic-
ity. However, generally a metallicity dependence is fouadidoth white dwarf (e.g.
Kalirai et al. 2005, Meng et al. 2008) and neutron star ma&gsHurley et al. 2000).
Remnants formed at high metallicities are generally lesssiva than those formed at
low metallicities. The difference betweé&h= 0.0004 andZ = 0.02 is typically~ 10%,
which implies that the speed of the increase of non-lumirshuster mas$/3" due to
stellar remnant production would be enhanced by 10% at lotalireities. For Fig. 3.6,
which shows the effect of metallicity on our results, thisulebhave some small conse-
quences. Assuming a remnant to total cluster mass fratiM " ~ 0.5, the slope
of total cluster mass evolution (Fig. 3.6(a)) would be irsed (i.e. become less steep)
by a few percent at low metallicities, extending the totatdption time by a compara-
ble but slightly lower percentage due to th&?"” mass dependence of the dissolution
timescale. Moreover, curves describify/ Ly cluster evolution (Fig. 3.6(d)) would
exhibit metallicity effects that are smaller by a few percédverall, these corrections
are not sufficiently large to have a significant effect on @suits.
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We assume all remnant bodies to be initially bound to thster. In reality, supernovae
may induce kick velocities on their remnant black holes agswltron stars (e.g. Porte-
gies Zwart et al. 1997). A fraction of these remnants will daelocities larger than
the escape velocity. Typical escape velocities of globallasters arev 30 km st
(McLaughlin & van der Marel 2005), while in some cases kickoeéies of several
hundreds km st are observed (e.g. Lyne & Lorimer 1994). This would implyttiia
would not be possible to retain all black holes and neutrarssh globular clusters,
but nonetheless high numbers of neutron stars are obsearvedli globular clusters
(Camilo et al. 2000). Pfahl et al. (2002) suggest that lovk kielocities are obtained
if neutron stars are formed in long-period and low-ecceityrhigh-mass X-ray binary
(HMXB) systems. In that case, the retained neutron statifraevould be four times
higher than expected for commonly observed ‘fast’ neuttarss Because of the lack
of any definitive answer to the black hole and neutron stant&in problem, and for
the sake of model simplicity, we ignore kick velocities. lig 3.8 we show the effect
of including or excluding all black holes and neutron staosif our models. The panel
is identical to that of Fig. 3.4, however curves representitodel runs without stellar
remnants are now replaced by ones which include white dveaitfsand for which all
black holes and neutron stars have been removed. The effeegligibly small (e.qg.
< 10% in all observables) because the total remnant mass @andominated by
white dwarfs at ageg 100 Myr. In reality, the effect will be even smaller since amu
ber of black holes and neutron stars have velocities smidléar the escape velocity
and are thus retained in the cluster.

Binaries are only partially incorporated in our mod@&gnamically, they are included
since our models are fitted to the collisiondtbody simulations by Baumgardt &
Makino (2003). However, these do not include a primordiabloy population. Pho-
tometrically, binaries are not accounted for, because mdaiclusters are populated
using single-star isochrones. As a result, we have no mérhan which white dwarfs
can evolve towards neutron stars due to mass transfer. lag@gitwould increase the
total remnant mass by a very small amount proportional térdation of white dwarfs
undergoing mass transfer in a binary system.

The preferential loss of low-mass stars is included bywatonously increasing the
minimum stellar massnmin(t) of the bound stars in the cluster. As is discussed in
Sect. 3.4.1, this is an approximation to the true evolutibthe stellar mass function.
The N-body simulations by Baumgardt & Makino (2003) show that skepe of the
IMF below a certain pivot-point masst" increase®, thus exhibiting the preferential
loss of low-mass stars. The maximum stellar massgy(t) is reduced by stellar evo-
lution. Together, these effects narrow the mass functiorkid. 3.9, our model mass
and bolometric mass-to-light ratio evolution are compae®8aumgardt & Makino
(2003). The mass evolution shows good agreement, with d eiffsgt at intermediate
age that can be attributed to the different stellar evolugicescriptions of both models

15Because the slope is negative this means that it bectsesiegativand eventually more and more positive.
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Figure 3.8: Effect of neutron star ejection on (a) total cluster masgsy/(#band magnitude, (dy —/ and

(d) M /Ly evolution for clusters with initial mas#lc; = 1 M, including all other stellar remnants,
a dissolution timescalg = 3 Myr (1@ = 17—18.5 Gyr), metallicityZ = 0.02 and a Kroupa IMF.
Similar to Fig. 3.4, solid curves denote the evolution farstérs including the preferential loss of low-
mass stars with all neutron stars and black holes retaiord;dashed curves for clusters without these
massive remnants. For clusters without the preferentsd ff low-mass stars, short-dashed curves
represent the case in which neutron stars and black holéscineled and dotted curves represent the
result where these remnants are removed upon their formakiee onset of the preferential motjger

is marked by vertical lines in the linestyles of the corregting model runs.

(Padova 1999 for the present work and Hurley et al. (2000Bfarmgardt & Makino
(2003)). Consequently, both models also differ in metiéjlicas the value used by
Baumgardt & Makino (2003) is unavailable in the Padova isoohs. The difference
in mass evolution is fully accounted for by these difference

The bolometric mass-to-light ratio evolution is very sianito our model including
the preferential loss of low-mass stars for the largestg@iactuster lifetime. A strong
difference between our approach andhéody simulations only arises in cluster pho-
tometry and remnant loss close to total cluster disruptidmen mmin(t) and Mmax(t)
nearly meet. In that case, model clusters only retain thaintgoranch, because in-
creasingmmin(t) first removes the main sequence before giants are lost. |@&is
to luminosities that are overestimated close to total @igom. Moreover, this could
cause real clusters to retain more remnants close to tataltion than is computed in
our models. Consequently, the true mass-to-light ratidusters near total disruption
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Figure 3.9: Comparison of the mass (left) and bolometric mass-to-ligtib evolution (right) from
two of our models with and without the preferential loss afdmass starsMq; = 18407.6 My, with
remnantsfo = 22.5 Myr (%2 ~ 11.5 Gyr),Z = 0.004 and a Kroupa IMF between 0.1dnd 15 M)
to the results from Baumgardt & Makino (2003) (same initi@s®,Wo = 5, Rge = 8.5 kpc, circular
orbit, Z = 0.001 and a Kroupa IMF between 0.1-dnd 15 My).

would be larger than shown in this study. This is importarthie last~ 15% of total
cluster lifetime (see Fig. 3.9), during which the massigtl ratio evolution can be
expected to have a positive slope due to the retain of stelfanants rather than the
computed negative one. Therefore, the slight upturn near disruption induced by
the inclusion of remnants that was shown in Fig. 3.4(d) caexpected to be much
stronger in reality. Even a slight upturn does not appeaidn &9 because the IMF
used by Baumgardt & Makino (2003) is truncated at 15,Mnplying that there is no
production of black holes, which are needed for the upturoctur in models where
the preferential loss of low-mass bodies is representedhbip@easing lower mass
limit.

However, itis important to note that= 0.85% in Fig. 3.9 is also the point from where
on theN-body simulations are strongly affected by statisticabroiAs the number of
stars in the cluster decreases and it starts to be domingtédth high- and low-
luminosity objects (giants and massive remnants) the imipfistatistics on especially
the mass-to-light ratio is enhanced. Consequently, it ry difficult to accurately
describe the mass-to-light ratio evolution in the very laatt of cluster lifetime, as
such predictions are scatter-dominated and are thus nytlikety to apply to any
specific real cluster.

The fractional range near total cluster disruption for vahowir models do not follow
the mass-to-light ratio rise from Baumgardt & Makino (2008)reases with the total
disruption time of a cluster, with 15% being the typical \alfior at}j‘i’sta' of about a
Hubble time. Shorter lived clusters are covered for by oudet®for a larger part of
their lifetime, while for very long-lived clusters still d&ast 70% of their lifetime is
covered. The vast majority of globular clusters is pregeantthe range where they can
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be treated with our models.

(6) We adopt a step-function form fdg.«(t) to describe the fraction of the cluster mass
loss occurring in the form of low-mass stars if the clustes paartially) reached energy
equipartition. In the increasing minimum stellar mass agpnation, a step-function
requires the form of Eq. 3.29 to most accurately reprodued\ttbody simulations
by Baumgardt & Makino (2003). However, cluster magnitudeletion will be better
reproduced if a smooth function ¢fis formulated. Nonetheless, this is not likely
to lead to an exact or better representation of Baumgardt &inda(2003) due to
the fundamentally different approach of including the prefitial loss of low-mass
stars. Instead, in a future study we will incorporate an impd description of the
changing mass function due to the loss of low-mass starsdouat for the effect of
the preferential loss of low-mass stars (see Sect. 3.6.2).

(7) Stellar remnants with masses smaller than the minimattastmass in the cluster,
i.e. ms < Mmin(t) are immediately available for dissolution. If the escaate rof
bodies is not constant with cluster radius, this ignorestheard transport of remnants
from their birth location (for a mass-segregated cluster igiconsidered to be in the
cluster centre) to the cluster outskirts on the half-massation timescaléy,. Because
generallyty < tg?;a' — t except close to total cluster disruption (see the Appendix
Sect. 3.A), this is a reasonable approach. In the exceptiasa wheré, > tg?;a' —t,
remnant loss is halted since the cluster is disrupted onresttomescale thagy.

(8) The speed of cluster dissolution is assumed to be indkgref cluster radius. Gieles
& Baumgardt (2008) have shown that this is a reasonable gasmfor most tidally
dissolving clusters, especially for large¢systems like globular clusters.

3.6.2 Applicability and future studies

Because this study is based on collisiohabody simulations that confirm the existence of
the preferential loss of low-mass stars and the retain 8éstemnants, the predicted effects
will be present in real clusters. It is shown that these phestma, but also IMF and metallic-
ity variations can have unique effects on either the masgnihade, colour and mass-to-light
ratio evolution of clusters. Therefore, the effects of thefgrential loss of low-mass stars,
stellar remnants, IMF and metallicity can be expected to leenvable and interpretable.
Clusters of all ages between 10 Myr and 19 Gyr can be treatddour models. Near total
cluster disruption the results are affected by our formaitadf the preferential loss of low-
mass stars, in which red giants are the very last bodies togb@éar total cluster disruption.
As a result, the cluster magnitude is overestimated and #es+to-light ratio is underesti-
mated during the last 15% of cluster lifetime. Therefore, photometry-relatededvables
have to be used with caution near total cluster disruptiea &ect. 3.6.1).

The metallicity dependence of stellar remnant mass and prowved description of the
preferential loss of low-mass stars are to be included inréustudies. This will provide
more accurate descriptions of non-luminous cluster maskchuster photometry and mass-
to-light ratio close to total disruption. A new set of evatutary synthesis models with a



76 Chapter 3

time-dependent stellar mass function, basedVebody simulations will soon be available
(Anders et al. 2009). Moreover, we have made a quantitabweparison of our models to
a number of globular cluster systems, and have assesseglainex! features of the mass-
to-light ratio distribution (Kruijssen 2008). A paper in igh the individual properties of
Galactic globular clusters, like their orbital parametangl metallicities, are used to explain
their mass-to-light ratios is in preparation (Kruijssen &gke 2009).

3.7 Conclusions

We have treated the influence of the preferential loss ofritags stars, stellar IMF, metallic-
ity and the inclusion of stellar remnants on cluster masgnitade, colour and mass-to-light
ratio evolution. We presented analytical models that dies¢he evolution of cluster content
and photometry, based on stellar evolution from the Pad898 isochrones and on simpli-
fied dynamical dissolution models as first presented in Laraerl. (2005a). The latter, in
turn, is based on thi¥-body simulations by Baumgardt & Makino (2003).

The models represent the cluster evolution part of our nesstet population synthesis
codeSPACE. We considered Kroupa and Salpeter IMFs and metallicitiethé rangeZ =
0.0004—0.05. The obtained data are publicly available éctebnic form at the CDS. The
results from our models are as follows.

(1) The preferential loss of low-mass statghtly decreases the total disruption time of a
cluster by a few percent. However, the most significant cearage effected in cluster
photometry. The effect of fading is decreased as clust@isding mass loss in the
preferential mode can stay more than 1/8and magnitudes brighter than clusters
losing mass in the canonical mode, because most of the dgabmass loss occurs in
the form of low-mass stars that contribute little to cludteninosity. Initially, clusters
exhibiting the preferential loss of low-mass stars are tilu@n standard ones, but they
become redder during the last 10% of cluster lifetime. The cluster mass-to-light
ratio is severely decreased due to the preferential lossmhhass stars. The decrease
typically ranges from 2—4 M L51 (i.e. up to 0.6 dex) near total cluster disruption for
total disruption timeg{°®' > 12 Gyr. If the upturn of thé/ /L, evolution that is much
more prominent in Baumgardt & Makino (2003) than in our medske Sect. 3.6.1,
point (5)) is accounted for, this rangeMf/L, decrease is at most 0.5@\/L51 smaller.

(2) Including the mass ddtellar remnantobviously yields an increase in the total clus-
ter mass and consequently also in total disruption time vé#ipect to cluster evolu-
tion without remnants. The extended lifespan also imphes tluster luminosity less
rapidly decreases. The mass-to-light ratio is enhancedrhgst 2 M, Lél at its
maximum, close to total disruption.

(3) We compared the evolution of clusters wllalpeter and Kroupa IMEswhich can
be considered to favour high stellar masses (Kroupa, ormdteented’ IMF) or low
masses (Salpeter, or a ‘bottom-oriented’ IMF) alternatthee to the bend in the Kroupa
IMF and a slight slope difference. As can be expected, alsistéh a bottom-oriented
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(4)
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(6)

(7)

(8)

IMF retain more mass due to stellar evolution, which evehtuauses these clusters
to become brighter than clusters with a top-oriented IMRwvE\er, they start out being

slightly fainter since a top-oriented IMF favours massitegsand is thus brighter than
a bottom-oriented one. Similarly, clusters with a top-otésl IMF are bluer and have
smaller mass-to-light ratios than clusters with a bottaimerdged IMF. For the Kroupa

and Salpeter IMFs, the latter change can amount up to seMa@angl.

Metallicity variations hardly influence the total mass evolution of tdts In accor-
dance with stellar studies (Hurley et al. 2004) low-met#lficlusters are brighter and
also much bluer than high-metallicity ones. Consequetitlymass-to-light ratio is a
strongly increasing function of metallicity.

When applying our results tBalactic globular clustersit is evident that the preferen-
tial loss of low-mass stars is required to explain their Idys@rvednass-to-light ratios
especially if stellar remnants are accounted for. Low nfieil is insufficient to serve
as an explanation. Another important implication of oudstis that the mass-to-light
ratio cannot be assumed to be constant over varying luminosity, as irimgty af-
fected by the dynamical history of clusters.

The fact that clusters of high masses may not have reaehedy equipartition yet
suggests that the effects of the preferential loss of lowsststars disappear with in-
creasing cluster mass. Because clusters exhibiting tHerpraial loss of low-mass
stars have much lower mass-to-light ratios than clusteas ldse their mass in the
canonical mode, clusters with high masses would then haeh imigher mass-to-light
ratios than ones with lower masses. This effect may have foesd by Rejkuba et al.
(2007). The above interpretation and its application todhservations of Rejkuba
et al. (2007) is treated more extensively in Kruijssen (3008

The typicalcolour range of globular clusters covered by our models. When con-
sidering the colour-metallicity relation as reported byithnet al. (2007), from an
order-of-magnitude comparison we suggest that the obdexetur scatter at fixed
metallicity could be the effect of the preferential lossmftmass stars.

Only when adopting a Salpeter IMF down ngyi,; = 0.1 Mg, the mass-to-light ra-
tios of UCDs are reproduced by our models. While UCDs coupaesent a natural
continuation of the trend of increasing mass-to-lightaatith (globular) cluster mass
(Rejkuba et al. 2007), this is not expected to be of a dyndmiature, since more
massive UCDs are not expected to have reached energy eifiopawrithin a Hubble
time.

The retain of remnants and the existence of the preferdo8al of low-mass stars are
found in N-body simulations of clusters and in observations, whil¢atieity and IMF vari-
ations are observed among real clusters. Therefore theéfescribed in this chapter should
be considered when observing clusters, and observedicpusigerties have to be interpreted
very carefullyS.

18predictions for specific models can be made by the first auhon request.
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3.A  Appendix: Outward motion of stellar remnants

In this study it is assumed that when stellar remnants arkowest mass bodies in a cluster
that preferentially loses low-mass stars they are immelyiatvailable for dissolution. In
mass-segregated clusters, remnants are created in ther destre, where the most massive
stars reside. Because bodies are only lost from the clddteey cross the tidal radius, this
leads to a delay compared to remnants that would be produ@didradii unless the escape
rate from the cluster is independent of radius as proposédriy (1966). In this Appendix
we show that the delay can be neglected even if the escapearates throughout the cluster.

If the lowest mass bodies in the cluster are stellar remnéamese will move outwards
on a half-mass relaxation timescale(e.g. Spitzer 1987, Heggie & Hut 2003, Ch. 14). Our
description of remnant loss ignores any delay caused by titeomof remnants from the
cluster centre to its outskirts. Therefore it implicitlysasnes, < '@ — t, where the latter
term represents the remaining lifetime of the cluster. Tamgare the two terms, we define
x = (9% — t)/tn. If x > 1, remnants are able to reach the tidal radius before tataten
disruption; fory < 1, the cluster is completely disrupted before such equillib can be
reached.

In Fig. 3.10, logy is shown for initial cluster masses betweerf 80d 10 M, with a
dissolution timescale df = 3 Myr, metallicityZ = 0.02, a Kroupa IMF and complete energy
equipartition (ref(t) = 1) aftert = 0.2t°%. When a cluster reaches energy equipartition,
there is a rapid drop i, because the mean mass in the cluster centre increases.sThis i
reflected in a sudden increase of jpgvith age for any specific initial mass. This can be
observed in Fig. 3.10 at the dashed curve, which repredentsiset of the preferential mode
toref (S€€ Sect. 3.4.1) for the entire initial mass range. From3 i and model runs for other
choices of dissolution timescale, metallicity and IMF, vea@onclude that aftegrer, x 2 3
for all parameter sets relevant to globular clusters, aitidyst> 1.4 for clusters with initial
massed/; < 10° M, and extremely rapid cluster dissolutiolg € 0.3 Myr). For massive
clusters, we typically havg ~ 10 fort > tyef, implying that the immediate availability of
remnants is a legitimate approximation.

Only during the very last few Myrs before total cluster dgian a cluster can have
x < 1 because the numeratoeinainingcluster lifetime) approaches zero more rapidly than
the denominatort(,). Remnants that are produced during that brief phase caerlost in the
preferential mode. If just before total disruptign< 1, the lower integration limitrinax(t) in
Eq. 3.26, that determines the total remnant mass availabtiigsolution, should be replaced
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Figure 3.10: Logarithm of the ratio of remaining cluster lifetime and thalf-mass relaxation
timescale, ' — t)/tn = x, as a function of cluster ageand initial cluster masM/y;. The dashed line
represents the onset of the preferential miydefor a cluster of corresponding y-axis initial mass, and
the dotted line denotes the time from which on remnants ateilom such a cluster, see Sec. 3.2.3
for details). For the displayed model run we used a dissmiuimescale oty = 3 Myr, metallicity

Z =0.02, a Kroupa IMF and complete energy equipartitiontfor 0.2t52.

by mmax(t,), with t, the time at whichy decreases below unity
As we have shown, for other parts of cluster evolution theiagtion of the immediate
loss of remnants with masses(t) < ms < muyin(t) is reasonable. Note that for clusters

including the preferential loss of low-mass stars Witk fyer, typically tr, is not only very
small compared to the remaining cluster lifetime, but ajSd.0%) compared to its age.

1"To determiney, the total disruption timeé?sta' has to be known before having integrated cluster propesties
(and thus having obtained-) the entire cluster lifetimeisTi& alleviated by estimatinqj?;a' using straightforward
integration of Eq. 3.3 at the very start of the computation.






Chapter

Explaining the mass-to-light ratios of globular
clusters

J. M. Diederik Kruijssen
Astronomy & Astrophysi¢s. 486, p. L21-1.24 (2008)

Abstract The majority of observed mass-to-light ratios of globullrsters are too low to be ex-
plained by ‘canonical’ cluster models, in which dynamictieets are not accounted for. Moreover,
these models do not reproduce a recently reported trendasingM /L with cluster mass, but in-
stead predict mass-to-light ratios that are independentuster mass for a fixed age and metallicity.
This study aims to explain th&/ /L of globular clusters in four galaxies by including stellgokition,
stellar remnants, and the preferential loss of low-mass stae to energy equipartition. Analytical
cluster models are applied that account for stellar evatuéind dynamical cluster dissolution to sam-
ples of globular clusters in Cen A, the Milky Way, M31 and th®IC. The models include stellar
remnants and cover metallicities in the range 0.0004—0.05. Both the low observed mass-to-light
ratios and the trend of increasimg/L with cluster mass can be reproduced by including the prefer-
ential loss of low-mass stars, assuming reasonable vatugkd dissolution timescale. This leads to a
mass-dependemd /L evolution and increases the explained percentage of thenati®ns from 39%

to 92%. This study shows that the hitherto unexplained éfsncy between observations and models
of the mass-to-light ratios of globular clusters can be &xygld by dynamical effects, provided that the
globular clusters exhibiting lov /L have dissolution timescales within the ranges assumedsn th
chapter. Furthermore, it substantiates thigtL cannot be assumed to be constant with mass at fixed
age and metallicity.

4.1 Introduction

The mass-to-light ratios of globular clusters (GCs) havenbgiven a lot of attention re-
cently (e.g. McLaughlin & van der Marel 2005, Rejkuba et @02, Mieske & Kroupa 2008,

tReproduced with permissia@) ESO.
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Dabringhausen et al. 2008). Rejkuba et al. (2007) have ebdemM /L trend with clus-
ter mass above a certain cluster mass, as more massivaslagpear to have highéf /L
than low-mass clusters (see also Mandushev et al. 19913.i§hn observation contrary to
fundamental plane studies of GCs (e.g. McLaughlin 2000)asd in strong disagreement
with the constanM /L for fixed age that is commonly assumed in observational aed-th
retical GC studies (e.g. Harris et al. 2006, Mora et al. 2@¥kki et al. 2007). Moreover,
for Galactic GCs McLaughlin (2000) finM /Ly = 1.45Mg Lgl, whereas Simple Stel-
lar Population models (e.g. Bruzual & Charlot 2003, AnderBr&ze-v. Alvensleben 2003)
predict significantly higher values @fl /Ly, = 2—4 M, L51 for typical GC metallicities.
Given the important role of GCs in galactic astronomy, itdsential to explain these apparent
contradictions.

In numerical and analytical studies of dynamical effectslusters (e.g. Baumgardt &
Makino 2003, Lamers et al. 2006, Kruijssen & Lamers 2008)is hecome clear that the
dynamical evolution of clusters strongly affects clusteminosity, colour and mass-to-light
ratio. In Kruijssen & Lamers (2008, hereafter KL08) it is gltohow the evolution of these
observables changes due to dynamical effects such as tteegiral loss of low-mass stars
and the retain of stellar remnants, but also due to the sialtéal mass function and metal-
licity. It is shown thatM /L cannot be assumed to be constant for a fixed age and meyallicit
but instead depends on cluster mass when dynamical efiecégeounted for.

In this chapter, the analytical cluster models from KLO8&pelied to explain the obser-
vations of GCs in several galaxies from Rejkuba et al. (2@0d) Mieske et al. (2008). In
Sect. 4.2 | first summarise the models presented in KLO8,mikiapplied to the observations
in Sect. 4.3. In Sect. 4.3.1 the effect of metallicity and ¢hester dissolution timescale on
cluster evolution in thé M, M /Ly }-plane is investigated. The observations are discussed in
Sect. 4.3.2 and are compared to the models in Sect. 4.3.%cAghion of the results and the
conclusions are presented in Sect. 4.4.

4.2 Modeling method

In this study, analytic cluster models are used that inc@teche effects of stellar evolution,
stellar remnant production, cluster dissolution and epeguipartition. They are summarised
here and are treated in more detail in KLO8.

In the models, clusters gradually lose mass due to steltdugon and dissolution. The
total cluster mass evolution is described B/ dt = (dM/dt)ev+(dMc/dt)gis, With the first
term denoting stellar evolution and the second represgudissolution. Taking into account
the formation of stellar remnants and the mass-dependssatdbstars by dissolution, this
provides a description of the changing mass function angtefumass in remnants.

Stellar evolution is included by using the Padova 1999 ismo&s. It removes the most
massive stars from the cluster and increases the dark ichasis by turning stars into rem-
nants, which is included by assuming an initial-remnantsmakation. A Kroupa (2001) IMF
is assumed.

1These isochrones are based on Bertelli et al. (1994), buthes&GB treatment as in Girardi et al. (2000).
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Cluster dissolution represents the dynamical cluster nusssdue to stars passing the
tidal radius. This mass loss acts on a dissolution timesgale

(ndl(t)) _ Me(t) _ Mc|(t)177! (4.1)
dis

dt Tdis b

whereTys is related to the present day cluster magg(t) asgis = toMc(t)” (Lamers et al.
2005a), leading to the second equality in Eq. 4.1. The cheviatic timescaldy depends on
the environment and determines the strength of dissoluEonexample, in the case of tidal
dissolutiont, depends on tidal field strength and thus on galactocenticiseand galaxy
mass. Typical values aitg = 10°P—10° yr (e.g. Lamers et al. 2005b), translating into a total
disruption timet{9® ~ 108—10'" yr for a 1 M, cluster. FromN-body simulations of tidal
dissolution (Lamers et al. 2005b) and observations (Boktls & Lamers 2003, Gieles et al.
2005), the exponentis found to bey =~ 0.62.

The effect of dissolution on the mass function depends ordgimamical state of the
cluster. If it has reached energy equipartition, i.e. aftne collapse, the cluster becomes
mass-segregated and low-mass stars are preferentidllyTlois occurs at about 20% of the
total cluster lifetime (Baumgardt & Makino 2003). For cleg without equipartition, bodies
of all masses are lost with similar probabilities.

Cluster photometry is computed by integrating the stellassrfunction over the stellar
isochrones, yielding cluster magnitude evolutidr(t, M ;) for a passband and a cluster
with initial massMgj;.

4.3 Applying the cluster models to observed clusters

In this section | present the evolution of clusters in {i\¢, M /Ly }-plane, and apply this to
explain the{M, M /Ly } distribution observed in real clusters.

4.3.1 Cluster evolution in the massv /L plane

In ‘canonical’ Simple Stellar Population (SSP) modelsstdus only evolve due to stellar
evolution, and therefore their mass-to-light ratios do clwinge due to dynamical effects.
As the most massive stars (with o /L) gradually disappear, in these mod®gLy is a
monotonously increasing function of time that is constanahy set of clusters at a single age
and metallicity. However, this is only correct if clustessiblution occurs independently of
stellar mass and the shape of the stellar mass functionseued, i.e. there iso preferential
loss of low-mass stars.

Contrary to clusters from SSP models, in reality clusterpmderentially lose low-mass
stars (e.g. Hillenbrand & Hartmann 1998, Albrow et al. 20B&umgardt & Makino 2003).
KLO08 have shown that this strongly affects thie/L evolution of clusters due to the pref-
erential loss of low-mass stars (having hity L), and that consequentl /L cannot be
assumed to be constant for clusters of a given age.
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Figure 4.1: Cluster evolution in the{M, M /Ly }-plane for metallicittesZ = {0.0004, 0.00%
([Fe/H] = {-1.7,—0.7}) and dissolution timescalds = {0.3,1, 3,10, 3D Myr. Solid lines repre-
sent evolutionary tracks for initial masses in the rangg = 10°0—10° M, with 0.5-dex intervals,
while the dotted curves denote cluster isochrones at aiget, 8, 12, 19 Gyr. Dots denote the onset
of the preferential loss of low-mass stars for each evahatip track.

In order to explain the appearance of clusters in{the M /Ly }-plane, | first compute
the model cluster evolutionary tracks for different métiies and dissolution timescales.
The results are shown in Fig. 4.1.

Initially, model clusters are not in equipartition and theyolve to lower masses and
increasingM /Ly (due to the death of massive stars), moving up and to thenldfig. 4.1.
From the moment they reach mass segregation, happenitgy éarllow-mass clusters due
to quicker relaxation (Baumgardt & Makino 2003), they prefdially lose low-mass stars,
which have highM /L. This decreaseshe clusterM /L and explains the maximum in the
cluster evolution curves for lower initial masses. Along ttuster isochrones of constant age
(dotted lines in Fig. 4.1/ /Ly increases with mass, since at any age low-mass clusters have
spent more time in energy equipartition and thus have retainore massive (i.e. low /L)
stars compared to massive clusters. The cluster isochflattes at the highest masses, since
these clusters have yet to reach equipartition, leaving thieconstanM /L .

Within a galaxy, its GCs generally have similar ages (e.gdémberg et al. 1990). Obser-
vations of GC systems should thus approximately followtelusochrones in théM, M /Ly, }-
plane. Therefore, the isochrones are used in Fig. 4.1 toepifod influence of metallicity
and dissolution timescale on the expected GC distributimcreasing metallicity leads to
a higher maximumM /L, and thus also to steeper isochrones. Increasing the dligsol
timescale shifts the entire isochrone to the left: for lorggdlution timescales, it takes more
time to reach equipartition and therefore only clustersheflbwest masses have preferen-
tially lost low-mass stars. The dissolution timescale thets the location of the ‘knee’ in the
isochrones, which is the cluster mass at which they flattertalthe absence of equipartition.
This can be used to determine the dissolution timescalesrahgn observed GC system.
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Figure 4.2: Mass-to-light ratio versus mass for globular clusters ffedént galaxies. The Cen A data
is from Mieske et al. (2008), all other data is taken from Rbf et al. (2007). The canonical (mass-
independent) models are overplotted as solid, dashed dtetidmes forZ = {0.0004, 0.004, 0.008
respectively.

4.3.2 Observations of globular cluster mass-to-light rats

In Rejkuba et al. (2007, Fig. 9) the (dynamica{y/, M /Ly }-plane is presented for GCs
in several host galaxies. In Fig. 4.2, | show theM, M /Ly }-plane for GCs from Cen A,
the Milky Way, M31, and the Large Magellanic Cloud (LMC). Rbe Cen A data, aperture
corrections as in Hilker et al. (2007) have been computethfcluster masses amd /Ly
(Mieske et al. 2008). Th# /L, values for mass-independent cluster models (the ‘canbnica
models from KLO8) are overplotted, and fail to reproducergdapart of the data. When
considering the metallicities and errors of the data (notshin Fig. 4.2), only 39% of the
observed GCs can be covered within their &frors if the canonical models are uéed

Although the data show quite some scatter, there are inditsator a trend of increasing
M /Ly with mass, such as the lack of loW-/L clusters for log! > 6.3. | argue that this
is the same behaviour as can be observed in the cluster hincluding the preferential
loss of low-mass stars in Fig. 4.1, implying that the incesafdVl /L with mass corresponds
to a decreasing effect of energy equipartition.

4.3.3 Explaining the mass-to-light ratios of globular clugers

Figure 4.3 compares the model cluster isochromes 12 Gyr) to the GC data for Cen A,
the Milky Way, M31 and the LMC. The different colours represthree metallicities, and
coloured model lines belong to data points of the same colour

2SSP models (e.g. Bruzual & Charlot 2003, Anders & Fritze-veAsleben 2003) all predidl /L = 2—
4 Mg L(gl for GC metallicities, a Kroupa IMF antl= 12 Gyr, comparable to the ‘canonical’ models used here.
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| to range (Myr) |
Galaxy Z =0.0004 Z =0.004 Z =0.008

CenA <5—5 <1-2 0.2—2
M31 <1-—-10 <0.5—2
MW 1—20 0.7—8 0.6—0.6

LMC <3—20

Table 4.1: Required dissolution timescale ranges for globular chssté three metallicities in four
studied galaxies, as derived from the cluster samples. Dpedsible incompleteness at low masses
and highM /L (see Fig. 4.3), all upper limits represent minimum valuaslawer limits often represent
maxima. Limits that do not suffer from incompleteness amshin boldface.

For any galaxy and metallicity, the data cover an area i tleM /Ly }-plane that can
be spanned by two model curves of different dissolution ¢sica¢es. Left curves denote upper
limits, while right curves represent lower limits for thesgolution timescale ranges in which
clusters are observed. These limits are chosen as suclhéyaehcompass the data points.
Contrary to the sparse coverage of the data by the canonazigs(see Fig. 4.2), itis shown
in Fig. 4.3 that 92% of the data can be explained within their drrors by using the new
models (KL08) that account for dynamical effects. The renimgj 8% has too higv /L
to be explained by stellar population models, unless theseosed ages or metallicities are
underestimated.

The minimum and maximum dissolution timescales that areired to explain the obser-
vations are summarised in Table 4.1. All values fall wittiia physically reasonable range of
10°—10® yr (Lamers et al. 2005b). For each galaxy, a broad range sebllison timescales
is required to explain the observed rangéfL . This is not surprising, since the observed
clusters are located at various galactocentric radii and #xperience different tidal dis-
solution strengths. Regardless of this spread, there isa tlend of decreasing required
dissolution timescale with metallicity. This is likely teebrelated to the radial metallicity
gradient observed in galaxies (first established by Se@&Td)] with metal-rich clusters at
small galactocentric radii and thus at short dissolutiome8cales. Another trend is that of
decreasing required dissolution timescale with galaxysnAgain, this is not surprising, as
more massive galaxies can have stronger tidal fields andgikie@sise to more rapid cluster
dissolution.

4.4 Discussion

In this chapter, | have shown that the hitherto unexplairiscrdpancy between observations
and models of the mass-to-light ratios of globular clustens be explained by dynamical
effects. The preferential loss of low-mass stars due toggresgguipartition gives rise to /L
evolution that depends on cluster mass, contrary to whasssraed in canonical cluster
models. This is confirmed by the application of models theltide dynamical effects to the
GC populations of Cen A, the Milky Way, M31 and the LMC.
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Figure 4.3: Comparison of = 12 Gyr model cluster isochrones in th&!, M /Ly }-plane to globular
clusters in four different galaxies. Clusters with metiiies Z = {0.0004, 0.004, 0.008are denoted
with blue diamonds, green triangles, and red squares,ctgply. Model curves for these metallicities
are shown in the same colours, with dotted, dashed and udigl, Irespectively. In all cases an age of
t = 12 Gyr is assumed. For each galaxy, a dash-dotted line staoiuminosity represents the faintest
cluster that is covered by the models, illustrating thatsamples are magnitude-limited. Metallicities
are from Beasley et al. (2008, Cen A), Harris (1996, Milky Wdyubath & Grillmair (1997, M31) and
Mackey & Gilmore (2004, LMC). To prevent crowding, error are only shown for clusters that fall
outside the range covered by the models.

Without the preferential loss of low-mass stars, curreeliast population models can-
not explain mass-to-light ratios below ZGMLgl for metallicity Z = 0.0004 and below
2.8 My L' for Z = 0.004. As becomes clear from Fig. 4.3, this would leave bfthe
cluster sample in Cen A and most of the Milky Way sample uregrgld. Accounting for the
effects of energy equipartition increases the explainedgmtage of the observations from
39% to 92%.

The dissolution timescales required to explain the obse@&€ samples lie within the
physically reasonable range faf= 10°—10° yr. Observed trends of decreasing dissolution
timescale with galaxy mass and metallicity are as expectexhveonsidering the strength of
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tidal dissolution and the radial metallicity gradient inagdes.

The dependence & /L on cluster mass (and thus on luminosity) implies that phetem
rically derived masses using canonical models may be dyrawgrestimated (KL0O8). The
results presented here underline the importance of adogufdr dynamical effects when
modeling clusters or interpreting observations of (glabutlusters.
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Steffen Mieske, Mark Gieles and the anonymous referee fustcactive comments, and Henny Lamers
for encouragement, advice and suggestions. This work igcstgrl by the Netherlands Organisation
for Scientic Research (NWO), grant number 021.001.038.
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Dissolution is the solution: on the reduced
mass-to-light ratios of Galactic globular clusters

J. M. Diederik Kruijssen and Steffen Mieske
Astronomy & Astrophysics. 500, p. 785-799 (2009)

Abstract The observed dynamical mass-to-light (L ) ratios of globular clusters (GCs) are system-
atically lower than the value expected from ‘canonical’ gienstellar population models, which do not
account for dynamical effects such as the preferentialdbksv-mass stars due to energy equipartition.
It has recently been shown that low-mass star depletion galitatively explain this discrepancy for
globular clusters in several galaxies. To verify whethev-lnass star depletion is indeed the driving
mechanism behind thel /L decrease, we aim to predict thé/Ly ratios of individual GCs for which
orbital parameters and dynamidatband mass-to-light ratios! /Ly are known. There is a sample of
24 Galactic GCs for which this is possible. We used3Bh&CE cluster models, which include dynam-
ical dissolution, low-mass star depletion, stellar eviolut stellar remnants, and various metallicities.
We derived the dissolution timescales due to two-body egler and disc shocking from the orbital
parameters of our GC sample and used these to predid¥the, ratios of the individual GCs. To
verify our findings, we also predicted the slopes of their-lmass stellar mass functions. The com-
puted dissolution timescales agree well with earlier eioglistudies. The predictet /Ly are in Ir
agreement with the observations for 12 out of 24 GCs. Theefismcy for the other GCs probably
arises because our predictions give globBIL ratios, while the observations represent extrapolated
central values that are different from global ones in the @dsnass segregation and a long dissolution
timescale. The GCs in our sample that likely have dissinglabal and centraM /L ratios can be
excluded by imposing limits on the dissolution timescald King parameter. For the remaining GCs,
the observed and predicted averddgL v are 78°,% and 78k 2% of the canonically expected values,
while the values are 78% and 85+ 1% for the entire sample. The predicted correlation betwken
slope of the low-mass stellar mass function ahdLy drop is found to be qualitatively consistent with
observed mass function slopes. The dissolution timesoéf@alactic GCs are such that the20% gap
between canonically expected and obserived.y ratios is bridged by accounting for the preferential

tReproduced with permissia@) ESO.
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loss of low-mass stars, also when considering individuadtelrs. It is concluded that the variation in
M /L ratio due to dissolution and low-mass star depletion is agitde explanation for the discrepancy
between the observed and canonically expetted ratios of GCs.

5.1 Introduction

The topic of dynamical mass-to-light{/L) ratios of old compact stellar systems has at-
tracted increasing attention during recent years (McL&nghvan der Marel 2005, Hasegan
et al. 2005, Rejkuba et al. 2007, Hilker et al. 2007, Evstayaeet al. 2007, Dabringhausen
et al. 2008, Mieske et al. 2008, Kruijssen 2008, Baumgardt i&dke 2008, Chilingarian
et al. 2008, Forbes et al. 2008). The outcome of these stadiebe summarised as follows.

e For the mass regime of ultra-compact dwarf galaxies (UQBs> 2 x 10° M),
dynamicalM /L ratios tend to be some 50% above predictions from stellaulatipn
models (Dabringhausen et al. 2008, Mieske et al. 2008, Barbal. 2008).

e For the mass regime of globular clusters (G@5,< 2 x 10° M), dynamicalM /L
ratios tend to be some 25% below predictions from simpldastelopulation (SSP)
models that assume a canonical IMF (Rejkuba et al. 2007 j46en 2008, Kruijssen
& Lamers 2008, Mieske et al. 2008).

e As a consequence, the dynamidé) L ratios of UCDs are on average about twice as
high as those of GCs, at comparable metallicities.

Regarding GCs, a viable solution for obtainiogver M /L ratios is a deficit in low-mass
stars with respect to a canonical initial mass function (JNiroupa 2001). This is known
to arise naturally from two-body relaxation in star clustevhich causes a depletion of low-
mass stars (Vesperini & Heggie 1997, Baumgardt & Makino 2008 Kruijssen (2008)
we studied how the preferential loss of low-mass stars dulym@amical evolution of a star
cluster in a tidal field reduces thd /L ratios of star clusters. There, we constrained the
ranges of dissolution timescales necessary for this losswsinass stars to quantitatively
account for the drop i /L observed for GCs. For the Galactic GC system, it was found
that dissolution timescales in the range 0.6—>20 Myr (corresponding to total disruption
times oftc‘,?sta' ~ 3—100 Gyr for a 16 M, cluster) are required to explain the obserfdL
ratio decline. It was also shown that th&/L ratio decrease is strongest for low-mass GCs,
which explains the observed correlation of increadihglL ratio with mass discovered by
Mandushev et al. (1991). We concluded that the scatter drthia relation is caused by
spreads in metallicity and dissolution timescale.

As noted already in Kruijssen & Lamers (2008, hereafter K\, @& next step is to apply
these analytical cluster models including preferentiaklof low-mass stars tmdividual
clusters. This would then account for variations in metélli and dissolution timescale.
Such a study will naturally be restricted to GCs with meadfe/ L ratios for which realistic
estimates of their individual dissolution timescale arailable from information on their
actual orbit within the Milky Way potential. With the datadgeof individual dissolution time
scales at hand, the loss of low-mass stars can be quantifieddang to the prescriptions
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of Kruijssen (2008) and KL08, leading to predictions for tirep of M /L for individual
GCs. Those predictions are to be contrasted with the achsdreedM /L ratios of these
GCs. This will allow us to quantitatively test the hypotleethiat the loss of low-mass stars is
responsible for the too low! /L ratios of GCs, and hence also partially for the discrepancy
of M/L between GCs and UCDs.

Previous studies assessing the preferential loss of lossrsiars in Galactic GCs focus
both on observations (e.g. De Marchi et al. 2007) and theaxy. Baumgardt et al. 2008).
In De Marchi et al. (2007), the slopes of the stellar masstfans in GCs are measured for
stars between 0.3 and 0.8JVithereby directly reflecting possible low-mass star dégmhet
The study by Baumgardt et al. (2008) predicts the same slogieg N-body models and
different degrees of mass segregation, assuming dissolb two-body relaxation. The
aforementioned papers both do not considerthé. ratios of the GCs in question.

In this study, the reference sample for dynamiggiL ratios of Galactic GCs is that of
McLaughlin & van der Marel (2005), obtained by the fitting afigle-mass King profiles.
It contains data for 38 GCs. Only a subsample can be used faar@lysis, namely those
clusters for which accurate proper motions and radial vééscare measured and can be
translated to orbital parameters. Next to the destructesrdue to two-body relaxation,
also the influence of disc shocking on the cluster dissatutieeds to be taken into account.
Both have to be derived from the orbital parameters. Sesgardles in which orbital informa-
tion is derived and used to compute destruction rates arablain the literature (Gnedin &
Ostriker 1997, Dinescu et al. 1999, Allen et al. 2006, 208B)yith certain benefits and trade-
offs. Specifically, Gnedin & Ostriker (1997) assign stateily sampled orbits conforming to
the bulk motion of the GC system in an axisymmetric potemtialerive destruction rates of
119 globular clusters. Dinescu et al. (1999) use properansetand radial velocities to com-
pute the orbits and destruction rates of 38 clusters in tvigyaxmetric potentials (Paczynski
1990, Johnston et al. 1995). Allen et al. (2006, 2008) foltbe same procedure, but con-
sider both axisymmetric and barred potentials (Allen & 8kamt 1991, Pichardo et al. 2004,
respectively) for 54 globular clusters. They do not find axgigant deviation between the
results for both potentials. However, they do note thatrtb@iculated destruction rates are
multiple orders of magnitude lower than others in literatand recommend combining their
orbital information with the more rigorous Fokker-Plangipaoach used by Gnedin & Os-
triker (1997) to derive the destruction rates.

We choose to adopt the orbital data and destruction rateodilisd shocking from Dinescu
et al. (1999). Our study cannot be based on statisticaligiasd orbits but requires the actual
orbits of individual clusters, thus excluding the estindatebits from Gnedin & Ostriker
(1997). In addition, the Dinescu et al. (1999) destructairs seem to be in better agreement
with the observations than those from Allen et al. (2006,800

In Table 5.1 the observed properties are listed of the 24 dBalglobular clusters for
which theV-band mass-to-light ratiog{ /L) and orbital parameters are available, i.e. the
sample that is covered both by Dinescu et al. (1999) and Mghiué& van der Marel (2005).
The masses and observdfl/L ratios represent dynamical values. For all clusters, the
standard error in [Fe/H] is assumed to be 0.15 when compthi@gerror propagation (see
Sect. 5.3), which represents a conservative accuracy asti(eee, e.g. Carretta & Gratton
1997). These errors determine the uncertainty /i [y )can in the last column, since the
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Table 5.1: Observed properties for the cluster sample, together \wiifr flo standard errors. Con-
secutive columns list the cluster NGC number, logarithmhef present-day cluster ma#g (M),
observedV-band mass-to-light ratidW /L v )obs (in Mg L(gl), metallicity [Fe/H], galactocentric radius
Ryc (in kpc), King parametetly and canonically expected-band mass-to-light ratioW /Ly )can (in
Mo Lgh.

Cluster properties

NGC| logM*  (M/Ly)%s [FeMI™® Rl  W;  (M/Lv)can
104 | 5.804%%; 133%%  -076 7.4 8.6%, 2.68+£0.25
288 | 4.8920%%2 2.150% 124 120 4.8 2.20+0.08
1851 | 5.407%L%, 1610 122 167 8.1%, 2.21+0.09
1904 | 4.984%% 1.16C%%, ~ -157 188 7.55, 2.08+0.04
4147 | 4.394%%°  1.01%% -1.83 213 8.0%; 2.03+£0.02
4590 | 4.644%%%, 09293  -2.06 101 6.8%, 2.004+0.01
5139 | 6.503%%%, 2.54% -129 6.4 6.2%5L 218+0.07
5272 | 5.443%%%,  1.39%%,  -157 122 8.2%Y 2.08+0.04
5466 | 4.687%%2  1.610%,  -222 162 427 1.99+0.01
5904 | 5.252%%¢  0.78%%  -127 6.2 7.65, 219+0.08
6093 | 5.597%%L  2.67%%  -1.75 3.8 7.5%, 2.04+0.03
6121 | 4.864%Y2 1.27%%  -120 59 7.4%, 222+0.09
6171 | 4.922%Y2 2.209%%, -1.04 33 7.0%5, 234+0.13
6205 | 5.469%%¢  1.510%  -154 87 7.05, 2.08+0.04
6218 | 4.918%%% 1.77%9%,  -148 45 6.1%, 2.10+0.05
6254 | 5.234%%>  2.16%%} -1.52 46 6.5%% 2.09+0.04
6341 | 5.084%%° 0.88%%  -228 96 7.5%, 1.99+0.01
6362 | 4.764%%, 1.16%% ~ -095 51 53% 242+0.16
6656 | 5.606%%2 2.07%%%  -164 49 6.5%, 2.06+0.03
6712 | 4.906%. 2 0.99%%  -101 35 51%% 237+0.14
6779 | 4.911%%%  1.05%%  -1.94 9.7 6.5%% 2.01+£0.02
6809 | 5.219%%, 3.23%%  -1.81 39 455 2.03+£0.02
6934 | 5.099%%, 1.51%%,  -1.54 128 7.0%% 2.08+0.04
7089 | 5.561% %%  0.98%%,  -162 104 7.2Y 2.06+0.03

* From McLaughlin & van der Marel (2005).
T From Harris (1996).
¢ The value for NGC 5139.{Cen) is derived from Bedin et al. (2004).

canonicalM /L ratio only depends on metallicity. The galactocentriciraded to compute
the orbits in Dinescu et al. (1999) are from Zinn, private cwmication. In extreme cases
this may cause a small disagreement between the galaatcaaatius quoted here and the
apogalactic distance predicted by Dinescu et al. (199¢) Table 5.2).

A first inspection of the observed /L ratios in Table 5.1 can be made by comparing
them to the (‘canonical’M /Ly ratios from SSP models, which only depend on metallicity
due to the invariance of the shape of the stellar mass funatithese models. In Fig. 5.1
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Figure 5.1: Left Observed mass-to-light ratid/A/Lv)obs Versus the canonically expected mass-to-
light ratio (M /Lv)can, together with their & standard errors (see Table 5.1). The dotted line follows
the 1:1 relation. Clusters for which the disagreement igdathan & are plotted as dotsRight
Number histogram of¥! /Lv)can (diamonds, shaded area) ad (L v )obs (triangles, hashed area). For
comparison, canonically expect&d/Ly ratios from Bruzual & Charlot (2003) for a Chabrier (2003)
IMF are overplotted (squares, dotted line). Again, the rebars denote 4 deviations, which were
determined from 30k random realisations of the underlyiad

(left), the observed /L ratios of our sample are plotted versus the canonically eegde
values that were computed by interpolating SSP models.€llvese emulated with the mod-
els from KLO8 neglecting the preferential loss of low-matsss The discrepancy between
observed and expectdd /Ly ratio is evident, as the canonidell /Ly are constrained to a
much narrower and generally higher range than the obsenesl @he number histogram of
the twoM /Ly (Fig. 5.1, right) further substantiates this dissimilarithe observed/ /Ly
ratios are on average 7% of the canonically expected values.

With the present chapter we aim to quantify the contributibdynamical effects such as
the preferential loss of low-mass stars and the selects® &b stellar remnants (see KL08)
to the discrepancy between the observed and canonicalgceegiM /L ratios. In Sect. 5.2,
we summarise the cluster models from KLO8 and highlight #yzeats that are particularly
relevant to this study. The dissolution timescales for thuster sample are computed in
Sect. 5.3, whereas the predicted mass fdyd.,, evolution are considered and compared to
the observations in Sect. 5.4. We predict slopes of the l@ssstellar mass function and
discuss observational tests to verify the preferentiad logpothesis for appropriate clusters
in Sect. 5.5. In the final Sect. 5.6, we discuss the resultpesgbnt our conclusions.
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5.2 Cluster evolution models andVl /L evolution

In order to study the evolution of clusters on specific orhits use analytical cluster models
(SPACE, see KL08) that incorporate the effects of stellar evohutgtellar remnant production,
cluster dissolution and energy equipartition. They arersansed here and are treated in
more detail in KLO8. In the second part of this section, thpetelence of mass-to-light
ratio evolution on initial mass, metallicity and dissobrtitimescale is assessed (for a more
detailed description, see Kruijssen 2008).

5.2.1 Summary of the models

In the SPACE cluster models, clusters gradually lose mass due to switdution and disso-
lution. The total cluster mass evolution is determined by

dMq _ (de) . <dMC|> ! (5.1)

dt dr /., dt /4
where the first term denotes mass loss due to stellar evolatid the second represents mass
loss by dissolution. Additionally, the formation of stell@mnants and the mass-dependent
loss of stars by dissolution are taken into account, thugigireg a description of the changing
mass function and cluster mass in remnants.

Stellar evolution is included by using the Padova 1999 ismas. These are available
for metallicitiesZ = {0.0004, 0.004, 0.008, 0.02, 0.p&vith corresponding iron-to-hydrogen
ratios of [Fe/H]={—1.7,—0.7,—0.4,0.0, 0.4), which thus restricts our model computations
to these values. Stellar evolution removes the most massare from the cluster and in-
creases the non-luminous cluster mass by turning starsentaants, which is included by
adopting an initial-remnant mass relaffo Kroupa (2001) IMF is assumed.

Cluster dissolution represents the dynamical cluster nmsssdue to stars passing the
tidal radius, which acts on the timescalg:

dMa(t)\ _ Ma(t) _ Ma()*
( dt )dis__ Tdis T fo

: (5.2)

where Mg (t) represents the present day cluster mass and the secorldyefpliaws from
the relation derived by Lamers et al. (2005a):

Tdis = to[Mai(t)/Me]”. (5.3)

The characteristic timescatg depends on the environment and determines the strength of
dissolution. For example, in the case of dissolution by bwoly relaxatiorty depends on tidal
field strength and therefore on the angular velocity of thstelr orbit. Typical values aitg =

1These isochrones are based on Bertelli et al. (1994), buhes&GB treatment as in Girardi et al. (2000).

2For white dwarfs, this relation is taken from Kalirai et a2008), while for neutron stars the relation from
Nomoto et al. (1988) is used. Black hole masses are assurhedcctmstant at 8 I, in agreement with observations
(Casares 2007). For more details, see KLO8.
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10°P—10° yr (e.g. Lamers et al. 2005b), translating into a total dition time !9 ~ 10—
10t yrfora 1® M, cluster. The exponentis found to bey ~ 0.62, both from observations
(Boutloukos & Lamers 2003, Gieles et al. 2005) and from therBgardt & Makino (2003)
N-body simulations of tidal dissolution for clusters withrigi parameteity, = 5 (Lamers
et al. 2005b). However, it is recently derived by Lamers ef2010) thaty = 0.70 for King
parametetl = 7. Since this concentration more closely resembles the ey parameter
for Galactic GCs (see Table 5.1), we adept 0.70 throughout this study.

The effect of dissolution on the mass function depends odyhamical state of the clus-
ter. As it evolves towards energy equipartition, low-maasssare preferentially lost from the
cluster. This mass loss (in the ‘preferential mode’, KLG8xpproximated by increasing the
minimum stellar mass (Lamers et al. 2006), while evaponatiat is independent of stellar
mass (mass loss in the ‘canonical mode’, KL08) is accourdedy decreasing the normal-
isation of the mass function. In our models, both modes sbéaiallow for intermediate
modes of mass loss. Their relative contributions are fitteth $hat theVl /L ratio evolution
matches théV-body simulations by Baumgardt & Makino (2003).

Cluster photometry is computed by integrating the stellassrfunction over the stellar
isochrones, yielding cluster magnitude evolutidn(t, M ;) for a passband and a cluster
with initial massMgj;.

5.2.2 Dependence of mass-to-light ratio on model parameter

The models described in Sect. 5.2.1 yield a mass-to-lightt exolution that depends on the
dissolution timescale, metallicity and initial cluster $sa In canonical models, i.e. with-
out the preferential loss of low-mass staké/L monotonously increases with time. For a
given age and metallicity, these models provMé¢L ratios that are independent of cluster
mass. On the other hand, our models including dynamicattsffgredict a mass-dependent
drop in mass-to-light ratio due to the ejection of low-mdmsgh-M /L stars (Kruijssen 2008,
KLO08). In Fig. 5.2, theV-band mass-to-light ratio evolutiavl /L, is shown for two metal-
licities and several initial cluster masses. In both parnbesupper curve marks the canonical
mass-to-light ratio evolution, while the others corregp¢m cluster evolution including the
preferential loss of low-mass stars for different initisdsses. Since low-mass clusters evolve
on shorter timescales than massive ones, the deviatiorewfritass-to-light ratio evolution
with respect to canonical models arises at earlier times finamassive clusters.

The mass-to-light ratio decrease can be quantified by cerisglthe ratio of the observed
or predictedVl /L to its canonical value to divide out their metallicity depence:

o (M/Lv)obs/pred
Qobs/pred = (M/l—v)can (5-4)
Figure 5.3 shows the predicted fraction of the canonMdlL ratio Qpreq as a function of
t/to!l for clusters with initial masses in the rangy; = 2 x 10°—10° M, dissolution
timescalesy = {1, 10} Myr and metallicitiesZz = {0.0004, 0.004. It shows thatQpreq iS
independent of metallicity, initial cluster mass and diggon timescale when considered as
a function of the elapsed fraction of the total disruptionit/°®. The three-component
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Figure 5.2: Left V-band mass-to-light ratio evolutiaWf /Ly for to = 1 Myr, Z = 0.0004 and initial
masses in the range lddw; = 5—8 with 0.25-dex intervalsRight same graph, but faZ = 0.004.
From top to bottom, different curves representhMigL evolution for decreasing initial cluster masses.

linear approximation illustrates the well-defined unifacorrelation and is given by

1 for t/t® < 0.2,
Qpred={ 1.142— 0.7/t for 0.2< ¢/t < 0.7, (5.5)

1.471- 118/t for t/t19%@ > 0.7,

which applies for all initial conditions, i.e. is indepemd®f the cluster properties or envi-
ronment. Equation 5.5 does not include possible effects of prinaniass segregation on
the change of the mass function. From model runs where wesgishae the preferential de-
pletion of low-mass stars from= 0 on we know that its effects become about 10% stronger
with respect to purely dynamically induced low-mass stagletgon (KL08). This number
should be treated with some care, because our models arg dadébody simulations of
clusters that did not start out in a mass-segregated stater{ardt & Makino 2003).

The relation between the predicted fraction of the candmuass-to-light ratioQpreq
and the elapsed fraction of the total disruption time is etg#, since in our models the
decrease oM /L is the result of dynamical evolution. It is in agreement vsthdies by
Richer et al. (1991) and Baumgardt & Makino (2003), who findttthe depletion of the
low-mass stellar mass function in globular clusters isalpselated to the elapsed fraction
of the total disruption time. Considering the physical msses driving dissolution, the result
is not surprising either. Two-body relaxation is known teferentially eject low-mass stars

3pPlease note that a Kroupa IMF was assumed here. For sub#itadiiferent IMFs the relation will vary.
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Figure 5.3: The ratio of predicted to canonical mass-to-light raflgeqs as a function of the elapsed
fraction of the total disruption time/ £, Dotted curves denote model predictions for a broad range of
initial conditions (varying initial masses, dissolutiamescales and metallicities), while the solid line
describes a three-component linear approximation to theetso

(Hénon 1969) and tidal shocks remove the outer parts ofittster, which in the case of mass
segregation are constituted by low-mass stars.

The evolution of cluster mass ard /Ly can both be considered in tH&M, M /Ly }-
plane. The resulting ‘evolutionary tracks’ are shown in.FEigt for two different dissolution
timescales and again for two metallicities and a range tiiréluster masses as in Fig. 5.2.
Clusters start with their initial masses and wity Ly ratios close to zero, corresponding to
an initial position on thex-axis of Fig. 5.4. As time progresses, clusters initiallplge to
lower masses and increasing/Ly due to the death of massive stars, translating into up-
and leftward motion in thé M, M /Ly }-plane. When the preferential loss of low-mass stars
becomes an important mechanism (the onset of which is ménkddts for each evolutionary
track), theM /Ly increase is turned into a decrease instead, as also itedtraFig. 5.2. In
Fig. 5.4, the thus attained maximum in tMe/L, evolution is best visible for low cluster
masses anty = 1 Myr.

Since Galactic globular clusters generally share the sages ée.g. Vandenberg et al.
1990), the observed distribution of GCs in th&, M /Ly }-plane would follow curves of
equal age in Fig. 5.4 if there were no spreads in metallicity dissolution timescale. These
curves, or cluster isochrones, are shown for age$10, 12, 14 Gyr. Along the isochrones,
M /Ly increases with cluster mass since massive clusters hanesspmaller fraction of their
total disruption time than low-mass clusters and will tliere have experienced a smaller
M /Ly decrease due to low-mass star depletion. The curves flattine dighest masses,
since these clusters have not yet exhibited significanepeetial low-mass star ejection.

From Fig. 5.4 we infer the influences of dissolution times@aid metallicity on the mass-
to-light ratio evolution. The dissolution timescale séts tluster mass for which the down-
bend of the cluster evolutionary tracks can occur and tbegedlso determines the location
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Figure 5.4: Cluster evolution in thé M, M /Ly }-plane forty = {1, 10} Myr andZ = {0.0004, 0.004.
Solid curves represent cluster evolutionary tracks fdiahtluster masses in the rangy; = 10—
10® M with 0.5-dex intervals. Cluster isochronestat 12 Gyr are described by dashed lines, while
these at = 10 andt = 14 Gyr are denoted by dotted lines (bottom and top, respdg)i Dots denote
the onset of the preferential loss of low-mass stars for esolutionary track.

of the ‘knee’ in the cluster isochrones. The metallicityedatines the vertical extent of
the cluster evolutionary tracks and thus tWeg/L,-normalisation of the cluster isochrones.
As set forth in Kruijssen (2008), the natural spread in digsan timescale and metallicity
thus explains the scatter around the relation betwdgi. and cluster mass observed by
Mandushev et al. (1991).

5.3 Determining the dissolution timescale

To assess the influence of the preferential loss of low-ntass en the low observed mass-
to-light ratios, the orbital parameters of individual ¢krs are to be translated into the appro-
priate dissolution timescaldg for use in our cluster models. The computation is treated in
this section.
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Table 5.2: Orbital parameters for the cluster sample, together wighr thr standard errors. Consec-
utive columns list the cluster NGC number, apogalacticusi&, (in kpc), perigalactic radiu&, (in
kpc), eccentricitye, orbital periodP (in Myr), and circular velocity of the gravitational potéaitat the
distance of apogalacticov. » (in km s71).
Orbital parameters
NGC R: Ry e P Via
104 7.3+0.1 5.3+ 0.3 0.16+0.04 193+ 4 221.4+ 0.2
288 | 11.1+04 18+05 0.72+-0.06 237+ 12 2135+ 0.8
1851 | 34.7+£59 57412 0.72+0.02 685+114 1954 1.4
1904 | 204+1.3 4.44+1.7 0.64+0.10 422+32 201.9+1.0
4147 | 26.8+3.4 4.0+19 0.74+:0.08 551+ 74 198.4+ 1.4
4590 | 30.0+3.7 8.7£0.4 0.55+0.03 650+ 78 197.2+ 1.2
5139 | 6.44+0.1 1.2+ 0.1 0.69+0.02 123+ 1 222.8+ 0.1
5272 | 14.0+08 5.4+0.8 0.44+0.06 321+18 208.6+ 1.2
5466 | 69.8+£29.6 6.7+-1.4 0.83+£0.03 1340+595 192.1+1.4
5904 | 46.1+12.8 25+0.2 0.90£0.02 995+286 193.9+1.6
6093 | 3.24+0.2 1.0+ 0.6 0.544+0.21 65+ 6 213.3+ 1.8
6121 | 58+0.3 0.7+0.1 0.79£0.03 114+ 3 223.2+0.1
6171 | 3.3+0.2 2.8+£0.3 0.08+0.07 99+ 7 2142+ 1.7
6205 | 25.3£6.9 5.7+05 0.63£0.07 526+132 199.0+3.3
6218 | 5.3+0.1 2.8+ 0.3 0.30+0.04 130+ 4 223.0£ 0.1
6254 | 5.0+0.2 3.4+ 04 0.18+0.05 132+ 7 222.7£0.3
6341 | 99+04 1.3+ 0.1 0.78+0.03 208+ 12 216.0+:0.8
6362 | 53+0.1 2.6+£0.2 0.35+-0.04 124+ 2 223.0+£ 0.1
6656 | 9.6+0.7 28+0.2 0.55+0.01 197+ 14 216.6+ 1.5
6712| 594+03 0.9+0.1 0.74£0.04 126+ 11 223.2+0.1
6779 | 13.0£19 0.8+0.3 0.88+0.03 249+ 30 210.2+ 3.1
6809 | 6.0+0.3 1.7+ 0.2 0.56+0.04 136+ 5 223.1+ 0.2
6934 | 46.84+19.8 6.7+-1.6 0.75£0.06 990+434 193.8+2.4
7089 | 42.2+17.9 6.3+1.2 0.74+£0.06 860+ 379 194.5+2.7
* From Dinescu et al. (1999).
t Computed using the galactic potential from Paczynski (1990

5.3.1 Cluster dissolution timescales from orbital parametrs

For globular clusters, dissolution due to two-body reliain the Galactic tidal fielland
disc shocking are the main dissolution mechanisms (e.grroffeet al. 1986). The total
dissolution timescal& o: can be written as

1 1 1
= + -, (5.6)
tO,tot tO,evap tO,sh

4This includes the effect of bulge shocks, which occur inteltsson eccentric orbits.
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wheretlp evapdenotes the dissolution timescale due to two-body relamair evaporation (car-
rying the subscript ‘evap’) ant sp the dissolution timescale due to disc shocking.

For the dissolution timescale due to two-body relaxatioa,use the expression for the
total disruption time from Baumgardt & Makino (2003, Eq. H3)approximated by Lamers
et al. (2005b) to write

R V, -
— c,a c,a
foevap™ & evap <8.5gkpc> <220 km sl> (1-e). ®-7)

with t, 4, the dissolution timescale due to two-body relaxation foirautar orbit at the
solar galactocentric radiufyc 2 the apogalactic radius of the cluster orli, ; the circular
velocity of the gravitational potential at the distance pbgalacticon an@ the orbital ec-
centricity. Values fotRyc s are taken from Dinescu et al. (1999), while the circular uities
are computed for the galactic potential from Paczynski (39%his potential, as well as the
one from Johnston et al. (1995), is used by Dinescu et al.qli®&he determination of the
cluster orbits. By comparing our models to tRebody simulations by Baumgardt & Makino
(2003) we find g?evap: 21.3 Myr for clusters withAg = 5 King profiles, in very close agree-
ment with earlier reported values of 20.9 Myr (Lamers et BD%a) and 22.8 Myr (Lamers
& Gieles 2006). Using the same method for 0.7, corresponding ti, = 7 King profiles
(see Sect. 5.2.1), we obtaﬁflegap: 10.7 Myr. This is the adopted value in this chapter.

The dissolution timescale due to disc shocking can be obddiom the globular cluster
destruction rates due to disc shockingfrom Dinescu et al. (1999). Following from Eq. 5.3,
a present destruction rat€t) is related to a dissolution timescdieby

o0
 to(Ma(t) /M)

v(t) (5.8)

with v in units of (10 Gyr)'?, t in years, andViy(t) denoting the cluster mass at atje
The denominator represents an estimate for the total cllitg@me. This expression can
be inverted to obtair sn from vsp. However, in Dinescu et al. (1999) constavit/Ly =

3 Mg, L' is assumed to compute the cluster masses. Since their déstreates are derived
from a relationvsp o M 2, these should be corrected for the actual mass-to-ligiuisatVe
define the correction factor

_ (M/Lv)cst

Xeort = (M /Ly Javs: (5-9)

with the numerator the constant mass-to-light ratib/C v )cst = 3 Mg L51 and the denomi-
nator the observed dynamical mass-to-light ratio from Majlain & van der Marel (2005)
(see Table 5.1). This allows us to express the dissolutinadcale due to disc shocking as

1010
Xcorerh(Mcl(t)/M o) .

Substitution of Egs. 5.7 and 5.10 into Eq. 5.6 then yieldgdited dissolution timescalf ot

fosh= (5.10)
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Table 5.3: Computed dissolution timescales (fpr= 0.70) due to two-body relaxatiottvag, disc
shocking sy and both mechanismsy (o), together with their & standard errors. The table also
includes the destruction rate due to disc shockigg(in (10 Gyr)~1) from Dinescu et al. (1999). All
dissolution timescales are in Myr and are rounded to oneng#ci

Dissolution timescalesy(= 0.70)

NGC tO,evap Vsh fo,sh {o,tot
104 | 7.7+0.4 (0.501+0.134)x 10?2 76.6%y 7.0%%
288 | 4.0+0.9  (0.739+0.186)x 10° 3.65% 1.9%%
1851 | 13.7+ 2.6 (0.804: 0.286)x 103 1095.3%3%% 13.6'35
1904 | 10.1+2.9 (0.592+ 0.540)x 1072 211.92%8  9.63%

4147 | 9.74+3.3 (0.208+0.098)x 10  135.97%%  9.15%

4590 | 19.0+2.8 (0.208+0.050)x 102 827.6%%% 18.53%

5139 | 2.54+0.2  (0.373+0.082)x 10° 0.6'%% 0.5'%%

5272 | 10.4+ 1.3 (0.209+0.108)x 1072  343.32%% 10.1%%

5466 | 17.1+8.0 (0.110+0.074)x 10°  25.6%%%  10.2%3

5904 | 6.6+2.3 (0.117-0.048)x 10°*  46.8%}%  5.8%8

6093 | 1.94+0.9 (0.121+0.085)x 10+ 88.921404 1,909

6121| 1.54+0.2  (0.280+ 0.072)x 10° 6.0°%% 1.2°%%

6171| 3.940.4  (0.125+0.037)x 10°  21.0%0%  3.3%%

6205 | 13.0+4.5 (0.154+0.068)x 1072  485.3%2% 12.7%%%

6218 | 4.6+0.3 (0.235:£0.075)x 10!  90.6%%%  4.4%%

6254 | 5.1+0.4 (0.261-0.074)x 107t 59.8%%% 4.7

6341| 2.8+0.4 (0.167-0.060)x 107t  48.5%°  2.6%

6362 | 4.3+0.3  (0.491+ 0.125)x 10° 3.6'%55 2.0°%%

6656 | 5.5+0.5 (0.441+0.114)x 107t  18.6%,  4.395

6712| 1.940.3 (0.114:0.041)x 10°  10.7%°  1.6'%5

6779 | 2.1+0.6  (0.407+ 0.142)x 10° 3.1%% 1.2%%

6809 | 3.3+0.3 (0.177£0.048)x 10  13.5% 2693

6934 | 16.7+8.3 (0.149+0.112)x 1072 910.7%%% 16.4%55

7089 | 15.6+ 7.7 (0.818+1.220)x 103 511.3730 15272

In Table 5.2, our cluster sample is listed with the orbitalgmaeters from Dinescu et al.
(1999) for the Paczynski (1990) potential and our computenlilar velocities of the grav-
itational potential at the distance of apogalacticon. Tineutar velocities are computed in
the galactic planez = 0). Because the gravitational potentials of the disc angebdecrease
with |z|, this implies that for clusters witR, < 10 kpc the actuaV. ,can be 5—15% lower.

The corresponding dissolution timescales can be foundlimeTa 3. The values for the
dissolution timescale range frofgy.: = 0.5—20 Myr, corresponding to total disruption times
for a 1 M, cluster in the rang ?Sta' = 8—300 Gyr. This is in good agreement with the
range that is required for low-mass star depletion to erlae observed mass-to-light ratio
drop (Kruijssen 2008). By comparing the dissolution tinsdss for two-body relaxation
to.evapand disc shockingy s, we can see that the latter destruction mechanism is impiorta
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(i.e. lowers the total dissolution timescdfgo: by more than 40% with respect tgevay for

the clusters NGC 288, 5132 Cen), 6362, and 6779. These clusters all have perigalactic
radii smaller than 3 kpc (see Table 5.2). For the error aimbyfsTables 5.2 and 5.3 and of
the rest of this chapter we refer to the Appendix Sect. 5.A.

5.4 Predicted and observed mass-to-light ratios

In this section we combine our cluster models and the dedisblution timescales to study
the mass-to-light ratio evolution for our sample of 24 Gttaglobular clusters. Present-day
M /Ly ratios are predicted for the cluster sample and are comparnbe observations. We

also discuss the possible causes for the individual ceistet still lack convincing agree-

ment.

5.4.1 Predicted mass-to-light ratios for the cluster samg

We employ the cluster models treated in Sects. 5.2 and 5.8ttiggM /Ly ratios for the
cluster sample. The input parameters for the models areifiseldtion timescald, and

metallicity Z. The latter is derived from the iron abundance [Fe/H] (sd®€la.1) according
to

Z =Z, x 10Fe/H (5.11)

with Z; = 0.02, while the dissolution timescale is taken from Tah& & ). Since all
clusters in the sample have metalliciti#s< 0.004, for each cluster the models are com-
puted with metallicitiesZz = {0.0004, 0.004and the appropriate dissolution timescales. The
evolution is computed for a grid of initial cluster massés|ding cluster evolution tracks for
the mass an&/-band mass-to-light ratid /L. For both metallicities, at = 12 Gyr the
tracks are interpolated over the mass grid to match the ebdetuster mass. This provides
predictions forM /L, the initial cluster mas#/; and the total disruption tim& for two
metallicities. These are then interpolated over metaflic obtain the model predictions for
the appropriate metallicity.

Examples of thé/ /L, evolution with time and mass are shown in Fig. 5.5 for NGC 5466
and 6779. The predicted /L are slightly offset with respect to the model curves because
the models here are computedzt= 0.0004 while the predictions are interpolated over
metallicity. However, the variation with metallicity is sth for the displayed clusters, since
their metallicities are close td = 0.0004. It is evident that low-mass star depletion has
a much stronger effect in the case of NGC 6779 than for NGC 54B6nsidering their
dissolution timescaledy = 1.2 Myr versusy = 10.2 Myr, respectively) and the resulting
mass evolution, this is not surprising since NGC 6779 hafead much stronger mass loss
than NGC 5466.

The predicted mass-to-light ratidd /Ly, initial massesVl¢; and remaining lifetimes
ti@l — t are listed for our entire GC sample in Table 5.4. In addititve observed and
predicted fractions of the canonicl /Ly ratios Qops and Qpreq are shown, as well as the
agreement between our predict®t)/L, and the observed values. Combining Tables 5.3
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Figure 5.5: Top left Time-evolution ofM /Ly for NGC 5466. The solid line represents the= 0.0004
model with the dissolution timescale of the clustir£ 10.2 Myr), while the dotted curve indicates
the canonicaM /Ly evolution, i.e. if the preferential loss of low-mass staesevomitted. The dashed
line denotes constant age bf 12 Gyr. The predicted! /Ly of NGC 5466 is marked by a cross and
the onset of the preferential loss of low-mass stars is fipdaiith a dot. Top right Evolution in the
{M, M /Ly }-plane for NGC 5466. Curves and symbols have the same measinghe top-left panel.
Bottom left same as top left, but for NGC 6778 € 1.2 Myr). Bottom right same as top right, but for
NGC 6779.

and 5.4, we see that GCs with short dissolution timescabiseit have low predicteldl /L
ratios.

5.4.2 Comparison of predictions to observations

The fifth column in Table 5.4 indicates the ratio between olesstand predicted mass-to-light
ratio Qops = (M /Lv)obs/(M /Lv)can Analogously, the sixth column gives the ratio between
predicted and canonical mass-to-light ra@gred = (M /Lv)pred/(M/Lv)can On average,
the former ratio is 0.74;%, while the latter ratio is 0.850.01 for the 24 GCs investigated.
There are factors that introduce biases when comparingrégiqtions to the observations.
Specifically, the observations are likely biased to cemitaL ratios for some GCs, while we
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Table 5.4: Our model predictions with theirdlstandard errors. The first four columns list the cluster
NGC number, the predictet-band mass-to-light ratioM /Ly )pred (in Mg L(gl), the logarithm of
the initial cluster mas#/q; (in M) and the remaining lifetime®® — t (in Gyr) . In the fifth and
sixth column, respectively the ratios of observed to catelnhass-to-light rati®ons and predicted to
canonical mass-to-light rati@preq are listed. The seventh column gives the level of agreemaniden
the observed mass-to-light ratib!(/ L v )obs and predicted mass-to-light rativ(/ L )pred (S€€ teXt).
Model predictions
NGC (M/Lv)pred |09 Mcl,i té?stal —t Qobs Qpred Agreement
104 | 2.68%% 6.10%L; 102.1%°% 0.50%%, 1.00%%,
e EC e N P
4147 16405 49901 13261 (5008 08ru%
4590 1.97:00.(')230 5.03:09'1134 a1 9&%% 0.46:00.'1263 0.99:00.(')120
5272 208:00&19 576:001]213 83 5:2193% 067:002423 100:000008
5466 182:001%4 515:001138 247:122931 081:003%0 091:00007O
5904 2.10:00.1118 566:001136 349:1]21224 036:001337 096:000049
6093 179:001196 610:001]216 195:111537 131:004196 088:000097
6121 118:001287 591:000196 3 7&1%3 057:002632 053:000173
6171 1-81:00.'1272 5.56:09'1101 li gi-%g 094:003%2 0-78:0%%9
‘0L 021 99 _0.13 4.2 970,52 1O 007
6205| 20845, 577G 109194 07244 100%%,
8 b e boo Gy oen
6341| 156912 570018 1142 aaSil 0700
6362| 14797, 56700 5320 04895 0.6000
6656 2.05:00.(')234 5.98:09'1141 45. 9:124.20 1.01:00.21201 0.99:00.(')017
6712 145:002059 580:000290 5 5*-_2165538 042:001576 061:000%4
6779 112:003285 591;001156 41:4224 052:002253 056:001099
6809| 168905 57900 14820 15900 08300
6934 208:000917 5.42:091915 77 7;1%% 0.72:00.'2265 1.00:00.(')%3
7089 | 206900 585015 151094 04707 10000
Y9 0.03 09 0.18 -~ 85.3 021 VY 0.00

WNARRPRRPRPRNRPRRPNRRPRUORNMNREPDIMNONNNE®

predict global values. In Sect. 5.4.3 a more detailed c@nattbn is provided in which the
comparison of the predictions to the observations is refined

The seventh column in Table 5.4 gives the level of agreemetmtden the observed and
predicted mass-to-light ratios, which is definedreg (n — 1)o0 < |[AM/Ly| < no for
AM /Ly = (M /Ly)preda— (M /Ly)ops ando? = U(ZM/L)obs + J(ZM/L)p,ed' Within the 1o uncer-
tainty, the predicted/ /L agree with the observed values for 12 clusters out of the Ztar
sample. A Gaussian distribution of errors would yield anemtpd 16 out of 24 clusters to be
found within 1.

As a first comparison and analogously to the presentatioreinddshev et al. (1991) and
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Figure 5.6: Observed (crosses) and predicted (triangles) distributoGCs in the{M, M /Ly }-
plane. The solid line represents our linear fit to the obsems, while the dotted line denotes the
relation found by Mandushev et al. (1991).The error barhiéntop left corner denote the average 1
uncertainty on the observations, while the error bars irbtiteom right corner represent the average 1
uncertainty on the predictions.

Rejkuba et al. (2007), in Fig. 5.6 the distribution of GCshe{M, M /Ly }-plane is shown
for the observed and predicted mass-to-light ratios. Baghufations fall within the same
range and follow comparable trends of increadihdL v with cluster mass. Mandushev et al.
(1991) already provided an expression for the observedithgaof the mass as a function
of magnitude, which allows for a derivation of the expectead in Fig. 5.6. They fit

log (M /M) = (—0.456+ 0.024M,, + (1.64+ 0.21), (5.12)

whereM\y represents th&-band absolute magnitude of the cluster. Adopting a sollareva
of My = 4.83, the relation betweed /L, and mass from Mandushev et al. (1991) can
then be expressed as

log(M/Ly) = (—0.12+ 0.05) log M /M) — (0.49+ 0.21). (5.13)
A first-order Taylor expansion d¥l /L, around log ¥ /M) = 5.2 then gives
M/Ly =~ 0.38logM /Mg) — 0.55, (5.14)

which has a linear slope of 0.38. The best fitting slope forsample is 0.41 0.28, thus
agreeing with the value from Mandushev et al. (1991). Thgedlamcertainty arises from the
scatter in Fig. 5.6.
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Figure 5.7: Left Observed mass-to-light ratidV{/Lv)obs Versus the predicted mass-to-light ratio
(M /Lv)pres, together with their & standard errors. The dotted line follows the 1:1 relatiolus@rs for
which the disagreement is larger tham dre plotted as dotRight Number histogram ofNl /L v )pred
(diamonds, shaded area) and (Lv)obs (triangles, hashed area). Again, the error bars denete 1
deviations, which were determined from 30k random readisatof the underlying data.

The trend of increasing mass-to-light ratio with mass iseetgd from the models shown
in Fig. 5.4 and the discussion in Sec. 5.2.2. However, theeestope is~ 0.6—1.0 for
metallicitiesZ = 0.0004—0.004 and increases with For some metallicities, the model
slope is thus more thanolsteeper than the fitted slope. This is not surprising, becaus
the models each have a single dissolution timescale andlizigtawhile in reality both
guantities have a spread that causes horizontal and \textiatier, respectively. It turns out
that the spread in dissolution timescale has a strongectedfeM /L than the spread in
metallicity (Kruijssen 2008), implying that the scatterthre horizontal direction is largest
and that the slope fitted to the entire sample is shallower i@t of a single model.

In Fig. 5.7, a more specific comparison is made between theredtsons and model
predictions using the same framework as for the canoniga@sationsin Fig. 5.1. Again, the
left-hand panel plots the observed versus the predicted-toalgyht ratios, while the right-
hand panel shows the number histograms of the two. In thédeftl panel it is shown that the
predictions for half of the clusters are such that they rehmhin to the appropriate mass-to-
light ratios. When comparing this panel to its analog in Bid, the improved agreement with
the observations is evident. Nonetheless, there is an gajgref deviating GCbkelowthe 1:1
relation at 1 /Lv)pred = 2 Mg L(gl, representing the clusters for which no strong low-mass
star depletion is expected from the models due to their lasigiption times. Consequently,
the predictedV /L for these clusters are similar or equal to the canonicalesliExcept
for NGC 6809, there are no clusters above the 1:1 relationdteinconsistent with the
observations. The number histogram of the observed andcpeddnass-to-light ratios in
the right-hand panel of Fig. 5.7 confirms both the improve@eament between observed and
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Figure 5.8: Left The ratio of the observed mass-to-light rathd (L v )obs to the canonically expected
(M /Lv)can versus the ratio of the predicted mass-to-light rakity v )preato (M /Lv )can, together with
their 1o standard errors. The dotted line follows the 1:1 relatiolus@rs for which the disagreement is
larger than & are plotted as dotRRight Number histogram of the rati@pq (diamonds, shaded area)
and Qops (triangles, hashed area). Again, the error bars denstéeliations, which were determined
from 30k random realisations of the underlying data.

predictedM /Ly with respect to Fig. 5.1 and the accumulation of a numberusdtels near
the canonicaM /Ly in the model predictions.

5.4.3 Discussion of discrepant clusters

In total, there are twelve clusters with a worse tharatjreement between the model predic-
tions and observations. Five of these have worse thaag2eement, while we would expect
only one. Here, we discuss possible reasons behind theedesacy.

The deviant clusters below the 1:1 relation in the left-hgadel of Fig. 5.7, being
NGC 104, 1851, 1904, 4147, 4590, 5272, 5904, 6205, 6341, 8084089, generally share
properties such as relatively wide orbits and long dissmutimescales. Due to their long
dissolution timescales, they are all predicted to have-naaonicalM /L. Thisis illustrated
in Fig. 5.8, where the fraction oM /Ly )obs and (M /Lv)pred With respect to the canonical
(M /Lyv)canis shown in panels similar to Fig. 5.7. In both the left- arghtihand panels
of Fig. 5.8, the accumulation of too high predicted maskefiot ratios occurs near or at
Qpred = 1. Since per definitionM /Lv)pred < (M /Lv)can NO valuesQpeq > 1 are found.
In that range, the apparent disagreement between the eolsamnd predicted histograms is
disputable since all but one cluster (NGC 6809) arednafjreement with their canonical
mass-to-light ratios.

While our predicted mass-to-light ratios are global (ilester-wide) values, the observa-
tions from McLaughlin & van der Marel (2005) are derived fraentral velocity dispersion
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measurements from Pryor & Meylan (1993) and are extrapdkatglobal values using sur-
face brightness profiles (McLaughlin & van der Marel 2005] aeferences therein). They
fit isotropic single-mass King models and thus neglect adjatagradients ofM /L ratio or
mass function slope. Consequently, the valuesMf £ )ons do not contain any informa-
tion about such gradients and for some clusters only acyregflect theM /Ly ratio in
their central parts. The globall /L ratios of clusters with strong radidf /L gradients
are at besapproximatedMcLaughlin, private communication). For instance, thetoe of a
mass-segregated cluster may be populated with massivieimaous stars, yielding a lower
M /Ly ratio than its global value.

The disagreement between the global and ceMrél is expected to be largest for clus-
ters that have suffered relatively weak mass loss but agenally evolved. In that case, the
low-mass stars are outside the core but still bound to tretedand are included in the global
M /L, while they do not play a role in the value derived by McLaugl& van der Marel
(2005). This indeed applies for the discrepant GCs in oupdamvhich not only have long
dissolution timescales but also higher King parametggsimplying that mass segregation
can be reached on relatively shorter timescales. For thev@i@isvorse than & agreement
below the 1:1 line in Figs. 5.7 and 5.8 we have average Kingmateri, = 7.6, while for
the lr-consistent GCs we fintd/y = 6.1, both with standard errogs 0.1. This further vali-
dates our explanation for the difference between the demnticaglobalM /L ratios of these
GCs.

In a recent study, De Marchi et al. (2007) find that extendegd-doncentration and low-
Wp) GCs are depleted in low-mass stars, which they confirm tol@ec¢ordance with pre-
dictions by theoretical studies (Chernoff & Weinberg 19%a8kahashi & Portegies Zwart
2000), while GCs with high values &/, have close to canonical mass functions. This is in
agreement with our predictéd /Ly for these clusters and suggests that the obsevi/éd,
are indeed underestimated. A more precise check can be rgamteriparing the low-mass
star depletion from De Marchi et al. (2007) with the obserarad predicted fractions of the
canonicalM /Ly ratios Qops/pre¢ This can be done for four GCs with worse thandgree-
ment, being NGC 104, 5272, 6341 and 6809. For NGC 104 and 52&7/@iserved depletion
is not strong enough to draw any definitive conclusions, evfak NGC 6341 and 6809 the
results from De Marchi et al. (2007) are clearly more coesistvith our predictions than
with the observed/ /Ly (see also Sect. 5.5 and Fig. 5.9). This substantiates the that
some GCs have observatl/L ratios that are biased to lower numbers. To test this asserti
global observational measurements of the velocity dispersiondvoe needed to enhance
the accuracy of the present obserwédL ratios.

We now revisit the meai /L fractions of the canonical value presented in Sect. 5.4.2
by leaving out the GCs that may have strongly different ar&nd globalM /L ratios. It
was shown by Baumgardt & Makino (2003) that for & M), cluster core collapse is reached
within a Hubble time ifW, > 7. This timescale is increased by a factor three for a GC with
typical initial mass of 16 M, but mass segregation manifests itself on a shorter tineesca
than the core collapse time. The relative mass loss due swldigon of a 16 M, GC
is smaller than 10% after 12 Gyr for dissolution timescaigs > 5 Myr. These limits
could separate GCs with similar global and cenhfglL ratios from those with pronounced
differences between the two. We exclude GCs with lgih > 5 Myr and W, > 7, as well



On the reduced mass-to-light ratios of Galactic globulasters 109

as NGC 6809 (which has i /L ratio that cannot be explained by any model as it is 1.6
times the canonical value). This yields an average obsédraetion of the canonicall /Ly
of Qops = 0.78%%, and a predicted value @preq = 0.78+ 0.02. For the excluded GCs,
we haveQgd = 0.68%%, and Q%% = 0.96- 0.01, reflecting the fundamental difference
between both values. Although the cuts we made representeshlicated guesses’, it is
evident that the agreement between theory and observagiomsch better for those GCs for
which we can be more certain that the centfglL, reflects the global value. For these GCs,
our models confirm an averadé/L ratio drop of about 20% due to low-mass star depletion,
corresponding to about 1/4 of the observed differendd jii,, between GCs and UCDs.
Another option could be that the dissolution timescales 66@n wide orbits are over-
estimated (as suggested for different reasons by Kruij@sBortegies Zwart 2009), possi-
bly due to a dissolution mechanism that is not included inanalysis. White dwarf kicks
(Fregeau et al. 2009) could be a candidate for such a mechariitis would imply that
some of our predicted dissolution timescales &hd. ratios are overestimated. Also, we do
not assume clusters to be initially mass-segregated. Sbthe olusters under consideration
here are likely not to have reached energy equipartitioniwvea Hubble time, but still exhibit
evidence of mass segregation (e.g. Anderson & King 1996is fitints to primordial mass
segregation in these cases, which is shown by Baumgardt 08l8) to effect additional
low-mass star depletion that we did not account for (see @éxi. 5.2.2). The additional
modeledM /L ratio decrease would be 10% (KL08). However, this is not sufficient to lift
the discrepancy for any of the deviating GCs.

5.5 Observational verification

If the decrease oM /L ratio with respect to the canonical value is indeed due teruss
star depletion, one would expect a correlation between liserved slope of the low-mass
MF aobs and the ratio of the predicted and canonibbl Ly ratios Qureq. Specifically, for a
powerlaw MF withn oc m~<, a low value ofQeq would be signified by a reduced value of
(lobs:

In a study by De Marchi et al. (2007), MF slopes are determingide stellar mass range
m = 0.3—0.8 M, for several Galactic globular clusters, based on a conpilaif results
from HST imaging of different sources. By reanalysing thaiBgardt & Makino (2003)
N-body data, Baumgardt et al. (2008) conclude that for a Kag@001) IMF the canonical
slope in that mass rangedg = 1.74, which is thus expected to be measured for clusters wit
canonicalM /L ratios orQueq = 1. In addition, they provide a fourth-order powerlaw fit
to the N-body simulations from Baumgardt & Makino (2003) feras a function of /%,
the elapsed fraction of the total disruption time. By inregtour relation betwee@peq
andt/t{® (Eq. 5.5) and inserting the outcome int¢t/t{'®) from Baumgardt et al. (2008,
Eq. 4), we obtain an expression for the predicted MF slapg between 0.3 and 0.8 Mas
a function of the fraction of the canonidsll /Ly ratio Qpreqd. Inversion of Eq. 5.5 yields

1.25— 0.85Qpred fOr Qpreq < 0.645,
t/toll = & 1.61— 1.410peq for 0.645< Qprea < 1, (5.15)
0...0.2 for Qpred=1,
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Table 5.5: Coefficients for the fourth-order powerlaw approximatidno@red as a function 0fQpreq
(see Eq. 5.16).

apred coefficients

n 0 1 2 3 4
a | -431 1776 -22.10 13.17 -3.02
b, | -17.04 74.41 -116.76 84.13 -23.06

where the uncertaintg/t°%@' = 0...0.2 forQpreq = 1 arises due to the range bft'?? over
which it is constant in our models. Combination of this exgsien and Eq. 4 from Baumgardt
et al. (2008) then provides the relation betwegpqand Qpred:

4
Z a”Qgred for Qpred < 0.645,
n=0

Qpred = 4 (5.16)
) S biQReq for 0.645< Qprea< 1,

n=0

1.68...1.74 fOf Qpred: 1,

with the coefficient a, b}, listed in Table 5.5 and again the uncertainty.q = 1.68...1.74
emerging from the degeneracy @freq = 1 that was mentioned earlfer

In Fig. 5.9, the correlation betwe&B,s/preq and the observed low-mass MF slopgs
is assessed for the subsample of clusters from the preselyttsiat is also considered in De
Marchi et al. (2007). For comparison, the relation for thedicted low-mass MF slop@yreq
as a function 0Qps/preq is included as well. Most of the observed data match the predii
relation betweemv and Q within their error bars, albeit with substantial scattehisTis due
to the large uncertainties of the observations and posalbtyrelated to biases introduced by
comparing central and global mass-to-light ratios (sed.$e4.3). The poor quality of the
observations is illustrated by this spread and by the lange bars. For the predicted mass-
to-light ratios the trend is more well-defined, but for lowlues of aqps it does not extend
down to the mass-to-light ratios that are predicted by thedihis could imply that either
aobs OF Qpreg are biased. If the latter is true, it suggests that some Grgpe dissolve more
rapidly than presently included in the models.

As shown in Sect. 5.4.3, comparison @f,s with the observed and predicted fractions
of the canonicalM /Ly ratios Qops/pred for the GCs with agreement parameter2 (see
Table 5.4) provides an independent check of our prediktéd , ratios. While for NGC 104
and 5272 this does not allow for any definitive conclusions,NGC 6341 and 6809 the
observed mass functions are clearly more consistent wittprdictedM /Ly ratios than
with the observed values.

SConsequently, it represents the same uncertainty/%%a' = 0...0.2, withagpreg = 1.68 corresponding to
t/to = 0.2 andapred = 1.74 tot/tl® = 0. Since for most GCs under consideration the elapseddrecf
the total disruption time are closer tgt{®® = 0.2 than tot/{!? = 0 (see Table 5.4), we adopfyreq = 1.68 if
Qpred =1
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Figure 5.9: Correlation between the observed slope of the low-madsustebss functiofens and the
relative mass-to-light ratio with respect to the canoniedlie ©. The dotted curves indicate the theo-
retically predicted relation betweenand Q (not a fit), with the dot at the right-hand tip representing
the canonical values afp = 1.74 andQ = 1. Values of« representing thglobal MF are marked with
triangles, while those for clusters with worse thanagreement betweeBons and Qpreg are denoted by
squaresLeft For the observed mass-to-light ratio fracti@ass Right For the predicted mass-to-light
ratio fractionQpred.

With Eq. 5.16, we can alspredictthe slope of the low-mass MF for clusters that where
not considered by De Marchi et al. (2007). The predictededagre listed in Table 5.6. For
most clusters with observed valuesagfthe agreement between observed and predigtisd
reasonable. Only for NGC 6218 and 6712 there is a strongatiacicy. For NGC 6218, we
expect the deviation to arise from the observed value,gf since the predicted and observed
M /Ly are in excellent agreement (see Table 5.4). On the other, ian8iGC 6712 the
incompatibility may be due to a slight overestimation b (Ly/)pred @and thus 0fQpeq and
Qlpred-

In this context it must be noted that the compilatiomo¥alues from De Marchi et al.
(2007) is drawn from a sample of literature estimates, masetl on HST data, observed in
somewhat different radial regions of each cluster. Fouhefeleven GCs that coincide with
our sample of 24 GCs do have a direct estimate for their giwlaals function (see Table 5.6).
For the remaining seven other GCs from De Marchi et al. (2003} estimate is taken from
measurements restricted to the region around the half-radassr,, of which it is known
that the shape of the MF is comparable to the global (i.e.tetuside) MF (Richer et al.
1991, Baumgardt & Makino 2003, De Marchi & Pulone 2007). Hegrethe uncertainty of
these slopes is larger, and they do not provide a self-densiway to derive the global MF.
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Table 5.6: Observed and predicted stellar mass function (MF) slep@eghe rangen = 0.3—0.8 Ms.
Listed are the cluster NGC numbers (first column), observ&dshMpes from De Marchi et al. (2007)
(second column), and predicted MF slopes (third columng dibserved low-mass MF slope of clusters
representinglobal MFs from multi-mass Michie-King models are denoted in batdf, while the other
values designate local values close to the half-mass résestext). The standard errors @gps iS are
oo = 0.2 for the global MFs and, = 0.3 for the other values (De Marchi, private communication

MF slopes
NGC Qobs Oépred
104 | 1.24+0.3 1.68%%,
288 | 0.0+0.3 0.96%%

1851 1.689%
1904 1.65908
4147 1.4001
4590 1.669.02

5139 | 1.24+0.3 1.53%12
5272 | 1.3+0.3  1.68%%

5466 1.57%%,
5904 1.64%%,
6093 1.52%%%
6121 | 1.0+02 0.62%%,
6171 1.34°%%
6205 1.68%%,

6218 | —0.1+0.2 1.449%
6254 | 1.1+0.3 1.59%%
6341| 1.5+0.3 1.38%%%
6362 0.85%%
6656 | 1.4+02 1.67%%,
6712 | —094+0.2 0.87%%,

6779 0.709%¢,
6809 | 1.3+0.3 1.44%04
6934 1.6890
7089 1.689%

It is clear that a direct determination of the global stetfaass function for most of the 24
GCs investigated in this study would allow one to verify tmedictions of the present study
with much higher confidence.

In Fig. 5.10 we investigate how feasible it is to observaibnverify the predicted drop
of « for our full sample of 24 GCs. We plot the apparéfiband magnitude of stars with 0.3
solar masse¥/ 3 for each cluster versus the predicted slapgq of the stellar mass function
for 0.3< m/Mg < 0.8. Vg 3is obtained from the distance modulus of each GC and from the
assumption thatl,, = 9.8 mag (Baraffe et al. 1997). We also plot the angular sizmch
cluster versusyred. As a consequence of their generally higher galactocettisiance, those
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Figure 5.10: Feasibility of observational tests of low-mass star démtetLeft For the 24 GCs in-
vestigated in this chapter, the appar&hband magnitude of stars with 0.3 solar masggsis plotted
versus the predicted slopgeq Of the stellar mass function for 08 m/Ms < 0.8. Data points with
large circles are those with available observational data fHST imaging (compiled by de Marchi et
al. 2007).Right The half-mass radius in arcminutes (Harris 1996) is ptbtersusopred. Data points
with crosses indicate GCs withos > 25 mag. Data points with large squares indicate GCs whose
predictedV /Ly deviates by more tharslfrom the observed value. These are all GCs with agreement
parametee> 2 in Table 5.4.

GCs with the faintest/y3 > 25 mag would not be expected to exhibit a strong low-mass
star depletion. The angular half-mass diameters of the GtbsWy 3 < 25 range between 2
and 8 arcminutes. To obtain a representative estimate afithel mass function, it is clear
that wide-field ground-based imaging is required for mossGidr this wide-field imaging,

a completeness magnitude \6f~ 26 mag is desirable, which will allow moderately precise
photometry already fol/ ~ 25 mag. For 8m class telescopes and with optical seeing in
the range 0.8 to 1Q this requires 1-2 hours integration time per filter, or 2etis for a
two-band exposure. With wide-field imagers such as VIMOS@VMACS@Magellan, or
SuprimeCam@SUBARU, single-shot images will be sufficierddver at least 2-3 half-light
radii for most clusters. From Fig. 5.10 we conclude that thst lbandidate that also comple-
ments the compilation by De Marchi et al. (2007) is NGC 67d@8¢Wed by NGC 6362 and
possibly NGC 6171.

5.6 Discussion and conclusions

In this section, we provide a summary and a discussion ofesuits. We consider the effects
of the assumptions that were made and reflect on the impitatf the results.
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5.6.1 Summary

In this study, we have investigated the dynamical masgta-tatios of 24 Galactic globular
clusters. We have tested the hypothesis of the preferdosimbf low-mass stars as the main
explanation for the fact that the average observed makgkbratios of the Galactic GCs
in our entire sample are only 7% of the expectations from stellar population models.
Accounting for the orbital parameters we derived dissolutimescales due to two-body
relaxation and disc shocking for our globular cluster sangpld calculated the evolution of
their masses and photometry using 8RACE analytical cluster models from Kruijssen &
Lamers (2008, throughout this chapter KL08). These modmlsunt for the preferential loss
of low-mass stars which is fitted to tié-body simulations by Baumgardt & Makino (2003)
and therefore provide non-canoniddl/Ly predictions. We find the derived dissolution
timescales to be in good agreement with the range requireldiemass star depletion to
explain the observel! /L ratio decrease from Kruijssen (2008).

The present-dayt(= 12 Gyr) M /Ly ratios have been compared to the observed values
from McLaughlin & van der Marel (2005), yieldingslagreement for 12 out of 24 GCs.
We considered possible causes for the remainirigr discrepancies that occur for the other
GCs. Itis found that 11 of these clusters have preditded \ very close to the canonically
expectedVl /Ly ratios due to their long dissolution timescales and thesspondingly mod-
est low-mass star depletion, while their obserlitdL are lower. This is probably due to
the method by which the observédl/L\ are derived, which is biased towards the central
M /Ly while our models predict globdll /Ly. For mass-segregated GCs with long dissolu-
tion timescales, both values can be substantially differ€he discrepant GCs have higher
than average King parametan%,, which should indeed reach mass segregation on shorter
timescales (see e.g. Baumgardt & Makino 2003). This expiamdor the discrepancy be-
tween some of the observed and predid@dL ratios is confirmed by a study of low-mass
star depletion in GCs by De Marchi et al. (2007), whose olegbimass functions are in
good agreement with our predictions. The average obseviéd, ratio of 74% of the
canonical expectations would therefore be underestimé&berluding GCs which likely have
dissimilar global and centrd¥ /L ratios by making cuts in dissolution timescale and King
parameter, we find that the observed and predibtéd , ratios are consistent at ‘f?l% and
78 + 2% of the canonical values, respectively. For the entirepdanthe average predicted
fraction of the canonicall /L ratio is 85+ 1%.

To assess the imprint of low-mass star depletion on the €lbfhe low-mass stellar mass
function, we compared the observed mass function slapggrom De Marchi et al. (2007)
for 11 GCs contained in our study to the values predicted bynoadels as well as to the
observed and predicted mass-to-light ratio fractions efdiinonical value®gns and Qpred.
Most of the measured slopes agree with the predictions, hibié considerable scatter.
Since most of them are values derived at around the half-naakss and are extrapolated
to global values, we also discuss the feasibility of obstéwma fordirectly measuring global
mass functions of most of the GCs investigated. We show tbap dground-based) wide-
field imaging would be necessary, with point source detadiioits V ~ 26 mag. The most
suitable candidate for such a campaign would be NGC 6779.
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5.6.2 Propagation of assumptions

In the course of the study presented in this chapter, seassamptions were made that affect
the results to different extents. Their implications aréadisws.

(1) We have adopted tH#PACE cluster models (KL08), of which the stellar evolution and
photometry are based on the Padova 1999 isochrones (se& 2gcConsequently, the
predicted cluster photometry and corresponding masgorhatios are affected by that
choice. To indicate the level of the deviation with the cbushodels from Bruzual &
Charlot (2003), in Fig. 5.1 we compared the canonically etgniV /L, from SPACE
to the Bruzual & Charlot (2003) values for our cluster samplee difference between
both is inadequate to explain any systematic tendency ohtass-to-light ratio with
respect to th&PACE models. Therefore, we conclude that the adopted clusteelmod
do not effect substantial implications for the predicMdL ratios.

(2) Due to the treatment of the preferential loss of low-mgtsss in theSPACE cluster
models, there are indications that the predicted masgHibiatios could be underes-
timated during the final- 15% of the total cluster lifetime (KL08). Table 5.4 shows
that none of the GCs in our sample reside in this regime. Onttier hand, we did not
include primordial mass segregation, which could decréas@redictedV /L ratios
by ~ 10% (KLO08).

(3) By adopting the average cluster orbits from Dinescu.gt1899), we assume constant
orbital parameters over the total cluster lifetimes. Cdesing the ballistic nature of
the orbits, such an assumption is legitimate as long as ttegreat conditions do not
strongly differ. The Galactic potential was only substalhtidifferent from its present
state during the formation of the Milky Way. A more extendestribution of mass
during these early epoch would obviously increase the llisea timescale due to
disc shocking, and would affect the dissolution timescale th two-body relaxation
in a similar way because of the reduced tidal field. Conseiyehis would imply
that the mass loss during the firstl Gyr of our models is overestimated, causing our
initial masses to be overestimated as well. However, thenebdd nature of the Milky
Way would cause dissolution due to giant molecular cloucdanters to become an
important mechanism (e.g. Gieles et al. 2006b), therebytevacting the previous
effect. Although we cannot rule out any consequences, duakinfluence would only
be relevant for a small fraction (the first 10%) of the total cluster lifetime, where
mass loss by dissolution is much less effective than latedusimg cluster evolution.
Therefore, this likely only affects our analysis within tor margins.

(4) We have compared our predictions to the observed malgghtaatios from McLaugh-
lin & van der Marel (2005), which are biased towards centfdlL values. As treated
more extensively in Sect. 5.4.3, this yields underestithateservedV /L ratios for
mass-segregated clusters with long dissolution timescaléherefore, based on the

60f course, if the preferential loss of low-mass stars is aoted for, i.e. non-canonical models are considered,
the SPACE cluster models predict very different photometric evalotthan canonical cluster models such as Bruzual
& Charlot (2003).
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earlier discussion and the parameter range in which diac@es arise, we consider
the dynamical §/ /L v)obs from McLaughlin & van der Marel (2005) to be subject to
improvement for GCs with both dissolution timescatgs: > 5 Myr andKing param-
etersWy > 7.

5.6.3 Consequences and conclusions

The consequences of our findings are not only relevant toestwd theM /L ratios of com-
pact stellar systems, but also to other properties of thtesetsres. Here we list them together
with the conclusions of this work.

1)

(2)

©)

(4)

When constraining our sample to the subset for which liseovedVl /Ly likely reflect
the global values, we find that the preferential loss of loasastars can account for the
~20% discrepancy between observed dynamical mass-torgjbs of Galactic GCs
and those expected from stellar population models thatassucanonical present day
mass function (Kroupa 2001). This alleviates the factonaf bffset inM /L between
GCs and UCDs by about 25%. Still, some additional dark ma#is meispect to a
canonical IMF is required to explain th\d /L of most UCDs.

Accounting for the orbital parameters, present-daysesand chemical compositions
of individual clusters, we find that there is good agreement between ouelnpoe-
dictions and observations of thd /L ratios of these clusters. For the GCs with
worse than & agreement there are strong indications that the discrgpardue to

an underestimation of the observity L ratio. In mass-segregated clusters with long
dissolution timescales, the observiéd L ratios represent central values that do not
reflect the globaM /Ly ratio.

The ideal way to confirm the validity of our explanatiom the reducedV /L ratios

of GCs forindividual clusters will be to obtain a homegeneous set of deep wide-fiel
imaging for most GCs. This would expand and complement theently available
heterogeneous data sets of space based GC imaging, whediristed to small fields
in each GC, at different radial ranges. By this, the globassrend luminosity func-
tions could be measured directly for individual GCs and bragared quantitatively to
the predictions of this chapter regarding the low-massd#atetion due to dynamical
evolution. In addition, velocity dispersion measuremevasid allow for the determi-
nation of globalM /L ratios, thus providing an update to those from McLaughlin &
van der Marel (2005).

The topic of globular cluster self-enrichment and npiétistellar populations can also
be considered within the framework of this chapter. In ameésaudy by Marino et al.
(2008) itis shown that NGC 6121 contains two stellar popoitetthat are probably due
to primordial variations in their respective chemical casitions. It is mentioned that
the present-day mass of NGC 6121 is an order of magnituddesrttedn that of known
multiple-population GCs such as NGC 1851, 2808 and 5139.s€mqrently, Marino
et al. (2008) pose the question how the enriched materidd ¢t@mve remained in such a
shallow potential and argue that multiple populations auéaly to be strictly internal



On the reduced mass-to-light ratios of Galactic globulasters 117

to GCs, unless they are the remnant of much larger structurése case of NGC 6121,
our calculations seem to explain the issue, as it isrttially fifth most massive GOf

our sample {¢; ~ 10° M). As a result, mass could have been retained much more
easily, implying that the multiple populations of NGC 612% ao reason to invoke
external processes for enrichment and to abandon thersgthenent scenario.

We conclude that the variation & /L ratio due to cluster dissolution and low-mass star
depletion is statistically significant and serves as a [itdei®xplanation for the difference
between observed and canoniddl/L ratios. Moreover, it has several implications that
should be accounted for in GC studies, since its effects eaacburately quantified. We
also suggest that the /L decrease is considered in independent observationaloaeidfins

to further constrain the evolution of the stellar mass figmrcin dissolving globular clusters.
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5.A Appendix: Error analysis

In this Appendix, the error propagation through our compaite is discussed. The errors
in Tables 5.2 and 5.3 are standard errors, most of them digtedrby computing the formal
error propagation. For a functidixy, x, ...,x;) this implies

of \? of \? af \?
2 — 2 2 2
of = <8X1) oy, * <8X2) Oy, F ot <6X,'> Ty (5.17)

with o; the error in the parametér Asymmetric errors on each parameter are both separately
propagated by employing the same recipe, while inverséaoakare accounted for by swap-
ping the positive and negative errors. However, Eq. 5.1draes an approximately constant
derivative over the standard error interval. For very lagg®rs on non-linear relations this
assumption does not hold. The first of two parameters whelteawe to correct for this effect

is fosh It is inversely related to the destruction ratg from Dinescu et al. (1999), which is

a parameter with very large relative errors, even to thenektkat after computing the error
propagation one can hawgsh— o, < 0. Because dissolution timescales below zero are not
physical, instead the negative errorigpnis determined by computing

O-t;sh = to,sH{Vsh, Meci, Xcorr) — to,sH(Vsh — o Me — Oy Xeorr — O'X_CO"), (5.18)
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whereo;” indicates the negative error in a parameterin the context of Eq. 5.17, this
approach is equivalent to assuming the derivative equalsrban slope of (x) over the
interval [x — oy, X]. On two occasions (NGC 6093 and 6712), a strongly asymmetror
in to,sh propagates intt 1ot such thaty ot + o{;m > min(to evapt aglmp, to.sht U?B,sh)- However,
since a very large positive error thsh Or ty evapWould make the term vanish in the inverse
addition of Eq. 5.6, it should not propagate into a simildasge error inty ot This brings
up the second parameter we have to correct for the propagztiarge errors through non-
linear relations. We define the error fgy.: for NGC 6093 and 6712 such thifo + agm =
The error margins on our predictions in Table 5.4 are deteethby numerically evaluat-
ing Eq. 5.17 for the desired quantities. Our predictionsteion the observed mass, metal-
licity and dissolution timescale. The derivatives\df/ L with respect to the former two are
trivial sinceM /Ly is determined by interpolating over these parameters.Heodissolution
timescale, we compute additional modelgxg: — oy, to obtain the numerical derivative
of M /Ly with respect tdp o In fact, this is the differential rather than the derivatibe-
cause for long dissolution timescalbt/Ly can be locally constant, while it varies over a
larger range. The only case were a non-linearity forces uketive alternative errors is for
the positive standard error d /L. Although the uncertainty in metallicity could increase
the predicted mass-to-light above its canonical valueytigertainty in mass and dissolution
timescale cannot due to the flattening of the cluster isawsn the{M, M /Ly }-plane (see
Fig. 5.4). Therefore, the combined positive standard esfdhe mass-to-light ratio due to
the uncertainty in mass and dissolution times@@ﬂ"j is defined as

o = min [FEME, (M /Lv)ean— (M/Lv)pred] (5.19)
with E‘,{,,"//’Ltj the standard error according to Eq. 5.1¥ AL v)can the canonically expected

mass-to-light ratio and\{ /L v )pred the predicted value. This definition ensures that the pos-
itive standard error is never larger than the differencevben the canonical and predicted
mass-to-light ratios.

Except for the alternative error in Eq. 5.19 that is specdidt/Ly, the standard errors
on the predicted initial masses are determined analogoaishe above. For the remaining
lifetimes, numerical derivatives with respect to mass,atfieity and dissolution timescale
are simply obtained by reintegrating Eq. 5.1 for slightlffetient initial conditions.

Finally, for the predicted slopes in Table 5.6, the erroes@mputed using Eq. 5.17 and
restricted such that + o, < g (analogous to Eq. 5.19).
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On the interpretation of the globular cluster
luminosity function

J. M. Diederik Kruijssen and Simon F. Portegies Zwart
Astrophysical Journalv. 698, p. L158-L162 (2009)

Abstract The conversion of the globular cluster luminosity functi@CLF; dV/dlogL) to the
globular cluster mass function (GCMFINdd logM) is addressed. Dissolving globular clusters (GCs)
become preferentially depleted in low-mass stars, whisle leehigh mass-to-light ratiof /L ). This

has been shown to result in &f/L that increases with GC luminosity or mass, because more mas-
sive GCs have lost a smaller fraction of their stars thanneass GCs. Using GC models, we study
the influence of the luminosity dependencyMf/L on the inferred GCMF. The observed GCLF is
consistent with a powerlaw or Schechter type GC initial nfagstion in combination with a cluster
mass-dependent mass loss rate. Below the peak, the logaristope of the GCMF is shallower than
that of the GCLF (0.7 versus 1.0), whereas the peak mass-is@3lLdex lower when accounting for
the variability ofM /L than in the case where a constadff L is adopted.

6.1 Introduction

The present-day globular cluster mass function (GCMK/dlogM) is derived from the
globular cluster luminosity function (GCLF;NJ/d logL) by assuming a constant mass-to-
lightratio (M /L) for all globular clusters (GCs; e.g. Fall & Zhang 2001, \ispi et al. 2003,
Jordan et al. 2007, McLaughlin & Fall 2008). The resultinG\&F is strongly depleted in
low-mass GCs with respect to the mass distribution of youag dusters, which is well
described by a power law with index2 in various environments down to a few 10Q;M
This has led to a number of pioneering studies explaininghitgpe by cluster evaporation
at a cluster mass-independent mass-loss rate (equivalardisruption timet},?sta' x M, e.qg.
Fall & Zhang 2001, Vesperini 2001) acting on a power law oregther (1976) cluster initial

TReproduced with permissia@) AAS.
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mass function (CIMF, e.g. Harris & Pudritz 1994, McLaugh8irPudritz 1996, EImegreen
& Efremov 1997, Burkert & Smith 2000, Gieles et al. 2006a).

Although the observed peaked shape of the GCMF is reprodadkd above studies, the
underlying assumptions are not entirely satisfactory bsea cluster mass-dependent mass-
loss rate (equivalent tJ'? o« M7 with v ~ 0.7, see Equation 6.1) is found in theory (e.g.
Baumgardt 2001, Baumgardt & Makino 2003, Gieles & Baumgaffi8) and observations
(e.g. Lamers et al. 2005a, Gieles & Bastian 2008, Larsen,ZBi@fes 2009). This arises from
the nonlinear scaling of the disruption time with the hakiss relaxation timetf@' oc t9.79),
which is caused by the non-zero escape time of stars witleitiel® above the escape velocity
from a tidally limited cluster (Fukushige & Heggie 2000).€élphysical effect of a lowey is
that the dissolution rate of low-mass clusters is slowedrd@iative to higher cluster masses
and highery.

The low-mass slope of a dissolution-dominated mass fumditte the GCMF is always
equal to the exponent(Fall & Zhang 2001, Lamers et al. 2005a). A mass-dependessima
loss rate conflicts with the observations, as it yields a éigtumber of low-mass GCs com-
pared to cluster mass-independent mass lgss (1). The disagreement between cluster
mass-dependent mass loss and the observed sparse popofddie-mass GCs is illustrated
in Figure 6.1(a). The slope of the modeled low-mass GCM#F i8.7 for mass-dependent
mass loss+ = 0.7), whereas for cluster mass-independent mass 1oss 1) the slope is
~ 1.0, in agreement with the observations. The peak (or ‘wgripmasses also differ by
~ 0.3 dex. These differences show that a lower mass-lossaatevi-mass GCs+ = 0.7)
yields a higher number of these relative to massive GCs thémei case of a constant mass-
loss rate{ = 1).

Recent studies show that ti\é /L ratios of GCs are not constant with luminosity or
mass (Rejkuba et al. 2007, Kruijssen 2008), contrary to #iseraption of a constart /L
ratio in previous studies. This agrees with an earlier asiglyy Mandushev et al. (1991),
who determined dynamical masses of Galactic GCs. Theskstsidow thaM /L increases
with mass and luminosity because low-mass GCs are moregdgrdepleted in low-mass
stars. This variation oM /L will affect the conversion of the GCLF to a mass function.
Specifically, the smalleM /L ratios of low-mass GCs imply that the masses of low-mass
clusters are overestimated and consequently, that thenlass end of the GCMF would be
shallower than presently expected. The variabilityVdf L could therefore strongly affect
the interpretation of the GCLF.

We show that the relation between the GCLF and the GCMF ictaffieby low-mass
star depletion, which arises from two-body relaxation .(®lgylan & Heggie 1997). In Sec-
tion 6.2, we discuss the influence of a luminosity-depend&ft on the inferred GCMF,
and we model the GCLF in Section 6.3, alleviating the obdemally expensive need for
accurateM /L ratios to derive the GCMF to allow for a comparison with theoBy in-
cluding a mass-dependent mass-loss rate and a vahapleratio, our model provides an
improvement to the Fall & Zhang (2001) model.
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Figure 6.1: The inferred GCMF of Galactic GCs (Harris 1996, histograRgnel (a): GCMF derived
usingM /Ly = 3 (as in Fall & Zhang 2001). Overplotted is our model MF witlmass-dependent
mass-loss rate (solid line, see Section 6.2) adopting aldiisn timescaldy = 1.3 Myr. Usingt!o:@ =
toM? (Lamers et al. 2005a), for a 1M GC andy = 0.7 this corresponds to a disruption time of
% = 21 Gyr. The dashed line shows the model for a cluster makspéndent mass-loss rate (as in
Fall & Zhang 2001). Panel (b): GMCF derived from the GCLF gsiine luminosity-dependeit /Ly
(see Figure 6.4). The solid curve is the same as above whlédtted curves represent models for
(from bottom to top) logih/Myr) = log 1.3+{—0.5,—0.25, 0.25, corresponding t¢f% = 7—37 Gyr.
Error bars are & Poissonian.

6.2 Implications of a luminosity-dependentM /L

We model the evolution of star clusters in order to quantify influence of the luminosity
dependence o/ /L on the relation between the GCLF and the GCMF. Our modeledall
SPACE (Kruijssen & Lamers 2008), includes mass loss by stellatugiam and by evapora-
tion. The mass loss by evaporation is parameterized witlsithple relation (Lamers et al.
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2005a):

am M M=
(80) - m we o
dt dis Lyis o

Here,~ = 0.7 for clusters with a King parameter typical to GCs\Wg§ = 7 (Lamers et al.
2010) andy is the dissolution timescale which depends on the enviroinvée illustrate the
effect of a variabléV! /L ratio by adopting a unique value f&y;, which we assume to be the
same for all clusters (a realistic spreadjns considered in Section 6.3). We subsequently
convertthe observed LF of the sample of GCs to a MF by adofftimgorresponding relation
betweenL, andM /Ly that is computed witl$PACE (see Figure 6.4). In Figure 6.1(b), we
show the resulting MF for the 146 GCs from the Harris (19963lcatt. Overplotted are the
model MFs with different values fag, adopting a metallicityZ = 0.0004, a Kroupa (2001)
stellar IMF, and a Schechter CIMF with power-law indef and exponential truncation mass
M, =2.5x 1P M. As expected from Equation 6.1, the slope of the MF is inddpahof
the dissolution timescale.

By comparing panels (a) and (b) in Figure 6.1, we see thatuimnlosity dependency
of M /L gives rise to two effects: (1) the slope at the low-mass erntti®@inferred GCMF
drops to~ 0.7, which is the expected value for models with cluster asatiependent cluster
mass-loss rate (Lamers et al. 2005a) and (2) the peak in th@hdBo-called turnover mass)
shifts to a lower mass with- 0.3 dex. About half this shift is due to the already high value
of M/L = 3 adopted by Fall & Zhang (2001). The slope of the GCMF at theass end
is different from the slope of the GCLF, and therefore aldtedint from the GCMF slope
(~ 1) that would be inferred from the GCLF when using a conskjit. ratio.

6.3 Models of the Galactic GC system

In our above analysis, we have assumed a single dissolitisc¢ale for the entire GC
system. In reality, there is a range of timescales on whiel@@s dissolve. We now consider
a more detailed Monte Carlo model of the Galactic GC systewhiich the dependency of
the dynamical evolution of GCs on their orbits is includedir@im is to directly model the
GCLF, rather than to obtain it by converting the GCMF.

The initial positions of the GCs with respect to the Milky Wane taken from the power-
law-like density profile (see, e.g. Fall & Zhang 2001, Eqoia26) that arises from the isother-
mal sphere, with an outward increase of the velocity anipyt(Eddington 1915). Our choice
of parameters for the kinematic model are (1) an initial aingpy radiuskRa = 1 kpc, (2) a
circular velocity of the gravitational potentist. = 220 km %, and (3) V¢/v)? = 3.5, which
determines the slope of the density profile (Fall & Zhang 20@4th v denoting the radial
velocity dispersion. The initial velocities of the GCs assigned according to the corre-
sponding velocity ellipsoid (Aguilar et al. 1988, Equati®nincluding a systemic rotation of
Vot = 60 km s71. We do not claim that this is the correct kinematic model lfer Milky Way,
but we consider it an appropriate ansatz. The resultingllisen timescales agree with the

IWe adopt the 2003 edition of the data, which is  available nenli at
http://www.physics.mcmaster.ca/ harris/mwgc.dat
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Figure 6.2: Histograms of the initial (dashed) and present-day (salidjributions of dissolution
timescaledo to.

range that is expected from observations. For less angttite mean dissolution timescale
of surviving clusters would be longer. The initial clusteasses are drawn from a Schechter
(1976) function with index-2 and exponential truncation maks, = 3 x 10° M, (also
see Jordan et al. 2007, Harris et al. 2609)e sample the metallicities from their observed
distribution in the Harris (1996) catalog.

The GC orbits are integrated in the Galactic potential frohm¥ton et al. (1995), consist-
ing of a bulge, disc, and halo. We adopt a fourth-order RuKgéta integration scheme with
a variable time step, in which the angular momentum and gragyconserved within 1®
during each time step. To compute the evolution of a GC witlvarginitial mass and metal-
licity, we derive its instantaneous dissolution timesdaten the orbital parameters. Tidal
evaporation due to two-body relaxation and disc shocksharetain dissolution mechanisms
(Chernoff et al. 1986). Following Baumgardt & Makino (2008) the dissolution timescale
due to two-body relaxation we write

_ Ra Vea \ '

where R, is the apogalactic radius of the cluster ortMf 5 is the circular velocity of the
gravitational potential ak,, ande is the orbital eccentricity. The dissolution timescale due
to disc shocks is expressed as (Gnedin & Ostriker 1997, 3eij et al., in preparation)

2
to disc = 7.35 Myr <sz,le) PA, (), (6.3)

2This number is slightly larger than in Section 6.2, becatmespread in dissolution timescales implies that
surviving massive GCs on average have a smaller dissoltittmescale than surviving low-mass GCs. We correct
for the resulting deficiency of massive GCs by increasig
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Figure 6.3: Histograms of the observed (filled) and modeled (dotted) E<CL

whereV, sis the velocity in thez-direction during disc crossing at= 0 in units of 16 ms™1,

P, is the (radial) orbital period in units of 2Myr, gm 10 is the orbital maximum of the ac-
celeration due to the dise 9Pgisc/9z in units of 101 m s2, and Ay (x) is the Weinberg
(1994a,b,c) adiabatic correctib(see also Gnedin & Ostriker 1997). For mathematical sim-
plicity, we assume a very weak mass—radius reldtoinn, o< M%! (Larsen 2004) in the
derivation of Equation 6.3.

Over a timespan of 12 Gyr, the dissolution timescales dua#b ¢vaporation and disc
shocks are computed for every orbital revolution, measbitd/een subsequent passages
of the apogalacticon. The dissolution timescale that dlessithe mass-loss rate (see Equa-
tion 6.1) due to both effects is determined by adding theayexut inverses of both timescales
1 1 1

= +

tO,tot tO,evap tO,disc

The resulting initial and present-day distributionggf: are shown in Figure 6.2. GCs with
short dissolution timescales are easily destroyed, lgadithe depletion of the quickly dis-
solving end of the distribution (at low values &f). The surviving GCs have dissolution
timescales that are in excellent agreement with other esu@ruijssen 2008, Kruijssen &
Mieske 2009). Although their mean galactocentric radiwsfesctor 2 smaller than that of the
observed Galactic GC system, the slopes of both densitylgs@fie comparable.

The evolution of GC mass and photometry is computed WHRACE, using the setup
discussed in Section 6.2. In total 507,079 GCs are genewdthdnitial massesV > 5 x
10° M, of which 2,000 survive untit = 12 Gyr. The present-day mass and luminosity
functions are scaled to match the observed numbers, of vitnéchcale factor can be used to

(6.4)

3The parametex implicitly depends on the GC mass (e.g. Gnedin & Ostriker7)99Ve adopt 0.6 times the
initial GC mass, in agreement with the average mass loss pieble time from Kruijssen & Mieske (2009).

4Compared to adopting a constant GC radius, this assumpifiectsea~ 0.45 dex scatter of gisc Because
log (to,disc/to,to) > 0.75 for all surviving GCs, this does not affect our results.
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derive properties of the initial Galactic GC system (seewgl The computed’-band GCLF
is compared to the observed distribution in Figure 6.3. Tie&idutions are in satisfactory
agreement, with a KS-tegtvalue of 0.02. At low luminosities, there is a slight digzaecy,
which could be caused by incompleteness due to obscuratitireliGalactic bulge (Gieles et
al., in preparation).

The M /Ly ratios of our modeled GCs are compared to observations frafraMghlin
& van der Marel (2005) in Figure 6.4. If low-mass star depletis neglected (panel (a)), the
M /Ly ratios of the models are completely set by their metalésiind they agree poorly with
the observations. When including low-mass star deplefiamél (b)), the modelety /L
ratios are affected by dynamical evolution and are in goagdergent with the observations.
The same approach can be used to explain the observatioresnoAOM31 and the LMC
compiled by Rejkuba et al. (2007), which gives results that@nsistent with our analysis
in Figure 6.4.

The McLaughlin & van der Marel (2005) sample is not repreative: of the entire Galac-
tic GC population, as it lacks GCs that are much fainter thartarnover and represents cen-
tral rather than globaV! /L, ratios for certain GCs, only allowing for a first-order cormpan
(for a discussion, see Kruijssen & Mieske 2009). The obsksl@pes of the low-mass stellar
mass functions of 20 GCs from De Marchi et al. (2007) providea@ependent check. Their
compilation exhibits a clear trend of mass function slop@C luminosity. Splitting their
sample at about the turnover luminosity (lbg(/Ls) = 5.1), for a mass function o« m—*
the mean slopes in the stellar mass range 0.3—0.8 M;, are aprignt = 1.424 0.10 and
amint = 0.56+ 0.07 for the bright and faint GCs, respectively. Faint GGsiadeed more
depleted in low-mass stars than bright GCs, substantiatingnodel results.

The initial properties of the Galactic GC system are obtibg scaling the present-
day number of modeled GCs to the observed number and apphgngame scale factor to
the CIMF. In Figure 6.5, we show the CIMF, the modeled GCMIE &CMF that would
be obtained from Figure 6.3 if a constalt/L ratio were adopted, and the initial mass
distribution of the surviving GCs. The modeled GCMF for egdéndissolution timescale from
Figure 6.1(b) is overplotted for comparison, illustratiitg) acceptable agreement with our
detailed model. The disagreement for GC massd®® M, is due to the use of logarithmic
time steps in our models, causing some GCs to lose theirdasflf0 M, within a single
time step at large ages. For a lower mass limit of the CIMF of 50° (10?) M, we find
a surviving GC number fraction of 3.9 (0.%) 102, with an initial total mass of about 1.1
(1.8)x 10° M, and a present-day mass of %80’ M. If the stellar halo{ 10° M; Bell
et al. 2008) is constituted by disrupted GCs and coeval §itaspite of chemical analyses;
e.g. Gratton et al. 2000), our comparable initial total GGmimplies that either nearly all
star formation occurred in clusters at the epoch of GC foignabr that most of these stars
now constitute the Galactic bulge.

6.4 Discussion

We have shown that the interpretation of the GCLF as a or@orepresentation of the
GCMF is incorrect. This follows from thé/ /L ratio decrease due to the low-mass star
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M/Ly
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Figure 6.4: Comparison of observelfl /Ly ratios of Galactic GCs (thick dots; McLaughlin & van
der Marel 2005) with our modelebl /Ly ratios (thin dots). Error bars arer1Dotted horizontal lines
denote the constaM /Ly ratios that are expected if low-mass star depletion is wéggie(from bottom
to topZ = {0.0004, 0.004, 0.008, 0.9 Panel (a): thin dots represent modeMd L ratios without
low-mass star depletion. Panel (b): thin dots denote mddel¢Ly ratios including low-mass star
depletion. The solid line represents the relation betwdeih, andLy that was adopted in the simple
model of Figure 6.1(b).

depletion that arises from two-body relaxation. There iseqaivalence of the luminosity
function and the mass function as both have intrinsicalffiecent low-mass slopes<(1 and

~ 0.7, respectively). In addition, the turnover mass is ostameated by 0.1—0.3 dex if a one-
to-one conversion from GCLF to GCMF is applied, dependintheradopted/ /L ratio. We
have shown that the present-day GCLF and GCMF arise fronsteclmass-dependent mass-
loss rate {2 oc M%7 and @ o t2:79), starting from a Schechter-type CIMF. Therefore,
neither is consistent with a cluster mass-independentinassate (e.g. Fall & Zhang 2001).
The GCMF that is computed using a spread in dissolution tiale only marginally differs
from that for a single, mean value tf
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Figure 6.5: Histograms of the mass distributions of the modeled GCs.ré¥epted are the CIMF
(upper solid) and the present-day GCMF (dotted, withPloissonian error bars). The GCMF for a
single dissolution timescale (Figure 6.1(b)) is represeérty the continuous solid curve. The dashed
line gives the GCMF that would be obtained from Figure 6.3 doastantM /L ratio were adopted.
The initial mass distribution of the surviving GCs is giventhe lower solid line.

The low-mass slope of a dissolution-dominated mass fundiie the GCMF is equal to
~ (see Equation 6.1), independent of the CIMF (Fall & Zhangl2Q@@mers et al. 2005a).
For cluster mass-dependent mass lass 0.7), the GCMF that is inferred from the GCLF is
accurately matched by the models (see Figure 6.1(b)). Tiéywehether this perhaps holds
for all values ofy, we have also considered cluster mass-independent mags ko4 ; Fall &
Zhang 2001) and found that the luminosity dependendy 8f. (see Figure 6.4) is steepened
compared to cluster mass-dependent mass loss. The camvefsihe observed GCLF to
a GCMF then gives an inferred GCMF slope that is even lowe0(6), in bad agreement
with the expected~ 1) value. We conclude that the match between the models and th
observations only exists for values ofx~ 0.7. Of course, the precise description of mass
loss does not affect the fundamental principle of low-mass depletion due to two-body
relaxation. The luminosity dependenceMdf/ L flattens the inferred low-mass GCMF in any
scenario.

We have not yet considered the radial variation of the tuenbuminosityL o, which has
been shown to be independent of galactocentric radius in (M83perini et al. 2003). Our
prescription for dynamical evolution in Section 6.3 yieldkigher turnover luminosity near
the galactic center than at large distances. However, otinadéas aimed at investigating
the influence of a representative spread in dissolutionsi@les on our results, rather than
making an exact model of the Galactic GC system. It shouldmbphasized that the dif-
ference between the GCLF and the GCMF persists, even thougmains to be explained
why Lto appears to be constant. It could be that the outer GCs dessabre rapidly than
expected. Potential explanations could be that GCs on wibiswriginate from accreted
dwarf galaxies (Prieto & Gnedin 2008), or a dissolution negghm that has not yet been
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included (see also Kruijssen & Mieske 2009), like the dyr@ahimplications of white dwarf
kicks (Fregeau et al. 2009), stellar evolution (Vesperird&pf 2003, Vesperini et al. 2009),
or gas expulsion (Baumgardt & Kroupa 2007).

The results of this chapter do not only apply to the Milky Waiyt also to other galaxies.
We see that the properties of the inferred GCMF are affecyethé® mass and luminosity
dependence d¥1 /L that ensues from low-mass star depletion. It is advisedifseorational
and theoretical studies to be cautious when comparing G@oESGCMFs. At present an
observed GCMF cannot be accurately obtained, because fetrahserved GCs only pho-
tometric masses are determined (for which by definition estz1tM /L ratio is assumed)
instead of dynamical masses. Considering the intringichfferent shapes of the GCLF and
GCMF, the presently most feasible way of comparing theoxy @lmservations would be if
models of GC systems are aimed at explaining the GCLF ratlaerthe mass distribution.
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Chapter

The evolution of the stellar mass function in star
clusters’

J. M. Diederik Kruijssen
Astronomy & Astrophysics. 507, p. 14091423 (2009)

Abstract The dynamical escape of stars from star clusters affectsitge of the stellar mass func-
tion (MF) in these clusters, because the escape probabildystar depends on its mass. This is found
in N-body simulations and has been approximated in analytioater models by fitting the evolution
of the MF. Both approaches are naturally restricted to theosboundary conditions for which the
simulations were performed. The objective of this chaseo iprovide and to apply a simple physical
model for the evolution of the MF in star clusters for a largege of the parameter space. It should also
offer a new perspective on the results frdvabody simulations. A simple, physically self-contained
model for the evolution of the stellar MF in star clusters éided from the basic principles of two-
body encounters and energy considerations. It is indep¢ralehe adopted mass loss rate or initial
mass function (IMF), and contains stellar evolution, stelemnant retention, dynamical dissolution in
a tidal field, and mass segregation. The MF evolution in dtesters depends on the disruption time,
remnant retention fraction, initial-final stellar massatein, and IMF. Low-mass stars are preferentially
ejected aftet ~ 400 Myr. Before that time, masses around 15—20% of the maxirsigllar mass
are lost due to their rapid two-body relaxation with the maesstars that still exist at young ages. The
degree of low-mass star depletion grows for increasingigigwn times, but can be quenched when the
retained fraction of massive remnants is large. The higklyleted MFs of certain Galactic globular
clusters are explained by the enhanced low-mass star aepteat occurs for low remnant retention
fractions. Unless the retention fraction is exceptionkdige, dynamical evolution always decreases the
mass-to-light ratio. The retention of black holes redutesftaction of the cluster mass in remnants
because white dwarfs and neutron stars have masses thdficientty ejected by black holes. The
modeled evolution of the MF is consistent withbody simulations when adopting identical boundary
conditions. However, it is found that the results frdwabody simulations only hold for their specific

*The models presented in this chapter are publicly availabie electronic form at
the CDS via anonymous ftp to http://cdsweb.u-strasbg.fr/ (130.79.128.5) or via
http://cdsweb.u-strasbg.fr/cgi-bin/qcat?J/A+A/.

tReproduced with permissia@) ESO.
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boundary conditions and should not be generalised to ateils. It is concluded that the model pro-
vides an efficient method to understand the evolution of ttas MF in star clusters under widely
varying conditions.

7.1 Introduction

The evaporation of star clusters is known to change the shigihe underlying stellar mass
functiont (Hénon 1969, Chernoff & Weinberg 1990, Vesperini & Hegg@#91, Takahashi
& Portegies Zwart 2000, Portegies Zwart et al. 2001, Baudtg&rMakino 2003). This
phenomenon has been used to explain the observed MFs inlgiatusters (Richer et al.
1991, De Marchi et al. 2007, De Marchi & Pulone 2007), whighfiatter than typical initial
mass functions (IMFs, e.g. Salpeter 1955, Kroupa 2001)ddiitian, the effect of a changing
MF on cluster photometry has been investigated (Lamers. 086, Kruijssen & Lamers
2008, Anders et al. 2009). This has been shown to explainaiveriass-to-light ratios of
globular clusters (Kruijssen 2008, Kruijssen & Mieske 2088d to have a pronounced effect
on the inferred globular cluster mass function (KruijsseR@&tegies Zwart 2009).

The existing parameterised cluster models that incorpaatescription of low-mass star
depletion are restricted by the physically self-containeztiels on which they are based.
Some studies (Lamers et al. 2006, Kruijssen & Lamers 2008)mas an increasing lower
stellar mass limit to account for the evolving MF, others ¢&rs et al. 2009) fit a chang-
ing MF slope toN-body simulations. In both cases, the models are accurate ¢ertain
range of boundary conditions, but they do not include a mgasnodel and are therefore
lacking flexibility. While N-body simulations do include the appropriate physics, ey
very time-consuming. As a result, only a limited number oftérs can be simulated and the
applicability of the simulations is thus restricted to tpegific set of boundary conditions for
which they have been run.

It would be desirable to obtain a simple physical model feratiolution of the MF, which
would have a short runtime and could be used independentli+loddy simulations. Forty
years ago, a pioneering first approach to such a model was ma#&non (1969), who
considered the stellar mass-dependent escape rate ofrstarstar clusters. However, the
applicability of his model was limited due to a number of asptions that influenced the
results. First of all, Henon (1969) assumed that the atasrist in isolation and neglected
the tidal field. As a consequence, the escape of a star colydoour by a single, close
encounter and the repeated effect of two-body relaxatios medt included. Secondly, the
distribution of stars was independent of stellar massnmass segregation was not included.
Both mass segregation and the influence of a tidal field arereéd in real clusters, and can
be expected to affect the evolution of the MF.

The aim of this chapter is to derive a physical descriptiothef evolution of the stel-
lar MF in star clusters, alleviating the assumptions thatewaade by Hénon (1969). This
should explain the results found N-body simulations and observations, while providing
the required flexibility to explore the properties of starsters with simple, physically self-
contained models. The outline of this chapter is as folldwsSect. 7.2, total mass evolution

IHereafter, ‘mass function’ is referred to as ‘MF’.
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of star clusters is discussed. A recipe for the evolutionhef MF is derived in Sect. 7.3,
covering stellar evolution, the retain of stellar remnadysmamical dissolution and mass seg-
regation. The model is comparediftbody simulations in Sect. 7.4. In Sect. 7.5, the model
is applied to assess the evolution of the MF for differentugition times and remnant re-
tention fractions. The consequences for other clustergtigs are also considered. This
chapter is concluded with a discussion of the results aridithplications.

7.2 The mass evolution of star clusters

The mass of star clusters decreases due to stellar evohariadynamical dissolution. This
is expressed mathematically as

dm dm dm
o (W)J (W)di; (7

with M the cluster mass, and the subscripts ‘ev’ and ‘dis’ denattefiar evolution and dy-
namical dissolution. The contribution of stellar evolutio the mass loss is derived from the
decrease of the maximum stellar mass with time and depenttie@topted stellar evolution
model.

The dynamical evaporation of star clusters is increasimgdyl understood. Over the
past years it has become clear that clusters lose mass oruatitia timescaldgs that is
proportional to a combination of the half-mass relaxatiomett, and the crossing time,
astys o< titl* (e.g. Baumgardt 2001, Baumgardt & Makino 2003, Gieles & Bgardt
2008). lItis found thak = 0.75—0.80, depending on the concentration=(log (r;/rc)) or
King parameter{p) of the cluster (Baumgardt & Makino 2003). This proportititydeads
to a disruption timescale that scales with the present dagmas (Lamers et al. 2005a):

tais = M7, (7.2)

with M the cluster masdy the dissolution timescale parameter which sets the rgpadit
dissolution and depends on the cluster environment;aadonstant related to. Lamers et
al. (2009, in prep.) find = 0.62 forWp = 5 andy = 0.70 forWp = 7. This timescale implies
a mass loss rate due to dissolution that can be describedheitimple relation

1—vy
(d_M) = _M = _M , (73)
dt dis

which can be integrated for the mass evolution of the cluhiterto dynamical dissolution.
The above formulation of the cluster mass evolution wasreldd to include stellar rem-
nants, photometric cluster evolution, and a simple desoripf the MF in theSPACE cluster
models (Kruijssen & Lamers 2008). Stellar remnants wereaated for by assuming initial-
final mass relations (similar to Sect. 7.3.1 of the presemkjyavhile the photometric evo-
lution was computed by integrating stellar isochrones ftbenPadova group (Bertelli et al.
1994, Girardi et al. 2000). The description of low-mass degletion followed the simple
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model from Lamers et al. (2006) in which the minimum stella@ssof the MF increases with
time.

The present study provides a new description of the evalwfdhe MF which is based
on fundamental principles, and does not depend on the alyeserjption for the total mass
evolution. In addition, the latest Padova models (Marigale2008) are incorporated to
calculate the photometric cluster evolution. These impnognts update th&PACE cluster
models.

7.3 The evolution of the stellar mass function

To describe the evolution of the MF, the effects of stellasletion, stellar remnant produc-

tion, and dynamical dissolution need to be included. Wihitefocus of this chapter lies with

the effects of dissolution, a proper treatment of stellalion is essential. This is described
first, before presenting a model for cluster dissolufion.

7.3.1 Stellar evolution

The influence of stellar evolution on the MF is twofold. Fiddtall, the maximum stellar
mass decreases, because at any time during cluster emolbéanost massive stars reach
the end of their lives. Secondly, the stellar remnants treteeated upon the death of these
massive stars constitute a part of the MF that can only bdrast the cluster by dynamical
mechanisms.

The maximum stellar mass in the cluster as a function of igsistaken from the Padova
2008 isochrones (Marigo et al. 2008) for metallicities ie tangeZ = 0.0001—0.03. The
stellar remnant massess, are computed from their progenitor stellar massising initial-
final mass relations. Following Kruijssen & Lamers (2008y, ivhite dwarfs n < 8 M)
the relation from Kalirai et al. (2008) is adopted:

Mg = 0.109m + 0.394 M,), (7.4)

which holds for all ages that are covered by the Padova isoes: For neutron stars (84V<
m < 30 Mg) the relation from Nomoto et al. (1988) is used:

Mhs = 0.03636( — 8 M) + 1.02 My, (7.5)

while for black holesn > 30 Mg) a simple relation is assumed that is in acceptable agree-
ment with theoretically predicted masses of stellar massktholes (Fryer & Kalogera 2001):

Mpp = 0.06(m — 30 M) + 8.3 Me. (7.6)
With these relations, the remnant MF is computed from cosdien of numbers as

d
Ner(mer) = fret,sxfw)N(m(msr»d—n’Zr , (7.7)

2The model presented in this chapter is independent of the foss rate and of the form of the IMF (m), but
for explanatory purposes a Kroupa (2001) IMF is adoptedt tzte
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with sr = {wd, ns, b} denoting the appropriate remnant typ&,(ms;) representing its MF,
fret s{M) denoting the cluster mass-dependent fraction of theseamsta that is retained after
applying kick velocities, an®/(m(ms,)) representing the progenitor MF.

For a given velocity dispersion of remnants, the retentiactfon of each remnant type
depends on the local escape veloaity, which is related to the potential asvesc = /21).
Stellar remnants are predominantly produced in the clestetre in the case of mass segrega-
tion, which is reached most rapidly for massive stars (set 3€63.2). For a Plummer (1911,
also see Eq. 7.9) potential this implies that upon remnasdyetionvesc = +/2GM / ro, with
G the gravitational constant amglthe Plummer radius. Adopting a Maxwellian distribution
of velocities that is truncated &t it is straightforward to show that

erf(%z) - gxexz/zl , (7.8)

whereA is a normalisation constant to account for the truncatiahefvelocity distribution
andx? = 2GM /ryoZ, with o3, = 0§ + 0 & denoting the total velocity dispersion of the
produced remnant type, which arises from the central viglalispersion in the clusterg =
GM /3ry (e.g. Heggie & Hut 2003) and the velocity dispersion of thereed kickoyick. The
normalisation constant then follows As* = erfy/3 — 2,/3/7 exp (-3).

Typical values of the kick velocity dispersienick sr are given in literature. White dwarf
kicks have recently been proposed to be of orglgk ws = 4 km st (Davis et al. 2008,
Fregeau et al. 2009). For neutron stags« ns = 100 km s is adopted, which is a somewhat
conservative estimate with respect to theory, but it agreasonably well with observed
neutron star numbers in globular clusters and represerasaromise between single star
and binary channels (for estimates of the retention fractiod discussions of the ‘neutron
star retention problem’ see Lyne & Lorimer 1994, Drukier &98rzoumanian et al. 2002,
Pfahl et al. 2002). Gravitational wave recoils are thougtastert black hole kicks of order
oxick oh = 80 km s7! (Moody & Sigurdsson 2009). This value depends on metafjibiit for
simplicity | assume a single, typical value here.

The retention fractions following from Eq. 7.8 are shown darzction of cluster mass
per unit Plummer radius in Fig. 7.1. This quantity best réflébe retention fraction be-
causex? o« M/ry in Eq. 7.8. Open clusters (with initial masskf such that typically
Mi/ro < 3 x 10* My, pct, Larsen 2004) do not retain any neutron stars or black holes,
while globular clustersi; /ro ~ 3 x 10°—3 x 10° M, pc~?, Harris 1996) retain 0.1—4%
of the neutron stars and 0.3—7% of the black holes. Thesesalte in excellent agreement
with other studies (e.g. Pfahl et al. 2002, Moody & Siguras8009), but are still lower than
the large observed number of neutron stars in a number ofigloblusters (the aforemen-
tioned ‘retention problem’).

frets(X) = A

7.3.2 Dissolution and the evolution of the mass function

Dissolution alters the shape of the stellar MF in star chsstieie to the effects of two-body
relaxation and energy equipartition. In a pioneering pafgénon (1969) derived the escape
rate of stars of different masses from an isolated clustbe diuster was represented by a
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Figure 7.1: Retention fraction of stellar remnants as a function oftelusiass per unit Plummer radius
M /1o, for black holes (solid), neutron stars (dashed) and whiterts (dotted).

Plummer (1911) gravitational potential:

r2 —-1/2
P(r) = o <1+—2> : (7.9)
I
wherery denotes the Plummer radius setting the concentration aftiséer andyg = GM/ry
represents the central potential, wighthe gravitational constant ard the cluster mass. It
was argued by Hénon (1960) that the only way for stars topessach an isolated cluster
is by a single, close encounter. The corresponding steliesrdependent escape rate was
found to be (H&non 1969):

dN(m) _  |E[¥2N(m) [
dt GM?9/2

N(m')F (%) m'2dn, (7.10)

with N(m) the MF, m the stellar mas<; the total energy of the cluster, afd:) a function
related to the escape probability for a star of nrass a close encounter with a star of mass
m’ and a corresponding mass ratic= m/m’. The expression in Eq. 7.10 is independent of
the adopted IMF. The functioR will be referred to as the ‘Hénon function’ and is shown in
Fig. 7.2. The original expression consists of several irgisghat have to be solved numer-
ically. In Hénon (1969), a table is given for the Hénon fiiioie, but it can also be fitted by:

F(i) = (0.32+0.55°%+ 13.26:2%) . (7.11)

This approaches the power &) = 0.075398, %2 for ;1 > 1, as was derived explicitly
by Hénon (1969).

The total mass loss rate corresponding to Eq. 7.10 conflithsM+body simulations (as
was already noted by Wielen 1971) because only ejectionsnigyes close encounters are
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Figure 7.2: Hénon functionF(12), which is a measure for the escape probability of a star clsmein
a two-body interaction with mass ratio= m/m’. The dotted line shows the fit from Eq. 7.11.

included. This restriction implies that the disruption ¢iscaletyis is proportional to the half-
mass relaxation timg, times the Coulomb logarithm W (tyis Henono< &n IN A), while N-body
simulations show that it scales with a combination of thd-hass relaxation time and the
crossing time s oc t%:7°t%2% due to two-body relaxation, i.e. the repeated effect of sof
encounters (e.g. Fukushige & Heggie 2000, Baumgardt & MaRid03). Nonetheless, the
escape rate from Hénon (1969) does accurately describehapaens if two stars interact
and can therefore be used as a starting point for a more ctergescription of the evolution
of the MF. For that purpose, it is convenient to scale Eq. Tolthe mass loss rate found in
N-body simulations and only use the relative or ‘differehstellar mass dependence from
Hénon (1969). This is allowed if the ratigis penoy/tais = IN At/ ter)*?° only depends on
global cluster properties. It is straightforward to showg(eSpitzer 1987, Heggie & Hut
2003) that indeed this is the casetagte o« N/InA. As such, one can write

dn(m) [ dM
dt _<E)disX(m), (7:12)

with (dM /dt)qis the mass loss rate from Eq. 7.3 (Lamers et al. 2005a)@nt the stellar
mass-dependent escape rate per unit mass loss rate. Theygyém) is completely inde-
pendent of the prescription for the total mass evolutiororiter to derivey(m), | start from
Eq. 7.10 and expresgm) as

N(m) [7° N(m')F(m/m/)\(m, m')m’2dm’
m//N(m//) j‘OOO N(m/)F(m”/m/))\(m”, m,)m,zdm,dm,/u

x(m) = I (7.13)

0
where\(m, m’) represents a correction factor to account for additiohgbfrs (see below).
The numerator reflects the escape rate, while the denomisgtmportional to the mass loss
rate.
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For mathematical simplicifHénon (1969) made the following assumptions in the deriva-
tion of Eq. 7.10.

(1) The cluster exists in isolation and the tidal field is eet¢d. Therefore, escape can
only occur by a single, close encounter and the repeatect effsoft encounters (two-
body relaxation) is not accounted for. This underestimttesscape rate of massive
stars.

(2) The distribution of stars is independent of stellar mags mass segregation is not
included. Depending on the balance between their encotatand their proximity
to the escape energy, this over- or underestimates the eesatgof low-mass stars
from Hénon (1969). Considering the results from Baumgé&rdifakino (2003), the
latter seems to be the case.

The remainder of this section concerns the derivation ofab®r A(m, m’) in Eq. 7.13 that
corrects for the above assumptions.

Let us assume that the distribution of stars over radius ahatity space is initially in-
dependent of their mass. This implies that mass segregataynamically created and not
primordial, which is discussed in Sect. 7.6. For such arnaindtistribution, the separation
from the escape enerdyE is independent of mass. As the cluster evolves, energy agiiip
tion is reached between the stars and the radius, velodaitypeoximity to the escape energy
become a function of stellar mass. | first consider this ¢fieche escape rate before includ-
ing the timescale on which two-body relaxation occurs fdfedent stellar masses. Please
note that the formulation of Eq. 7.13 witk{m, m’) appearing in the numerator and the de-
nominator implies that only the proportionality &fm, m’) is important. Its exact value is
determined by constants that drop out when substitutingjir7eL3.

Itis intuitive to express the dependence of the escape reteecenergy needed for escape
as dV(m)/dt o« [AE(m)]~1. The energy that is required for escafdé is related to the
position and velocity of the stdrFor the potential in Eq. 7.9 it is given by

-1/2
AE(r,v) =(r) — V; =g (1 + ;) - v; (7.14)
0

with r andv the radial position and velocity of the star, and. = /2¢(r) its escape ve-
locity. If the cluster is in ‘perfect’ energy equipartitiaand correspondingly perfect mass
segregation, the radius and velocity become a monotonowusidn of stellar mass (Heggie
& Hut 2003, Ch. 16). Mass segregation is strongest in thaetcentre, which for a Plum-
mer (1911) potential can be approximated with a harmoniemt@lv o~ r?. For a cluster
in a tidal field the potential is truncated, and the harmopigraximation serves as a crude
but reasonable approximation for the entire cluster (HeggHut 2003, Ch. 16). Energy

3And because this is the only way to obtain an analytical &mius in Eq. 7.10.

4The energy differencé\E that is discussed here concerns the energy that needs talbe tmreach the es-
cape energy. As such, it differs from the separation frometheape energy in Fukushige & Heggie (2000) and
Baumgardt (2001), who are considering thees®nergy of stars and its relation to the escape time, regutiithe
aformentioned relatiotys oc t0:75t9:25.
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equipartition yields

m
vi(my = (2, (7.15)
m
with (v)? oc 1o the mean speed of all stars squared &ml the mean stellar mass. For the
harmonic potential, this translates to a similar relationthe radial position:

_ . /im

rm)=rp o (7.16)
wherer, represents the typical radius of the system, in this cas®lilmmer radius. This
relation assumes that there is no particular stellar magswdominates the mass spectrum.
The decrease of radial position with stellar mass implietfy7.16 is a direct consequence
of the energy loss endured by massive Stassthe system evolves towards energy equipar-
tition. Substituting Eqgs. 7.15 and 7.16 into Eq. 7.14 anddilig out the proportionality
(v)? o 9o gives an expression fak E(m):

-1/2
AE(m) = (1 + %) — 01%, (7.17)

with ¢, = (v)? /2y denoting the ratio of the mean speed squared to the centegleselocity
squared. This constant mainly depends on the degree of rgegation. Consequently, it
will depend on the IMF. By comparing the models to tNebody simulations with a mass
spectrum by Baumgardt & Makino (2003) the value is conse@itoc; = 0.020 for a Kroupa
IMF, using King (1966) potentials with King parametdly, = 5—7 (see Sect. 7.4). For
reference, an unevolved Plummer (1911) potential(&/2:)o = 37/64 = 0.147.

By comparing the models -body simulations (provided by M. Gieles, private commu-
nication) with different IMF power law slopes and a ratio between the maximum and min-
imum mass of 10, the approximate relation tage o — 3.76 is found fora MF ng oc m—.
Fitting the Kroupa IMF with a single power law in the mass ra@g08—15 M, (as used by
Baumgardt & Makino 2003) yields = 2.06, resulting inc; = 0.020 as mentioned earliér.
The comparison withiN-body simulations also showed that a single value,o$uffices to
determine the MF evolution, even though it does not remaistamt over the full cluster
lifetime.

Because N(m)/dt < [AE(m)]~%, Eq. 7.17 indicates that the escape rate of low-mass
stars is increased if a cluster is in complete energy editiparr However, the timescale on
which two-body relaxation occurs between different stai@sses has not yet been consid-
ered. For a cluster starting with a stellar mass-indepetrtistnibution of radial positions and
velocities, the equipartition timescalescales as

te(m, m’) occ m~tm’'~1, (7.18)

5And the energyain experienced by low-mass stars.

6This prescription for; implies that the condition for the stars in the cluster to bgsically boundAE(m) > 0
is satisfied for allv < 3.63.

"Nonetheless, the relation for should be expected to exhibit some variation for differeassranges.
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for equipartition between stars of massesindm’ (Heggie & Hut 2003). This is a modified
version of the relaxation timescale, which shows a verylsingiroportionality ¢ oc m—2).
It illustrates that two-body relaxation occurs on a shaiteescale for massive stars than for
low-mass stars, increasing their escape ratém) /dt o t; 2.

The correction factor for the escape raten, m’) that appears in the integrals of Eq. 7.13
now follows from Eqgs. 7.17 and 7.18 as

~1/2 -1
AX(m, m') = t; X m, m)[AE(m)] = mm! [(1 + <—nm1>) - 01%1 . (7.19)

It was mentioned before that the proportionalitie\d#(m) andt.(m, m’) rather than their
exact values suffice for the computation){in, m’) due to the renormalisation of the total
mass loss rate that appears in Eq. 7ddy the stellar mass-dependence is important

The influence of the tidal field is now included in two ways. skiof all, the escape of
stars no longer occurs by a single, close encounter butsadise to two-body relaxation on
the equipartition timescale, representing the repeatiettedf soft encounters. Secondly,
the above derivation of the separation from the escape gramgumes a potential which
approximates tidally limited clusters. As a result, theegscrate of massive stars is increased
with respect to clusters in the model of Hénon (1969), whics derived for an isolated
cluster. On the other hand, the effect of mass segregationlisded by introducing a stellar
mass-dependence for the energy needed by stars to readtépeerelocity. Low-mass stars
are closer to the tidal radius than massive stars, leadiagdwer energy that is needed for
escape and an increased escape rate. It depends on the stiap®1& which mechanism
dominates.

The evolution of the MF of various cluster components is ivleté from Egs. 7.12, 7.13
and 7.19 by writing

dlogNcomp(m) _ dlogN(m)
dt - dt

where the MFs of stars, white dwarfs, neutron stars and btexd&s are represented by
Neomp(m), with comp ={s, wd, ns, bh. The overall cluster evolution is computed by com-
bining the results of this section with the prescriptiondtallar evolution from Sect. 7.3.1.

If stellar evolution is included, the resulting mass losgses an expansion of the cluster,
during which stars are lost independently of their massedsis delays the onset of mass
segregation and the stellar mass-dependent mass loss theddribed above. The moment
of transition to stellar mass-dependent mass loss can eatkesed by a certain fraction of
the initial cluster mass that has been lost by dissolufiga= Mgiss/ M;. It is assumed that
the fractionfsmg of the mass loss for which the escape rate depends on ther stelks grows
exponentiall§ between 0 and 1 as

(7.20)

fsmd = C (efdiss/fdiss.seg_ l) , (721)

8This form assumes that the increase of the fraction of thesross that is stellar mass-dependent scales with
the total dynamical mass loss, which is a compromise betaest@p function and a linear increase.
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Figure 7.3: MF slope chang&« in the rangem = 0.1—0.5 M, versus the remaining mass fraction
for a Kroupa IMF (solid), Salpeter IMF (dotted), and a powaaw IMF with o = 1.35 (dashed). In all
cases, the IMF mass rangeris = 0.1—1 M. The displayed relation is valid if stellar evolution is
excluded.

where the subscript ‘smd’ denotes ‘stellar mass-depehdggdseg= Muiss.sed M is the frac-
tion of the initial mass that has been lost by dissolutionlasittvmass segregation is reached,
andC = (e— 1)~lis a constant to normaliggng = 1 at the reference valufgss = fdiss,seg FOI

faiss > faiss,seq PEI definitionfsmg = 1, indicating that all mass loss is stellar mass-dependent
The timescaldseg On which mass segregation is reached and the transitioreflarsmass-
dependent mass loss is completed is proportional to thelimialf-mass relaxation time
(tseg < tni). It has been shown in several studies that for Roche lolegfitlusters the
disruption timescaléys oc t3;°t5:* (Vesperini & Heggie 1997, Baumgardt & Makino 2003,
Gieles & Baumgardt 2008), implying théty/tais o< t3:33 The expression fots in Eq. 7.2
then leads tdsey/tiis o t333M%%¥ . Assuming that the cluster mass evolution is close to
linear, the first-order relatiofiss seqx fseq/ tis IS Obtained, implying

t 0.33 M, 0.21
fai = — 7.22
diss,seg (e} (téa ) (104 M@ ) ) ( )

for a King parameter oW, = 5, with the dissolution timescale parameter at the solkrcga
tocentric radiug;” = 21.3 Myr. For a King parameter ¢, = 7, the exponent of the initial
cluster mas$/; becomes 0.23 antf’ = 10.7 Myr (Kruijssen & Mieske 2009). In this rela-
tion, ¢, represents a constant that is fixed by comparing the modbekteesults ofN-body
simulations from Baumgardt & Makino (2003), givirig = 0.25 forWy = 5 andc, = 0.15
for Wy = 7 (see Sect. 7.4). The variation with King parameter abigesiuse two-body relax-
ation is faster for more concentrated clusters. If steNalgion were neglected, at all ages
¢ =0 andfsmg= 1.
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Figure 7.4: Relative escape ratg(m)/N(m) as a function of stellar mass, shown for a Kroupa MF
with different maximum masses. The end point of each cureg) (@arks its maximum mass. The
quantity x(m)/N(m) = (dlogN(m)/dt)/(dM /dt) represents the escape rate per unit mass loss rate
normalised to the number of stars at each mass (also seelBj. 7.

The modeled MF slope chang®x in the mass ranger = 0.1—0.5 M, is shown in
Fig. 7.3 for different IMFs coveringn = 0.1—1 M,. Evidently, A« is a function of the
remaining mass fraction and is insensitive to the slope efith-, as long as that the ratio
between the maximum and minimum mass is kept fixed and s&@ltzlution is excluded.
This is an interesting observation in view of the MF evolatad globular clusters, in which
m =~ 0.1—1 M., and stellar evolution only plays a minor role. Figure 7.3wgfthat the
slope of the MF in globular clusters could be a possible iaidicfor the mass fraction that has
been lost due to dissolution, provided that the IMF does aoy end the remnant retention
fractions were not substantially dissimilar during theleavolution of different globular
clusters (see Sect. 7.5.2 and Fig. 7.19).

For the particular example of a Kroupa MF that is truncatetifeérent maximum masses
Mmax the relative escape rate per unit mass lossyéte) /N(m) (see Egs. 7.12 and 7.13) is
shown in Fig. 7.4. This quantity is proportional to d ¥§m)/dt and reflects the probability
that a star of a certain mass is ejected. Figure 7.4 illesrttat the mass of the highest rel-
ative escape rate is related to the maximum mass of the MFp&ale occurs at intermediate
masses if the MF is truncated at a high mass. This implieshiea¢ is a typical mass where
the stars are not too far from the escape enargyhave an equipartition timescale with the
massive stars that is short enough to eject them efficiehtlis ‘sweet spot’ depends on the
maximum mass of the MF. If the MF is truncated at an intermediaass, the combination
of quick two-body relaxation and proximity to the escapergpdavours the escape rate of
stars at the lowest masses.

The maximum stellar mass at which the transition from ‘swegett’-depletion to low-
mass star depletion happens, is determined by the proxiphitiie low-mass stars to the
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Figure 7.5: Mass of the highest relative escape raigaxas a function of the maximum stellar mass
of the MF mmax (solid line). The dashed line represents the relatipgu = 0.2Mmax, While the dotted
line describes an eyeball fit for mass@sa.x > 3 M and includes an exponential truncation at the
low-mass end (see Eq. 7.23).

escape energy. In Fig. 7.5, the mass of the peak relativpesate is shown as a function of
the maximum stellar mass. At low truncation masses, the pealrs at the minimum mass,
indicating strong low-mass star depletion. Aroungax ~ 3 Mg, the relative escape rate at
Mpeak ~ 0.4 My, becomes larger than its value at the lowest masses, whidesaujump

in Fig. 7.5. For even higher values of,,y the peak relative escape rate typically occurs at
15—20% of the maximum mass, approximately following thatieh

Mpeak = 0-%ma@72M®/%“- (7.23)

Even though its quantitative properties only hold for a KrauMF, the variation of the
relative escape rate with the maximum mass of the MF hasalérsslications for star cluster
evolution. The change ofinak in Figs. 7.4 and 7.5 can be interpreted as an example of what
happens when stellar evolution removes the most massikgeistthe cluster, provided that
the remnants are all ejected by their kick velocities. If ayrical evolution does not affect
the shape of the MF too much befomgnax(t) ~ 3 Mg, ort ~ 400 Myr, the subsequent
evolution of the MF will be dominated by low-mass star deplet If substantial dissolution
occurs earlier on, it is dominated by the ‘sweet spot’ deémhedf intermediate masses. Only
the retention of massive stellar remnants will make thewgiar of the MF deviate from these
basic estimates, because remnant retention can providedarfiaximum (remnant) mass of
the MF. This is treated in more detail in Sect. 7.5.
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Figure 7.6: Comparison of the evolution of the stellar MF from the moddéshed) to th&/-body runs
from Baumgardt & Makino (2003, solid) for the exact same latarg conditions. The initial number of
particles and the galactocentric radius are indicatedarditom-left corner of each panel. From top to
bottom, the subsequent MFs in each panel are shown for tles @trwhich the remaining cluster mass
fraction equalsvf /M; = {1,0.75,0.6,0.5,0.3,0.2,0.15, 9.1

7.4 Comparison toN-body simulations

The model described in Sect. 7.3 can be easily verified byingnit for the exact same
boundary conditions as thé-body simulationdby Baumgardt & Makino (2003) and com-
paring the results. They conducted simulations of Roche-fdling clusters between 8k
and 128k particles, which were evolved in the Galactic tiddl at galactocentric radii in the
range 2.833—15 kpc. The boundary conditions forthkbody runs of Baumgardt & Makino
(2003) differ from those described in Sect. 7.3 by negleckiick velocities and defining the

9These were performed usingoDY4 (Aarseth 1999).
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Figure 7.7: Comparison of the evolution of the stellar MF from the moddshed) to théV-body run
from Baumgardt & Makino (2003, solid) withy = 7 for the exact same boundary conditions. From
top to bottom, the subsequent MFs are shown for the timesiahwtitie remaining cluster mass fraction
equalsM /M; = {1,0.75,0.6,0.5,0.3,0.2,0.15, 0.1

Kroupa stellar IMF between 0.1 and 15JVithereby excluding black holes. For this partic-
ular comparison, the same IMF, stellar evolution presiciptand initial-final mass relation
for stellar remnants are used in the model that is presentiisi chapter.

In Fig. 7.6, the modeled evolution of the (luminous) steN#F is compared to théV-
body runs with King parametdi; = 5 for a range of cluster masses and total disruption
times. As time progresses, the maximum stellar mass dessela® to stellar evolution and
the MF is lowered due to the dynamical dissolution of the staster. The slope of the
MF changes due to the preferential escape of low-mass sthish have energies closer to
their escape energies, even to the extent that it dominaeggteeir relatively slow two-body
relaxation. For both the models and tNebody simulations, the MF develops a slight bend
atm ~ 0.3 Mg when approaching total disruption. The bend arises as amopt between
on the one hand high energies but slow relaxation for the $ostellar masses, and on the
other hand quick relaxation but low energies for the hightstar masses (see the discussion
at the end of Sect. 7.3).

In all cases, the resemblance of the models and\ttdy simulations is striking. The
models reproduce all key aspects of thiebody runs, such as the amount of low-mass star
depletion, the changing slope @t ~ 0.3 Mg, for clusters close to dissolution, the survival
of the Kroupa bend ath = 0.5 My, and the dependence of the low-mass depletion on the
total lifetime of the cluster (compare the three 32k rund)e Bnly difference occurs at the
high-mass end of the MF, where the maximum stellar masse®dmatch at young ages.
This is due to a minor dissimilarity of the total mass evalnt{also see Lamers et al. 2005a,
Kruijssen & Lamers 2008). Because the maximum stellar mags depends on the age
of the cluster, this causes a difference in maximum stellasswhen showing the MFs at
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Figure 7.8: Influence of the constants, and ¢; on the evolution of the stellar MF. From top to
bottom, the subsequent MFs in each panel are shown for thes tah which the remaining clus-
ter mass fraction equal®! /M; = {1,0.75,0.6,0.5,0.3,0.2,0.15,0.1 Top panel the valuesc: =
{0.010,0.020,0.030 are represented by dashed, solid and dotted lines, reggigcBottom panelthe
valuesc, = {0,0.25,0.40} are represented by dashed, solid and dotted lines, regggctror bothc
andc,, the second (boldfaced) value is the one obtained from timpadson to theV-body simulations
with Wo =5 in Fig. 7.6.

fixed remaining cluster mass fractions. The contrast igeitat young ages, since there the
maximum stellar mass most rapidly decreases.

In the description of the model in Sect. 7.3, two constante l®een determined from
the N-body simulations by Baumgardt & Makino (2003). These cantst are the ratio of
the mean speed squared to the central escape velocity doigaresee Eq. 7.17) and the
proportionality constant for the relation marking the siion to stellar mass-dependent mass
loss (&, see Eqg. 7.22). As mentioned in Sect. 7.3, for a Kroupa IMF laind parameter
Wy = 5 one obtaing; = 0.020 andc, = 0.25. To illustrate the robustness of the models,
in Fig. 7.7 they are compared to a 68kbody run withWy = 7. For such a cluster with a
higher concentration, the early mass segregation impjies0.15. Again, the model and the
simulation are in excellent agreement.

The dependence of the MF evolution on both constants is deresi in Fig. 7.8. Foe,
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the dependence of the evolution of the MF on its value is shinwhe upper panel of Fig. 7.8,
while for ¢, it is shown in the bottom panel of Fig. 7.8. Both panels shaaetbolution of the
MF for the 64k cluster in Fig. 7.6 for different values@fandc,.

The ratio of the mean speed squared to the central escapgtyalquarec; affects the
escape probability of the stars with the lowest masses. IBecthese stars are closest to
their escape energies in a mass-segregated cluster, thayost strongly influenced by the
value of¢. For higherc;, the MF gets more depleted in low-mass stars due to theieclos
proximity to the escape energy, while for lowgr more low-mass stars are retained as the
balance between close proximity to the escape energy awdslaxation shifts to the latter.

The proportionality constant for the transition to stellaass-dependent dissolutian
in Eq. 7.22 affects the MF as a whole. For lowey the transition occurs earlier and more
low-mass stars are lost, while for highgrthe onset of the depletion is delayed and the slope
of the MF remains closer to its initial value. If one were ts@se a constarfgiss seg Which
is contrary to the adopted relation with cluster mass in E2R,his would therefore yield a
stellar MF in massive clusters that is underpopulated infioass stars, and a MF in low-mass
clusters that is overabundant in low-mass stars.

7.5 Star cluster evolution

In this section, the described model is applied to computeetiolution of clusters for a
variety of boundary conditions. The stellar content as wasllintegrated photometry are
addressed, using the boundary conditions from Sect. 7t8adof those that were adopted
to compare the model t¥-body simulations in Sect. 7.4. The most important diffeesiare
the mass range of the IMF, the inclusion of remnant kick viéles; and the initial-final mass
relation.

The model that will be referred to as the ‘standard modelswsenetallicityZ = 0.004
(which is typical of globular clusters), a King paraméfeof W, = 7 (corresponding to
~v=0.7in Eqg. 7.2), a dissolution timescale paraméter 1 Myr, and a Kroupa IMF between
m = 0.08 M, and the maximum stellar mass given by the Padova isochrategta= 6.6,
which is typicallym ~ 70 Mg. For the computation of the retained remnant fraction (see
Eqg. 7.8), the Plummer radius is related to the half-mass radigsasr, = 1.3r. The half-
mass radius is assumed to remain constant during the clifistine (e.g. Aarseth & Heggie
1998). For the relation between and initial cluster mas#/; the expression from Larsen
(2004) is adopted:

M: 0.1
_ i
h=3.75 pc( 10 M@> . (7.24)

The models that are used in this section are computed fronyil 1.65x 10 yr (the
maximum age of the Padova isochrones) for initial massesdset 16 M, and 16 M,
spaced by 0.25 dex intervals.

10For Wy = 5, ory = 0.62, the results vary only marginally.
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Figure 7.9: Influence of the disruption time on the evolution of the steMF for a cluster with

a low remnant retention fraction (lo§/My) = 4.5). From top to bottom, the subsequent MFs
in each panel are shown for the times at which the remainiagtet mass fraction equald /M; =
{1,0.75,0.6,0.5,0.3,0.2,0.15, 0.1

7.5.1 The influence of the disruption time

The disruption time of a cluster affects the evolution of ke and of the integrated photo-
metric properties. To assess the influence of the disrugititemon cluster evolution, clusters
with low and high remnant retention fractions should beteéaeparately, because the pres-
ence of massive remnants also has a pronounced effect oaghksr(see Sect. 7.5.2). As
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Figure 7.10: Influence of the disruption time on the stellar MF slopein the range 0.1<
m/Mg < 0.5 (solid) and 0.3< m/Mg < 0.8 (dashed) for a cluster with a low remnant reten-
tion fraction (log Mi/Mg) = 4.5). Shown isx versus the remaining cluster mass fraction. From
top to bottom, for each mass range the lines repregent {0.1,1,1G Myr, corresponding to
£ = {0.16, 1.42, 12.2B Gyr.

shown in Fig. 7.1, for a given kick velocity dispersion thenreant retention fraction is set
by the cluster mass. This means that the division betweeralahigh remnant retention
fractions can be made by making a cut in initial cluster mass.

In Fig. 7.9, the impact of the disruption time on the evolaotaf the MF is shown for
a cluster with initial mass logWi/Mg) = 4.5, representing the evolution for low remnant
retention fractions? The range of the dissolution timescale paramétemd resulting to-
tal disruption times that are considered in Fig. 7.9 cover trders of magnitude. As the
total lifetime increases, the depletion of the low-mas#iasstdF close to total disruption
becomes more prominent. Conversely, the MF of short-liedters is depleted around
m ~ 1 Mg. As introduced in the last paragraphs of Sect. 7.3, thigdifice is caused by the
fixed timescale on which stellar evolution decreases theman stellar mass, implying that
the masses of the most massive stars are larger in quicldgldisg clusters than in slowly
dissolving ones. Because in short-lived clusters the massars are still present when the
bulk of the dissolution occurs, their rapid two-body reléma with intermediate-mass stars
dominates over the relatively close proximity to the escapergy of low-mass stars, yield-
ing a depletion at intermediate masses. In long-lived ehssthis cannot occur because the
very massive stars have disappeared before the mass losssbjution becomes important,
thus resulting in the depletion of the very low-mass end efMt. As a rule of thumb, for
t < 400 Myr (which is the lifetime of a 3 M star) the depletion typically occurs around
15—20% of the mass of the most massive star (see Sect. 718ynhs of the total disruption

11High remnant retention fractions will be treated in the digion of the influence of the retention fraction in
Sect. 7.5.2.
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Figure 7.11: Influence of the disruption time on thd /Ly ratio evolution for a cluster with a low
remnant retention fraction (lodfj/Me) = 4.5). Shown is the relativ/ /Ly ratio decrease with
respect to the value expected for stellar evolutithy ( v)stev VErsus the remaining cluster mass fraction.
The solid, dashed and dotted lines repregent{0.1, 1, 10 Myr, respectively, corresponding tf =
{0.16,1.42,12.2pGyr.

time, the transition from intermediate-mass star deptetiiolow-mass star depletion occurs
aroundt9®@ ~ 1 Gyr.

A quantifiable way to look at the evolution of the stellar MFstiar clusters is to consider
the slope of the MR, o« m~< in certain mass intervals (Richer et al. 1991, De Marchi
et al. 2007, De Marchi & Pulone 2007, Vesperini et al. 2009y. the commonly used mass
intervals 0.1< m/Mg < 0.5 (1) and 0.3< m/Mg < 0.8 (a2), Fig. 7.10 shows the
evolution of the slope: for the same clusters as before. Like Fig. 7.9, this illussahat for
short disruption times the slope steepens as the clustsoldes, while for long disruption
times the slope flattens with time. The presented models #rat model runs indicate that
oy increases with time fotl® < 1 Gyr and decreases féff!?' > 2 Gyr. For total disruption
times in between these values, the slope first increasediandlecreases. The slope in the
second mass interval, shows the same behaviour. It increasestffif' < 0.5 Gyr and
decreases faf{%® > 1 Gyr.

The mass-to-light¥f /L) ratio evolution of star clusters is affected by the evaotof
the MF due to the large variations M /L ratio between stars of different masses. Massive
stars have loweM /L ratios than low-mass stars, implying that a cluster with a k&t
is depleted in low-mass stars will have a redudédL ratio (Baumgardt & Makino 2003,
Kruijssen 2008, Kruijssen & Lamers 2008). As such, one waldth expect a correlation
between the slope of the MF adi/ L ratio.

In Fig. 7.11, the evolution of the ratio of thé-bandM /L to the mass-to-light ratio
due to stellar evolutionM /Ly )stev is shown for the same clusters as in Figs. 7.9 and 7.10.
This quantity reflects the relatived /Ly ratio change induced by dynamical evolution with
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Figure 7.12: Influence of the disruption time on the combined evolutiorthef MF slopex and the

M /Ly ratio for a cluster with a low remnant retention fractiong((®/i/M¢) = 4.5). Shown isx
versus the relativd/ /Ly ratio decrease due to dynamical evolution. All clusterst stathe vertical
line (M/Lv)/(M/Lv)sev = 1. Solid lines denote the slope in the mass range<0.in/M, < 0.5,
dashed lines designate the mass range<0/&/M¢, < 0.8, and dotted lines represent the mass range
0.3Mmax(t) < m/Mg < 0.8mmax(t), with from top to bottomiy = {0.1, 1, 1G Myr, corresponding to
£ = {0.16, 1.42, 12.2BGyr.

respect to evolutionary fading only. If the escape rate @dnd independent of stellar mass,
the evolution would follow a horizontal line aM/Ly)/(M/Ly)sev = 1. However, when
accounting for dynamical evolution, thd /L ratio is always smaller than that for stellar
evolution only. Somewhat surprisingly, this is also theecfas clusters for which the slope of
the MF increases (see Fig. 7.10). This is explained by Iagpkinthe evolution of the entire
MF in Fig. 7.9. Even though the slope at low masses increaseshbrt disruption times
due to the escape of intermediate-mass stars, the mostweatais that dominate the cluster
light are still retained. Because stars of intermediatesessre lost instead, thé /L ratio
decreases.

Because the slope of the stellar MF either increases or @eeseat masses < 1 Mg,
the decrease of thi /L ratio implies a large range of MF slopes that can occur atMbL
ratios. This is shown in Fig. 7.12, where the relation betweeand theM /L ratio drop is
presented. The slope of the stellar MF in a certain mass doggnot necessarily reflect the
M /L ratio of the entire cluster. Considering the aforementibnge of thumb stating that
for total disruption timeg!?® < 1 Gyr the depletion of the MF occurs around 15—20% of
the mass of the most massive stafa«(t), it is useful to define the slope in a mass range that
is related tommax(t). In Fig. 7.12, the relation between slope avd L ratio is also shown
for the slope in the stellar mass rangerBm3(t) < m/Mg < 0.8Mmax(t). In such a relative
mass range, the slope follows a much narrower relation Miftit. ratio. The range between
30% and 80% ofmmax(t) was chosen to maximise this effect.
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Figure 7.13: Influence of the disruption time on thé — | colour for a cluster with a low remnant
retention fraction (loghi /M) = 4.5). Shown is the colour offset due to dynamical evolulV —I)
versus the remaining mass fraction. The solid, dashed attelddines represerig = {0.1, 1, 1G Myr,
respectively, corresponding t® = {0.16, 1.42, 12.2BGyr.

For the slopes in the fixed stellar mass rangesshda,, see above), the relation with the
M /L ratio becomes better defined for long-lived clusters. Ihisvn in Figs. 7.10—7.12 that
both the slope and thi /L ratio decrease for clusters with long disruption timesidating
that both quantities are more clearly related for globulaster-like lifetimes.

The colour of star clusters is also influenced by the evatutithe MF, due to the colour
differences between stars of different masses. Whel magnitude differenc&(V — 1) with
respect to th&/ — | value that a cluster would have if dynamical evolution wegglacted is
shown in Fig. 7.13. As the clusters dissolve, their colowsdme redder due to the escape
of main sequence stars. The magnitude differenceé in | exceedsA(V — 1) = 0.1 mag
for total disruption times< 1.5 Gyr. In redder passbands (e.g. ie— K colour), the
difference grows to several tenths of magnitudes. For Iotagel disruption times only stars
of the lowest masses are ejected (see Fig. 7.9), which haadfiiribute to the cluster light
and colour, implying that the colours are only marginalfeafed.

7.5.2 The influence of the remnant retention fraction

The formation of stellar remnants introduces massive idi¢he MF that do not end their
lives due to stellar evolution like massive stars do. Dependn their kick velocities, stellar
remnants can be retained in (massive) clusters. If theyedaained, they keep affecting the
evolution of the stellar MF until the cluster is disruptedspEcially black holes can have a
pronounced effect on cluster evolution.

The remnant retention fraction arises from the cluster masus and the kick velocity
dispersion (see Eq. 7.8). In this section, the mass-radiasion from Eq. 7.24 is used.
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Figure 7.14: Influence of the black hole kick velocity dispersion and aligion time on the evolution
of the stellar MF for an initial cluster madd; = 10 M. From top to bottom, the subsequent MFs
in each panel are shown for the times at which the remainiagtet mass fraction equald /M; =
{1,0.75,0.6,0.5,0.3,0.2,0.15, §.1Solid lines denotdy = 1 Myr (t2® = 15.13 Gyr), while dotted
lines represent = 0.1 Myr (%' = 1.66 Gyr).

Although the results will differ for other relations, it hbsen verified that for commonly used
alternatives? the change is only marginal and does not affect the natuteeofdnclusions.
To separate the effect of remnant retention from that of feeudtion time, a fixed initial

12gych as a constant radius or density.
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Figure 7.15: Influence of the black hole retention fraction on the stelli¥ slope « in the range
0.1< m/Mg < 0.5 (solid) and 0.3< m/M¢, < 0.8 (dashed) for an initial cluster ma = 10° M.
Shown isa versus the remaining cluster mass fraction. From top tabgtfor each mass range the
lines representickon = {40, 80,200 km s, corresponding tdetpn = {0.219, 0.041, 0.003for a
10° Mg, cluster.

cluster mass of 1M, is assumed while independently varying the velocity disjperof the
remnant kick velocities and the disruption time. The cqroesling evolution of the stellar
MF is shown in Fig. 7.14, for the standard model (see the Imdggnof this section) with
black hole kick velocity dispersionscpn = {40, 80,200 km s~1, equivalent tofiepn =
{0.219,0.041,0.003for a 1 M, cluster, and for dissolution timescale parametgrs
{0.1, Iy Myr, which for a 16 Mg, cluster impliesti®®® = {1.66,15.13 Gyr. Assuming an
age of 12 Gyr, the present-day mass in the casg of1 Myr is aboutM ~ 6 x 10* Mg,
comparable to globular clusters. The remaining fractiothefinitial mass iVl /M; ~ 0.06.

If the velocity dispersion of black hole kicks is low and aat@lely large fraction of black
holes is retained, then the escape rate of massive stargéased with respect to high kick
velocity dispersions. This arises due to the quick two-bdgxation between the massive
stars and the black holes, which will have masses larger tmost massive stars after
a few Myr of stellar evolution. As a result, the escape ratéoefmass stars is largest in
clusters containing only few black holes. This happens liggters with either long or short
disruption times, but the effectis largest for long-livéwaisters (the solid lines in Fig. 7.14). In
these clusters the maximum stellar mass is more stronghgdsed by stellar evolution than
in short-lived clusters, implying that the black hole masaee larger compared to the most
massive stars in these clusters. For long disruption tithespresence of massive remnants
therefore has a more pronounced effect on the escape ratassiva stars than for short
disruption times. If these long-lived clusters retain disigintly large fraction of the stellar
remnants, their stellar MF may even become depleted in neasHirs.

The top panel of Fig. 7.14 also shows that for a cluster withigh hemnant retention
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Figure 7.16: Influence of the black hole retention fraction on tHg/Ly ratio evolution for an initial
cluster mas#/;i = 10° M. Shown is the relativé /Ly ratio decrease with respect to the value ex-
pected for stellar evolution / L v )stev Versus the remaining cluster mass fraction. The solid,ethahd
dotted lines represemtickon = {40, 80,200 km s™*, corresponding tdreton = {0.219, 0.041, 0.003
for a 16 M, cluster.

fraction, the impact of the disruption time on the MF evaduatis similar to that of clusters
with low retention fractions (see Fig. 7.9). However, th#iuence of the disruption time
becomes smaller when more remnants are retained. Thisesplay Baumgardt & Makino
(2003) only found a very weak dependence of the evolutioh@MF on the disruption time
(also see Fig. 7.6), since they neglected remnant kick itede@nd retained all remnants in
their simulations.

Analogous to Fig. 7.10 in Sect. 7.5.1, the evolution of the 8lépe in different mass
ranges is shown in Fig. 7.15 for the clusters wigh= 1 Myr from Fig. 7.14' The kick
velocity dispersion has an effect on the MF that is more umfthan the consequences of
variations in the disruption time, leading to very similiope evolutions in the two different
stellar mass ranges. Independent of the mass range, ansedreremnant retention fraction
is reflected by an increase af The model that is displayed fofickpn = 40 km s72, tp =
1 Myr, andM; = 10° M, (the upper dashed and solid lines in Fig. 7.15) marks thesitian
between an increase or decrease of the MF slope by dynamviglitien. For an initial
fretph < 0.25, low-mass stars are preferentially ejected duringtrobthe cluster lifetime,
while for fetpn > 0.25 mainly the massive stars escape. For shorter disrupties, the
transition is located at a smaller black hole retentiontfosc

Because the black hole retention fraction affects the diveliape of the stellar MF, the

13For the clusters with relatively long disruption times thet considered in this section, the variable stellar mass
range that was introduced in Sect. 7.5.1 to trace the ralaiétween MF slope andl /L ratio gives an evolution of
the slope that is comparable that for the fixed mass rangésothitted from the figures in this section to improve
their clarity.
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Figure 7.17: Influence of the black hole retention fraction on the comthieeolution of the MF slope

« and theM /Ly ratio for an initial cluster massf; = 10° M. Shown isa versus the relativé /Ly
ratio decrease due to dynamical evolution. All clusters stethe vertical line# /Lv)/(M /Ly )stev = 1.
Solid lines denote the slope in the mass range<0.h1/Mq, < 0.5 and the dashed lines designate the
mass range 0.& m/Mg < 0.8, with from right to leftokickon = {40, 80,200 km s~*, corresponding

t0 frepn = {0.219, 0.041, 0.003for a 16 M, cluster.

changes inv are matched by corresponding changes in\thd. ratio. In Fig. 7.16, the rela-
tive M /Ly ratio change due to dynamical evolution is shown for sametets as in Fig. 7.15.
Contrary to the clusters with low remnant retention frawsiin Sect. 7.5.1, th® /L ratio of
the clusters in Fig. 7.16 does not monotonously decreasse@b total disruption, the mas-
sive remnants are the last bodies to be ejected. During hioat ghase of cluster evolution,
the M /L ratio is increased by dynamical evolution and exceeds thevawould have due
to stellar evolution alone.

The behaviour oM /L ratio for different black hole kick velocity dispersionsshiater-
esting implications for the relation between stellar MRgl@ndM /L ratio, which is shown
in Fig. 7.17. In combination with Fig. 7.12 (note the diffet@xes), it shows possible evo-
lutionary tracks of star clusters in this plane, indicatthgt nearly every location may be
reached. However, when limiting ourselves to long-livealstérs, Fig. 7.17 illustrates that
these clusters will follow a trend of decreasing slope witkreasing /L ratio, albeit with
excursions to higiM /L ratios and slightly highet close to their total disruption. This ex-
plains the trend that was found by Kruijssen & Mieske (2008)p considered the relation
between the observed MF slopes addL ratios of Galactic globular clusters.

The colour change due to dynamical evolution is only verylsfaaclusters witht{Q' >
1.5 Gyr (see Sect. 7.5.1). Because clusters in which reraaatretained are massive, their
lifetimes are correspondingly long. As a result, the colewolution is largely unaffected for
the clusters in which the remnant retention fraction coldg p role A(V — 1) < 0.03 mag).
The colour change is even smaller if more massive remnaateetained, because then the
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Figure 7.18: Influence of the black hole retention fraction on the totatmant mass fraction. Shown is
the ratio of the total mass in stellar remnahts to the cluster mas®! versus the remaining cluster mass
fraction. The solid, dashed and dotted lines represgaon = {40, 80,200 km st corresponding to
fretpn = {0.219, 0.041, 0.003for a 1¢ My, cluster.

stellar MF more closely resembles its initial form (see tpper panel of Fig. 7.14). Long-
lived clusters generally appear0.005 mag bluer iv — I due to dynamical evolution during
the last~ 3—20% of their lifetimes and reach a similar reddening ugairttotal disruption,
which is well within observational errors. The colours a alusters are thus only marginally
affected by dynamical evolution.

The evolution of the total remnant mass fraction is shownign %.18 for different black
hole kick velocity dispersions. The seemingly countetitite result is that the fraction of the
cluster mass that is constituted by remnants is smaller winae black holes are retained.
As shown in Fig. 7.14, the retention of black holes suppretisedepletion of the low-mass
end of the MF due to the ‘sweet spot’ escape (see Sect. 7.3pséine & 1 M) stars by
the black holes. After 1 Gyr, white dwarfs and neutron stars have masses that ailarsim
to those of the massive stars, implying that their escapeisaalso increased when more
black holes are retained. Because the total mass condtitytevhite dwarfs and neutron
stars is larger than the combined mass of all black holedralegon of the total cluster mass
that is constituted by remnants decreases if these low-reagsants are ejected by the more
massive black holes.

7.6 Discussion and applications

The results of this chapter show that the stellar MFs in siasters differ strongly from
their initial forms due to dynamical cluster evolution. T$pecific kinds of these differences
depend on the properties of the star clusters and theirgiatonment, most importantly on



156 Chapter 7

the disruption time, remnant retention fraction, and IMIF.

A physical model for the evolution of the stellar MF is pretgehin which two-body re-
laxation leads to a stellar mass dependence of the escap&oatany particular stellar mass,
the escape rate is determined by the typical proximity dfriegss to the escape energy and by
the timescale on which the two-body relaxation with the p8iers takes place. Combined
with a prescription for stellar evolution, stellar remnandduction, and remnant retention
using kick velocity dispersions, this provides a desovipfior the total evolution of the MF.
This description is independent of the adopted total maskigen. The model shows that
the slope of the mass function is a possible indicator fontlags fraction that has been lost
due to dissolution, provided that the IMF does not vary aedé@mnant retention fraction has
been fairly similar for young globular clustets.

For the exact same initial conditions, the model shows éxaehgreement witliN-body
simulations of the evolving MF by Baumgardt & Makino (2003)lowever, an important
advantage of the presented model compared to the (moresaeNrbody simulations is its
short runtime and corresponding flexibility. It can be gaspplied to compute the evolution
of clusters for a large range of initial conditions. The tesgan then be used to identify
interesting cases for more detailed and less simplifiedutaions with N-body or Monte
Carlo models.

The most important simplification of the model is neglecting effect of binary encoun-
ters on the stellar mass dependence of the escape rate.cofponate binaries, a conclusive
census of the binary population in star clusters would baired, which is not yet available.
Nonetheless, it is possible to make a qualitative estin@mtéhie effect of binaries. The en-
counter rate of binaries would typically be higher than thfaindividual stars, because the
cross section of binaries is larger. This would increase¢hative escape rate at the stellar
mass for which the binary fractiéhpeaks. This binary fraction is found to increase with pri-
mary mass (see e.g. Kouwenhoven et al. 2009). Because matmis are removed by stellar
evolution, this implies that the binary fraction decreasik age, which is in agreement with
the low binary fraction observed in globular clusters 2%, e.g. Richer et al. 2004). The
effect of binaries on the evolution of the mass function widhlus be most notable if the ma-
jority of the dynamical mass loss occurs at age50 Myr (the typical lifetime of an 8 M
star), in which case it would somewhat enhance the relatuepe rate of the most massive
stars. The influence is expected to be small, since the presdbinaries mainly affects ejec-
tions by hard encounters and leaves the overall evaporatteriargely unchanged (Kupper
et al. 2008). On the other hand, neglecting binary encosmmassive remnants such as
black holes could underestimate their escape rate for tireygsnd 50 Myr. This would imply
that the model overestimates the impact of the black hontiein fraction on the evolution
of the MF.

The model is applied to investigate the influence of the gigon time and remnant re-
tention on the evolution of the MF and integrated photorogiroperties of star clusters. For
total disruption timesté?sta' < 1 Gyr, the modeled relative escape rate is highest at a gertai

14Although not specifically shown in this chapter (but not sisipgly), the differences also depend on the initial-
final stellar mass relation.

15Any variability of the retention fraction would induce stistial scatter, see Sect. 7.5.2 and Fig. 7.19.

16The fraction of stars residing in binary or multiple systems
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‘sweet spot’ mass that is typically 15—20% of the mass of tlestrmassive objects in the
cluster. For longer lifetimes, the evolution of the MF is doated by low-mass star deple-
tion, unless the retention fraction of massive stellar remis is larger than 0.25. Only in the
particular case of such a high retention fraction, BM@L ratio is increased by dynamical
evolution when the cluster approaches total disruptioralllnther scenarios, thi! /L ratio
decreases because the most massive (luminous) stars afé keépen defining the slope of
the MF in the range 30—80% of the maximum stellar mass, thissa clear relation between
the MF slope and thé&/ /L ratio. For slopes that are defined in fixed mass ranges, there i
not necessarily a correlation between slope &t ratio if %2 < 1 Gyr. In clusters with a
longer total disruption time, both quantities are relat@gnamical cluster evolution is found
to induce some reddening of the integrated cluster col@mgunting up to 0.1—0.2 mag
in vV — | for total disruption timeg{%? < 1.5 Gyr. The fraction of the cluster mass that is
constituted by remnants surprisingly decreases if morekiales are retained, because the
black holes preferentially eject bodies around the maskefite dwarfs and neutron stars,
which contain most of the total remnant mass.

Contrary to what is suggested by other studies (e.g. Bauthgavakino 2003, Anders
et al. 2009), the evolution of the MF is not homologous. Tresos that these studies con-
cluded that its evolution is very similar for all clusterds@see Figs. 7.6 and 7.7), is that
they assumed that all remnants were retained. It is illtedran Fig. 7.14 that the differ-
ences between clusters with dissimilar disruption timsagipear when the retention fraction
increases. For realistic retention fractions, differende arise. If two clusters with differ-
ent initial masses have the same total disruption timer & evolution will be dissimilar
due to their different remnant retention fractions and thpact of the retained remnants on
the dynamical cluster evolution. Alternatively, if two shers have equal initial masses but
different total disruption times, for instance due to difieces in their galactic location or en-
vironment, their MF evolution will be dissimilar due to thgrsamical impact of the evolution
of the maximum stellar mass.

The larger variation of MF evolution that is found with pretsd model may also be able
to explain observations of globular clusters in which the téifnot be characterised by a
single power law (De Marchi et al. 2000). If the evolutionloétMF were homologous, these
features would likely be primordial (Baumgardt & Makino Z)0Qbut this is not necessarily
the case when using realistic retention fractions. Mostotlifferences between the results
presented in Sect. 7.5 and those from Baumgardt & Makino3p@@e also due to their
assumption of full remnant retention. For example, tijiL ratio evolution shows a smaller
decrease than in Fig. 7.11. This is explained in Fig. 7.1&relit is shown that dynamical
evolution reduces thk! /L ratio by a smaller amount if the retention fraction is larger

Studies on the fractal nature of cluster formation show steat clusters are initially sub-
structured (EImegreen 2000, Bonnell et al. 2003). Evendhdhis substructure is typically
erased on a crossing time, it can induce primordial masggagon in star clusters (McMil-
lan et al. 2007, Allison et al. 2009a). The influence of pridhal mass segregation on the
evolution of the MF has recently been investigated by Baudtgs al. (2008) and Vesperini
et al. (2009). While Baumgardt et al. (2008) do not includdiat evolution and concentrate

1This process differs from a possible variability of the prdjpnality between the velocity dispersion and the
cluster mass, which concerns a much shorter timescaleHeilg.et al. 2009).
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on two-body relaxation, Vesperini et al. (2009) do inclutilar evolution. They show that
for some degrees of primordial mass segregation, the mssbyostellar evolution can induce
additional dynamical mass loss that strongly decrease®sthledisruption time. For clusters
that survive for a Hubble time, the MF evolution in the cas@iifordial mass segregation
is very similar to an initially unsegregated cluster. Vaspeet al. (2009) conclude that the
evolution of the MF is only affected by primordial mass segtéon for clusters in which the
total disruption time is sufficiently decreased by the inellmass loss. In that case, the slope
of the MF remains much closer to its initial value than it webinl clusters without primordial
mass segregation. Their conclusion is consistent with thdehpresented in this chapter,
because the evolution of the MF is determined by the mostingstars at the time when the
largest mass loss occurs (see Figs. 7.4 and 7.9). This idduass loss enters the model in
terms of the absolute mass loss rate in Eq. 7.3, not in thiaistehss-dependent escape rate
per unit mass loss rate of Eq. 7.13.

A change in total mass loss rate is not the only consequenpgrbrdial mass segre-
gation. Baumgardt et al. (2008) have shown that low-massd&gletion is enhanced for
clusters without stellar evolution that are primordiallgss-segregated. This occurs because
energy equipartition is reached on a shorter timescale anduse of their use of a fixed
(Mmax = 1.2 Mgy) maximum stellar mass. As a result, there are no massivebdalincrease
the escape rate of intermediate mass stars (see Fig. 7 @yimg that only the low-mass
stars are preferentially lost. In the present chapter, megegation is assumed to arise dy-
namically, but the model could in principle be adapted toezg@rimordial mass segregation
by settingc, = 0 and adjusting; to the initial velocity distribution until it is erased by dy
namical evolution (see Eq. 7.22), after which the valuemf@ect. 7.3 can be usé#l.This
does not necessarily yield enhanced low-mass star depfeticlusters with a complete IMF
(including massem > 1.2 M) because of the presence of massive stars or remnants.

The presented model can be applied to the MFs of Galacticutdolelusters that are
observed by De Marchi et al. (2007). These MFs are more diyatapleted than is found
in the N-body simulations by Baumgardt & Makino (2003), which hagmattributed to
primordial mass segregation (Baumgardt et al. 2008). Hewediie observations can also
very accurately be explained with the realistic remnargrrgon fractions that are used in
the present chapter. This is shown in Fig. 7.19, where thergbd MF slopes and remaining
lifetimes of the globular clusters from De Marchi et al. (ZD@re compared with the globular
cluster-like models from Sect. 7.5.8 € 1 Myr). The models are in much better agreement
with the data than thé/-body runs with complete remnant retention from Baumgardt &
Makino (2003). Deviations to other values @fcan occur due to variations in disruption
time and remnant retention fractions, as is also shown inEip. For example, a variation
of the remnant kick velocity with metallicity in combinatiovith the known variation of
the disruption time (see e.g. Kruijssen & Mieske 2009, kKesgin & Portegies Zwart 2009)
should be sufficient to cover the observed scatter.

The above line of reasoning provides an explanation for épeded MFs in Fig. 7.19 that

18As explained in Sect 7.3y represents the ratio of the mean speed squared to the aesttegie velocity squared
that depends on the degree of mass segregation (and thus iR On the other handy, is a proportionality con-
stant in the expression for the onset of the stellar maseritEgmt escape of stars, which depends on the concentration
or King parameter.
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Figure 7.19: MF slope versus remaining lifetime (assuming a globulasteluage of 12 Gyr). Di-
amonds represent the observed values from De Marchi et @.7}2 with typical errors as shown
by the error bar in the lower right corner. The remainingtiifees are taken from Baumgardt et al.
(2008). Dotted curves represent the model evolutionargksreof clusters with logli/Mg) =
{6,6.25,6.5,6.75,7 from Sect. 7.5.2 With{ okickwd, Tkickns Tkickph} = {4, 100,200 km s7?, corre-
sponding tof fretwd, fretns freton} = {0.983,0.022, 0.003for a 1¢ Mg, cluster. The solid line connects
the present-day locations of the modeled clusters in thgralia (crosses), while the dashed line repre-
sents the same relation fokickph = 40 km s (fretpn = 0.219 for a 16 M, cluster). The dash-dotted
line shows the homologous cluster evolution from Baumgériftakino (2003).

is consistent with the simulations by Vesperini et al. (200&ho showed that the effects of
primordial mass segregation are in fact suppressed inligag-clusters due to the expansion
caused by stellar evolution. This increases the relaxdiina and yields an evolution of
the MF that is very similar to the initially unsegregatedrsa®o, indicating that primordial
mass segregation is not a likely explanation for stronglyleted MFs. Observations of the
remnant composition of these globular clusters could fevdafinitive answer as to whether
the depleted MFs are explained by primordial mass segmegati by dynamical evolution
with a realistic remnant retention fraction.

Dynamical cluster evolution does not appear to have a ldfgeten the colours of old
(globular) clusters. The only way in which the colours cobkl affected beyond typical
observational errors, is if globular clusters have lostssaifitial fractions of their masses
during the first~ Gyr after their formation. In that case, the dynamical etioluof the
stellar MF in globular clusters may have implications fardsés of colour bimodality (e.g.
Larsen et al. 2001) or the blue tilt (e.g. Harris et al. 2006Jould then also possibly explain
the trend of increasiny — K colour with decreasind/ /L ratio found by Strader et al.
(2009) for globular clusters in M31, because quickly digsa clusters generally become
redder and have reducéd/L ratios. More research is needed to determine the role of the
changing MF in the above properties of globular clusteresyst
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It can be concluded that the evolution of the stellar MF im ehasters is not as similar for
all clusters as previously thought. Its precise evolutsoaietermined by cluster characteristics
like the disruption time, the remnant retention fractiontial-final stellar mass relation, and
the IMF. In order to decipher the evolution of observed shasters, it is essential to record
these characteristics and to relate them to possible oerfar the internal evolution of
clusters. That way, observables like the slope of the MF,Mhy&- ratio, the broadband
colours, and the mass fraction in remnants can be betterstode.
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Abstract The formation and evolution of star cluster populationsretated to the galactic environ-
ment. Cluster formation is governed by processes actingatactic scales, and star cluster disruption
is driven by the tidal field. In this chapter, we present a-setisistent model for the formation and evo-
lution of star cluster populations, for which we combineMsbody/SPH galaxy evolution code with
semi-analytic models for star cluster evolution. The madeludes star formation, feedback, stellar
evolution, and star cluster disruption by two-body relao@ind tidal shocks. The model is validated
by a comparison t&/-body simulations of dissolving star clusters. We applyrttgglel by simulating a
suite of 9 isolated disc galaxies and 24 galaxy mergers. Tdletonary histories of individual clusters
in these simulations are discussed to illustrate how thé&@@mwent of clusters changes in time and
space. Itis found that the variability of the disruptioreratith time and space affects the properties of
star cluster populations. In isolated disc galaxies, theamage of the clusters increases with galacto-
centric radius. The combined effect of clusters escapieqy tiense formation sites (‘cluster migration’)
and the preferential disruption of clusters residing insgeanvironments (‘natural selection’) implies
that the mean disruption rate of the population decreastbscluister age. This affects the slope of the
cluster age distribution, which becomes a function of the fetrmation rate density (star formation rate
per unit volume). The evolutionary histories of clusteraigalaxy merger vary widely and determine
which clusters survive the merger. Clusters that escapettiet stellar halo experience low disruption
rates, while clusters orbiting near the starburst regiom mierger are disrupted on short timescales due
to the high gas density. This impacts the age distributionkthae locations of the surviving clusters at
all times during a merger. The chapter includes a discussigotential improvements for the model
and a brief exploration of possible applications. We codelthat accounting for the interplay between
the formation, disruption, and orbital histories of clustenables a more sophisticated interpretation of

TReproduced with permissia@) RAS.
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observed properties of cluster populations, thereby ekbgrnthe role of cluster populations as tracers
of galaxy evolution.

8.1 Introduction

It is one of the central aims in current astrophysics to caisthe formation and evolu-
tion of galaxies, and their assembly through hierarchicatgimg (e.g. Sanders & Mirabel
1996, Kennicutt 1998a, Cole et al. 2000, Conselice et al32B@uffmann et al. 2003, van
Dokkum 2005, McConnachie et al. 2009, Hopkins et al. 201@lag/ mergers play a fun-
damental role in hierarchical cosmology (White & Rees 19#8&)joducing the evolution of
the galaxy population as a prime tool to verify cosmologicaldels (e.g. Kauffmann et al.
1993, Somerville & Primack 1999, Bell et al. 2005). Sinceltte 1980s, observational stud-
ies have uncovered a wealth of stellar clusters in galagraations. Because star clusters
are easily observed up to distances of several tens of meggasait is often said that star
clusters can be used to probe the formation and evolutioalakgs. This would enable the
reconstruction of the merger histories of their parentxjek(Schweizer 1987, Ashman &
Zepf 1992, Schweizer & Seitzer 1998, Larsen et al. 2001 i&ast al. 2005).

The differences between populations of young (massiverhtaters and globular cluster
systems show the impact of nearly a Hubble time of evoluteg.(EImegreen & Efremov
1997, Vesperini 1998, 2001, Fall & Zhang 2001, Kruijssen &tBgies Zwart 2009), under
the assumption that globular clusters initially sharedtodshe properties of current young
star clusters (e.g. EImegreen & Efremov 1997). These diffees suggest that cluster popu-
lations can indeed be used to trace galaxy evolution, ealbebecause their formation and
evolution are known to be governed by their galactic envitent (Spitzer 1987, Ashman
& Zepf 1992, Baumgardt & Makino 2003, Lamers et al. 2005b,|€&est al. 2006b). It is
therefore crucial to assekswa cluster population is affected by environmental effects.

There have been substantial efforts in theoretical studietescribe the formation and
evolution of star cluster systems. Possible formatiorssitestar clusters in general and
globular clusters in particular have been addressed in¢tieal studies (e.g. Harris & Pudritz
1994, Elmegreen & Efremov 1997, Shapiro et al. 2010) and migadesimulations (Bekki
et al. 2002, Li et al. 2004, Bournaud et al. 2008, Renaud €2@08). These studies all
point to gas-rich environments with high pressures anditesss the possible formation
sites of rich star cluster systems. However, they do nobidyre populations of star clusters
and globular clusters that are presently observed, bedhagegocus on cluster formation
and either contain only a very simplified description for sfaster evolution or none at all.
As they age, star clusters leave their primordial regiortsdymamically decouple from the
gas of their formation sites. More importantly, star clustexperience extensive dynamical
evolution after their formation, which shapes the chargsties of the star cluster populations
that are observed today.

Theoretical and numerical studies on the evolution of dizsters have shown that clus-
ters dissolve due to two-body relaxation in a steady tidé fie.g. Spitzer 1987, Fukushige
& Heggie 2000, Portegies Zwart et al. 2001, Baumgardt & Makif03) and due to heating
by tidal shocks (e.g. Spitzer 1958, Ostriker et al. 1972,rGbié et al. 1986, Spitzer 1987,
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Aguilar et al. 1988, Chernoff & Weinberg 1990, Kundic & Oket 1995, Gnedin & Ostriker
1997, Gieles et al. 2006b). This dynamical evolution learggonounced imprint on the
population that survives disruption. In particular, the agmd mass distributions of star clus-
ter populations have emerged as excellent tools to tracdisineption histories of clusters
(e.g. Vesperini 2001, Fall & Zhang 2001, Lamers et al. 208%&to & Gnedin 2008). This
implies that the strength of the disruption processes veitedmine how and to what extent
the characteristics of evolved cluster populations stité the conditions of their formation.

The census of the formation and evolution of star clustessbeen applied to popula-
tions of star clusters in several studies that focus on thdetimy of the observed cluster
age and mass (or luminosity) distributions (e.g. EImeg&é&iremov 1997, Boutloukos &
Lamers 2003, Hunter et al. 2003, Gieles et al. 2005, Lameak 2005a, Smith et al. 2007,
Larsen 2009). These studies show that the disruption ragaotlusters varies among dif-
ferent galaxies, and also that peaks in the age distribsitidrstar clusters can be used to
trace interaction-induced starbursts. Interestinglg, gdalaxy sample for which the typical
disruption rates have been derived shows higher disrupéitsfor galaxies with high star
formation rates.

The above analyses of the formation and disruption of ciysteulations are based on
two key assumptions:

(1) The formation rate of stars and clusters is assumed tomstant throughout a galaxy
and often also in time. If not assumed constant in time, ilimmeterised with a simple
function, often a sequence of step functions.

(2) The disruption rate of star clusters is assumed to betantihroughout a galaxy and
in time.

While these assumptions can be made for a first-order apptoabe formation and evolu-
tion of star cluster populations, it is known from theoratiprinciples of star formation and
cluster disruption that they do not hold in actual galaxigticularly the observation that the
disruption rate of star clusters varies among differerdixgak shows that it should also vary
within a galaxy: for individual clusters as they pass thitoulifferent galactic regions, but
also for the entire cluster population as a galaxy evolvém® Variation with time and space
of the cluster formation and disruption rates may or may ffetathe observable properties
of star cluster populations.

Galaxy interactions provide a clear example of the fornma#ind destruction of cluster
populations and the dependence thereof on the local gatotironment. Large numbers of
star clusters are formed in the nuclear starbursts ocgudtning galaxy interactions (Holtz-
man et al. 1992, Whitmore & Schweizer 1995, Schweizer etd61Whitmore et al. 1999).
These starbursts are triggered by the angular momentunofas® gas in the progenitor
galaxy discs and the subsequent inflow of the gas (Herng@@8,Mihos & Hernquist 1996,
Hopkins et al. 2006). As a result, the gas density in certagations within galaxy mergers
is very high. It was shown by Gieles et al. (2006b) that stastelrs are efficiently disrupted
by the tidal shocks that arise when they gravitationallgriatt with passing giant molecu-
lar clouds (GMCs). Because the GMC density in central regmfirgalaxy mergers is high,
we should expect tidal disruption to be important. This ésaus with the possible, intrigu-
ing combination of the enhanced formation and destructiostar clusters during certain
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episodes in the hierarchical buildup of galaxies (see Kseip et al. 2011b). The violent cir-
cumstances in the nuclear region contrast with the outeomegf a galaxy merger, where
cluster formation and destruction proceed more temperatel

In general, the galactic conditions under which star clystpulations have been formed
and have evolved over the history of the universe may haviedvavidely (e.g. Reddy &
Steidel 2009). The use of star cluster populations to trat&ctjc histories would therefore
benefit from a thorough understanding of the co-formatiath @evolution of galaxies and
star clusters. Such a census can only be achieved by siraalialy assessing all relevant
physical mechanisms, i.e. combining the formation andwtian of star clusters in a single
model and allowing for variations with environment.

A thorough way of modeling cluster evolution would be to penfi collisional N-body
simulations of the evolving cluster population in a chaggialactic tidal field. This has been
done in several studies, for a limited range of cluster nmssdits and tidal histories (e.g.
Vesperini & Heggie 1997, Baumgardt & Makino 2003, Praagmiaal.e2010). However,
these papers only consider the effects of smooth potertialsgnore the disruptive effect
of GMCs and other substructure in the gas distribution,ebeilimiting the application of
such models to globular cluster systems and extremely gasgalaxies. MoreovelN-body
modeling is computationally so expensive that it is not gmego calculate the evolution
of the millions of clusters that are formed during the life¢ of a galaxy. In order to self-
consistently compute the formation and evolution of anrentluster population, the best
approach would be to implement semi-analytic cluster mo@ehumerical simulations of
galaxies. N-body simulations of dissolving clusters in time-deperidital fields can then
be used to provide benchmarks for the semi-analytic clestaiution models.

In this chapter, we aim to self-consistently model the faiaraand evolution of cluster
populations in numerical simulations of (interacting)ayaés. For that purpose, we have
combined semi-analytic star cluster moded8ACE, Kruijssen & Lamers 2008, Kruijssen
2009) with anN-body/Smoothed Particle Hydrodynamics (SPH) code for rioglgalaxies
(Stars, Pelupessy et al. 2004, Pelupessy 2005). As discussed,abevghysical mecha-
nisms that play a role in the formation and evolution of stasters have all been studied
separately in detail. Combining them should allow us to iokdiebetter picture of how differ-
ent galactic environments affect their star cluster pojpuia.

Prieto & Gnedin (2008) combined cosmological simulatioitha semi-analytic descrip-
tion for the dynamical evolution of globular clusters. Tiaim was to model the population
of globular clusters from high redshift to the present dayg aot the self-consistent mod-
eling of the entire star cluster population including a ramj destruction and formation
mechanisms in different galactic environments. Particek@mples of differences with our
approach are the following:

(1) We include clusters with masses down to a fiducial lowesstianit of 100 M. In Pri-
eto & Gnedin (2008), only clusters with initial massds > 10° M, are considered.
While this does not influence the present day globular alsststem due to the destruc-
tion of lower mass clusters over nearly a Hubble time of ety it does obstruct the
modeling of young (globular) cluster populations, in whible cluster masses do go
down to a physical lower mass limit of around 10Q,fdee e.g. Portegies Zwart et al.
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2010).

(2) In our simulations, the clusters are continuously fadraethe sites of star formation
that are calculated in th&/-body/SPH simulation. This is one of the main aspects
of our model that enables a self-consistent modeling of dmeétion and evolution
of the cluster population. Conversely, Prieto & Gnedin @0&ssume that the initial
distribution of clusters follows the distribution of therlganic surface density, which
does not necessarily match sites of star and cluster foomati

(3) In our cluster evolution model, the dynamical mass l@de of clusters due to two-
body relaxation depends on environmental effects, bechisé&nown that the tidal
field strength determines the mass loss rate (see e.g. Badi8gslakino 2003). This
aspect of cluster disruption was not included by Prieto & @m¢2008).

Smaller differences include the exact prescription for srlass from clusters due to tidal
shocks and the evolution of the cluster half-mass radius.

The chapter is structured as follows. In Sect. 8.2, we firstuls the simulation code,
divided in a section on the galaxW¢body/SPH) model, and a section on the derivation,
construction and testing of the star cluster evolution rhotlee model runs are summarised
in Sect. 8.3, while some key results are presented in SedtésBlated disc galaxies) and 8.5
(galaxy mergers). The chapter is concluded with a summadyaadiscussion of possible
improvements and potential applications of the model.

Throughoutthe chapter, we adopt a stande€®M cosmology and follow the consensus
values after the WMAP results (e.g. Spergel et al. 2007y wétcuum energy and matter
densities2y = 0.7 andQy = 0.3, and present-day Hubble constaigt= 70 km s Mpc—.

8.2 Simulation code

Our simulations are performed using a collisionl&sbody/SPH code in which the formation
and evolution of star clusters are included as a sub-griceindthe simulated galaxies contain
particles for the stellar, gaseous and dark matter comgsnen

8.2.1 Galaxy model

The evolution of the stellar and dark matter components averged by pure collisionless
Newtonian dynamics, calculated using the Barnes-Hut trethod (Barnes & Hut 1986).
The particles sample the underlying phase space diswibwofi positions and velocities and
are smoothed on length scales of approximately 0.2 kpc tataiaithe collisionless dynam-
ics and to reduce the noise in the tidal field (which is usedfercluster evolution, see 8.2.2).
The Euler equations for the gas dynamics are solved usingthao particle hydrodynamics,
a Galilean invariant Langrangian method for hydrodynarhased on a particle representa-
tion of the fluid (Monaghan 1992), in the conservative foratigin of Springel & Hernquist
(2002). This is supplemented with a model for the thermodyinavolution of the gas in
order to represent the physics of the interstellar medi@M{jl Photo-electric heating of UV
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radiation from young stars is included (assuming optictlliy transport of non-ionizing pho-
tons). The UV field is calculated from stellar UV luminos#igerived from stellar population
synthesis models (Bruzual & Charlot 2003). Line coolingifireight elements (the main con-
stituents of the ISM H and He as well as the elements C, N, OSNand Fe) is included. We
calculate ionization equilibrium including cosmic ray ipation. Further details of the ISM
model can be found in Pelupessy et al. (2004) and Pelupe86%)2

Star formation is implemented by using a gravitationalabgity criterion based on the
local Jeans mag¥;:

3/2
M, W—’J(ﬁ) < Mres, 8.1)

6 \ Gp

wherep is the local densitys the local sound spee@ the gravitational constant ard,; a
reference mass scale (chosen to correspond to observédmgikatular clouds). This selects
cold, dense regions for star formation, which then formsstar a timescales; that is set to
scale with the local free fall timé:

st = fsilit = 7;%@, (8.2)
where the delay factdi; ~ 10. Numerically, the code stochastically spawns stellatigdas
from gas particles that are unstable according to Eq. 8 L aviirobability 1 exp (—dt /7).
The code also assigns a formation time for use by the stel@uton library, and sets the
initial stellar and cluster population mass distributigese below). Mechanical heating of
the interstellar medium by stellar winds from young stard anpernovae is implemented
by means of pressure particles (Pelupessy et al. 2004, &=y@2005), which ensures the
strength of feedback is insensitive to numerical resofugffects. In this way, the global
efficiency of star formation is determined by the number afrygpstars needed to quench star
formation by UV and supernova heating, which is set by thdieggroperties of the gas and
the energy input from the stars.

8.2.2 Star cluster model
Cluster formation

Star clusters are formed in the simulations when a Jeartshlasgas particle produces a
star particle as described above. It is presently not plestilsimulate clusters as individual
particles for the full cluster mass range, because evenmittiern computational facilities

it would require following too many particles to allow reasdle computation times. There-
fore, we choose to spawn the star clusters as the “sub-gyittéat of a new-born star particle.
Their masses are generated from a power law distributiolm aitexponential truncation at
high masses (Schechter 1976):

NdM o M~2exp (M /M,)dM, (8.3)

whereN is the number of clustersy is the cluster mass, and, = 2.5x 10° M, is the
adopted exponential truncation mass, which is needed taiexpe present day mass func-
tion of Galactic globular clusters (see e.g. Kruijssen &tBgies Zwart 2009). We allocate
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90% of the new-born particle mass for the star clusters (thester formation efficiency”
or CFE). Because we adopt a single value of the CFE for alighast its precise value is
not important and merely acts as a normalisation of the numbeusters. The remaining
10% of the mass is considered to be born in unbound assowaticstars that immediately
disperse into the field after they are formedhis dispersion does not occur physically in the
simulation, because the star particle contains both treegtalrs and the star clusters. All stars
have masses distributed according to a Kroupa (2001) IMRemrtass range 0.08 M-mmax,
wheremnax is the maximum stellar mass at lagyr) = 6.6 (which is the minimum age of
the adopted stellar evolution models, see Sect. 8.2.2).

Owing to the sub-grid nature of the cluster implementatibie, maximum mass of the
formed star clusters is determined by the gas particle nsass formation efficiencyand
CFE, as the mass of a single cluster can not exceed the malss sfatr particle it is part
of. As a result, the typical maximum cluster mass is llyM ) ~ 5.8. We have chosen
the number of particles in the simulation such as to optiyr@iver the cluster mass range of
interest and to have sufficient numerical resolution. Aetgm that allows for simultaneous
star formation in groups of gas particles is being incluctea future study.

Cluster evolution

After their formation, star clusters evolve by losing magsstellar evolution and dynami-
cal evolution. The star cluster evolution is computed with $PACE models (Kruijssen &
Lamers 2008, Kruijssen 2009), which include a semi-analgéscription of the evolution
of cluster mass and its stellar content. They include steltalution from the Padova mod-
els (Marigo et al. 2008), stellar remnant production, remirkéck velocities (e.g. Lyne &
Lorimer 1994), dynamical disruption (Lamers et al. 2005&] the evolution of the stellar
mass function owing to the stellar mass dependence of tbBajeate of stars from the clus-
ter (Kruijssen 2009). The total mass loss rate is constitbtethe contribution from stellar
evolution, (dV /dt)ey, and the contribution from tidal disruption, N/ dt)is:

dM\ _ /dM dm
(W) - (W)J <W)di; 4

The mass loss due to stellar evolution is computed using dlde\R isochrones by follow-
ing the decrease of the maximum stellar mass over one timesitel integrating the mass
function within the cluster over the corresponding massrirgl. This method assumes the
instantaneous removal of stars and ignores the graduaknaitatellar winds. Stars typically
only lose mass during the last 10% of their lifetime, during which the maximum stellar
mass decreases by merely a few percent, and the total cinags by even less. The mass
loss rates of the most massive stars are also comparablgdhe enclosed time interval,
which implies that the instantaneous removal of the mostsivasstars is balanced by the
delay of mass loss from slightly less massive stars. Thigresghat the obtained mass loss
rate is very similar to the actual rate due to stellar wind$ supernovae at any time (see e.g.

1we do not distinguish between the formation of unbound fi¢ddssand the early disruption of star clusters
during gas expulsion, which is known as “infant mortalit’afia & Lada 2003, Goodwin & Bastian 2006).
2This is the fraction of the gas mass that is used to form thepsigicle.
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Kruijssen & Lamers 2008). We include the production andnde of stellar remnants as
discussed in Kruijssen (2009).
The mass loss rate due to disruption is driven by two-bodyxetlon and tidal shocks:

dm _ dM dm
<E)dis B (E)rlx ’ <W>Sh’ (8.5)

where the subscripts ‘dis’, ‘rIx’, and ‘sh’ denote disrugti two-body relaxation and tidal
shocks, respectively. We now describe the contributioms footh mass loss mechanisins

The mass loss rate due to two-body relaxation is determigetdbstrength of the tidal
field and the cluster mass (Baumgardt & Makino 2003, GielesatsBgardt 2008). To de-
scribe the mass loss, we adopt the semi-analytic approacaroérs et al. (2005a) that has
been extensively tested agaimétbody simulations of dissolving star clusters and observa-
tions (e.g. Lamers et al. 2005b, Gieles et al. 2005, Bastiah 2005, Lamers & Gieles 2006).
The mass decreases exponentially on a disruption timethzdldecreases as the cluster mass
decreasets = (dInM /dt)~L:

1—v
(d_M) = _M = _ M , (86)
dt x Lyis o

where the disruption timescale is given Ry = ttM”. Here, the exponent = 0.6—0.8

is the mass dependence of the disruption timescale, aneaises with the King parameter
Wp of the cluster density profile (Baumgardt & Makino 2003, Laset al. 2010). The
normalisation constart is the dissolution timescale parameter, which sets thelitguf the
disruption and is determined by the tidal fi&l&For clusters on circular orbits in a logarithmic
potential,ty has been related to the angular frequency of the orbit, absesjently to the
ambient densityamp asty p;ﬁéz (Baumgardt & Makino 2003, Lamers et al. 2005b). The
physical driving force behind cluster disruption is theatifleld. According to Poisson'’s law,
the tidal field strengtiT is proportional to the ambient density, implying a more famental
relation:

to = too(T/Tw) /2, 8.7)

where § ¢ is the dissolution timescale in a logarithmic potentialret galactocentric radius
of the sun B and T, &~ 7.01x 10° Gyr—2 is the tidal field strength at that location for
a circular velocity of 220 kmst. For+y = 0.62 one obtaingt, = 21.3 Myr, while for
~ = 0.70 we havegt, = 10.7 Myr (Kruijssen & Mieske 2009). We adopt a density peofil
with King parameteil = 5 for the clusters and consequenily 0.62. This ‘typical’ King

3We neglect a third mass loss mechanism, namely the dynamass loss that is induced by the shrinking of the
Jacobi radius resulting from the mass loss due to stellduton (Lamers et al. 2010). This is allowed if clusters
initially do not fill their Roche lobes. In the irregular tidéelds that we are considering, the Jacobi radius congtantl
changes. This implies that the equilibrium situation ofwstgr filling its Roche lobe is unlikely to occur.

4Throughout the chapter, we do not only use the term ‘disoagiime(scale)’, but also the more intuitive ‘disrup-
tion rate’, which is related to the inverse of the timescihile the disruption timescale is specific to the properties
of a cluster and depends on its mass and (for tidal shockisirteeds radius, the term ‘disruption rate’ is used to refer
to the general ‘disruptiveness’ of the environment.
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parameter is consistent with observations of open clugRosegies Zwart et al. 2010) and
rapidly dissolving globular clusters (McLaughlin & van déarel 2005, Kruijssen & Mieske
2009). Clusters with lower King parametei/{ ~ 3) are susceptible to rapid disruption
due to stellar evolution-induced mass loss (Fukushige &giefj995, Baumgardt & Makino
2003, Lamers et al. 2010), while high King parameterd/\Gf = 7 are typically achieved
after core collapse of the most massive systems such asafidlgf clusters. To illustrate the
influence of the concentration on cluster disruption, we alensider the case iy = 7 in
the rest of the derivation of the model.

To determine the tidal field strength, we first evaluate ttelfiield tensor

520

Tj= a7
I OX; 8Xj

(8.8)

where® is the gravitational potential and is thei-th component of the position vector. In
the simulations, the tidal tensor is computed by numeridtdréntiation of the force field,
which is smoothed on scales of 200 pc, thereby minimisings#hesitivity of the evolution
of the star clusters to discreteness noise. We use 1% of tbhetking length for the differ-
entiation interval. The tidal tensor has three eigenvactehich denote the principal axes of
the action of the tidal field. The corresponding eigenvahlegsesent the magnitude of the
force gradient along these axes, with negative eigenvaleiesting compressive components
of the tidal field, and positive eigenvalues indicating esfee components (e.g. Renaud et al.
2008). The tidal field strengtf, i.e. the quantity that sets the tidal boundary of the chuste
is thus equal to the largest eigenvalue of the tidal tenddheltidal field is fully compres-
sive, i.e. all eigenvalues of the tidal tensor are negativeassume (b /dt)x = 0. The
eigenvalues are computed with the routines by Kopp (2008).

Tidal shocks disrupt star clusters by increasing the enefghe stars that are bound
to the cluster. It was shown by Kundic & Ostriker (1995) thae first- and second-order
energy inputs induced by tidal shocks contribute more aréegially to the disruption of star
clusters, while higher-order terms can be neglected. Fomiass loss rate due to tidal shocks
we write

am M
_—_ 8.9
( dt )sh tSh ( )

wherets, denotes the disruption time for tidal shocks. It can be sepdrin the disruption
times due to the first- and second-order energy ingytandty, 2
_ 1,1
tsn = (tna* tong) - (8.10)
Both components of the disruption time depend on severgdgpti@s of the cluster and its
environment, and will change over time.

The derivation ofts, has been treated extensively in literature (e.g. Spitzé8,19987,
Ostriker et al. 1972, Kundic & Ostriker 1995, Gnedin & Os#ikKl997, Gieles et al. 2007a,
Prieto & Gnedin 2008), though the details of these appraadiféer. For example, some
studies correctly observe that not all of the energy inputhieytidal shock is converted into
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mass loss (Gieles et al. 2007a), while others add the seoate-disruption componeny, »
(Kundic & Ostriker 1995). Also, most studies consider tltatiperturbation of clusters on
closed orbits, for which the frequency of disc and bulge kkag predictable. However, for
more erratic tidal shockgs, should be linked to the tidal field (Prieto & Gnedin 2008). Es-
pecially when modeling the evolution of star clusters inreggimergers this is an important
improvement. We follow the lines of most of the above studéesl combine their refine-
ments.

We first compute the first-order disruption timescale duedal tshocks, which can be
expressed as (e.g. Gieles et al. 2007a):

At| E

=— |— A1
wi= 5 | 2| ©12)
where E denotes the cluster enefgger unit mass and\t is the time since the previous
shock. The parametédris the fraction of the relative energy change that is comeetd a
change in cluster mass. This number is smaller than unitalme stars escape the cluster
with velocities above the escape velocity. It is defined as dInM /dInE, and has been
found to bef ~ 0.25 for two-dimensional (2D) shock¢Gieles et al. 2006b). The internal
energy per unit cluster massis given by

nGM
E=- , 8.12
2 ( )

with  ~ 0.4 a proportionality constant (e.g. Spitzer 1983 the gravitational constant, and
Iy the half-mass radius of the cluster.

We combine the approaches of Gieles et al. (2007a) and REki€&oedin (2008) to ex-
press the average energy chady of the ensemble of stars in the cluster as a function of
their average radial positianand the tidal heating parametey:

AE = %(Av)z = %/ﬁdﬁ. (8.13)

The tidal heating parameter is written as a function of tHalttensor (Gnedin et al. 1999,
Prieto & Gnedin 2008):

2
hia =) (/ Tijdt) Aw,jj (X), (8.14)
i
in which the integration is performed over the duration & tidal shock for the particular
component of the tidal tensor. The faciy; j (x) represents a parameterised version of the

Weinberg adiabatic correction (Weinberg 1994a,b,c). dieined for each component of the
tidal tensor and describes the absorption of the energgtiojeby the adiabatic expansion of

5This is the sum of the internal kinetic energy and the intepogential.

6Most tidal shocks occur in the orbital plane of the intex@ttbetween the cluster and the perturbing object, e.g.
a GMC. This corresponds to a 2D shock. A 1D shock resembles@-de encounter with the perturbing object,
which is relatively rare compared to a more distant passage.
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the cluster. The adiabatic correction depends on the ptadtiee average angular frequency
of the stars within the cluster and the timescale; of the shock for the corresponding
component of the tidal tensor (Gnedin & Ostriker 1997, 1999)
)73/2

Aw,j = (l + 0272

i (8.15)

The value ofu is constant when expressediibody units (Heggie & Mathieu 1986, Gieles
et al. 2007a), but when converted back to physical unitsdblrees:

3
s=c, |¥EM (8.16)
i

where C,, denotes a proportionality constant, which for King parareW, = {5,7} is
C. = {0.68,0.82 (Gieles et al. 2007a). The timescale of the shagcks the time interval
in which the corresponding component of the tidal tensopsltay 39%, coinciding with the
definition of one standard deviation in a Gaussian distidiout

Substitution of Egs. 8.12—8.14 in Eg. 8.11 now gives theugion timescale due to the
first-order effects of tidal shocks:

_3GM2
fsha1= TTEIW At, (8.17)

with the ratior?/r2 = {2, 3.5} for King profile parameters\, = {5, 7} (Gieles et al. 2006b).
This equation should be complemented with the disruptimes$icale due the second-order
energy input, or “shock-induced relaxation” (Kundic & Qsér 1995), which is expressed
as

_At| E?
" f |(AE)?

tsh,2 ’ (8 18)

where (AE)? denotes the stellar ensemble-averaged mean square ehargyec Following
Kundic & Ostriker (1995), we write

(AE)? = (VAV)2 = %Itidwzr“. (8.19)

The stellar ensemble-averagér* then follows:
w2rt = GM(r)r = (GMr, (8.20)

whereM (r) represents the mass within radiygind the constartis defined as

M(nr
Mry '

¢

(8.21)

For King profile parameter#é/, = {5, 7} the values are¢ = {0.81,1.03 (M. Gieles, private
communication).
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Substitution of Egs. 8.12 and 8.19 in Eq. 8.18 now gives tkeugition timescale due to
the second-order effects of tidal shocks:
572 GM |, 57 r2

= — — i At = —= = lsh,1. 22
2= Zf¢ re i T r2 fsn 2 (8.22)
Using Eq. 8.10, the disruption time due to the combined faisd second order effects of
tidal shocks then becomes:

1 120 2\
tn= (it by = (1 + 5_71r_2) tsh,1= Gsnlsh,1, (8.23)
where forWp = {5, 7} we haveCs, = {0.29, 0.38, indicating that the contribution of the
second-order energy input is most important for low-cotregion clusters. The mass loss
due to shocks is applied upon the completion of a shock in d&rlgeocomponents of the
tidal tensor. Numerically, this means that = 0 unless a shock is completed, i.e. one of the
components ofTj; | reaches a minimum that is at most 88% of the preceding maximum

We have thus far not defined any prescription for the halfsmadiusy,. In semi-analytic
models that do not contain any information regarding thecstiral evolution of star clusters,
this is often related to the (initial) mass according to a olaw relation:

My \°
I’h:fh’4(104|(\|;| ) , (8.24)
©

wherer, 4 is the half-mass radius of a 40, cluster, My represents the (initial) cluster
mass, and is the power law index. The disruption timescale due to tithmcksts, and the
adiabatic correctio,, both depend on the half-mass radius of the cluster (see Eis. 8
and 8.17), implying that the value éfinfluences the mass dependencépflt is therefore
important to include a reliable prescription for the halése radius. We have tested several
dependences af, on the initial and present cluster mass when comparing theéelado
the N-body simulations by Baumgardt & Makino (2003). The besieagnent is found for

0 = 0.225 andh 4 = 4.35 pc, and when using the present-day mass (see Sef). 8'Bese
parameters are within an acceptable range of the ‘massitmesated mode’ of the radius
evolution reported in Gieles et al. (2011).

It should be emphasised that the mass-radius relation djuoig. 8.24 does not have the
same meaning as the mass-radius relation that can be ot $erveal star cluster populations
(e.g. Larsen 2004). Instead, it approximates the evolutfdhe half-mass radius for a single
cluster, given a certain initial radius. In a population @frlusters, which is constituted by
clusters of a range of ages, initial masses, initial radid mass loss histories, the resulting
mass-radius relation of the entire population may be vdfgmint, as itis set by the collection
of states in which these different clusters happen to ekibegime of the observation. When
using a power law formulation, both types of mass-radiustieh will only be similar if the
initial half-mass radius of the clusters is also set by thester mass as in Eq. 8.24. For
mathematical simplicity, we do choose to set the initiafmahss radius according to Eq. 8.24

’In a Gaussian distribution, this contrast coincides withlttation of b-.



Star cluster populations in galaxy simulations 175

(see Sect. 8.2.2), but it is not a requirement. This appration is supported by clusters
in N-body simulations, which tend towards a well-defined evohdry sequence (Kupper
et al. 2008), suggesting that the initial radius may be eradter a couple of relaxation
times. Itis currently not known how the half-mass radiusles® in the erratic tidal fields
of real galaxies, which contain GMCs and spiral arms. Weettoee choose to adopt the
‘conservative’ formulation of Eq. 8.24. In a future work, wél include a more sophisticated
evolution of the half-mass radius.

The mass loss rates due to two-body relaxation and tidalkshae combined with a
model to compute the evolution of the stellar mass functidh@dissolving clusters (Kruijs-
sen 2009). In most cases, two-body relaxation gives a deplef the mass function at
low masses, because low-mass stars have a higher propabiscape than massive stars
(Hénon 1969, Vesperini 1997, Takahashi & Portegies Zwa@02 Baumgardt & Makino
2003, Kruijssen 2009). As a result, the integrated photametoperties of star clusters
evolve due to dynamical disruption (e.g. Baumgardt & Makd@®3, Kruijssen 2008). By
including this, we can use the presented models to tracentigahinformation of the simu-
lated galaxies down to the stellar level. The stars that@seffom clusters are added to the
field star population of the star particle in which the clusesides.

The star cluster model is implemented in the galaxy evatutimde to operate ‘on the fly’,
simultaneously with the galactic evolution, rather thawvihg@the cluster evolution calculated
a posteriorias in Prieto & Gnedin (2008). While this approach is alreaglydiicial because
it potentially allows for a two-way interaction between dagg and its cluster population, it
also implies that the tidal history of each cluster is onlyeshfor the most recent time steps,
which improves the memory efficiency of the simulation arldve$ us to model the full star
cluster population all the way down to our adopted minimunssraf 100 M.

Star cluster model testing: method

We have compared the prescription for star cluster evaidtiom Sect. 8.2.2 to th&/-body
models of dissolving star clusters by Baumgardt & Makind0@0 These simulations follow
the dynamical evolution of initially Roche-lobe filling stelusters in a logarithmic potential
with a circular velocity of 220 kmst. The runs contain clusters on circular and eccentric
orbits between galactocentric radii in the range 2.833-gk5 Khe stars in the clusters follow
King (1966) density profiles witt, = 5 or Wy = 7, and the stellar masses are distributed
according to a Kroupa (2001) initial mass function betwednsthd 15 M,.

In this section, we exclusively consider clusters on eageatbits, because these clusters
experience shocks during each pericentre passage. Tossalls to test both disruption
mechanisms rather than only two-body relaxation in a stéiddyfield, for which the semi-
analytic model has been tested extensively in previoudesgu@.g. Lamers et al. 2005a).
While the mass loss rate due to two-body relaxation contairfsee parameters (see Eqs. 8.6
and 8.7), the description for tidal shocks depends on thetadaelation between the half-
mass radius and the cluster mass (see Eqg. 8.24), which isrgal/by the parametedsand
I'ha. Their values are obtained from the comparison.

To compare our models to the simulations from Baumgardt & iM@ak2003), in Fig. 8.1
we show the time after which 95% of the initial cluster madess (fgs9;) for our models and
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Figure 8.1: Comparison of our analytically estimated cluster lifetsneith the lifetimes found in
N-body simulations of clusters on eccentric orbits (ecdeityre = 0.5) from Baumgardt & Makino
(2003). Connected symbols represent different initisdt@umasses, characterised by different numbers
of stars (8k, 16k, 32k, 64k, and 128k), while the solid linewk the 1:1 correspondence between our
toso, and that from theN-body models. Left without tidal shocks.Middle: Including tidal shocks,

for § = {0.15,0.225,0.35} (triangles, diamonds, squares) amd = 4.35 pc. Right Including tidal
shocks, ford = 0.225 andh 4 = {3,4.35, 5} pc (triangles, diamonds, squares). The values at which the
agreement between both approaches is best are writtendfabeland are denoted by diamonds in the
figure.

for their N-body runs. The figure shows poor agreement if only two-badigxation is in-
cluded, but good agreement when tidal shocks are accoumtefldditionally, the influence
of § and r, 4 on tgse, iS Shown. As can be expected from Eg. 8.24ffects the mass de-
pendence of the disruption time due to shocks (increasnegluces the contrast between the
disruption times of different masses), whilg, impacts the normalisation of the disruption
time (compact clusters live longer).

As was mentioned in Sect. 8.2.2 and is visible in Fig. 8.1,tbst match between our
models and thé&/-body runs is found fod = 0.225 andh 4 = 4.35 pc. These values should
therefore approximate the actual evolution of the halfgwadii in theN-body models of the
clusters. This is verified in Fig. 8.2, where our adopted nrad#us relation is compared to
the actual evolution of the half-mass radii of the clustenSig. 8.1, showing good agreement.
The clusters follow evolutionary tracks in the mass-ragiase that are very similar to each
other, indicating that the clusters tend to evolve to a comemoling track, analogous to a
‘main sequence of star clusters’ as discussed by Kiippdr €G08). The obtained mass-
radius relation implies that upon losing stars due to diowp clusters will always slowly
evolve towards filling their Roche lobes, because the Jaealiiis depends on massasx
M*/3, implying r/ry o« M~%1, The slope of the mass-radius relation is also consistetht wi
the ‘mass loss-dominated mode’ from the work by Gieles €Ral11).

In principle, the mass-radius evolution of the clusterddde a relic of the initial condi-
tions of theN-body simulations, in which the clusters initially fill theRoche lobes. How-
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Figure 8.2: Evolution of the half-mass radius as a function of the reingirmass for the\V-body
simulations shown in Fig. 8.1, with from left to right thetiai numbers of stars being 128k, 64k, 32k,
16k, and 8k (coloured irregular lines). The solid line shaws adopted relation between half-mass
radius and mass, with.4 = 4.35 pc and = 0.225. The dashed and dotted lines show the variations
of 4 andd from Fig. 8.1, with dashed denotings = {3, 5} pc (bottom, top) and dotted denoting

0 = {0.15, 0.35 (shallow, steep).

ever, we are considering clusters on eccentric orbits, faclvthe tidal radius continuously
changes, suggesting that whether or not a cluster initfdltyits Roche lobe may be irrel-
evant after a couple of orbits. This would be even more ingrdrin more realistic, erratic
tidal fields. Most importantly though, the evolution of thelfamass radius shown in Fig. 8.2
also includes the time after core collapse, when any passiiprint of the initial conditions
will have been erased. Therefore, we do not expect that ttadlslef the initial conditions of
the N-body simulations would affect the slope or normalisatibthe mass-radius relation,
especially given its simplicity. Nonetheless, the masBusrelation of clusters in erratic
tidal fields could deviate from our adopted one. We discussipte improvements of our
approach in Sect. 8.6.2.

Star cluster model testing: numerical resolution

For any numerical model, it is necessary to check at whicherigal resolutions the results
are reliable. Within a realistic galactic environment, tidal field experienced by star clusters
is very erratic, contrary to the well-defined tidal shockswcing during each pericentre
passage in the Baumgardt & Makino (2003) simulations. figgtie resolution requirements
of the models (both in time and space) should therefore be @tmmtidal histories that are
taken from our simulations.

To explore how the time resolution of the tidal field affects smnodeled star cluster dis-
ruption, we computed the mass evolution of & 20* M, cluster for 200 tidal histories
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Figure 8.3: The mean total disruption time of a210* M, cluster for different time steps, scaled to
that for the smallest time step (diamonds/solid line). Thezontal dashed line indicates unity, which
coincides with the leftmost diamond per definition. The dgndy tinted area spans the space covered by
one standard deviation of the distribution at each time, stajle the light grey represents two standard
deviations. The dotted line represents the relation fornvag tiot nires Were proportional to the time
step. The maximum time step used in our simulations is ineéchy the vertical dashed line.

that were randomly drawn from the particles in one of our xaldisc simulations. For
each of these histories, the evolution was computed serestiusing fixed time steps of
{1,2,4,8,16,32,6)x 0.932 Myr. For each time step, we then scaled the total dienup
time of the clustet to the total disruption time found for that cluster when gdime smallest
time step (ot nired. This ratio can be used to trace the relative change of taglifetime due
to resolution effects. Because tidal shocks are eventsavithrtain duration, some of them
could be skipped when increasing the time step, suggediaigri that regimeot/ tiot hires
becomes proportional to the time step.

The meant:/ tior hires OF the 200 tidal histories is shown as a function of the tinegpsh
Fig. 8.3. The relation that would be expectedq/ tiot hiresWere proportional to the time step
is also included. The figure shows that for large time step4@Q Myr), the total disruption
time indeed becomes proportional to the time step, as thetidns of some shocks are then
short enough to be skipped, while for smaller time stepsatad tlisruption time converges.
The maximum time step of the particles in our simulationg33Viyr) is such that time reso-
lution effects should not play an important role, particlyl@ecause the maximum time step
is only used for very weakly accelerated particles in dyreathy quiet regions. In the sim-
ulations, we do not use fixed time steps, but adaptive onésadsincreasing the resolution
as the force on a particle increases (Pelupessy et al. 2@04pd3sy 2005), up to a maxi-
mum resolution increase of a factor 4096 (potentially yiredgda time step ot~ 1000 yr).
This ensures that tidal shocks, which typically occur whes force on a particle is non-
negligible, are always well-resolved. In this way, we miigenthe effect of the time step on
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our computed cluster lifetimes.

Whether or not the evolution of star clusters is affectedh®y gpatial resolution of the
simulations depends on the smoothing length and the nunfilparticles used. The distribu-
tion of mass needs to be resolved in sufficient detail to enat encounters with individual
particles do not disrupt the clusters. Such disruption wdnd artificial, because individual
particles are discrete representations of a continuous disgibution. Whether the resolu-
tion requirements are satisfied can be easily checked withiger-of-magnitude estimate.

Most of the disruption due to an encounter with an individeeiticle would be caused
by the corresponding tidal shock. The presented simulatise a smoothing length af=
200 pc and typical particle masses M = 8 x 10° M, (see Sect. 8.3). The typical
duration of an encounter with a single patrticle is then agipnatelyh /o, with o the velocity
dispersion in a galaxy disc, which is of the order 20 knt.s This gives a typical shock
duration of about 10 Myr. Since we are interested in an uppgt o the disruptive effect of
individual particles, we ignore the adiabatic correctibg(8.15) and assume that throughout
the shock the heating is equal to the tidal heating encoeditehen the cluster is located at
the centre of the particle. For a spline kernel smoothing,céntral density of a particle is
Peentre = Mpan/(vrh3). Due to the symmetry of a head-on encounter, the tidal tessitagonal
with valuesT; = —4GMpardjj / (3h3), which for the quoted shock characteristics gives a tidal
heating parameter dfq ~ 10? Gyr 2. If this type of shock would be continuously repeated
over the entire lifetime of a cluster, it would take well 020 Gyr to destroy a TOM
cluster. As is evident from Fig. 8.1 and later sections of tiapter, such a disruption time is
1-3 orders of magnitude larger than typical disruption §m&e conclude that for our choice
of particle numbers and smoothing length, encounters witlividual particles do not play
an important role. Instead, the shocks that lead to the pligm of clusters are produced by
groups of particles, such as spiral arms or complexes of catae clouds, which do have a
physical meaning. Consequently, the spatial resolutignirements are satisfied. Note that
this strongly depends on the smoothing lengttvecause for the maximum tidal heating we
have lig o T,-]2 o< MZh~°. This implies that it is not possible to adopt a much smaller
smoothing length, which would require require vastly langembers of particles to reduce
the particle mass and minimise the effect of encountersiwitividual particles.

The stability against resolution effects is illustrated=ig. 8.4, which shows the depen-
dence of the star formation rate and the number of clustersrmpestar formation rate on the
spatial resolution. The figure shows that the formationsratiestars and clusters converge
with increasing resolution. The bottom panel gives a meafarrstar cluster disruption, and
shows that the variation of the disruption rate with spaggbolution is of the order of the
inherent scatter on the number of clusters. The number efarisivery slightly decreases for
lower resolutions, because encounters with individudigas then become more important
due to their higher masses. Simulations at higher resolsitadso exhibit a slight decrease
of the number of clusters, because in these the structuheisdatial distribution of the gas
is resolved in more detail. While this may induce a small@ase of the disruption rate, we
do not expect that this continues at even higher resolutlmtsause the amount of tidal heat-
ing scales with the square of the mass of the structure aattsintidal shock, implying that
resolving increasingly smaller structures results in aegpondingly smaller addition to the
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Figure 8.4: Dependence of the simulations on the spatial resoluflof star formation history as a
function of time.Bottom number of clusters per unit star formation rate as a funaifdime. Different
lines denote simulation 1dB (see Sect. 8.3) run at diffespattial resolutions. Particle numbers of
{1/4,1/2,1, 2} times those used in simulation 1dB are representeftgh-dotted red, dashed green,
solid cyan, dotted bldelines. The bumps in the bottom panel for simulations jldBatt = 3.2 Gyr),
1dB (att = 3.5 Gyr) and 1dB (att = 4.1 Gyr) occur shortly after the (random) formation of Isoile
the gas due to feedback effects (see text).

tidal heating. Figure 8.4 also illustrates that the mean disruption ragtas clusters is more

sensitive to random fluctuations than the overall star foionarate. At certain times, the

number of clusters briefly increases due to a decrease ofghgtlon rate. This is caused by
the random, transient excavation of the gas due to feedimaoértain star-forming regions,
which causes large numbers of clusters to experience leasgption. The mean disruption
rate, which depends on the distribution of the gas, then sHawger scatter than the star
formation rate, which to good approximation is set by the mmaface density of the gas.

8Even for a population of GMCs that follows a power law mas#ritiistion with index—2, the total tidal heating
would (linearly) increase with GMC mass, despite the manyenmv-mass GMCs than massive ones.
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8.3 Summary of the model runs

We construct model disc galaxies with parameters that carelaged to the outcomes of
cosmologicahnCDM galaxy formation models (Mo et al. 1998, Springel et &02). They
consist of a dark halo with a Hernquist (1990) prdfilan exponential stellar disc, a stellar
bulge (except for one model) and a thin gaseous disc, catisttio be in self gravitating
equilibrium if evolved autonomously (Springel et al. 2009he disc galaxies are initially
set up with 16-1C particles for the dark matter halo, 22,938-51,250 pasifide the stellar
component, and 7,688-25,625 particles for the gas. Therdatter haloes have concentra-
tion parameters related to their total masses and condemsatishifts according to Bullock
et al. (2001), implying that for a fixed mass the halo conegitn increases with redshift.
The total mass is related to the virial velocly;, and the Hubble constat(z) at redshift
zasM = V\ﬁr/[loGH(z)]. For all galaxies, the baryonic disc is constituted by aegaus
and stellar component, having a mass fractigin= 0.041 of the total mass, while the bulge
(when included) consists of a stellar component only, lgp@mmass fractiomn, = 0.008
of the total mass. These mass fractions are chosen to bestartsiith the fiducial values
from recent literature (e.g. Springel et al. 2005) and asetan the original constraint of
0.03< my < 0.05 by Mo et al. (1998). The fraction of total angular monuemthat is con-
stituted by the discj{) is taken identical tang. The scale-length of the bulge and the vertical
scale-length of the disc are 0.2 times the radial scaletteoigthe disc, which is determined

by the degree of rotation (Mo et al. 1998) through the spirapeter\ = .J|E|/GM5}{2,
in which J is the angular momentum of the halo aBdts total energy. Table 8.1 lists the
remaining properties for the various model runs, i.e. the fgaction of the baryonic disc

fyas the total masd/,;, the spin parametey, the number of particles in the different compo-

nents of the model galaxies, and the particle masses of tb@heticlesMQg‘r'{’ and baryonic

particlesMpary.

The gas fractions of the galaxy models are chosen to covenatige from typical star
forming galaxies. Most of the total masses represent Millay\type galaxies, with the two
exceptions being one half and one tenth of that mass, eigaditimulations of unequal-mass
major and minor mergers. The parameXaepresents the degree of rotational support, and
is set in accordance with typical spiral galaxies in cosmiglal simulations (\) = 0.045,
Vitvitska et al. 2002), except in one case, where we evalhatenfluence of the radial scale-
length of the disc on the cluster population. The number & particles is chosen to ensure
sufficient smoothing of the dark matter halo, and the numbstadlar disc, stellar bulge and
gas patrticles are chosen to minimise the mass differengeebatthe particles and alleviate
two-body effects.

The model runs for galaxy mergers are initialised by positig two disc galaxy models
on Keplerian parabolic orbital trajectort@svith initial separations of approximately 200 kpc.

9This density profile is very similar to profiles found in codogical simulations (Navarro et al. 1996, 1997).
The difference only occurs at radii much larger than theescatlius, where the density profile of the Hernquist
(1990) profile falls of asx r—* rather tharr—3. This does not affect the results in this chapter, becausgalaxy
merger simulations do not include galaxies on very widetsrbi

10About 50% of the mergers in cosmological simulations are real-)parabolic orbits (Khochfar & Burkert
2006).



Table 8.1: Details of the initial conditions for the disc galaxy models

ID fis  Mu® Z A Noao  Ngas NG NS® mpa? M3 Comments
1dAP 0.20 167 2 0.05 16 10250 41000 10000 0 8x10° low gas fraction
1dBP¢d  0.30 182 2 0.05 16 15375 35875 10000 fo 8x 1P standard model
1dC 0.50 182 2 0.05 16 25625 25625 10000 fo 8x1CP high gas fraction
1dD 0.30 510 2 0.05 5x10° 7688 17938 5000 fo 8x10° half mass
1dE 030 1% 2 005 16 15375 35875 O 1 8x10° no bulge
1dF 0.30 16t 2 0.05 16 15375 35875 10000 P20 8x10* low mass
1dG 0.30 182 2 0.10 16 15375 35875 10000 fo 8x1CP high spin
1dH 030 14 o0 0.05 16 15375 35875 10000 $0 8x 10° low concentration
1dl 0.30 182 5 0.05 16 15375 35875 10000 fo 8x1CP high concentration

In solar masses (M).
bTo investigate the relative importance of the two disruptitechanisms, these models are also computed for disruptiading
tidal shocks (i.e. only two-body relaxation, ‘1dA#B) and for disruption excluding two-body relaxation (i.enlptidal shocks,

‘1dA/Bsp).

“This model is also computed for= {1/4, 1/2, 2} times the number of baryonic particles (i.e. ‘1dB
9This model is also computed for a constant disruption patene= 2 Myr (see Eq. 8.6) and no tidal shocks (‘1gB.

28T
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Table 8.2: Details of the initial conditions for the galaxy merger misde
ID Progenitors Massratio 6; ¢ 0  ¢2 Rpeic Comments

Iml 1dA/1dA 1:1 0 0 0 0 6 PP
im2 1dB/1dB 1:1 0 0 0 0 6 PP
1m3 1dC/1dC 1.1 0 0 0 0 6 PP
im4 1dB/1dD 1:2 0 0 0 0 6 PP
1m5 1dE/1dE 1:1 0 0 0 0 6 PP
1m6 1dF/1dF 1:1 0 0 0 0 6 PP
im7 1dG/1dG 1.1 0 0 0 0 6 PP
1m8 1dH/1dH 1:1 0 0 0 0 6 PP
1m9 1dl/1dl 1.1 0 0 0 0 6 PP
1m10 1dB/1dB 1:1 60 45 -45 -30 6 PPi
imi1l 1dB/1dB 1.1 180 0 0 0 6 PR
1ml2 1dB/1dB 1.1 -120 45 -45 -30 6 PRI
1m13 1dB/1dB 1:1 180 0 180 0 6 RR
1ml4  1dB/1dB 1:1 -120 45 135 -30 6 RRi
1ml5 1dB/1dB 1:1 0 0 0 0 12 wide PP
1mi16 1dC/1dG 1:1 -120 45 -45 -30 10 PRI
im17 1dB/1dB 1:1 0 0 71 30 6 ‘Barnes’
1m18 1dB/1dB 1:1 -109 90 71 90 6 ‘Barnes’
1m19 1dB/1dB 1:1 -109 -30 71 -30 6 ‘Barnes’
1m20 1dB/1dB 1.1 -109 30 180 0 6 ‘Barnes’
1m21 1dB/1dB 1.1 0 0O 71 90 6 ‘Barnes’
1m22 1dB/1dB 1:1 -109 -30 71 30 6 ‘Barnes’
1m23 1dB/1dB 1:1 -109 30 71 -30 6 ‘Barnes’
1m24 1dB/1dB 1:1 -109 90 180 0 6 ‘Barnes’

In kpc. All angles are in degrees. In the comments, ‘PP’, ‘B ‘RR’ indicate prograde-
prograde,prograde-retrograde and retrograde-retregrdiits, respectively. The added V'
indicates an inclined/near-polar orbit.

The actual orbit will decay due to dynamical friction, whielads to the merging of the galax-
ies. The orbital geometry of an interaction is characterlsg the directions of the angular
momentum vectors of the two galaxy discs and the pericedtarte of the parabolic orbit
Ryeri. The angular momentum vectors of the galaxies are detedhmrspherical coordinates
by angle9 (rotation perpendicular to the orbital plane) an@rotation in the orbital plane).
These and other relevant parameters are listed in TablevB&e the different model runs
are summarised.

The initial conditions in Table 8.2 are divided in three gatees. The first set of eight
runs follow a common configuration, in which the discs rotatehe orbital plane. They
are used to test the influence of the gas fraction and massafatine progenitor discs, and
of additional progenitor disc properties such as the presen a bulge, total galaxy mass,
and spin parameter (or the radial scale-length of the diBleg initial conditions for the six
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subsequent runs are constructed to assess the impact tafl pdriameters on the star cluster
population. We rotate the progenitor discs to include gtrde rotation and near-polar or-
bits, which represent the opposite extreme with respettg@od-planar configurations of the
first eight runs. The effect of a wider orbit (a larger periterlistance) is also considered,
and a ‘random’ major merger is also included, in which twogenoitors with different spin
parameters are placed on a near-polar, prograde-retegraé. The third group contains
the eight ‘random’ configurations from Hopkins et al. (20089e Barnes 1988), which all
have equal probabilities of occurring in nature.

All galaxies are generated without any star clusters, andeteé = 0 after 300 Myr
of evolution to initialise the cluster population. As dabed in Sects. 8.2.2 and 8.2.2, the
clusters have masses betweeR d40d~ 10°8 M, following a Schechter (1976) type initial
mass function. The chemical composition of the clustergidas solar metallicity, and we
assume a King parameter @f, = 5.

The properties of the simulated disc galaxies and galaxygensrare not intended to
cover all of parameter space, but instead should providstarfitication of how the modeled
star cluster populations are affected by their galactigrenment. This set of simulations
represent a basic library that can be used to predict cectanacteristics of star cluster
populations and to see how well the simulated cluster pojpns.compare to observations.

8.4 Isolated disc galaxies

As a first application of the model, we consider the simulaiof the isolated disc galaxies
from Table 8.1. As discussed in Sect. 8.2.2, the cluster jatipns are simulated down to a
lower mass limit of 100 M,, which for our assumed cluster formation efficiency and fer t
typical cluster formation and disruption rates of disc gada yields about 1—3 10° clusters
per galaxy (also see Kruijssen et al. 2011b). Below, we distlie mechanisms driving the
evolution of individual clusters, and show a number of keggarties of the entire cluster
population.

8.4.1 The evolution of individual star clusters in disc galaies

To illustrate the effects of disruption due to two-body ketion and tidal shocks, in Fig. 8.5
we show the orbits and the mass evolution of three star chigigh similar initial masses
(M; ~ 1.8 x 10* M) and times of formationt(~ 2.20 Gyr) from simulation 1dB. They
are on different orbits and therefore experience diffetidgl evolution. Clusters orbiting at
small galactocentric radii evolve in a stronger tidal fiedahd generally have smaller Jacobi
radii) than clusters orbiting at large galactocentric iradliso, the number and intensity of
tidal shocks is typically larger for clusters orbiting atot the galactic centre, due to the
higher gas density in their environment. These differemesslt in contrasting mass loss
histories and total disruption times, as the innermostefusurvives for about 100 Myr, the
middle cluster persists for about 300 Myr, and the outerteluis disrupted after 400 My,
even though it has the lowest initial mass of the three ctast€he jumps in the mass loss
history indicate the effect of tidal shocks, which are gafigistronger (and potentially more
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Figure 8.5: Evolution of the orbits and masses of three clusters opiindifferent galactocentric
radii in isolated disc galaxy simulation 1dB. From top totbot, the consecutive panels show the
situation at different times while from left to right the orbital evolution in the x-y pie (face-on), the
orbital evolution in the x-z plane (edge-on), and the mastuéon are shown. The innermost cluster is
represented by the dark red solid lines, the middle clusteed dotted lines, and the outermost cluster
by blue dashed lines. If at any particular snapshot a cliststill undisrupted, its position and mass
are marked with thick dots. The orbital trajectories remagible after the clusters are disrupted. The
small grey dots in the x-y and x-z plane views map the distidioLof the gas particles in the simulation.
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frequent) for clusters on narrow orbits. Despite thesedseRig. 8.5 also shows that a cluster
can be disrupted by a single tidal shock almost anywheredrgtiaxy, even at radii well
beyond the solar galactocentric radius. This was also gésszliby Gieles et al. (2006b), who
showed that clusters with massgs2 x 10* M, can be disrupted during a single encounter
with a spatially extended GMC of 0 ,. Relative to disruption due to subsequent, small
encounters, disruption by a single, violent GMC encourgembst prominent for cluster
masses of about $0M, (Gieles et al. 2006b). The clusters in Fig. 8.5 are charistier
examples of this. In general, the strongest tidal shocksractimes when the clusters cross
regions of high gas density, for instance during spiral aasspges. This is best seen in the
snapshots at=2.33 Gyr and = 2.43 Gyr, because between those snapshots the outercluste
is overtaken by a dense regfdncausing it to lose almost 75% of its mass due to the rapid
change of the tidal field.

Figure 8.6 illustrates the relation between the mass lodstlam tidal field for the two
long-lived clusters from Fig. 8.5. It shows the evolutiorttod cluster mass, together with the
tidal field strength as defined in Sect. 8.2.2, and the runinitggral that is used to compute
the tidal heating parametéy in Eq. 8.14, which is defined as:

t 2
Hﬁd(t)=z</t T,-,-dt) : (8.25)

i

wheretiyg is the time of the last shock artdis the current time. This quantity represents
the accumulated tidal heating since the last shock, andsrafter each shock is completed.
Contrary tolygq, it does not include the adiabatic correction. Therefdris, only a measure
for the tidal shock heating imposed by the tidal field and duess<ontain any information on
the response of the cluster experiencing the shock.

The evolution of the tidal field strength for both cluster§ig. 8.6 shows that it is indeed
larger for the cluster orbiting at the smaller galactodemtadius. A comparison of the tidal
field strengths experienced by the clusters just after floeination explains why the outer
cluster loses its mass more slowly initially. The momentalaich both clusters suffer their
first violent mass decrease can be associated with jumpsiartiount of shock heating,
indicating the effect of tidal shocks. In the case of the imziester, this gives rise to its total
disruption. The second moment of violent mass loss of therautister cannot be coupled
with an increase of the shock heating, because the shoclptaok in between two snapshots
and is therefore skipped by the output of the simulation.

The evolution of the clusters in Figs. 8.5 and 8.6 illustsdtet the disruption rate varies
with time for individual clusters and varies with space witensidering the cluster popula-
tion as a whole. This is very important when interpretingesbisd star cluster populations.
The time-variation of the disruption rate for individualisters can mask the effect of a dif-
ferent mass dependence of star cluster disruption. Farnst if the disruption parameter
fo in EQ. 8.6 were to increase with time because a cluster isrigavregion with a high gas
density (also see EImegreen & Hunter 2010), for that timerirell one would derive a lower
value of~, which is the mass-dependence of the disruption timescale.

11The outer cluster is situated beyond the co-rotation raofitise galaxy.
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Figure 8.6: Evolution of the cluster mass and the tidal field for the tweéeowlusters from Fig. 8.5,
indicated by the same colours and line styles. The diamantisei middle and bottom panel indicate
the times of each snapshotop The mass evolutionMiddle: Evolution of the tidal field strength
experienced by each cluster, defined as the largest eigengdlEq. 8.8 (see Sect. 8.2.2Bottom
Running integral of the total amount of shock heating exgered by the cluster (see text and Eq. 8.25).

When considering the space-variation of the disruptioa tatoughout a population of
clusters, it is inevitable that the mean disruption rateel@ses with agé, because clusters in

2provided that the galaxy and formation sites of the clustiersiot change much on timescales~of1 Gyr.
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disruptive environments have the shortest lifetimes angmeach old ages, while clusters
in less violent settings become older. This process can derded as a form of ‘natural

selection’ acting on the star cluster population, and teéndkatten the age distributions of
star clusters (see Sect. 8.4.4).

The time-variation of the disruption rate is particulamyedresting in view of recent dis-
cussions in literature, in which it is debated whether orstat cluster disruption depends on
the cluster mass (e.g. Fall et al. 2005, Whitmore et al. 2@0&les & Bastian 2008, Larsen
2009, Bastian et al. 2009). Itis crucial that environmedégdendences are taken into account
before inferring any conclusions about the mechanismgdyituster disruption from obser-
vations, because the age and mass distributions of clustrisceptible to variations in the
environment. This holds particular relevance in non-éiguilim settings such as interacting
galaxies (see Sect. 8.5).

8.4.2 The variation of the disruption rate with galactocentic radius

A second consequence of the variability of the disruptida imrelated to its variation with
space. It implies that the properties of the star clusteufadjon, such as the slope of the age
and mass distribution will depend on the local environmeitiiiw a galaxy. Galaxy-wide
distributions may indicate the average properties of thistel population, but interpreting
them can yield systematic errors when assuming the dismpdite is the same everywhere
in the galaxy. For instance, the effects of cluster disarpéire stronger towards the galactic
centre than in the outskirts of a galaxy, implying that thepgarties of the cluster populations
in both regions will differ.

The environmental dependences on the star cluster populedin be qualitatively illus-
trated by considering two variations of simulation 1dB. g 8.7 shows the mean cluster
age as a function of galactocentric radius for two galaxg dimulations: one in which the
disruption rate is calculated as described in Sect. 8.20211.dB), and one with a disruption
rate that is constant in time and space (uding 2 Myr, see Eq. 8.6) and does not include
tidal shocks (model 1d). For the galaxy with the physically motivated disruptiarer, the
spatial distribution of the mean cluster age is as expeclée. youngest clusters are found
in the galactic centre, where the star formation rate dgisihighest. Due to the high gas
density, clusters in the galactic centre disrupt on shdirtexscales than in the outskirts of the
galaxy, resulting in a mean cluster age that increases waictpcentric radius. This con-
trasts with the age profile of the cluster population in thiexpawith a fixed disruption rate,
where the mean cluster age is approximately constant thamighe galaxy and the scatter is
strictly due to local variations in the star formation histand stochastical effedfs Obser-
vations of cluster populations in real galaxies (e.g. vam Bergh & McClure 1980, Gieles

Galaxy mergers are a clear exception to this.

13The spatial variation of the star formation rate (SFR) capnoduce the behaviour of the mean cluster age that
is shown in Fig. 8.7. Without a time-variation, the clustgealistributions at different galactocentric radii would
still yield the same mean age, irrespective of the relatirenfition rates. Within a stable disc galaxy, the relative
time variations at different galactocentric radii are ndfisiently large nor persistent enough to cause a spagéatitr
of the mean cluster age, as is also shown by the line dendtingalaxy with a fixed disruption rate. Indeed, Fig. 8.7
could have been made at any time in our simulation other tmatirne shown, and the mean age would have shown
the same spatial variation.
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Figure 8.7: Mean age of star clustefs) as a function of galactocentric radi&. for two galaxy
simulations at = 2.5 Gyr. The red solid line shows the relation for the phgiyccomputed disruption
rate from Sect. 8.2.2, while the blue dotted line represémsresult for a simulation with a fixed
disruption rate.

et al. 2005, Froebrich et al. 2010) show that the mean ageases with galactocentric ra-
dius, contrary to the result for a fixed disruption rate. Farinner disc of M51, Gieles et al.
(2005) find that the disruption rate varies by a factor 1.8veen radial intervals of 1-3 kpc
and 3-5 kpc. Assuming that the mean age is directly propmatio the disruption timescale,
this is of the same order of magnitude as for the model shovi#iging.7, for which we find
that the ratio between the mean ages of the clusters in thieseals is 1.4.

These results substantiate that star cluster disruptiordeed driven by environmental
effects. Additionally, they show that the suggestion ofsxwjption rate that increases with the
star formation rate, which is found when considering vaia between different galaxies
(e.g. Boutloukos & Lamers 2003, Lamers et al. 2005b), alddshwithin a single galaxy.
This is easily understood by noting that both the formatiod disruption of clusters peak in
dense environments.

8.4.3 The relative importance of tidal shocks and two-bodyelaxation

The relative contributions to star cluster disruption obttody relaxation and tidal shocks
can be quantified by considering the number of clusters inlsitions for which either mech-
anism is neglected. The fraction of the total disruptiontdboted by tidal shockéy is then
given by

Nboth
erx ,

whereNpoth is the number of clusters in a simulation including both gigion mechanisms
(e.g. 1dA and 1dB), andl, is the number of clusters in a simulation for which only dis-

fon=1— (8.26)
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Figure 8.8: Fraction of disruption due to tidal shocks as a functionmiti The red solid line shows the
evolution for all clusters, while the light grey dotted linaly includes clusters within a galactocentric
radius of 10 kpc, and the dark grey dashed line represents/tietion for the clusters beyond 10 kpc.
Top disc galaxy with a gas fractiofyas = 0.20 (simulation 1dA)Bottom disc galaxy with a gas
fraction fgas = 0.30 (simulation 1dB).

ruption by two-body relaxation is included and tidal shoeks not considered (e.g. 1dA
and 1dBy). Per definitionNyoin < Nyx. For different radial binsfs, is shown as a function
of time in the top panel of Fig. 8.8 for two galaxies with difat gas fractions (1dA and
1dB). The contribution by tidal shocks is typically 80—85%adl disruption, which is very
similar to the analytic estimate by Lamers & Gieles (2006 }fie solar neighbourhood. The
value increases with the gas fraction of the disc, becaus€&ahd spiral arms are the most
important sources of tidal shocks. For relatively gas-dits such as in simulation 1dB
(fgas = 0.30), the contribution from shocks does not vary much géttactocentric radius, but
for gas-poorer discs, shocks are more important in the ireggons of the disc. This occurs
because beyond a certain galactocentric radius the gagydbasomes too low to sustain
star formation (e.g Kennicutt 1989, Schaye 2004, Pelupetsal 2004), yielding less or no
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energy injection by feedback and a less filamentary gastision, which in turn implies
that tidal shocks are less important. The characteristisafor this transition is smaller in
gas-poor galaxies, which is illustrated by the contrasvben the inner and outer parts of the
disc in the upper panel Fig. 8.8. Because discs also become gas-poor as they age, the
relative contribution by shocks slightly decreases witineti

For the adopted mass-radius relation, the ratio betweedigieption timescales due to
two-body relaxation and tidal shockstig /tsh oc M%3lyq. If this ratio is larger than unity,
tidal shocks dominate cluster disruption, while a raticolelnity implies that disruption is
mainly driven by two-body relaxation. The relative impaonte of tidal shocks increases with
cluster mass until a few times 48 ,, when the adiabatic correction in the tidal heating pa-
rameterl;q (See Eq. 8.14) becomes non-negligible and inhibits digyotue to tidal shocks.
This means that the relative importance of tidal shocks pedala certain cluster mass. For
the parameters in this chapter, thigds~ 0.9 atM ~ 10* M, but the precise value depends
on the mass-radius relation.

8.4.4 The age distributions of star clusters in disc galaxg

The balance between cluster formation and destructiorsgise to a cluster population with
a certain age distribution. The age distribution of stastdts is often used as a probe to study
star cluster disruption (e.g. Gieles et al. 2005, Chandal: 2006), or to assess the formation
history of a galaxy (Hunter et al. 2003, Gieles et al. 2005jt&rt al. 2007). In order to
obtain a reliable interpretation of the cluster age distidn, it is important to understand its
evolution in different galaxies.

To investigate possible correlations between the clugtedsstribution and galaxy prop-
erties, we have fitted the logarithmic slop®f the age distribution (d/dr « 7¢) in the age
range log{/yr) = 7.7-9 for all snapshots of our galaxy disc simulatiofhen constructing
the age distribution, we consider all available clusterglying that the samples are mass-
limited with M > 100 M. We have also fitted the logarithmic slopef the SFR-corrected
age distributions in that range (fidr]/SFR « 77). The age range has been chosen such
that the effects of gas expulsion due to supernovae are metorlevant and a sufficiently
large part of the age distribution is covered to obtain abdé slope. The fits have been made
with 13 bins in the specified age range, using a variable bdthwio accommodate equal
numbers of clusters in each bin. The clusters outside tlesl fage range are binned using
the same number of clusters per bin. We have adopted Paasseniors for &//dr, scaling
the square root of the number of parent star particles idsiéasing the number of clusters
in each bin, because the ages of the clusters within a sit@lgarticle are identical (see
Sect. 8.2.2). In practice, this means that the relativer eteareases with age, because the
mean number of clusters per particle decreases. To ensealialae fit, the slopes have only
been measured at times when a galaxy contains clusterstbldel Gyr.

Given the time interval between subsequent output snapghetabove procedure results
in 1175 fitted age distribution slopes, covering eight défe disc galaxy models. These
slopes should be considered ‘mean’ slopes for the specifjedange, because the age dis-
tribution does not always follow a single logarithmic slopeer the fitted age range. This
is illustrated in Fig. 8.9, which shows (SFR-(un)corregtage distributions for two differ-
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Figure 8.9: Top Age distributions of clusters in simulations 1dB (red ddiine) and 1dG (blue dashed
line, vertically offset by 1.5 dex) at= 3 Gyr for ages in the range log(yr) = 7.7-9. The dotted lines
represent power law fits to the data in the age range indidatdte shaded aredBottom Same as
above, but with the age distributions divided by the stamfation rate (SFR-corrected). The error bars
are computed as described in the text. In both panels the §lbgpes are indicated.

ent galaxies, of which the upper one (1dB) is indeed illdittgy a single power law. For
the SFR-corrected age distributions, the negative slopel&y the result of disruption, with
small variations due to stochastical effects. The SFR doegary much in isolated galaxies,
and therefore only affects the fitted slopes by a few huntisedt

In models with the same disruption rate for all clusters andrestant SFR, the ‘classical’
age distributionis characterised by two components (eagtiBukos & Lamers 2003, Lamers
et al. 2005a). At young ages, the age distribution is flatabse no clusters are disrupted
within such a short time interval. Beyond the lifetime of tlogvest mass cluster, the age
distribution steepens. This is the disruptive (old) enchefage distribution, which has a slope
of 8 = —1/~, wherey is the mass dependence of the disruption timescale (see@tf. 8

141t is assumed that the logarithmic slope of the clusterahitiass function (/dM) is —2.
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The models presented in this chapter assume a more reé&bisticilation, in which the
disruption rate is affected by the variation of the tidaldiskrength and by tidal shocks.
Nonetheless, for the sake of illustration it is importanbidicate what the disruption-dominated
slope of the age distribution would be if the tidal field sgénwould be the same throughout
a galaxy, and all clusters would experience the same tidadksh In such a scenario, the
adopted value ofy = 0.62 for disruption due to two-body relaxation givés —1.61. For
rapid shocks (i.e. a negligible adiabatic expansion dutieghock), our adopted mass-radius
relation yieldsg = —3.08, while for slow shocks (i.e. a dominant adiabatic esp@nduring
the shock) we havg = —1.23. Fast disruption (i.e. rapid shocks) thus yields apsteage
distribution than slow disruption.

Evidently, the bulk properties of the cluster populatioa determined by a combination
of the above mechanisms, covering a range of tidal field andksktrengths. As such, the
fitted slope of the age distribution is not only determinedtiy mass dependence of the
disruption timescale, but also by possible trends of theugison rate with cluster age and by
the rapidity of disruption in general.

The difference between the age distributions shown in Fig.s8ould be the result of
the differences between the initial conditions of both datians. Galaxy 1dG only differs
from 1dB by its (larger) spin parameter (see Table 8.1), yimgl a correspondingly larger
scale radius and lower (gas) density, which yields a lowsrugition rate (see Sects. 8.4.1
and 8.4.2). Because of the more rapid disruption in simutatidB only very few clusters
survive for~ 1 Gyr, causing the depletion in the oldest bin, which in tueepens the fitted
slope. Again, faster disruption implies less survivors angbtentially steeper fitted slope
than for slow disruption.

Another effect is that the disruption rate due to tidal sksoehll typically decrease as
clusters age. This happens for two reasons (also see F@): 8.1

(1) ‘Cluster migration’: because clusters move out of thimordial environment, the
ambient gas density typically decreases as they age, giiago fewer tidal shocks
and a lower disruption rate at older ages (see Elmegreen &1@010). This evolu-
tion of the mean disruption rate is more pronounced if thestgcontrast between the
star forming region and its surroundings is large.

(2) ‘Natural selection’: at any given time, clusters in i@gs with a high disruption rate are
less likely to survive than clusters in low disruption raggions. Such selection implies
that at older ages only the clusters in low disruption raggores are left, causing the
disruption rate to decrease with age (also see Sect. 8.4.Eign8.5). This evolution
of the mean disruption rate is more pronounced if there isgelapread in disruption
rates, like in galaxies with large density contrasts betwdifferent regions.

These two effects make the disruptive end of the age disinibishallower and steepen the
young end of the age distribution. In the extreme case, #nde&ad to an age distribution fol-
lowing a single power law with a slope efl over the majority of the age range. The effects
of cluster migration and natural selection are strongesgétaxies with low gas densities,
because in those galaxies the density contrast betweefostaing regions and their sur-
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Figure 8.10: Schematic representation of the two processes leading lisstercdisruption rate that
decreases with ageTop Cluster migration. Bottom Natural selection. The large dots mark star
clusters, the small dots represent debris from disruptesteds, and the clouds denote gas clouds. Time
increases from left to right in both sequences.

roundings is larger than in high gas density galaxies penitiefi'®>. While already present
in simulation 1dG, it could thus be even more important in dhgalaxies, which have very
low gas densities. For out-of-equillibrium systems suclgasxy mergers, the dependence
of the age distribution on the mean gas density is differsee Sect. 8.5).

Above, we discussed: (1) the different disruption proceséaping the age distribution,
(2) the effect of the largest possible cluster lifetime omfitted slope, (3) the effect of cluster
migration, and (4) the effect of natural selection. For ailifof those, galactic environments
with high gas densities steepen the slope. As discussedgthléefore, cluster disruption
is governed by the gas densifyys, implying that in isolated disc galaxies, the fitted slope
of the age distribution can be used as a measure for the tapidcluster disruption. The
gas density also sets the star formation rate dengiyr) of a galaxy through the Schmidt-
Kennicutt law (Schmidt 1959, Kennicutt 1998b). One wouldrdfore expect a correlation
between the fitted slopes of the age distributions in diffegalaxies and their star formation
rate density. To obtain a measure for the star formatiordextsity that can be determined and
compared for disc galaxies as well as for galaxy mergersyatime during their interaction,

15This holds for isolated galaxies.
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Figure 8.11: Relation between the fitted logarithmic slope of the clusige distribution in the age
range log {/yr) = 7.7-9 and the mean star formation rate denaitstr which is defined for a sphere
with a radius equal to the half-mass radius of the gas. Eatt mpresents one galaxy snapshot. The
snapshots from the different galaxy simulations are cetmated as indicated in the legend. The best fit
to the data is shown as a dotted line, while the typical emogach data point is indicated in the bottom
left corner. Top showing the measured (unaltered) slopes of the clustedatygbutions. Bottom
showing slopes that are corrected for the variation of taefstmation rate (SFR).

we define the mean star formation rate density within a sphitfea radius equal to the
half-mass radius of the gé&, gas

SFR, _ 3 SFR,
== ——, 8.27
Ph,SFR Vigas | 47 R g (8.27)

with Vj gasthe volume of the sphere, and SFRe star formation rate withivy gos For
isolated disc galaxies, most if not all of the star formataeurs withinRh gas

We show the relations between ser and the fitted slope of the cluster age distribution
« and fitted slope of the SFR-corrected age distributian Fig. 8.11 for all 1175 fits. As
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expected, it shows an inverse correlation between the siojpe cluster age distribution and
the star formation rate density. For the uncorrected stgpke fitted relation is given by

a=C—-0.60 |ngh,s|:R, (828)

whereC = —4.66 is a fitting constant that has no particular physicalmmgabecause we
determinepy sprfor a sphere of which a non-negligible fraction is constitliby empty space.
If the slopes of the age distributions are corrected for #Hr@tion of the SFR instead of using
the raw age distributions, we obtain the relation

6 =C-0.68 |ngh’s|:R, (829)

with C = —5.04. The errors on the fitted slopes in Egs. 8.28 and 8.29%aa#les than the
listed accuracy. The fitted slopes vary by less than 0.0%ifj#daxy in the top-left corner of
both panels in Fig. 8.11 (1dG) is excluded, which underltheseliability of the fits.

The physical correlation between the slope of the age bigtdn and the star formation
rate density is best described by Eq. 8.29, because inésbtliscss is independent of the
variation of the SFR. Conversely, the relation betweeand pn ser (EQ. 8.28) would be
relevant for comparison with observations. Either way, ithplication of both relations is
that the rate of cluster disruption increases with the stanétion rate density. In Kruijssen
et al. (2011b), we present a similar result for galaxy mexgerwhich the number of clusters
decreases during a merger despite the large starburst®eedmonding cluster production.
The net destruction of clusters is attributed to enhancestet disruption that is driven by
the high gas density. The analysis of Kruijssen et al. (2Q#lbks not rely on the cluster age
distributions, but instead considers the number of clgsisra function of time. The number
of surviving clusters is found to decrease with increastagsirst intensity, which is similar
to the relation presented here.

The scatter around the relation between the slope of theiatyébdtion and the star for-
mation rate density is substantial. Within a single galaxynd 3 vary by 0.5 at a given
star formation rate density, depending on the moment attwihie galaxy is observed. Be-
cause it is relatively isolated in the displayed plane,xaledG in Fig. 8.11 provides a clear
illustration of the spread. Recent debates in literatuutithe mass-dependence of cluster
disruption involve differences of a similar magnitude, ting slopes of-1 (Whitmore et al.
2007, Chandar et al. 2010) to1.5 (Boutloukos & Lamers 2003). As is shown by Fig. 8.11,
such variations may occur even within a single galaxy. @il 1 also illustrates that a slope
of —1 is more likely to occur in galaxies with low star formati@ie densities. As such, both
sides of the debate show cases that can arise in the framéwatar cluster disruption that
is presented in this chaptér

8.5 Galaxy mergers

We now consider the galaxy merger simulations from Table\8/2 discuss the evolution of
individual clusters, as well as the evolution of the clugtgpulation as a whole. The section

16The starbursts in galaxy mergers are characterised by tigHamation rate densities, yet the slope of the
cluster age distribution is reported to bd (Whitmore et al. 2007), seemingly contradicting Fig. 8ahdl Eq. 8.28.
We discuss the inclusion of galaxy mergers in Sect. 8.5.
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is concluded with a discussion of the cluster populationfimesger remnant.

8.5.1 The evolution of individual clusters in galaxy merges

Similar to Fig. 8.5 for disc galaxies, the evolution of thdits and masses of three ‘repre-
sentative’ clusters from simulation 1m2 are shown in Fi28As in Sect. 8.4.1, the clusters
have comparable initial massédi(~ 1.5x 10* M) and times of formationt(~ 0.12 Gyr),
and the differences in their evolution are the result ofrtisentrasting orbits in different
environments.

The snapshots in Fig. 8.12 follow the merger during the fiesigentre passage, when the
orbital differences between the clusters are partiallyseoved. This is not the case during the
final coalescence of the two galaxies, when violent relaxatandomises the cluster orbits.
Just like in isolated disc galaxies (Fig. 8.5), the clustesest to the centre of the galaxy has
a low survival chance and is disrupted within200 Myr. The two other clusters survive the
first passage of the galaxies and experience different 8onhry scenarios. One is ejected
from the disc of its parent galaxy (the red dotted clusterig B.12), together with all the
surrounding gas and stars, and ends up in the trailing tadlabt the galaxy. It has a low
velocity with respect to the tidal tail, but it does expedemn intermediate tidal shock when
entering the tidal arm at= 0.32 Gyr, and a strong tidal shock when it hits the denseast pa
att = 0.45 Gyr, leading to the disruption of the cluster. The ottlaster (blue dashed in
Fig. 8.12) is ejected from the disc as well, but it decouptesifthe surrounding gas. This
occurs because the gas collides with the other galaxy atbaked, which slows it down to
form the bridge between both galaxies. By contrast, thet@lugtains a ballistic orbit and
becomes part of the stellar halo surrounding the galaxiesa #esult, the tidal field strength
decreases and the frequency of tidal shocks becomes lowe ®ie cluster is only shocked
twice per orbit. The tidal shocks occur when the clustersgeshe bridge or the tidal arm and
cause it to lose only a few percent of its mass. Under thesgitboms, the expected disruption
time of the cluster is several gigayears. Even though thetelunass is only YOM, this
could increase to 10 Gyr or more when the tidal arms dispandettee merger consumes
the remaining gas, provided that the cluster does not fak losto the central region of the
merger. This shows that long-lived constituents of thdastélalo surrounding giant elliptical
galaxies are already produced during the first pericentseguge of the progenitor galaxies
(see Sect. 8.5.3).

The cluster evolution depicted in Fig. 8.12 illustrates mhechanisms of cluster migra-
tion and natural selection that were explained in Sect48#ad Fig. 8.10. The cluster that
decouples from the gas and is ejected into the stellar hgdereences a disruption rate that
decreases as the cluster ages, showing how migration ic#gehe evolution of the cluster
population. On the other hand, the cluster that initiallgides close to the galactic centre
is quickly disrupted by the tidal shock of the first pericenpassage, while the two surviv-
ing clusters were situated in less dense environments @neffthie survive. This shows how
natural selection governs which clusters survive, and tiiatmean disruption rate of the
population decreases with age as clusters in disruptivie@maents are destroyed.

The mass loss histories of the clusters in Fig. 8.12 can berstabd by considering
the evolution of the tidal field strength and the heating bltshocks. Similar to Fig. 8.6
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Figure 8.12: Evolution of the orbits and masses of three clusters in gafagrger simulation 1m2
during the first pericentre passage of the galaxies. Frortotbpttom, the consecutive panels show the
situation at different times while from left to right the orbital evolution in the x-y pie (face-on), the
orbital evolution in the x-z plane (edge-on), and the maséuéion are shown. The respective clusters
are represented by dark red solid lines, red dotted lines,bédue dashed lines. If at any particular
snapshot a cluster is still undisrupted, its position andsree marked with thick dots. The orbital
trajectories remain visible after the clusters are digdpThe small grey dots in the x-y and x-z plane
views map the distribution of the gas particles in the sirtioia
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Figure 8.13: Evolution of the cluster mass and the tidal field for the thckesters from Fig. 8.12,
indicated by the same colours and line styles. The diamantisei middle and bottom panel indicate
the times of each snapshotop The mass evolutionMiddle: Evolution of the tidal field strength
experienced by each cluster, defined as the largest eigengdlEq. 8.8 (see Sect. 8.2.2Bottom
Running integral of the total amount of shock heating exgrered by the cluster (see Sect. 8.4.1 and
Eq. 8.25).

in Sect. 8.4.1, this is shown in Fig. 8.13 for the clustershim merger. It confirms that the
short-lived cluster indeed experiences a tidal field stiteagd tidal shock heating that is only
rivaled by the cluster that ends up in the halo. The reasdrtibdalo cluster is not disrupted
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on the same timescale as the short-lived cluster is thatigsation to the halo occurs be-
fore disruption would have led to its complete dispersitieréby decreasing the tidal field
strength it experiences. The halo cluster therefore ontyasus enhanced disruption when
it passes through the bridge between the two galaxies£a2.5 Gyr), while the short-lived
cluster stays in a dense environment and is completely miisduby two subsequent tidal
shocks. By contrast, the cluster in the tidal tail contimglpexperiences tidal shocks and a
stronger tidal field than the halo cluster, because it is mpwith the tidal tail and its envi-
ronment does not change. This leads to an almost constamstlosasate, which is enhanced
by the tidal shocks occurring when the cluster first enteedittal tail and also when it hits
the dense centre of the tail. This second tidal shock oceubgiween two snapshots and
the corresponding shock heating is therefore not visiblEign 8.13. The decrease of the
mean tidal field strength and tidal shock heating with agesttate the mechanism of natural
selection, i.e. the higher survival chances of clustersiisggent tidal environments. The ef-
fects of cluster migration and natural selection are steoimggalaxy mergers than in isolated
disc galaxies, because both mechanisms are driven by tleioarof the environment with
time and space. Such variations are evidently more commgalaxy mergers than in disc
galaxies.

8.5.2 The age distributions of star clusters in galaxy mergs

The variation of the environment in galaxy mergers leads toraesponding evolution of
the cluster age distribution. Similar to Sect. 8.4.4, weehfitted the slope of the cluster
age distributions in the range log/yr) = 7.7-9 for all galaxy merger simulations, up to the
moment of their largest starburst, which typically occuadyeon during the final coalescence
of both galaxies. The slope is not fitted for later times, lbseahe gas is rapidly consumed
during the starburst. At first, this makes the variation @f tuster formation rate dominate
the shape of the cluster age distribution, implying thatwegxdaw fit is very inaccurate, while
later on the age distribution becomes discontinuous dugisndes without any surviving
clusters (see Sect. 8.5.3 and Fig. 8.17). Similar to Sett4 8we consider all clusters when
constructing the age distribution, i.e. the samples ares+tiasted withM > 100 M.

In Fig. 8.14, the star formation history and evolution of fiteed slope of the age distri-
bution are shown for merger simulation 1m14 (see Table 8t23.slope widely changes over
the course of the merger, and is shallowest at the times Wigestar formation rate and star
formation rate density are highest, with typical slopesdeein—0.5 and—1. This behaviour
is opposite to what is found in Sect. 8.4.4 for isolated deaxjes, in which the age distribu-
tion becomes steeper for higher star formation rate dessifis was discussed in Sect. 8.4.4,
a shallow slope indicates that cluster migration and nhsalection are important, i.e. that
there are large density contrasts in a galaxy, particulaelyveen star forming regions and
their surroundings. In isolated disc galaxies, such a laoggrast exists for galaxies with an
overall low gas density, which then contrasts with the destaeforming regions. This low
gas density translates to a low star formation rate derssity,gives the relation of Eqgs. 8.28
and 8.29. In galaxy mergers, the effects of cluster mignagiod natural selection are largest
at the height of the interaction. At that point, the star fation rate (density) peaks, because
all gas is funneled to the central regions, leading to a proned density contrast between
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Figure 8.14: Time evolution of (top) the star formation rate and (bottahg fitted slope of the age
distribution in the range logr(/yr) = 7.7-9 for merger simulation 1m14, with the red solictlolenoting
the fit to the actual age distributieny and the blue dotted line denoting the fit to the SFR-corteate
distribution 5. The dashed vertical lines indicate the moments of first @odrsd pericentre passage,
and the shaded area marks the period over which the finalsoealee occurs.

the concentrated star forming volume and the surroundigions, which hardly contain any
gas. In the meanwhile, the ongoing interaction ejects thstets into the gas-poor stellar
halo. The result is visible in Fig. 8.14, in which the slopetloé age distribution evolves
to shallower slopes during the starbursts. The extremesslopbetween the starbursts are
typically —2.5 to —3, which is steeper than found in isolated discs. The reastlustrated
below, in the discussion of Fig. 8.15.

Another interesting feature of Fig. 8.14 is the differeneén®een the actual slopeand
the SFR-corrected slop® Because fofs the variation of the SFR is divided out, one would
expect it to have a more stable evolution thanHowever, this is not the case in Fig. 8.14,
where the variation of the SFR-corrected slope is largar that of the actual slope. This
is the result of the mechanism identified in Kruijssen et 201(Lb), who find that the gas
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density in starbursts is so high that the young clusters édrin the starburst are disrupted
on much shorter timescales than in isolated galaxies, evdretextent that the total number
of star clusters decreases during a starburst. This confutiéive result is mainly due to the
lowest mass clusters, which are the most numerous for a gawénitial mass function with

a negative slopé. This large number of low mass clusters is susceptible tagli®n by the
strong tidal shocks in a starburst region. The surprisingsequence is that after a certain
time interval, the age distribution of all clusters lacksstérs in the age range corresponding
to the starburst. After the starburst, the peak in the dlugie distribution shifts to ages just
beforethe maximum of the starburst (also see Sect. 8.5.3 and Hi§),8vhen the clusters
are still formed in a less violent setting than at the heighthe burst, and can be ejected
from their primordial regions before the starburst readgtsamaximum (like the halo cluster
of Fig. 8.12).

The evolution of the age distribution is compared to thefstianation history in Fig. 8.15,
which shows the evolution of the age distribution at seviemads after the major starburst in
simulation 1m14. It illustrates several of the points frdre previous paragraphs. The first
age distribution (at = 2.02 Gyr) shows the cause of the steep slope of ab8ytist before
the second starburst. The fitted slope is steepened relatiigolated galaxies (compare
Fig. 8.11) due to a deficit of clusters at ages close te 1 Gyr, which corresponds to
the first starburst, when the high densities triggered ecdtagluster disruption. The same
mechanism causes an age-offset between the moment of thedsgtarburst and the peak in
the age distribution, which first emerges when the clusteraéd in the starburst have had the
time to be disrupted by their environment. This disrupt®evident from the minimum in the
age distribution at ages slightly younger than the statbiifsee exact moment when the offset
between the peaks becomes visible depends on the duratisirangth of the starburst, but
it typically appears 100 Myr after the starburst. The ofigeiws fromA7 = 14.5 Myr at
t = 2.07 Gyr toAr = 132 Myr att = 2.41 Gyr. As shown in Fig. 8.15, it is best seen about
150 Myr after the burst. When considering only the massiusters (1 > 10* M), which
are much less numerous than the low-mass clusters, thetadfadusters is less prominent.
In the extreme case, the offset of the peak in the cluster egebdtion with respect to the
moment of maximum star formation corresponds to the timerual between the onset and
the peak of the starburst.

The age-offset between the starburst and the peak in theeckge distribution has an
interesting consequence in relation to Fig. 8.14. Wherddig the cluster age distribution
by the star formation history for a galaxy merger with a restarburst, the age range corre-
sponding to the starburst will contain even fewer clusteamtwithout the correction for the
SFR. As a result, the variation of the age distribution isaemded with respect to the actual
age distribution. This causes the larger variatiof tfan that ofv in Fig. 8.14. The offset be-
tween the peaks in the age distributions of the clusterstanslis also seen when considering
the formation history of the clusters that survive the mefgee Sect. 8.5.3 and Fig. 8.18),
which shows that these clusters are typically formed befwtead of during the starburst
maximum. It depends on the accuracy of the age determirsatibreal clusters whether the
offset can be distinguished observationally, especiadiyanise it is less pronounced for the

1"The index—2 of the cluster initial mass function adopted in this stutiplies that every decade in cluster mass
initially has ten times more clusters than the next decade.
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Figure 8.15: Time-evolution of the cluster age distribution (solid k)eand star formation history
(dotted lines) shortly after the second passage of mergeiraiion 1m14 (at ~ 2 Gyr). From top to
bottom, the distributions are shown at times {2.02,2.07, 2.18, 2.41Gyr, corresponding to about
{0,50,150,409 Myr after the starburst. For each line, the moment of thebstat is marked with a
diamond, while the peak in the cluster age distributiondédated with a triangle. Each age distribution
is shifted down by 5 dex with respect to the distribution abdv The star formation histories are
normalised to match the corresponding age distributiometeft end of the lines. For each pair of
distributions, the age-offset between the peaksis indicated.

high cluster masses to which observations are naturaliygdn

In order to consider the relation between the slope of thedigiebution and the star
formation rate density, we have used the same approach asin84.4 to determine a mea-
sure of the star formation rate density in galaxy mergersbbBth galaxies, we determine the
half-mass radius of the gas distribution and add the endlesieimes, leaving out any overlap
between both spheres. To avoid artificially low star forimatiate densities, the tidal arms
are omitted when calculating the half-mass radius by néglgall material beyond 100 kpc
from the centre of mass of the simulation. The plane of thedfittge distribution slope ver-
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Figure 8.16: Relation between the fitted logarithmic slope of the clusige distribution in the age
range log¢/yr) = 7.7-9 and the mean star formation rate dengityrr Each point represents one
galaxy snapshot. The isolated disc galaxies are showntasligy points, and the galaxy mergers are
shown as red points. As in Fig. 8.11, the fit to the isolated dmslaxies is represented by a dotted
line, while the typical error on each data point is indicatethe bottom left cornefTop the measured
(unaltered) slopes of the cluster age distributiddsttom slopes that are corrected for the variation of
the star formation rate (SFR). The solid line in both panad$cates the evolutionary track of simulation
1m14, of which the evolution of the slope is shown in Fig. 8.T2he mean slope angh srr Of the
progenitor galaxies (1dB) is indicated with a cross.

sus star formation rate density is shown in Fig. 8.16 for alagy merger simulations, also
including the data from the galaxy disc simulations (see &ijl). As explained above in the
discussion of Fig. 8.14, the galaxy mergers do not followrgiation between slope and star
formation rate density that holds for isolated disc galsxitnstead, during starbursts they
typically move to shallower slopes and higher star fornratite densities, i.e. up and to the
rightin Fig. 8.16. The large scatter on the points of the xyafaerger simulations arises be-
cause of the wide range of possible age distribution slopestbe course of a single merger,
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Figure 8.17: Logarithmic age distribution /d log (r/yr) of the clusters with ages > 1 Gyr in the
merger remnant of simulation 1m14, shown for the snapshbtad4.9 Gyr. The vertical dashed lines
indicate the moments of first (right) and second (left) partce passage, while the shaded area marks
the period over which the final coalescence occurs.

which is also present in Fig. 8.14. The scatter is also irsg@édy our method of estimating
a measure for the star formation rate density, which onlywadifor an order-of-magnitude
analysis because it is sensitive to the global dynamicaigésduring the merger.

The typical evolution of a galaxy merger in the diagram of.F8dL6 is illustrated by
the evolutionary track of simulation 1m14, which goes tlylothree phases. Initially, both
galaxies reside on the relation for isolated disc galaxiett¢d line and cross). For simulation
1m14, this is not shown in Fig. 8.16, because it occurs toly @ar in the simulation and
insufficient clusters exist in the fitted age range. The diabary track starts at the top
middle of the diagram, during the first pericentre passagenthe star formation rate density
is still intermediate fn srr ~ 1074 Mg kpc*3) and cluster migration and natural selection
are important, resulting in a shallow age distribution. &ivieeen both pericentre passages,
it returns to the relation for isolated discs because thesdésolve back to a quasi-isolated
state as in Fig. 8.11, but with a slightly higher star formatiate density. This changes just
before the final coalescence, when the density contrasteleetithe starburst region and the
surroundings becomes important again, moving the galakyettop right of Fig. 8.16.

8.5.3 The cluster population of merger remnants

After a galaxy merger is completed and both galaxies havesfoamed into a single el-
liptical or SO galaxy, the formation of stars and clusterases or proceeds at a low rate
(SFR< 0.5 M, yr—1). As a result, the vast majority of clusters in a merger remisaold,
with ages dating back to the first and second pericentre gass# the interaction. A first
indication of when and where these clusters (the ‘surviyevere formed is obtained from
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Figure 8.18: (Cumulative) formation history and radial evolution of ttlesters that will survive the
galaxy merger of simulation 1m14, i.e. those that are stspnt at = 4.9 Gyr. Top For each timd,

the figure shows the fraction of the surviving cluster popiafathat has been formed since the start of
the simulation (red solid line) and the fraction that wasrfed during the 200 Myr precedirtg(blue
dotted line). The dark red dashed line shows the cumulata&ibn of star particles that have been
formed since the start of the simulatidBottom Half-number radius of all present survivors (red solid
line), of the survivors that were formed during the 200 Myteival before timé (blue dotted line), and
of the star particles that have been formed since the sténecfimulation (dark red dashed line). Stars
and clusters formed in the range 4-5 Gyr are ignored.

their age distribution, which is shown in Fig. 8.17 for thester population older than 1 Gyr
of simulation 1m14. The age distribution shows that moshefdurvivors are formed approx-
imately at the times of the first and second pericentre passagst before the corresponding
starbursts. During the last part of the coalescence, some chesters are formed that survive
the merger. Interestingly, no clusters with ages corregdmgrto the onset of the coalescence
exist in the merger remnant, because the violent gas infldxteresulting high gas density
shortens the lifetimes of the clusters that are formed utiekese conditions.
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A more precise picture of the origin of the cluster populatio the merger remnant is
obtained by considering their cumulative formation higtand the radial evolution of their
population. This is shown in Fig. 8.18, which follows the éimvolution of the (cumulative)
relative formation history and the half-number radius foee groups of objects: all survivors
formed since the start of the simulation (giving a cumukafiaction), the survivors formed
during the last 200 Myr, and all star particles formed sife dtart of the simulation (also
giving a cumulative fraction). Contrary to the half-masdius of the gas in Sects. 8.4.4
and 8.5.2, the half-number radius considered here is naotatkfvith respect to the centre of
the appropriate galaxy, but with respect to the centre okroathe entire simulation.

The cumulative formation history of the survivors showstteach of both pericentre
passages contributes about 30—60% of the old cluster pigoula the merger remnant. The
precise distribution of percentages depends on the orpitaimetry of the merger and on
the properties of the progenitor galaxies. In the case ofisition 1m14, which is shown
in Fig. 8.18, the galaxies pass each other on near-polatspghelding a weaker starburst
than a head-on or co-planar encounter and leaving some gpsestmerger star formation.
For more violent starbursts, all gas is consumed and no yolusgers exist in the merger
remnant.

The assembly history of the stellar mass is distributed begh pericentre passages in
a way that is similar to that of the clusters, even though tret fiassage gives rise to a
much smaller starburst than the second passage. The stel&srformed in both passages is
comparable because the duration of the first starburst dzdbat of the second. The most
remarkable difference between the formation history ofdtae particles and the surviving
clusters is that they are offset with respect to each othwee. stirviving clusters are typically
formed at earlier times than the star particles, which was adentioned in Sect. 8.5.2 and
the discussion of Fig. 8.17. Most of these survivors weretegeinto the stellar halo during
the pericentre passages and survived because halo clegperdence a lower disruption rate
than clusters residing in the discs of both galaxies. Thestesl clusters were formed before
the starburst, because the onset of ejection into the halkedes the moment of peak star-
burst intensity by~ 200 Myr. The combination of an already enhanced star foonatte
before the ejection and the increased survival chancedmthesters implies that the ejected
clusters constitute a large part of the post-merger poipulatf survivors.

The ejection of clusters can also be seen by considering dafentimber radii of the
system of (recently formed) surviving clusters and of ttegsstn Fig. 8.18. The pericentre
passages of the two galaxies are visible as minima in theigwolof the half-number radius
of the star particles. Already during the first passage, #ierfumber radius of the clusters
exceeds that of the star particles, because the clustdrarthajected from the discs of both
galaxies have higher survival chances than the clustetstéa confined to the discs. This
effect becomes even more important during the second passabfinal coalescence of the
galaxies, during which the half-number radius of the clssteardly changes, but the star
particles end up in a much smaller volume. While this coulgb®st that almost no survivors
are formed at small radii, the half-number radius of the mdgeformed surviving clusters
proves the contrary. During and shorth (50 Myr) after the second pericentre passage,
the spatial distribution of the recently formed survivdotug dotted line in Fig. 8.18) is as
confined as the spatial distribution of star particles. Tlhstrates that the clusters may be
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formed in the galactic discs, but are subsequently ejeatedta the dynamical interaction
of the galaxies, increasing their chances for survival. a&¢d times & 50 Myr after the
pericentre passage), the survivors are formed at difféoeations than the stars, because the
clusters that are formed in the centre of the starburst araptied. These two examples of
natural selection imply that the spatial distribution oé ttar cluster population in merger
remnants does not follow the distribution of the stars, bpatially more extended.

8.6 Discussion

In this section, we provide a summary and a discussion of ¢ssiple improvements and
potential applications of our method.

8.6.1 Summary

We have presented numerical simulations of isolated andjingedisc galaxies, in which
a sub-grid model for the formation and evolution of the enstar cluster population is in-
cluded. The description for the star clusters is semi-dita@nd includes a model for their
internal dynamical evolution and the resulting changeteftellar mass function within the
clusters. The prescription for cluster disruption has bedidated by comparing t&/-body
simulations of dissolving star clusters, giving good agreet. When considering individual
clusters within our simulations, the tidal field strengtiddidal shocks are found to have
a clear effect on the mass loss histories of the clusterss fituvides a verification of the
presented method.

One of the key advantages of the model is that it shows howisinegtion rate of clusters
varies in time and space. We have used our disc galaxy siiongab assess the implications
of this for characteristic properties of the cluster pofiates. We find that the mean age of
the cluster population increases with galactocentricugdiecause the disruption rate and the
cluster formation rate are highest near the galactic cefties is also found in observations
of the clusters in M51 (Gieles et al. 2005) and the Milky Wagr(\den Bergh & McClure
1980, Froebrich et al. 2010). The relative contributionid&l shocks to the disruption of
star clusters is found to be 80%, which weakly increases with increasing gas fraction of
the galactic disc. A similar value was found by Lamers & G3¢[2006) from an analysis of
clusters in the solar neighbourhood.

The combination of disruption due to two-body relaxatiodalt shocks, and their vari-
ation in time and space affects the slope of the cluster agfeliition through two main
mechanisms that lead to the same result. ‘Cluster migrati@n the motion of clusters
away from their formation sites, and ‘natural selectiorg, the higher survival probability of
clusters in quiescent environments, both imply that themtisruption rate decreases with
age. In the extreme case, this can cause an age distributioa gingle logarithmic slope of
—1 over the majority of the age range, instead of the clas8etadlistribution at young ages
combined with a steep decline at old ages. For isolated dilxigs, the effects of cluster
migration and natural selection are largest in low gas dggsilaxies, because these have
higher gas density contrasts between star forming regindgteeir surroundings. Combin-
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ing this with the relation between gas density and star ftonaate density (Schmidt 1959,
Kennicutt 1998b), we obtain a clear correlation betweersthe formation rate density and
the slope of the disruptive (old) end of the age distributiwhich is steeper for higher star
formation rate densities.

Our simulations of galaxy mergers show that the disruptaiag of clusters vary widely
and depend on their orbital histories during the merger.clbsters that reside in the central
regions of the galaxies are disrupted on short timescaleie wiusters that are ejected into
the stellar halo can survive for several gigayears. The ar@shms of cluster migration and
natural selection are prevalentin galaxy mergers, bedhessvironment of clusters strongly
varies in time and space. As a result, the fitted slope of thstet age distribution (in the
range log¢/yr) = 7.7-9) evolves from-0.5 or—1 during the starbursts, when the contrast
between the concentrated star forming volume and its sndiogs is largest, te-2.5 or
—3 in between the pericentre passages, when the discs ewadkedna quasi-isolated state.
This is a fundamental physical difference compared to fedlgalaxies, in which the density
contrast between star forming regions and their surrogsdmlargest for galaxies with low
star formation rate densities.

The star clusters that survive the merger and populate tligeameemnant are typically
formed at the moments of the pericentre passages, i.etlgliggfore the starbursts that occur
during a galaxy merger. These clusters constitute a laaidn (30-60% per pericentre
passage) of the survivors for two reasons. Firstly, theya@raed in large numbers, because
the star formation rate already increases before the pethle starburst. Secondly, during the
pericentre passage, the formed clusters are ejected mt&td¢har halo, where the disruption
rate is low and the survival chance is high. The clustersateaproduced in the central region
during the peak of the starburst are short-lived and didveftire they can migrate to the halo.
As aresult, a peak in the star formation rate does not netilyssarrespond to a peak in the
cluster age distribution. Depending on the properties@btarburst and the time that elapsed
since it occurred, both peaks will be offset with respectaoheother.

This chapter shows that the variability of the disruptiotelia time and space has a pro-
nounced impact on the properties of cluster populationsrange of galactic environments.
It affects the spatial distribution of clusters, their aggtribution, and the evolutionary his-
tories of the clusters that survive until the present daydi&sussed in Sect. 8.1, it has been
common practice in literature to adopt a single, “mean”ision rate for the entire cluster
population of a galaxy. While this approach holds many ath@es due to its simplicity, we
now see that the resulting cluster populations have vefgréifit properties than those ensu-
ing from a more realistic setting, in which the effects of themation, disruption, and orbital
histories of the clusters are intertwined.

8.6.2 Improvements

While the presented model gives a more detailed descripfitime formation and evolution
of star cluster populations than before, there are sevenaigpat which it could be improved.
We discuss five key improvements.

(1) The currenttreatment for star formation uses one gdgfegper spawned star particle.
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(2)

3)

This implies that the particle mass limits the maximum @&@usbass, because it is not
possible to form clusters that are more massive than thepatécle which they are
part of (see Sect. 8.2.2). As aresult, it is not beneficiahtogase the resolution of the
simulation, because it will decrease the maximum clustessrbalow the current value
of ~ 10°>8 M. Especially when considering galaxy mergers, in whichteksswith
masses around 1M, should be produced, improving this would be very relevant.
We intend to include a group-finding algorithm in the neaufat which will evaluate
the Jeans criterion for groups of gas particles. This woulabé&e the formation of
a single star particle out of multiple gas particles, and al8o allow us to increase
the resolution of the simulations without compromising thass range of the cluster
population. In addition to giving a more realistic desdoptof the star formation
process, this would also enable us to resolve the ISM dowmialler scales, and
improve the description of cluster disruption due to tidedsks.

Supermassive black holes (SMBHSs) and the possible tedbom SMBHSs are presently
not included. The vast majority of star clusters resideb@range where the tidal field
due to the SMBH can be neglected, so the disruption rate o€lststers is not directly
affected by the omission of SMBHs. An indirect effect of thegence of SMBHs
could be important in galaxy mergers, during which feedlfackn SMBHs may be
responsible for the expulsion of all gas from the galaxy (BEittdo et al. 2005). This
would disrupt any gas discs that may reform in the merger eshand would halt
further formation of star and clusters. Because it is a seooder effect for the prob-
lem we are addressing, and because there are currently ndidefinodels for SMBH
feedback (Pelupessy 2007, Sijacki et al. 2010), we haveechtts omit SMBHS in
the present model. Whenever a more conclusive model for SK&8Hback becomes
available, it will be included in our model.

We have approximated the evolution of the half-massusadf star clusters with a sim-
ple power law dependence on the cluster mass, fixing the fisatian and power law
index by means of a comparison A-body simulations of dissolving clusters on ec-
centric orbits. This is important, because the disruptiorescale due to tidal shocks
depends on the half-mass density. Using the adopted melatmreproduce the disrup-
tion times found in the&V-body simulations. Even though the relation is consistetit w
the theoretically expected relation in the ‘mass loss-ahaeid’ regime from Gieles
et al. (2011), a better approach would be to adopt a presmifdr the half-mass ra-
dius that has a more extensive physical foundation. Unfattely, current mass-radius
relations in literature are based on the evolution of chsstea smooth galactic poten-
tial, and depend on the galactocentric radius (Gieles 04l1). While this is accurate
for globular clusters on orbits with a low eccentricity, Gebs not work for clusters or-
biting within a galactic disc or in galaxy mergers, wheretildal field is erratic due to
the non-uniform distribution of the gas. An appropriate elddr the evolution of the
half-mass radius in such an environment could be obtaindddnjing an erratic tidal
field into N-body simulations of star clusters and monitoring theinctural evolution.
Such an analysis is well beyond the scope of the present wodkye will update the
mass-radius relation whenever a better description besawalable.
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(4) At present, the model does not include a description fmmacal enrichment, and
consequently all clusters have the same metallicity. Whike has a negligible effect
on the mass evolution of the clusters, their photometry fiscégd (see Kruijssen &
Lamers 2008 for a quantitative analysis). Moreover, initigch prescription for the
chemical evolution of the star cluster population wouldtdea better comparison
with (spectroscopic) observations, in which chemical alaurtes can be established
with a generally higher accuracy than other properties sisctluster ages. It would
also allow us to investigate the relation between metalliand other characteristics
of the cluster population, and to improve the model for stamfation, which depends
on the chemical composition of the gas. We aim to include aahfm chemical
enrichment in a future work.

(5) The cluster formation efficiency (CFE), i.e. the fraatiof stars that is formed in a
clustered form, is assumed to be constant. This impliesttieaéxact value acts as a
normalisation of the total number of clusters, leaving iaasee parameter. It is set
to 90% to obtain better statistics for the simulated clugtgrulations (see Sect. 8.2.2).
However, there have been suggestions that the CFE depetlds mtal environment,
particularly on quantities like the star formation rate sign(Goddard et al. 2010). The
exact dependence of the CFE is still far from certain, butefé exists an environmen-
tal dependence, this would affect the cluster populatiofelaguring the formation of
clusters in certain parts of a galaxy. This could also hawzarsdary effect on the clus-
ter population, because cluster disruption may also pabdéferently in parts with an
enhanced CFE. Again, an environmental dependence of thev@llHie included when
it is better constrained, either from models or observation

Apart from these main areas for improvement, we will keepatipg) the models aBl-
body simulations and observations of clusters in a broaalege of environments become
available.

8.6.3 Applications

In order to trace the formation and evolution of galaxiesxgsstar cluster populations, it
is necessary to investigate how different galactic envirents affect the cluster population.
Our model is a very suitable tool to gain more insight ints thuestion, because it relates
the evolution of each cluster to its (time-dependent) lecaironment. This implies a certain
flexibility that allows us to apply the model to a broad ran§galaxies. While a first analysis
of the interplay between galaxies and their star clusteufatipns is already given in this
chapter, there are many more observables of the clustetgiegnithat should be investigated
under different galactic conditions.

It would be particularly useful to understand the impact afagy mergers on cluster
populations, because such an understanding enables thud cisister populations to probe
merger histories and the hierarchical assembly of galaX#ergers are recognized as im-
portant drivers of starbursts and corresponding clustendtion, which are fuelled by high
gas densities. However, as is shown in this chapter, a higldgasity also implies a large
disruption rate. It is not trivial to determine whether fation or destruction dominates. We
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have considered this question in Kruijssen et al. (2011 fast application of the model,
and find that the total number of clusters decreases duringrgemn because the large gas
densities result in more destruction than formation. Resiobn is most prominent for the
numerous clusters with low masses, whereas for the fewesineaslusters formation does
dominate during certain episodes of the galaxy interacfithve corresponding change of the
cluster mass function could be used as a tracer of the menger t

By modeling specific, real galaxies, it is possible to explalbserved properties of the
cluster population and to predict its features that prégdall below the detection limit.
Such case studies will also verify the model, and possibbyiple constraints on aspects
of the model that are currently uncertain (see Sect. 8.6=8).instance, by comparing the
observed and modeled star formation rates and the numbé&rstérs within a certain mass
and age range, it will be possible to infer the cluster foramatfficiency in a particular
galaxy'.

As isindicated in Sect. 8.1, the disruption rate of starteltssis commonly assumed to be
constant when deriving the star formation history (SFH) ghkaxy from its star cluster pop-
ulation. Although this approximation is convenient, thagtobtained SFH will differ from
the actual one. The impact of the disruption time on the nefé6FH was recently illustrated
by Maschberger & Kroupa (2011, Fig. 4), who show that it detsesm the adopted disruption
rate to what extent the gap in the age distribution of clgstethe Large Magellanic Cloud
is reflected in the inferred SFH. For their choice of disroptiates, the SFR in the age range
corresponding to the age gap varies by about 1.5 dex, neguitticases in which the SFR
does and does not contain the age gap of the cluster agéudigin. Because the conditions
within an evolving galaxy vary widely, the impact of the timend space-variation of the
disruption rate are likely of the same order of magnitudes therefore essential to resolve
how this variation may affect SFHs that are inferred fromstae cluster population.

The formation and evolution of star cluster populationstaeeresult of several mecha-
nisms that act simultaneously, such as starbursts, fekgdiidal shocks, two-body relaxation,
cluster migration, natural selection, and many other gses. While certain parts may still
be uncertain, the current understanding of these mecharesiables the modeling of the
cluster population in a way that reflects the variability aanplex nature of real galactic
environments. Future applications of the model shouldettoee provide new clues to the
(co-)evolution of galaxies and their star cluster popolagi
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Formation versus destruction: the evolution of the
star cluster population in galaxy mergers
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Simon F. Portegies Zwart, Nate Bastian and Vincent Icke
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Abstract We address the evolution of the star cluster population laxyamergers. While inter-
acting galaxies are well-known for their high star formatrate and rich star cluster populations, it is
also recognized that the rapidly changing tidal field carcieffitly destroy clusters. We use numeri-
cal simulations of merging disc galaxies to investigatechihechanism dominates. Our study shows
that the tidal forces during the merger are strong enougtestraly the majority of stellar clusters on
short timescales. This implies that the wealth of star elssbbserved in nearby merging galaxies is
in fact extremely short-lived. While the merger can causeftinmation of clusters with masses much
higher than in normal non-interacting galaxies due to tleciased star formation rate, it destroys an
additional 95% of all stellar clusters compared to isolaalthxies, preferentially annihilating the low-
est mass clusters. The mass distribution of the surviviagdtsters in the merger remnant develops
a peak at a mass of about?f0M,, which subsequentially evolves to higher masses. Thesises
imply that globular cluster systems are the natural coresecgi of hierarchical cosmology and the large
starbursts occurring in the early universe.

9.1 Introduction

Merging and interacting galaxies host huge starburstsage populations of young massive
stellar clusters (Holtzman et al. 1992, Schweizer et al619¢hitmore et al. 1999). A galaxy
interaction triggers inflows of interstellar gas towardsgalaxy centres, where it fuels a burst
of star formation (Hernquist 1989, Mihos & Hernquist 199B)e starbursts that are triggered
in mergers of massive spiral galaxies play a central rol&énassembly of the stellar mass
in the universe, as galaxies are thought to have formed grbierarchical merging (White
& Rees 1978), indicating that a large fraction of all stargev®rmed in starbursts (e.g.
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Reddy & Steidel 2009). Some fraction of this star formatiakets place in compact stellar
clusters (Elmegreen 1983, Whitmore et al. 1999, BastiarBR@0th masses in the range
10°-10 M, (Portegies Zwart et al. 2010). The clusters that remaim tfeemerger are often
used as fossils to trace the formation history of the galbrygen et al. 2001).

Over the past two decades, observations with the HubbleeSfelescope have revealed
that many nearby ongoing galaxy mergers host exceptiomnialystar cluster populations
with cluster masses exceeding’ M., (Schweizer 1982, Holtzman et al. 1992, Bastian et al.
2006), which are formed due to the perturbation of the itéles medium (ISM) (Schweizer
1987, Ashman & Zepf 1992). The multitude of star clustersgasts that they are useful
tracers of past galaxy mergers, especially because thegaaily observed up to distances
of several tens of megaparsecs. The observed massiverslgsta0* M) are distributed
according to a power law with index2 down to the detection limit (Zhang & Fall 1999).
These clusters are just the ‘tip of the iceberg’, since thesdlistribution appears to continue
beyond the detection limit and down to the physical lowersiiasit (see e.g. Portegies Zwart
et al. 2010).

However, high gas densities and tidal shocks, both of whiehpeevalent in coalesc-
ing galaxies, are known to have a disruptive effect on stastets (Spitzer 1958, Weinberg
1994b, Gieles et al. 2006b). The destruction rate of stasteta decreases with increas-
ing cluster mass and density (Spitzer 1987, Lamers et ab&00This indicates that star
cluster disruption could be masked by observational seleaffects and go unnoticed in
observations, i.e. the brightest and therefore most masisters are easiest to detect and
least affected by disruption. The important role of staistdu disruption is supported by
the old (‘globular’) star cluster systems that are obsemetkarby spiral and giant elliptical
galaxies, which are strongly lacking low-mass clusterswéspect to the young populations
in presently merging galaxies (Vesperini 2001, Fall & Zh&@§1, Kruijssen & Portegies
Zwart 2009, Elmegreen 2010). Whether or not the disrupticstar clusters dominates over
their formation is not easily determined on analytical grds. Either way, a galaxy collision
will affect the star cluster population.

To resolve whether cluster formation or destruction dot@s & interacting galaxies, we
have conducted numerical simulations of merging galaxigsch include a model for the
formation and evolution of star clusters. This allows usuarmtify the net effect of a galaxy
merger on its star cluster population. In Sect. 9.2 we brgflymarize our model, while the
evolution of the star cluster population is assessed in. 9e&t We conclude this chapter by
discussing the implications of the results.

9.2 Summary of the model

We model the formation and evolution of star clusters cadifdea numerical simulation code
for galaxy evolution (Pelupessy 2005). Here we provide arsany of the model, which was
presented and validated by Kruijssen et al. (2011c).

We use the code to calculate self gravity of gas, stars, ardrdatter as well as the
hydrodynamics of the gas. It includes a model for the ISM gédowards a faithful rep-
resentation of the warm neutral medium and cold neutral uamedihases, including metal
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cooling, cosmic ray ionization, and UV heating. Stellar dviend supernova feedback are
taken into account by using pressure particles (Pelupdssy 2004, Pelupessy 2005). Star
cluster formation and evolution is included as a sub-gridlei@omponent of the star par-
ticles (Kruijssen & Lamers 2008, Kruijssen 2009). Sites taf @nd cluster formation are
selected based on a Jeans mass criterion and the initiabmakthe star clusters are drawn
from a power law distribution with index 2 in the range 19-10 M, with an exponen-
tial truncation at high masses (Schechter 1976). This tsftee observed mass distribution
of young star clusters (Zhang & Fall 1999, Lada & Lada 2003skra 2009). The cluster
formation rate is proportional to the star formation ratERp, because we adopt a constant
cluster formation efficiency (Bastian 2008). We do not idi@iclusters more massive than
about 16-° M, because they would exceed the particle mass.

The mass evolution of individual clusters is governed byswass due to stellar evolution
and dynamical disruption:

()= (%), (%), e

with M the cluster mass and the subscripts ‘se’ and ‘dis’ denotigltas evolution and dis-
ruption, respectively. The mass loss due to stellar evatius taken from the Padova models
(Marigo et al. 2008). The dynamical mass loss is caused bysimaltaneous mechanisms.
Firstly, the stars in the cluster are driven over the tidalrmary due to two-body relaxation
(Spitzer 1987). Secondly, stars can gain energy from thiatks, i.e. fluctuations of the tidal
field caused by passages through dense regions such as giecutar clouds (GMCs) or
spiral arms (Gieles et al. 2006b, 2007a). We parametrizenthss loss due to disruption as

(%) _(d_M)"X+(d_M)Sh__M_M ©2)
dt dis dt dis dt dis télé tc?ig, .

wheret!X represents the timescale for disruption by two-body relarandts!! the timescale
for disruption by tidal shocks. Both timescales are relatetthe tidal field. The derivation is
givenin Kruijssen et al. (2011c), but here we give the finglressions. Foﬁé‘fg the expression
is:

T -1/2
X =1.7GyrM, [ ——— : 9.3
dis y 4 (104 Gyr_z) ( )
whereMj is the cluster mass in units of 4™, v = 0.62 is the mass dependence of the
disruption timescale (Lamers et al. 2005a), dnid the tidal field strength.

For the disruption timescale due to tidal shocks, the apresof Gieles et al. (2007a)
and Prieto & Gnedin (2008) can be combined to obtain (Kraijsst al. 2011c):

-3 -1
I At
tsh = 3.1 Gyrm (ﬁ) (tid) (—) , 9.4
dis yriva pc 10* Gyr 2 Myr ®4)

wherer, is the half-mass radiudyq is the tidal heating parameter (see Prieto & Gnedin
2008), andAt the time since the last shock, reflecting the timescale owclwthie cluster is
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Figure 9.1: Evolution of the star cluster population during a galaxy geer Sequence of snapshots
from one of our galaxy merger simulations at four differdmes. The surface density of the gas
is displayed in greyscale, while the particles that consaér clusters are shown in colours denoting
the ages of the clusters as indicated by the legend. Thequdrseimages show the collision at four
characteristic momentg:= 0.1 Gyr, just before the first passades 0.8 Gyr, in between the first and
second passage;= 1.6 Gyr, which is just after the second passage, but jusireehe final merger;

t = 3.4 Gyr, when only the merger remnant is left.

heated. We assummg= 4.35 pc (1 /10 M )%-?25, consistent with thé/-body simulations by
Baumgardt & Makino (2003) (see Kruijssen et al. 2011c). Bagh9.3 and 9.4 are calibrated
for clusters with King parametdy = 5. For other density profiles, the constants in the
equations change, but the lifetimes of the clusters ardasimi

The above relations between the mass loss rate and the &tthhfive been compared
and calibrated to th&/-body simulations of star cluster disruption by Baumgardvi&kino
(2003) to ensure their accuracy. In isolated disc galaxigis %6—30% of their baryonic
mass in gas, typically 85% of the cluster disruption is acted for by tidal shocks (Eq. 9.4)
(Kruijssen et al. 2011c), while the remainder is coveredy-body relaxation (Eq. 9.3), in
excellent agreement with a study of the solar neighbourbhgddimers & Gieles (2006). For
a given amount of mass loss, we also compute the corresgpolange of the stellar mass
function within the cluster (Kruijssen 2009). The descdlmodel enables us to follow the
formation and evolution of the entire star cluster popolafor different galactic histories.

9.3 Evolution of the star cluster population

We apply our model to the evolution of the star cluster pojparhen galaxy mergers. For clar-
ity, we first discuss one representative example here. E@urshows a classical sequence of
the evolution of a galaxy merger simulation together with tlsults from our cluster evolu-
tion model. Both galaxies are Milky Way-like, each havingtat mass oMgy = 10'2 M.
The gas fraction is 30%, and the galaxies contain a stellgeband dark matter halo (see
Springel & Hernquist 2005 for details). The concentratiotex of the dark matter density
profile corresponds to a formation epochzof 2 (Bullock et al. 2001), such that the model
is representative of precursors to current galaxies. Eaddxy is initially constituted by
45,875 star particles, 15,375 gas particles and 1,000,800rdatter particles, giving parti-
cles masses of 8 10° M, for the baryons and £V, for the dark matter. This is sufficient



The star cluster population in galaxy mergers 219

to model cluster disruption, which occurs due to more massfiwctures (Kruijssen et al.
2011c). The galaxies follow a prograde-retrograde paraloobit (see the arrows and lines
in Fig. 9.1), with a projected apocentre of 6 kpc and rotatines perpendicular to the orbital
plane. The panels in Fig. 9.1 show the distributions of galsséar clusters at different times
during the interaction. The first image displays the gakueie they approach each other for
their first passage (at= 0.1 Gyr), when the tidal interaction between the galaseill rel-
atively weak and the SFR is at an intermediate leve6(M, yr—?1). The spatial distribution
of star clusters is restricted to both galaxy discs, wheeegtis resides from which they are
formed, and their destruction rate is low since it is dongddby the internal galactic tidal
field and encounters between clusters and GMCs.

In the second image of Fig. 9.1 € 0.8 Gyr), the galaxies are shown between their first
and second passage. By this time, the gravitational irtierabas produced long tidal tails.
Most star clusters still follow the morphology of the gasdnese they have just been formed
in a large starburst (about 50 Myr—1) that was triggered by the angular momentum loss
and consequent inflow of the gas during the first pericentsegge. Some intermediate age
clusters have been ejected from the discs by the interacfidrey represent the first star
cluster constituents of a stellar halo forming around the g@laxies. The total number of
clusters has decreased since the previous snapshot,edéspiarge starburst (see below).
This is due to the tidal perturbation of the star clustershgylarge central gas density (that
also drove the starburst), prompting a stronger increatigeafluster destruction rate than of
the cluster formation rate.

As the galaxies proceed to merge, the effects of the inferacttensify. The third panel
of Fig. 9.1 displays the galaxies during the short intenatileen the second passage and
their final coalescencd (= 1.6 Gyr), in a configuration that is similar to the “Antenhae
galaxies (NGC 4038/4039, see Karl et al. 2010). During tthiase, the remaining gas is
strongly shocked and rapidly loses angular momentum, beimgeled towards the centres
of the galaxies where it cools to form large numbers of sta star clusters (Mihos &
Hernquist 1996). This second starburst is accompanied lgvan stronger increase of the
cluster destruction rate, this time decimating the clugtgyulation. Many of the surviving
clusters are ejected from the central region into the stabdo that surrounds the galaxies.
The population of surviving clusters develops a charagtienmass due to the destruction of
low-mass clusters, which are more easily disrupted by statks. As a result, the number
of clusters decreases more strongly than the total masastecs.

When the merger is completed, as is shown in the last imagé&goBH (¢ = 3.4 Gyr),
the system has transformed into a giant elliptical galaywhich the star cluster system
has dispersed into the stellar halo. The SFR drops to a mmiw@tfter the merger, due to
the depletion of the gas during the starbursts. The sunyipopulation of clusters that were
formed before and during the merger is reminiscent of ctlyreybserved globular cluster
systems in many respects. First of all, the spatial configaraf these clusters is comparable
to that of the globular cluster population of the Milky Way dkilis 1996), giant elliptical
galaxies (Harris 2009) and young merger remnants (Schwetizé 1996), following a power
law density profile with index-3.2 in the outer parts, which is the approximate behaviour
of a de Vaucouleurs profile (de Vaucouleurs 1948). Secotigkymass distribution of the
surviving clusters is developing a peak at a mass 6P M., caused by the tidal disruption of
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Figure 9.2: Evolution of the star formation rate (SFR, top), mean tidzdting (/i1), middle) and the
number of star clusters\, bottom) for two different galaxy merger simulations. Thé&-hand panels
show the results for the prograde-retrograde encountar fig. 9.1, while the right-hand panels repre-
sent a similar encounter with both galaxies rotating in ttegpade direction (anticlockwise in the con-
figuration of Fig. 9.1). The thick dots mark the moments thiatdisplayed in Fig. 9.1. The number of
star clusters in the bottom panels is shown for differers guinitial mass (logfi /Me) > {2,3,4,3)
and/or agef < 10 Myr, bottom lines only). The dotted curves denote theltedar the two disc
galaxies evolving in isolation. The vertical dashed limeticate the times of first and second pericentre
passage and the shaded areas specify the time interval bigr the final coalescence occurs.

the low-mass clusters, which is also observed in recenteneegnnants (e.g. Goudfrooij et al.
2007). This peak mass is still smaller than the characiensiss of globular cluster systems
(10° M, Harris 1996), which can be attained after the severabhidliof years of star cluster
disruption following the merger until the present day (Mespi 2001, Fall & Zhang 2001,
Kruijssen & Portegies Zwart 2009), possibly also due to sghent collisions with other
galaxies. Lastly, due to the high peak SFR, the merger pesiapopulation of clusters that
extends to higher masses than for isolated galaxies, ireagget with observations (Bastian
2008).

In order to test the generality of these results, we havdechout a set of 24 major
merger simulations, which are described in detail in Kegjs et al. (2011c). We adjusted
the galaxy mass ratio (1:1-1:2), virial mass{#a.0'? M), halo formation redshift{ = 0—
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Figure 9.3: Evolution of the mass distribution of star clusters durihng merger. Shown are the
distributions at different time& As time progresses, the distribution shifts downwardstdufe net
destruction of clusters. The dots in the legend mark the mésnef Fig. 9.1. The slope of the initial
mass distribution is shown as a dashed line, which would blsgely resembled the mass distribution
at all times had the two galaxies evolved in isolation.

5) , disc scale length (via the spin parameter 0.05-0.10), gas fraction (0.2-0.5), bulge
presence, and the orbital geometry of the collision. Theltesf two simulations are shown
in Fig. 9.2, where the star formation history as well as theetievolution of the tidal shock
heating and the number of star clusters for different ihitiass cuts are shown. The figure
also includes a comparison with the two disc galaxies eaglhin isolation. Just after the
pericentre passages, the galaxies exhibit a pronounceshise of the SFR (0.5-1 dex), but
an even stronger increase of the mean tidal shock heatifg5dex), implying that the
total number of clusters decreases. Both effects are dhyetie strong tidal interaction
between the galaxies and the subsequent growth of the tgasddensity. If tidal disruption
were neglected, the number of clusters would have doubledglithe merger compared to
the two discs evolving in isolation. For both galaxy mergélisruption is most prominent
after the pericentre passage that triggers the strongasiusst. The resulting decrease of
the number of clusters is largest for the lowest cluster egsshich is clearly seen in the
number evolution for different initial mass cuts in Fig. 9uring the starbursts, the number
of clusters temporarily increases only for the subset ofngoand massive clusters that are
easily detected in observations. The preferential detstruof the low-mass clusters causes
the initially scale-free (except for the Schechter-typmtation) cluster mass distribution to
develop a characteristic mass, which is shown in Fig. 9.3s Would not occur for mass-
radius relationsy, o« M® with § > 1/3, but such a strong correlation is not supported by any
observational evidence. After the merger is completed tmbthe gas has been exhausted
and the SFR becomes much lower than would have been the ahtiestzalaxies evolved in
isolation.
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For all simulations, the results are in accordance withdhsgi®wn in Fig. 9.2, as they
exhibit a very similar decrease of the number of clustersnduthe merger. The number
of clusters after the merger is always 2-20% of the amounttbieatwo discs would have
contained in isolation. Much of the variation is caused by different orbital geometries.
Retrograde, co-planar encounters lead to enhanced amgataentum loss of the gas and
correspondingly stronger starbursts and greater destnuaf clusters, decreasing their num-
ber by a factor 20-50. Galaxies on inclined orbits such tit follow near-polar trajectories
prompt a weaker effect due to a less pronounced gas infloWliygea decrease of about a
factor 5. We find that the total number of surviving clusteraisgly decreases with increasing
peak SFR.

9.4 Discussion

We show that galaxy mergers efficiently disrupt star clisstier apparent contradiction with
the large star cluster populations that are observed irdewl galaxies. However, these two
notions are in fact compatible. The observations are niyu@nstrained to massive>( 10*—
10° M) and young £ 10 Myr) clusters (Zhang & Fall 1999, e.g.), for which Fig. 8l®ws
that their number typically increases by more than a facturdng starbursts. Nonetheless,
in terms of numbers, a star cluster population is dominatethb unseen low-mass star
clusters that are effectively destroyed during the mergéore they reach ages much older
than a few tens of Myr. We predict that young to intermedade-¢t 2 Gyr old) merger
remnants should display a peak in the star cluster massbdison at about 1M, due to
the destruction of low-mass clusters (see Fig. 9.3). Futhservations will be able to detect
this peak and thereby further constrain the assembly Kistidndividual galaxies.

It is tempting to interpret the existence of a peak in the ndéssibution of the surviving
star clusters as the early formation of a globular clustetesy (Ashman & Zepf 1992). If this
were the case, the orbits of the clusters should be randdmdizéng the galaxy interaction,
such that there exists no radial trend of the charactenséiss (Vesperini et al. 2003). The
violent relaxation occurring during galaxy mergers is &fit at ejecting clusters from their
original environment (Prieto & Gnedin 2008, Bastian et &l02, Kruijssen et al. 2011c),
which is also shown by the assembly of the stellar halo in #e®id and third images of
Fig. 9.1. As a result, the mass distribution of the survivahgsters in our simulations is
not correlated with galactocentric radius. Shortly after tompletion of the merger, secular
cluster disruption increases the characteristic massy-0.3 dex per Gyr for the next two
gigayears. If the merger took place in the early univepse9(Gyr ago), the characteristic
mass would thus have the time to evolve to that of observeultdo cluster systems. This
would not be accomplished without the gas depletion, theation of clusters into the halo,
and the enhanced disruption occurring during the merger.

The increased cluster disruption rate in galaxy mergersisil by the high gas densities
that also cause the burst of star formation. This indicdtasthe mechanism of enhanced
disruption is not necessarily constrained to major mergand can be generalized to any
environment with a high gas density and a correspondinglly BFR. While major mergers
provide a very efficient formation channel for globular ¢arspopulations, they are not a



The star cluster population in galaxy mergers 223

prerequisite. A generalisation to all dense environmenssipported by dwarf galaxies like
Fornax, which has not undergone a major merger and yet hdldadful of globular clusters
(Shapley 1939, Hodge 1961). This generalization suggeatgtobular cluster populations
may be the inevitable outcomes of the large starbursts dogun the early universe.
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Chapter

Epilogue: Probing the co-evolution of star clusters
and galaxies in the Antennae system — why the
grand total is more than just the sum of its parts

based on

J. M. Diederik Kruijssen and Nate Bastian
in preparation (2011)

Abstract The Antennae galaxies (NGC 4038/9) are a prime example dftarsywith a well-studied
star cluster population, of which the galactic environnteag changed fundamentally over the past hun-
dreds of Myrs. We model the Antennae system by using nunmesiicaulations of interacting galaxies
that include a description for the formation and evolutidrihe star cluster population. The age and
mass distributions of star clusters, as well as the coroglatith the spatial distribution of clusters is
assessed. The modelled and observed distributions ard foure in good agreement. The slope of the
cluster age distribution suggests that the time-evolutiotne disruption rate due to cluster migration
and natural selection (see Chapter 8) is important for agkesv- ~ 150 Myr. This hypothesis is con-
firmed by the age dependence of the mean ambient gas dentiy dfisters, which steeply decreases
with age untilm ~ 150 Myr. The variability of the environment leads to the prehtial disruption

of young clusters, which illustrates that the implicatiaighe cruel cradle effect (see Chapter 2) is
observable on galactic scales. We conclude by pointinghaitthe properties of the cluster population
are not a simple result of the adopted cluster disruption advinstead arise due to the complex prop-
erties of the galactic environment, which underlines theessity of accounting for the evolution of the
environment when interpreting observed cluster poputatio

10.1 Introduction
The populations of young star clusters in interacting gakkave received increasing at-

tention over the past two decades (Holtzman et al. 1992, i & Schweizer 1995,
Schweizer et al. 1996, Whitmore et al. 1999, Bastian et &520~nhich has been primarily
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driven by the launch of the Hubble Space Telescope and tleafiaitof the latest generations
of large-scale ground based facilities. The Antennae gedqiGC 4038/9) have emerged as
the hallmark of cluster-forming systems (e.g. Whitmore €1899), due their relatively close
proximity of less than 22.5 Mpc (Schweizer et al. 2008) argittleraction-induced starburst
of 10-20 M, yr—* (Zhang et al. 2001, Karl et al. 2010), which produces a laggeiation of
young star clusters. It is the nearest approximately emass major merger of two gas-rich
galaxies, which has enabled a detailed study of the systenssall wavelengths, in X-ray
(Fabbiano et al. 2004), UV (Hibbard et al. 2005), optical {iviore et al. 1999), IR (Gilbert
& Graham 2007), and radio (Hibbard et al. 2001). With thedaaghounts of data on the An-
tennae system, it also raises a large number of questionspgy of the cluster population
in the Antennae system that pushes known limits is the maxitluster mass. Masses well
over 1¢ M, (Zhang & Fall 1999) or even over 10/, have been reported. Whether or not
there is a fundamental upper mass limit for star clustersdcthus potentially be tested in
this particular merger.

Galaxy mergers are famous for their large nuclear starlusgtich are driven by the in-
flow of the gas due to the tidal torques that are exerted on d@isediscs by the interaction
(Hernquist 1989, Mihos & Hernquist 1996). In the Antennae,riegion in which both galax-
ies touch (the ‘overlap region’) contains a plethora of ygstar clusters, indicating a recent
starburst outside the galaxy centres (Whitmore et al. 198Xplaining this extra-nuclear
starburst has been one of the main challenges for numerar&l on the Antennae (e.g. Mi-
hos et al. 1993). In a recent paper, Karl et al. (2010) havegmted the first numerical model
that reproduces the spatial distribution of star formatiocluding the starburst in the overlap
region. Out of a larger parameter search, they have isothtedrbital history that best fits
the current properties of the system, thus enabling newestiutlat assess the properties of
the Antennae in more detalil.

Perhaps the most puzzling aspect of the cluster populafitimecAntennae galaxies is
the suggestion that the cluster age distributioN (dt) follows a power law with index-1
up to ages of a few 100 Myr, independent of cluster mass (Eall. 005, Whitmore et al.
2007). This would imply that 90% of all clusters is disrup&ery age dex, a process which
has been interpreted by these studies as being due to (lmagjah) infant mortality — the
disruptive effect of the expulsion of the primordial gas,iethis traditionally thought to
take place on much shorter time scales, of about 10 Myr (Ladada 2003, Goodwin &
Bastian 2006). However, our recent analysis of simulatadrssar formation (Kruijssen et al.
2011a) suggests that infant mortality may not be as ubigsiss previously thought, due to
the gas-poor state of stellar subclusters in star-forméggons. This would imply that other
cluster disruption mechanisms are responsible for the-thrrgtion infant mortality that is
potentially observed in the Antennae, such as tidal shoekitng and two-body relaxation.
However, these mechanisms depend on the cluster mass aoalltymke place on longer
time scales than gas expulsion itself. Either way, the oleskage distribution requires a
particularly high disruption rate for young clusters.

Classically, cluster age distributions have been modétiedonstant disruption rates due
to tidal shocks and two-body relaxation (e.g. Lamers et@052, Lamers & Gieles 2006),
giving rise to a disruption time that increases with clust@ss. At young ages, the resulting
age distribution is flat, because it takes a finite time fordlusters of the lowest masses to



Epilogue: The co-evolution of star clusters and galaxighéAntennae system 227

be disrupted. At an age related to the disruption time scitkeolowest cluster mass, the
age distribution bends down, to a slope that is determineithéglope of the cluster initial
mass function and the mass dependence of the disruptionstiale. This part of the age
distribution is steeper than the slope-ef that is found in the Antennae.

The time dependence of the disruption rate has recently dg@ressed by Elmegreen &
Hunter (2010) and Kruijssen et al. (2011c), who have show ithdecreases with cluster
age. In Kruijssen et al. (2011c), we have attributed thisvim pprocesses.

(1) Cluster migration, i.e. the motion of young star clustaway from star-forming re-
gions, where the number density of giant molecular cloudd@S) and the disruption
rate are high. Because older clusters are spatially lesgiatsd with star-forming
regions than young clusters, this leads to a disruptionthatiedecreases with age.

(2) Natural selection, i.e. the preferential destructibolosters that reside in ‘disruptive’
environments. As a cluster population ages, the mean disrugate is lower for those
clusters that have survived longer, leading to a disruptide that decreases with age.

These two mechanisms are important in environments witfelehanges in the environment
of clusters during their lifetimes. A galaxy merger like thetennae galaxies is therefore a
prime location where cluster migration and natural sedectiould play a role. The imprint
of a spectrum of disruption rates on the cluster age digtahus twofold. At young ages, the
flat distribution steepens up to a slope of abettdue to the disruption of clusters with high
disruption rates. At older ages, the classically disrupsilope becomes shallower, because
not all clusters are being disrupted (yet). The end resultccwell be an age distribution
with a slope close te-1 over a long age range. If the disruptiveness of star-fogméigions
would be so high that clusters of all masses could be disdupta single encounter with a
GMC, this age distribution would also be independent of mass

In this chapter, we apply the numerical models of Kruijsseale(2011c) to simulate
the Antennae system and its star cluster population. Theskel self-consistently combine
N-body/SPH simulations of galaxies and galaxy mergers witbszription for the formation
and evolution of star clusters, allowing us to track the prtips of the cluster population
throughoutthe evolutionary history the Antennae. Nex#ing a suitable test for the models,
the present chapter will also allow us to test the hypothtbsisthe recent evolution of the
galactic environment shapes the cluster population of thieednae galaxies, and that the
processes of cluster migration and natural selection gpeiitant.

We begin with a summary of the modelling method and an overefehe adopted initial
conditions in Sect. 10.2. The cluster population is disedsa Sect. 10.3, where the age-,
mass- and spatial distributions are presented and explairtee chapter is concluded with a
discussion of the results, and it is illustrated how the ottepters of this work have been
combined in our effort to understand the Antennae galaxies.

10.2 A model for the Antennae system

In this section, we describe the way in which we model the Anée system and which
parameters we use for the simulation.
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10.2.1 Summary of the model

We follow the formation and evolution of star clusters usamgemi-analytic model that is
coupled to a numerical simulation code for galaxy evolutiPelupessy 2005). Here we
provide a summary of the model, which has been described e detail by Kruijssen et al.
(2011c).

We use the numerical galaxy evolution code to calculategeWity of gas, stars, and
dark matter as well as the hydrodynamics of the gas. The nfod#ie interstellar medium
(ISM) is aimed at a reliably describing the warm neutral medand cold neutral medium
phases, and includes metal cooling, cosmic ray ionizatmod, UV heating. Stellar wind
and supernova feedback are taken into account by usingupeegarticles (Pelupessy et al.
2004, Pelupessy 2005). Star cluster formation and evalusiincluded as a sub-grid model
component of the star particles (expanding on the methoHarmgrs et al. 2005a, Kruijssen
& Lamers 2008, Kruijssen 2009). Sites of star and clustanédion are selected based on
a Jeans mass criterion and the initial masses of the staedusre drawn from a power
law distribution with index—2 in the range 19-10 M, with an exponential truncation at
high masses (Schechter 1976). This is in accordance witbliberved mass distribution of
young star clusters (Zhang & Fall 1999, Lada & Lada 2003, &ar8009, Portegies Zwart
et al. 2010). We adopt a constant cluster formation effigigBastian 2008), implying that
the cluster formation rate is proportional to the star faiorarate (SFR). Clusters that are
initially more massive than about 3®M, are excluded because they would exceed the
particle mass.

After their formation, the individual clusters lose mas®da stellar evolution and dy-
namical disruption:

dM\ _ /dM dm
(W) - (W); (ﬂdi; (1od)

with M the cluster mass and the subscripts ‘se’ and ‘dis’ denotigltas evolution and dis-
ruption, respectively. The mass loss due to stellar evaiut taken from the Padova models
(Marigo et al. 2008). The dynamical mass loss arises fromme&chanisms. The stars in a
cluster are driven over the tidal boundary due to two-bothxaion (Spitzer 1987), but they
can also gain energy from tidal shocks, i.e. fluctuationseftidal field caused by passages
through dense regions such as GMCs or spiral arms (Gields28G6b, 2007a). The mass
loss due to disruption written as

dM dv\™ /dM\" M M
(%), (3 (4
dt dis dt dis dt dis dis tdis

wheret]X represents the timescale for disruption by two-body relerandts!! the timescale
for disruption by tidal shocks. Both timescales are relatetthe tidal field, and their deriva-
tion is given in Kruijssen et al. (2011c). Fté\é the expression is:

T ~1/2
" = 1.7 GyrM, <7) , 10.3
dis yriviy 100 Gyr‘z ( )
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whereMj is the cluster mass in units of 48, v = 0.62 is the mass dependence of the
disruption timescale (Lamers et al. 2005a), dnid the tidal field strength, which is equal to
the largest eigenvalue of the tidal tensor.

For the disruption timescale due to tidal shocks, the amresof Gieles et al. (2007a)
and Prieto & Gnedin (2008) can be combined to obtain (Kraijsst al. 2011c):

'h -3 lig -1 At
tSh = 3.1 GyrM <—) <7') <—) , 10.4
dis yrivig pc 100 Gyr‘z Myr ( )

wherer, is the half-mass radiudyq is the tidal heating parameter (see Prieto & Gnedin
2008), andAt the time since the last shock, reflecting the timescale orhwthie cluster is
heated. We assunmg = 4.35 pc (M /10* M,)%225 consistent with théV-body simulations
by Baumgardt & Makino (2003) (see Kruijssen et al. 2011c)thBBg. 10.3 and 10.4 are
calibrated for clusters with King parametéf, = 5. For other density profiles, the constants
in the equations change, but the lifetimes of the clustersianilar.

The above relations between the mass loss rate and the &lthgfve results that accu-
rately reproduce thé/-body simulations of star cluster disruption by Baumgardil&kino
(2003). In isolated disc galaxies with 15-30% of their baiganass in gas, typically 85%
of the cluster disruption is accounted for by tidal shocksg.(E).4) (Kruijssen et al. 2011c),
while the remainder is covered by two-body relaxation (E.3), in excellent agreement
with a study of the solar neighbourhood by Lamers & Giele9@)0 In the changing envi-
ronments of galaxy mergers, the disruption due to tidal kb enhanced by more than an
order of magnitude (1-1.5 dex) due to the high gas densgessKruijssen et al. 2011b). For
a given amount of mass loss, we also compute the corresgpolange of the stellar mass
function within the cluster (Kruijssen 2009). The descdlmodel enables us to follow the
formation and evolution of the entire star cluster popolatn the Antennae galaxies.

10.2.2 Simulation parameters and orbital history

A solution for the orbital history of the Antennae has reteheen provided by Karl et al.
(2010), who matched the observed spatial distributiongassand star formation with a
numerical galaxy merger model. The input snapshot usedrisicwlations was generated
by S. Karl (priv. comm.) from the exact same initial conditsoexcept for the numbers of
particles, which were chosen to suit the modelling of the shaster population with the
method of Kruijssen et al. (2011c). Here, we briefly sumneatiee key parameters of the
input model, most of which can also be found in Karl et al. 201

The progenitor discs of the two galaxies have been genesatdtthat they can be related
to the outcomes oACDM cosmology (Mo et al. 1998, Springel & Hernquist 2005).cka
galaxy contains a Hernquist (1990) dark matter halo, an eaptial disc, and a stellar bulge.
The total virial mass of each galaxy is 5:620' M, with a disc mass fraction afiy = 0.075
and a bulge mass fraction af, = 0.025, yielding a bulge-to-disc ratio of 1:3. The gas
fraction of the discs ig; = 0.2, with the remainder of the disc as well as the bulge being
constituted by stars. The halo spin parameter 0.10 for NGC 4038, and, = 0.07 for
NGC 4039, implying discs with radial scale lengthsrgf = 6.28 kpc andy 1 = 4.12 kpc,
respectively (Mo et al. 1998). The bulge scale lengths anticed scale lengths of the discs
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Figure 10.1: Morphology of the Antennae system and its star cluster @djmd. Left Com-
posite optical image taken with the 20-inch telescope at Raak National Observatory (credit:
Twardy & Twardy/Block/NOAO/AURA/NSF) Right Best matching snapshot from our simulation,
att = 1.22 Gyr. The surface density of the gas is displayed ingpae, while the particles that contain
star clusters are shown in colours denoting the ages of tiséeck as indicated by the legend.

arer,1 = Zg1 = 1.26 kpc andp 2 = z42 = 0.82 kpc. The adopted particle numbers for
each progenitor galaxy are 400,000 dark matter halo pesti@0,000 bulge particles, 48,000
stellar disc particles, and 12,000 gas disc particlestiegun baryonic particle masses of
6.9 x 10° M, and dark matter halo particle masses of £.20° M.

The evolution of the system is computed using a gravitatieoféening length of 0.14 kpc,
which ensures that the disruption of star clusters is noabigtartificially enhanced by
single-particle encounters (see Kruijssen et al. 2011¢)e ddopted orbit is prograde and
near-parabolic, with a projected pericentre distance of kpc and an initial separation of
168 kpc. The initial orientation of both discs can be chamased by rotation around the
x-axis by an anglé, around the y-axis by an angleand around the z-axis by an angle
For NGC 4038, Karl et al. (2010) finéhy, = 60° and¢; = 60, while for NGC 4039 they
obtaind, = 60° and¢, = 30°. In order to consider the system from the same point of view as
the Antennae, the entire simulation needs to be rotatedsiHmsequent rotations around the
X-, y-, and z-axes, the required rotation angles{@#e), ¢} = {93°, 69, 253.5}. This setup
produces a spatial configuration for the Antennae galaxféstwbest matches the observed
system att = 1.22 Gyr, somev- 20 Myr after the second pericentre passage. This exact
moment is slightly earlier than the best match at1.24 Gyr that was reported in Karl et al.
(2010), which is due to the different particle numbers andatming length. Nonetheless,
the ~ 20 Myr time difference between the best match and the seceridemtre passage is
consistent with their analysis.

10.3 Properties of the cluster population

The observed and simulated spatial characteristics of titenhae galaxies and their star
cluster population are compared in Fig. 10.1. Both imagescansistent in terms of the
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Figure 10.2: Age distributions of star clusters in the Antennae systebeft Solid lines rep-
resent the mass-limited, simulated age distributions fian{ top to bottom) lower mass limits of
{102, 10°, 1¢%, 105} Mg. The dashed line gives the star formation history in the kitian, while the
thick points and dotted lines denote the observed agelisivh of clusters with masses abové M,
from Whitmore et al. (2007)Right Star formation rate-corrected, mass-limited, simulatge distri-
butions for (from top to bottom) lower mass limits 0%, 1¢°, 10, 10°} M. For ages- < 150 My,
they are well-approximated with a power law with index.

global morphology, since the tidal arms and configuratiomath galaxy discs are well-
reproduced. The largest difference is the gas plume to theflethe main galaxies in the
simulated image, which does not appear in the optical oatens and is not visible in radio
images either. The observed and simulated spatial disimiof star and cluster formation
are well-matched, with several starburst regions — two éndiéntral discs of both galaxies,
one in the ‘western loop’ (top of the left-hand galaxy) an@ amthe ‘overlap’ region quoted
by Whitmore et al. (1999, also see Sect. 10.1). The top sitlestb galaxies in the simulated
image host several intermediate-age clusters (L00 Myr) which are currently escaping the
discs. Similar examples have been observed in the actuahAat by Bastian et al. (2009).
They also identified a cluster projected onto southern #dlad with an age of~ 200 Myr,
which coincides with the ages of the clusters residing irtithed tails of our simulation.

To address the ages of the clusters in some more detail, &8 shows the mass-limited
age distributions of the observed and simulated clusteulatipns, as well as the star forma-
tion history (SFH) and the SFH-corrected age distributidasr the same lower mass limit
M > 10° M, the observed and simulated age distributions are in go@gagent, with mean
slopes that differ by less than 5%. Regardless of the lowsstirait, the simulated age distri-
butions have a logarithmic slope of abeut up to an age of about~ 150 Myr, after which
their slope becomes mass-dependent. This is particulaliywsible in the SFH-corrected
panel of Fig. 10.2, which shows that clusters more massam 116® M, are less efficiently
destroyed than those with masse€ M),. This behaviour at old ages (> 150 Myr) is
the ‘classical’ result that is expected from predictionatttio not account for variations of
the disruption rate (e.g. Lamers et al. 2005a). It is cleat thhile the interaction-induced
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Figure 10.3: Simulated age-evolution of the ambient gas densities ofcétesters in the Antennae
system.Left Mean ambient gas density as a function of cluster &jght Distribution of ambient gas
densities for different cluster age ranges.

starburst influences the simulated age distribution at age$0 Myr, the fluctuation of the
SFH is much smaller than the overall decline of the numbehustters with age.

It was shown by Elmegreen & Hunter (2010) and Kruijssen g248l11c) that an age dis-
tribution with a logarithmic slope of 1 indicates an age-decrease of the mean disruption rate,
which is caused by ‘cluster migration’ and ‘natural selecti(see Sect. 10.1 and Kruijssen
et al. 2011c). The disruption of clusters in a galaxy mergenainly caused by tidal shocks
due to encounters with GMCs and other high-density regiknsgijésen et al. 2011b,c). Pro-
vided that these tidal shocks are initially strong enougtisoupt massive clusters in a single
encounter, the imprint of disruption on the cluster agerithistion will be independent of
cluster mass.

We test whether the slope of the age distribution is indeexitduhe age-evolution of
the disruption rate by considering the mean ambient gastgei<lusters as a function of
their age. The ambient gas density is estimated by summangdh particle masses within
one smoothing length of the parent star particle of eactteand dividing by the enclosed
smoothing volume. The age-evolution of the mean ambientigasity and of the distribu-
tion of ambient gas densities is shown in Fig. 10.3. As exgakftom the slope of the age
distribution, the mean ambient gas density decreases by than three orders of magnitude
beforer ~ 150 Myr. At older ages, it flattens to a constant value at whidhl shocks are
unable to disrupt clusters in a single encounter. As a refsulagesr > 150 Myr the imprint
of cluster disruption on the age distribution returns to ‘tfiassical’, mass-dependent form
(Lamers et al. 2005a). Not surprisingly, the age scale athvthiis occurs corresponds to the
ages of the clusters escaping the main discs of the Antemni@igi 10.1 and Bastian et al.
(2009).

The mass-independence of cluster disruption and the ti@m a more mass-dependent
form at ages- > 150 Myr are also visible in the cluster mass function, whikhown for
different age intervals in Fig. 10.4. The logarithmic slafe¢he mass distribution is close to
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Figure 10.4: Simulated mass distribution of star clusters in the Antensgstem. The solid line
represents the total cluster mass function, while the dhbhes denote the mass function for different
age intervals (see legend).

—2 for all age intervals, but it does become flatter for the sidege interval (see the squares
in Fig. 10.4, i.e. 8 log (r/yr) < 9). This is illustrated by the best fitting logarithmic slepe
for the subsequent age intervals, which (from young to ale)l.92,—1.84 and—1.74 for
the mass function beloWog (M /M) < 5.5. However, this flattening typically occurs in
the part of the mass function M < 10* M, which (especially at these old ages) is below
the detection limit. Current observations of the clustessfainction in the Antennae should
therefore yield the same slope for all age intervals, whicindeed the case (Zhang & Fall
1999). The mass functions for different age intervals in E@4 are also nearly identical in
terms of their absolute value, which is a result of the faat the logarithmic slope of the age
distribution is close to-1. This yields equal numbers of clusters in logarithmicafhaced
age intervals.

10.4 Emergent effects in galactic environments

It should be emphasised that the apparent cluster maspendence of disruption that we
find for the cluster population of the Antennae system doéajpjply to the mass evolution of
individual clusters. The cluster disruption model that vgediis based on a mass-dependent
disruption time (Lamers et al. 2005a, Kruijssen et al. 2Q1Wbich for a fixed disruption
rate would produce a two-component age distribution théiatsat young ages, and has a
logarithmic slope steeper of aboutl.5 at old ages (Lamers et al. 2005a, Lamers & Gieles

1At higher masses, the steepening of the mass functionsifisiattdue to the maximum cluster mass in our
simulations.
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2006). However, the variation of the galactic environmentrne (or age) and space gives
rise to a cluster population in which the disruption raterdases with age, and specifically
so that young clusters of all masses can be disrupted by &essigong tidal shock due to

the disruptive nature of their galactic environment. Assute the observed and simulated
age distributions of the cluster population in the Antensgstem reflect the mechanisms
of cluster migration and natural selection. Older clusteage migrated to less disruptive
environments and are the remaining survivors after thasgels in disruptive environments
were destroyed at younger ages. The combination of theseteffields an age distribution

that is well-approximated by a single power law with a lothariic slope of—1 for ages

7 < 150 Myr, independently of the cluster mass. At older ages,disruption rate has

decreased to a constant, low value, for which the imprinigriugtion on the cluster age and
mass distributions resembles the ‘classical’ model by Lrareeal. (2005a).

The properties of the star cluster population in the Antergelaxies are consistent with
the picture of mass-dependent disruption (Lamers et ab&0 which more massive clus-
ters are less easily disrupted, and also with the concegtoétgent’ mass-independent dis-
ruption (Elmegreen & Hunter 2010, Kruijssen et al. 2011e)which the variation of the
galactic environment influence the properties of the chyst@ulation. However, our results
are not consistent with the fundamentally mass-indepemuBmameterisation of Whitmore
et al. (2007), which is independent of the environment.

In summary, the Antennae system is an excellent examplevoft®properties of the star
cluster population are the result of the interplay betwéenfindamental aspects of cluster
evolution and the galactic environment. The dramatic metaimosis of the two galaxies
is leaving a clear imprint on the properties of the star elupbpulation, even to the extent
that it mimics other known mechanisms — the rapid declindnefage distribution at young
ages, in which 90% of all clusters are disrupted during eactof of ten in age, is similar to
‘infant mortality’ (Lada & Lada 2003, Bastian et al. 2006, @Gtwin & Bastian 2006), which
refers to the early disruption of clusters due to gas expnlsihis parallel was also drawn by
Whitmore et al. (2007), who referred to the destruction aktdrs in the Antennae as infant
mortality. However, gas expulsion should be expected toioon a time scale of 10 Myr,
rather than the- 150 Myr that spans the rapid, mass-independent disrupfictusters in
the Antennae. It is now clear that it is not infant mortalithiah efficiently disrupts the
clusters independently of their mass, but the tidal intéwa®f the young clusters with their
primordial environment. We named this mechanism the ‘conatlle effect’ in Kruijssen
et al. (2011a, Chapter 2 of this work), where we analysed dgyramical simulations of
star formation and found that the stellar substructure eaive to a gas-poor state before
the onset of feedback, potentially implying that disrupteffect of gas expulsion could be
much weaker than anticipated. Whether or not the cruel erafiect plays an observable
role compared to infant mortality (and on which time scalkecits) will depend on the global
dynamics of a galactic system and on its gas content.

In order to understand the star cluster population of theeAmae galaxies, it is required
to follow the formation and evolution of the individual ctess within their galactic context.
We have connected the dynamics of stellar (sub)clustetsiifarming regions (Chapter 2)
with the dynamical evolution of star clusters (Chapters)3afd with the dynamical evolu-
tion of galaxies and galaxy mergers (Chapters 8 & 9). While dear that these steps have
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led to new insights, and have improved our understanding@ttb-evolution of star clus-
ters and galaxies, it is also evident that some questions been left unanswered, and new
guestions have arised. How do the chemical properties ddttrecluster population evolve
in a dynamically changing galactic environment? How doedi#wrk matter halo of a galaxy
influence its star cluster population? And given the refabetween star clusters and their
host galaxies, is it possible to use globular cluster systentrace the hierarchical assembly
of galaxies back to the early universe?

The field of astrophysics is not progressing in a linear wayijths continuously develop-
ing into a plethora of directions, which cannot be coveredhgymere three dimensions we
have at hand. Some of them will prove to be fruitful, otherl tuirn out to be dead ends. In
this work we set out to understand the dynamics of the stataalsiin a seemingly immobile
sky. Setting these systems in motion revealed more tharnheasthistories — it opened up a
direction through which we can grasp the influence that a ¢exmgsmic environment has
on their characteristics. This interplay of the differehypical processes gives rise to certain
emergent properties, and illustrates that an evolvingcdtester population is more than just
the sum of its parts.

We have not only made the stranger move. He has also spoken.
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Het heelal is oud. Heel oud. Volgens de huidige schattingéei universum waarin wij ons
bevinden ongeveer 13,7 miljard jaar geleden ontstaan.dlijk aan tweehonderd miljoen
mensenlevens, zeven miljoen keer de tijd die verstrekdnds €aesar de Rubicon overstak,
zeventigduizend keer de leeftijd van de diersétomo Sapiensof zestig keer de ouderdom
van de oudste dinosauriérfossielen. De aarde zelf bestaakens al erg lang: het heelal is
slechts drie keer ouder.

Eénblik op een heldere sterrenhemel is genoeg om de aardeheen te zien vervagen,
en roept talloze vragen op over onze plek in de kosmos. Dé gederen en nevels lijken
misschien stil te staan, maar in werkelijkheid is het heetal en al dynamiek. Door de
gigantische afstanden waarover kosmische processenfgmélen, duren ze vaak te lang om
met het blote oog te onderscheiden tijdens een mensenld&iehalleen is het zo dat het
heelal onvoorstelbaar groot is, het heeft ook een subgtamtitwikkeling doorgemaakt. Het
is een van de belangrijkste doelstellingen van de modetnafgsica om te achterhalen hoe
deze ontwikkeling zich precies heeft afgespeeld.

Sterrenhopen en sterrenstelsels in het heelal

In dit proefschrift wordt de vorming en ontwikkeling van seEnhopen en sterrenstelsels be-
handeld. Hoe deze vorming en ontwikkeling precies verldpamgt af van de ontwikkeling
van het heelal als geheel. Het is daarom belangrijk kortrdetstur van heelal te bespreken.
In figuur A.1 wordt de hierarchische opbouw van het heelabged. Op de grootst
zichtbare afstand van de aarde is er een gloed zichtbaagedideeld geeft van de meest
omvangrijke bekende structuur — de verdeling van licht invineege heelal. DeZeosmische
achtergrondstraling<an worden gezien als het nagloeien van de oerknal en is mimeef
homogeen. De afwijkingen van het gemiddelde zijn van de vatbeeen duizendste procent.
Naarmate deze minieme fluctuaties van de materieverdelingtivroege heelal groeiden on-
der invloed van de zwaartekracht, ontstonden er grotergltBascontrasten, wat het heelal
op grote schaal een sponsachtige structuur heeft gegavele. Knooppunten en filamenten

1Zoals wel vaker in de astrofysica is dit begrip relatief. Gm deldere nacht kan het menselijk oog enkele
duizenden sterren onderscheiden, maar alleen al in de Mglbevinden zich honderden miljoenen exemplaren.
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Figuur A.1: Versimpelde weergave van de hiérarchische opbouw vandetalh Paneel (a) toont de
verdeling van licht in het (gehele) vroege heelal, kort naekknal (afkomstig van de WMAP satel-
liet/NASA). Het helderheidsverschil tussen rood en blaswan de orde van slechts een duizendste
procent. Paneel (b) toont een computersimulatie van dessgbtige materieverdeling in het heelal
(uit de Millennium SimulatieV. Springel), die zichtbaar wordt na enkele miljarden faoatwikkeling

en enige vergroting. Paneel (c) toont een cluster van si&eksels (van de Hubble Space Telesco-
pe/NASA), die zich in de knooppunten van het kosmisch webriden. Paneel (d) bevat een enkel
(spiraal)sterrenstelsel (van de Hubble Space Telesc&&¥\ Paneel (e) geeft een voorbeeld van een
(bolvormige) sterrenhoop (47 Tucanae, opname van 2MAS®9. De ster Sirius (na de zon de
helderste ster aan de hemel, opname van Yuuji Katahiragebatld in paneel (f).
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van ditkosmisch webevinden zich clusters van sterrenstelsels, de grootstetsten in het
heelal die gebonden zijn door de zwaartekracht. Een enkeksistelsel herbergt tientallen
miljoenen tot honderd biljoen sterren, en een cluster vameststelsels bevat typisch vijftig
tot duizend sterrenstelsels. Wij bevinden ons in een bwijkivan het Virgo cluster van ster-
renstelsels, in een spiraalsterrenstelsel dat de Melkwagemd wordt en een paar honderd
miljoen sterren bevat. Deze sterren zijn meestal geisbl@eaar soms bevinden ze zich in
sterrenhopen, groepen van honderd tot een miljoen stereettodr hun onderlinge aantrek-
king bij elkaar blijven. Een enkel sterrenstelsel zoals dalkiWeg kan vele tienduizenden
sterrenhopen bevatten.

De eigenschappen van de verschillende structuren in higtilzge verre van onverander-
lijk. Gedurende de afgelopen 13,7 miljard jaar hebbeneatersterrenhopen, sterrenstelsels
en clusters van sterrenstelsels een enorme ontwikkelingggmaakt. Onder invloed van
de zwaartekracht hebben de meeste sterrenstelsels tigsyaotsingen en samensmeltingen
met andere sterrenstelsels ondergaan. De gebeurtenssieze schaal zijn het gevolg van
de eigenschappen van het heelal als geheel, en laten op hurhbégas, de sterren en de
sterrenhopen in de sterrenstelsels ook niet ongemoeidtsehde sterrenstelsels blijven in-
dividuele sterren weliswaar ongeschongjenaar de gigantische moleculaire gaswolken in
de sterrenstelsels komen vaak wel met elkaar in botsingdbioe trekken de gaswolken sa-
men en worden nieuwe sterren en sterrenhopen gevormd. Rigézaht van sterrenstelsels
wordt getransformeerd tijdens een botsing, maar in de vamoude en nieuwgevormde
sterrenhopen dragen ze nog steeds de overblijfselen vahiktatie met zich mee. Som-
mige sterrenhopen in een sterrenstelsel zijn bijna net doataihet heelal zelf, en mits juist
geinterpreteerd kunnen deze structuren inzicht verfaterf de ontwikkeling van het sterren-
stelsel waarin ze zich bevinden. Daarvoor is het noodz&lwst de vorming en ontwikkeling
van sterrenhopen en hun moederstelsels van begin tot efdgtijpen.

Stervorming

Het bestaan van sterrenhopen is te danken aan de manierpad@anmrming van sterren
verloopt. De gaswolken in een sterrenstelsel bevindenizieen zekere mate van evenwicht
tussen de naar buiten gerichte gasdruk en de naar binnehtgerwaartekracht. Wanneer een
gaswolk verstoord wordt, zij het door een passerende $piraaf door een gravitationele
interactie met een andere gaswolk, dan kan het zijn dat dermskaacht het wint van de druk
— de gaswolk krimpt ineen onder zijn eigen massa. Het ine@plen verloopt lokaal sneller
dan op grote schaal, waardoor de gaswolk fragmenteert.dgeenten veranderen in sterren
wanneer hun dichtheid zo hoog wordt dat er in hun binnenstélksie optreedt. Deze sterren
zijn op dat moment nog aan het zicht onttrokken door de oreridg gaswolk.

De fragmentatie van een ineenstortende gaswolk zorgt edaisterren nooit alleen wor-
den geboren. In de nabije omgeving van jonge sterren bewinida altijd andere exempla-
ren. Het hangt vervolgens af van de onderlinge afstandeezd dterren ook gravitationeel
gebonden blijven. Wanneer de dichtheid hoog genoeg is eteders op voldoende korte af-

2Dit komt doordat binnen een sterrenstelsel de onderlingtaadlen tussen sterren veel groter zijn dan hun
omvang. Een botsing tussen twee sterren is daardoor zeeaosnhijnlijk, terwijl botsingen tussen sterrenstelsels
haast onafwendbaar zijn doordat de verhouding tussen tderlorge afstand en omvang veel kleiner is.
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stand van elkaar staan, is de onderlinge aantrekkingskstak genoeg om de groep sterren
bij elkaar te houden. Al deze sterren draaien dan hun bameebide groep. De groep jonge
sterren is een sterrenhoop geworden.

Het gas dat zich in en rond een jonge sterrenhoop bevindgtwitgedreven door de
energie die de sterren leveren in de vorm van sterwinden persava-explosies. De uit-
drijving van het gas veroorzaakt een afname van de totalartglaachtspotentiaal in de
sterrenhoop, waardoor (een deel van) de sterrenhoop ondeb&an worden en uiteendrijft.
Omdat dit proces plaatsvindt in sterrenhopen met een zege jeeftijd, wordt ditnfant mor-
tality genoemd. Het is echter de vraag in hoeverre infant mortalistaat is sterrenhopen
te vernietigen. Ooit werd gedacht dat alle sterren in steiwpen werden geboren, waardoor
de ratio van het aantal sterren in sterrenhopen en het dasdel sterren (deluster formati-
on efficiency CFE) kon worden gebruikt om de sterkte van infant mortaétypepalen. Dit
gaf aan dat ongeveer 90% van alle sterrenhopen door infarnalitypvernietigd zou moeten
worden. Tegenwoordig weten we echter dat niet alle jongepgn sterren gravitationeel
gebonden zijn, ondanks de fragmentatie in stervormingsdeh. Daardoor is de CFE niet
voldoende om inzicht te krijgen in de rol die gasuitdrijvsggeelt in de vernietiging van jonge
sterrenhopen. Naast infant mortality en de vorming van bagden groepen sterren, wordt
er in Hoofdstuk 2 nog een ander mechanisme besproken datdeiden lagere efficientie
van de vorming van gebonden sterrenhopen (zie onder).

Ongeacht de precieze fractie van de stervorming die restiltegebonden sterrenhopen,
is het zo dat de sterrenhopen die gevormd worden bepaaldeseigappen hebben door de
manier waarop het stervormingsproces verloopt. De fragatienvan een ineenstortende
gaswolk leidt tot een groep sterren die niet alleen bij benad dezelfde leeftijd hebben,
maar ook min of meer dezelfde chemische samenstelling.naaat verloopt de fragmentatie
en accretie van gas zodanig dat de massaverdeling van jeergensaltijd dezelfde vorm
volgt. Zware sterren zijn veel zeldzamer dan lichte sterdminitiéle massafunctiéMF)
van sterren kan goed worden beschreven met een stuksgemaeswet, die voor sterren
met massa’s groter dan een halve zonsmassa geschrevenaleoddydm « m—23 De
universaliteit van de IMF wordt alleen geschonden door ddere dynamische ontwikkeling
van sterrenhopen (zie onder), waarbij sterren met lageaisa®ger het algemeen een grotere
ontsnappingskans hebben dan zware sterren. Door al dezeseftappen van de sterren in
een jonge sterrenhoop is de helderheid en het spectrum masteseenhoop op ieder moment
van zijn bestaan goed te voorspellen, op voorwaarde datdieneeontwikkeling eveneens
bekend is.

De ontwikkeling van sterrenhopen

Nadat een sterrenhoop gevormd is, neemt het aantal stardersterrenhoop (en dus ook zijn
massa) alleen maar af. Dit wordt veroorzaakt door een asntégthe en externe processen.
Het eerste interne proces dat tot een afname van de magsasldiglbeperkte levensduur van
sterren. Hoe zwaarder een ster is, des te korter deze Ieeftpdijft er van een gestorven ster
bijna altijd een witte dwerg, neutronenster of zwart gattecthet merendeel van de massa
gaat verloren in de vorm van uitgestoten gas. Daarnaadteesude onderlinge zwaarte-
krachtsinteracties tussen de sterren in een afname vamihiet aterren in een sterrenhoop,
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doordat de banen van de sterren worden gewijzigd. Tijderstat&ste interacties worden
sterren uit de sterrenhoop geslingerd. Het resulterendsawarlies van een sterrenhoop
wordt bepaald door zijn interne eigenschappen en door deewimgy Zware sterrenhopen
verliezen per tijdseenheid een lagere fractie van hun ntesséichte sterrenhopen, en in een
sterk getijdeveld verloopt het massaverlies sneller dageim zwak getijdeveld. Het laatste
proces dat bijdraagt aan het massaverlies van sterrenli®pgtern — getijdeschokken ver-
snellen de sterren in een sterrenhoop wanneer deze een ginarkiur passeert. Zo zijn
niet alleen een spiraalarm in een sterrenstelsel of eerezyemwolk in staat om een sterren-
hoop behoorlijk te verstoren, maar ook wanneer de baan vassteerenhoop de schijf van
een sterrenstelsel of het centrum ervan doorkruist, katod@en verlies van sterren leiden.
Van de genoemde processen dragen getijdeschokken hedt$igkan het massaverlies van
sterrenhopen.

De interacties tussen de sterren in een sterrenhoop betes tevens de interne structuur
van een sterrenhoop. De zware sterren verplaatsen zidingdiet centrum van de sterren-
hoop, terwijl de lichte sterren zich naar de buitenste regidbewegen. Dezaassasegregatie
zorgt ervoor dat lichte sterren gemakkelijker ontsnappeean sterrenhoop dan zware ster-
ren. De massafunctie van sterren in een sterrenhoop magdserste instantie universeel
Zijn, op de langere termijn zorgt de dynamische ontwiklgelian een sterrenhoop voor af-
wijkingen. Het verlies van sterren met lage massa’s uit ¢errenhoop betekent ook dat
de verhouding tussen massa en helderheid van een sterpeméi@mdert. Dit mechanisme
wordt besproken in Hoofdstukken 3—7.

Doordat het massaverlies van sterrenhopen in hoge mataldepardt door omgevings-
factoren, bevat een populatie sterrenhopen een schatfaamatie over zijn omgeving. Net
als bij de sterren in een sterrenhoop is de initiele masdalirg van sterrenhopen min of
meer universeel. Deze volgt een machtswet met ind2xwat inhoudt dat zware sterrenho-
pen veel minder vaak voorkomen dan lichte sterrenhopemedteopen hebben aanvankelijk
massa’s tussen de vijftig en tien miljoen zonsmassa’s, maarerloop van tijd wordt de
massaverdeling beinvlioed door het uiteenvallen van deestgopen. Ook de leeftijdsver-
delingen van de sterrenhopen veranderen door disrupte statrenhopen nooit vernietigd
zouden worden, dan zou de leeftijdsverdeling van sterneeim@en directe weerspiegeling
zijn van de stervormingsgeschiedenis — een periode varst@®brming zou leiden tot een
groot aantal sterrenhopen met een corresponderendgdeeéttet uiteenvallen van sterren-
hopen zorgt er echter voor dat er bijna altijd minder oude jdage sterrenhopen zijn. De
leeftijdsverdeling van sterrenhopen wordt dus zowel blejd@or hun vormingsgeschiedenis
als door hun disruptiegeschiedenis, die beide het direntelg zijn van de (ontwikkeling van
de) eigenschappen van het sterrenstelsel waarin de steogpopulatie zich bevindt.

Onze eigen Melkweg geeft een schoolvoorbeeld van hoe devinggbepaalt wat de
eigenschappen van een sterrenhooppopulatie zijn, en lzecbégmadering kan worden om-
gekeerd om uit de sterrenhopen af te leiden wat de geschsegiameen sterrenstelsel is. In
de Melkweg bevinden zich op het eerste gezicht twee sootégreehopen: open en bol-
vormige (zie figuur A.2). Open sterrenhopen bevinden zicdrschijf van de Melkweg,
zijn minder dan een miljard jaar oud, hebben massa’s lagetidaduizend zonsmassa’s, en
zijn metaalrijk. Bolvormige sterrenhopen bevinden zicle@n soort halo rond de Melkweg,
Zijn met twaalf miljard jaar bijna net zo oud als het heeldf,Zeebben massa’s van rond



256 Nederlandse samenvatting

Figuur A.2: Links de Pleiaden, een open sterrenhoop met een leeftijd varveagkonderd miljoen
jaar (afkomstig van de Palomar 48-inch Schmidt telescof NNESA/AURA/Caltech) Rechts M80,
een bolvormige sterrenhoop met een leeftijd van ongevesltwiljard jaar (afkomstig van de Hubble
Space Telescope/WFPC2, Hubble Heritage Team/AURA/STRB&A).

de honderdduizend zonsmassa’s, en zijn metaalarm. De veadeling van open sterren-
hopen komt overeen met de eerder genoemde archetypiscihésmatmet index-2, maar
de massaverdeling van bolvormige sterrenhopen heeft kert t&an lichte sterrenhopen. De
verschillen tussen open en bolvormige sterrenhopen tonéereneer aan dat de lokale om-
geving in de schijf van de Melkweg sterk disruptief is in vaijixing met de halo, waardoor
er nauwelijks open sterrenhopen zijn met leeftijden ouder een miljard jaar, en dat bol-
vormige sterrenhopen desondanks een sterk massaveriberhendergaan, aangezien de
massaverdeling zo sterk verschilt van die van jonge steoen. Dit is weinig verrassend —
aangezien bolvormige sterrenhopen bijna net zo oud zijhetlbeelal, valt het te verwach-
ten dat hun omgeving sterke veranderingen heeft ondergaanoofdstukken 8—10 wordt
gepoogd te achterhalen hoe dergelijke veranderingen @asigappen van de sterrenhoop-
populatie beinvioeden.

De ontwikkeling van sterrenstelsels

De galactische omgeving van sterrenhooppopulatiesis sieagorming van de eerste sterren-
stelsels sterk veranderd. Dwergsterrenstelsels bevdtidevroege heelal, terwijl de zwaarste
sterrenstelsels later ontstonden door het samensmeiltekieiaere stelsels. Dit model van
hierarchische kosmologigtaat centraal in ons huidige begrip van de ontwikkeling sten-
renstelsels, en botsingen tussen sterrenstelsels zijindaat belangrijkste proces. In het
vroege heelal waren botsingen weliswaar frequenter, n@ategenwoordig komen ze nog
voor. In onze nabije omgeving zijn de Antennestelsels enm@&iRolknevel (zie figuur A.3)
goede voorbeelden, en het Andromedastelsel nadert onee Blglkweg met een snelheid
van meer dan honderd kilometer per seconde. Ook het Sagstiwergsterrenstelsel wordt
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Figuur A.3: De Draaikolknevel (M51), een interactie tussen een sggtaaknstelsel en een stelsel dat
ongeveer drie keer minder zwaar is (afkomstig van de Hubpse& Telescope/ACS, Hubble Heritage
Team/Beckwith/NASA/ESA/STScl). Uiteindelijk zullen deide sterrenstelsels samensmelten tot een
enkel elliptisch reuzenstelsel.

momenteel door de Melkweg opgeslokt.

Een botsing tussen twee sterrenstelsels leidt tot eeresdéjing van de stervormingsac-
tiviteit. Gaswolken botsen op elkaar, worden door de gefijderactie ineengedrukt, of wor-
den naar het centrum van de sterrenstelsels gedreven. zdzia ple stervorming betekent
dat in botsingen tussen sterrenstelsels grote aantadereisten sterrenhopen geproduceerd
worden. Als de sterrenstelsels in een botsing een vergaligkmassa hebben, ondergaan ze
een metamorfose. Wanneer spiraalsterrenstelsels zodMel#teeg of het Andromedastel-
sel botsen, vervormen ze tot een enkel elliptisch reuzisestelat de vorm heeft van een
uitgerekte bol en (bijna) geen gas meer bevat, zo efficdeistervorming tijdens de voor-
afgaande botsing geweest. Wanneer een dwergsterrehatetdeopgeslokt door een groter
spiraal- of elliptisch sterrenstel$es de morfologische verandering minder sterk. Hoogstens
wordt de schijf van een spiraalstelsel dikker, of wordt dhan het sterrenstelsel bevolkt
met sterren die uit het dwergsterrenstelsel getrokken zijn

De interacties tussen sterrenstelsels hebben een stgliedrop hun sterrenhooppopu-

3In populaire literatuur wordt dit vaakannibalismegenoemd.
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laties. In geisoleerde sterrenstelsels bepalen integem&chappen zoals de structuur van
de spiraalarmen en de gasdichtheid de vormings- en disggschiedenis van sterrenhoop-
populaties. In botsende sterrenstelsels zorgen de glpbatessen die ook het aangezicht
van de sterrenstelsels beinvloeden voor een continu derande galactische omgeving. Tij-
dens de piek in de stervorming worden grote aantallen stieofgen geboren, waarvan de
zwaarste exemplaren statistisch veel zwaarder kunnerenatan gewoonlijk is voor de jon-
ge sterrenhopen in een statischer galactische omgeving dedlelkweg. Er wordt in de
literatuur vaak geopperd dat deze zware, jonge sterremhd@eoorlopers van bolvormige
sterrenhopen zouden kunnen zijn. Naast de verhoogde vgsautiviteit is het echter ook zo
dat de hoge gas dichtheid en de sterke veranderingen in tiigiegeld voor een efficiéntere
vernietiging van sterrenhopen kan zorgen. In HoofdstulkketD wordt bekeken welk van
beide effecten domineert in botsende sterrenstelselkevwaterrenhopen botsingen tussen
sterrenstelsels kunnen overleven, en wat de invioed vasingan is op de eigenschappen
van sterrenhooppopulaties.

Dit proefschrift

In dit proefschrift worden theoretische berekeningen emerieke simulaties gecombineerd
en vergeleken met waarnemingen uit de literatuur, met ad$idmicht te krijgen in de vor-
ming en ontwikkeling van (populaties van) sterrenhopendrcdntext van hun galactische
omgeving. Het is daarvoor essentieel om de interne dynavaicaterrenhopen te begrijpen
en om hun vorming en ontwikkeling te koppelen aan de gebeiggen die hun moederstelsel
ondergaat. Alleen met een dergelijk begrip is het mogelijkde grootschalige ontwikkeling
van het heelal af te kunnen leiden uit sterrenhooppopslatie

Hoofdstuk 2 Sterrenhopen worden gevormd in fragmenterende gaswalkeryan de res-
tanten op een zeker moment worden weggeblazen door stemverd supernova-explosies.
In dit hoofdstuk wordt de dynamica van proto-sterrenhopeteszocht, met als doel te ach-
terhalen in hoeverre de uitdrijving van het gas kan zorgenr het uiteendrijven van proto-
sterrenhopen. Uit een analyse van numerieke simulatiesteaxormingsgebieden blijkt
dat de proto-sterrenhopen zich in een hoge mate van dynamvsnwicht bevinden, zelfs
wanneer de zwaartekrachtsaantrekking van het gas wordggerd. Dit komt doordat de
proto-sterrenhopen gasarm zijn — de inval van gas op desgtgarloopt minstens even snel
als de globale instroom van het gas. Het gevolg is dat deijvitdy van het gas slechts een
kleine invioed heeft op de overlevingskansen van een mtioenhoop. Op basis van de
resultaten uit Hoofdstuk 8 en 10 wordt voorgesteld dat imfslaan een intern effednfant
mortality) een extern proces verantwoordelijk is voor de vroege adihg van sterrenhopen.
De hoge gasdichtheid in stervormingsgebieden kan getijagken veroorzaken die moge-
lijk in staat zijn jonge sterrenhopen te ontbinden. @itel cradle effecinoet het belangrijkst
zijn in gebieden met een hoge concentratie van stervorming.

Hoofdstuk 3 De massa’s van sterren in een sterrenhoop zijn in eerstentistverdeeld
volgens de IMF (zie boven). Naarmate een sterrenhoop oudettywerdwijnen de zware
sterren doordat ze aan het eind van hun leven komen en eeractamgode ster achterlaten
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in de vorm van een witte dwerg, neutronenster of zwart gatariaast verliest een ster-
renhoop sterren door hun onderlinge zwaartekrachtsitiessen door getijdeschokken. Bij
deze processen ontsnappen vooral lichte sterren. In ditibiuk wordt een simpel model
voor de ontwikkeling van sterrenhopen gepresenteerd edtvemderzocht hoe de helder-
heid en kleur van sterrenhopen worden beinvioed door dedering van de massaverdeling
van sterren in een sterrenhoop, het behoud van compacteemjele vorm van IMF en de
chemische samenstelling van de sterren. Deze afhankadigdhkunnen worden gebruikt
om de eigenschappen van sterrenhopen af te leiden uit hun étehelderheid. De kleur
van de sterrenhopen blijkt het meest stabiel te zijn, en tnavdrwegend bepaald door de
leeftijd en chemische samenstelling van de sterrenhoophdlgerheid is veel gevoeliger
voor wijzigingen in de getoetste parameters en mechanisBeordat lichte sterren relatief
lichtzwak zijn in vergelijking met hun massa, en zware senrelatief helder, zorgt de ont-
snapping van lichte sterren voor een verandering van degettesid licht die een sterrenhoop
uitzendt per massa-eenheid. Demassa-lichtkracht verhoudirgpalt naarmate een sterren-
hoop meer sterren verliest: met de ontsnapping van de lgtateen verliest de sterrenhoop
meer massa dan helderheid. Daardoor lijken oude sterrenhmpbasis van hun helderheid
vaak zwaarder dan ze zijn. Aangezien zware sterrenhoperetalgemeen minder sterren
verloren hebben dan lichte sterrenhopen, is deze dalingeanmassa-lichtkracht verhouding
het sterkst voor lichte sterrenhopen, wat leidt tot de voelimg dat de massa-lichtkracht
verhouding toeneemt met de massa en helderheid van eegn$teop. Daarnaast zorgt het
behoud van compacte objecten voor een toename van de ngkeakht verhouding, en
deze grootheid is eveneens sterk afhankelijk van de IMF ethdmische samenstelling van
een sterrenhoop. De voorspelde massa-lichtkracht venhgernlkomen goed overeen met de
waargenomen waarden voor bolvormige sterrenhopen in divivéel.

Hoofdstuk 4 De massa-lichtkracht verhoudingen van bolvormige stéiwpen in de Melk-
weg zijn systematisch lager dan verwacht mag worden op basisnodellen waarin geen
rekening wordt gehouden dynamische effecten. Daarnaastien trend van lagere massa-
lichtkracht verhoudingen voor sterrenhopen met lageresaissin dit hoofdstuk wordt het
model uit Hoofdstuk 3 gebruikt om na te gaan of deze karadtiekien te wijten zijn aan het
verlies van lichte sterren uit de sterrenhopen. Daarbipdivaekening gehouden met de ver-
schillen in chemische samenstelling tussen de sterremhdpe modellen worden toegepast
op de bolvormige sterrenhopen in de Melkweg, het ellipgsoduzenstelsel Centaurus A,
het Andromedastelsel en het dwergsterrenstelsel de GrateelMaense Wolk. De typische
efficiéntie van het verlies van sterren die nodig is om derge@omen massa-lichtkracht ver-
houdingen te verklaren door het ontsnappen van lichteestdtomt goed overeen met de
verwachte waarden. Het percentage bolvormige sterremheparvan de massa-lichtkracht
verhouding verklaard kan worden stijgt van 39% tot 92% wanme modellen uit Hoofd-
stuk 3 worden gebruikt.

Hoofdstuk 5 Van 24 bolvormige sterrenhopen in de Melkweg zijn de baan essar
lichtkracht verhouding bekend. In dit hoofdstuk wordt didormatie gebruikt om te be-
rekenen hoeveel sterren deze sterrenhopen sinds hun phebben verloren, en wat op
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basis daarvan volgens het model uit Hoofdstuk 3 de verwawhgsa-lichtkracht verhouding
van deze individuele sterrenhopen is. Voor de helft van eleesthopen komen waarneming
en theorie overeen. De discrepantie voor de overige stespan komt vermoedelijk doordat
de waargenomen massa-lichtkracht verhoudingen bepailich fiet centrum van de sterren-
hoop, terwijl de modellen globale massa-lichtkracht vedingen voorspellen. Dat is rele-
vant voor deze sterrenhopen, omdat ze eigenschappen haibbeiden tot verschillen tussen
de massa-lichtkracht verhoudingen in hun centra en huetsti regionen. Wanneer slechts
de sterrenhopen worden bekeken waarbij geen ruimtelijkati@van de massa-lichtkracht
verhouding wordt verwacht, zijn de waarnemingen en thelorievereenstemming. Beide
geven een massa-lichtkracht verhouding die gemiddeld 2@%r is dan in modellen zonder
dynamische effecten. Het belang van het verlies van lidieteesr wordt bevestigd door een
verband tussen de helling van de waargenomen massavegrdatisterren in de sterrenhopen
en hun waargenomen en voorspelde afname in massa-lichtkmdouding. Aan het eind
van het hoofdstuk wordt een inschatting gemaakt van de hagdikid van waarnemingen die
erop gericht zijn het verlies van lichte sterren af te leidérde massaverdeling van sterren
in bolvormige sterrenhopen, en zo de bevindingen uit difthstak te verifieren.

Hoofdstuk 6 De massaverdeling van bolvormige sterrenhopen kan gehwoilden om te
bepalen hoe het verlies van sterren afhangt van de steprahassa. Hiervoor moeten de
helderheden van bolvormige sterrenhopen echter eersewamgezet in massa’s. Voorheen
gebeurde dit altijd door een constante massa-lichtkrasthtouding aan te nemen, waarmee
werd geconcludeerd dat het aantal sterren dat per tijds&knhtsnapt uit sterrenhopen niet
afhangt van de sterrenhoop-massa. In dit hoofdstuk wotdhbdel uit Hoofdstuk 3 gebruikt
waarin de massa-lichtkracht verhouding toeneemt met neaskalderheid. Het gebruik van
deze modellen leidt tot een massaverdeling van bolvornteggeesnhopen in de Melkweg met
een andere helling dan voorheen - er zijn relatief meerdibloivormige sterrenhopen, waar-
van de massa wordt overschat wanneer een constante ngkealiht verhouding wordt ge-
bruikt. Hieruit kan worden afgeleid dat de snelheid waarsteerenhopen sterren verliezen
niet onafhankelijk is van de sterrenhoop-massa, maar @gsrtis voor zware sterrenhopen.
De fractie van de totale sterrenhoop-massa die verloredtvpar tijdseenheid blijft echter
het grootst voor lichte sterrenhopen, die zodoende ook ze deeuwe analyse korter leven
dan zware sterrenhopen.

Hoofdstuk 7 De ontwikkeling van de massaverdeling van sterren in egrestieoop wordt
over het algemeen onderzocht middels computersimulatees,in de beweging en zwaarte-
kracht van alle individuele sterren wordt gevolgd. Dezeuaties kosten erg veel rekentijd
en daardoor is het niet mogelijk om alle mogelijke omstahdigen waaronder sterrenhopen
zich ontwikkelen te simuleren. In dit hoofdstuk wordt eemsel fysisch model afgeleid voor
de ontwikkeling van de massaverdeling van sterren in steogen, waarmee het mogelijk
wordt om de stellaire massaverdelingen van hele populatiessterrenhopen te modelle-
ren. Daarnaast biedt een dergelijk model inzicht in de peee die verantwoordelijk zijn
voor het verlies van sterren uit sterrenhopen. De basistvgaebrmd door een model van
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Hénon uit 1969, waarin wordt aangenomen dat de sterrenhicbgn isolatie ontwikkeft

en de invloed van massasegregatie (zie boven) wordt veloesdr Omdat echte sterren-
hopen zich in een extern getijdeveld bevinden en massag@®ndergaan, worden deze
aannames niet gemaakt in dit hoofdstuk. Het model van Hé&mwdt aangevuld met cor-
recties voor de (massa-afhankelijke) tijdschalen waarapsasegregatie wordt bereikt en de
massa-afhankelijkheid van de ontsnappingsenergie in @ssargesegregeerde sterrenhoop.
De resulterende ontwikkeling van de stellaire massaviergleerandert sterk door deze toe-
voegingen, en komt uitstekend overeen met de resultateicamputersimulaties van ster-
renhopen. Tijdens de eerste 400 miljoen jaar is de ontsngpgin sterren het meest efficiént
voor sterren met massa’s van ongeveer 20% van de zwaairsie géesterrenhoop. Op latere
momenten hebben sterren met de laagste massa’s de graotstefkontsnapping. Door dit
verschil hangt de ontwikkeling van de stellaire massavargl@f van het moment waarop
de sterren ontsnappen uit de sterrenhoop. Het model bgivéatide massa-lichtkracht ver-
houding van sterrenhopen afneemt door het verlies varelisterren. De mate waarin dit
gebeurt wordt bepaald door de fractie van compacte objelieehehouden wordt wanneer
sterren aan het eind van hun leven komen. Tot slot wordt helehgebruikt om de helling
van de massaverdeling bij lage stermassa’s te voorspedienbolvormige sterrenhopen in
de Melkweg. De resultaten hiervan zijn in overeenstemmiagde waargenomen hellingen,
in tegenstelling tot de computersimulaties, die slechtsdse| beslaan van het vereiste scala
aan omstandigheden waaronder de sterrenhopen zich hebtvakke!d.

Hoofdstuk 8 De vorming en ontwikkeling van sterrenhopen wordt bepaattt de galacti-
sche omgeving waarin ze zich bevinden. Niet alleen vamideeomstandigheden binnen een
enkel sterrenstelsel sterk tussen het centrum en de bigiteggionen, maar in het huidige
kosmologische model vormen en groeien sterrenstelselssdmoen te smelten met andere
stelsels. Dit betekent dat de invioed van de galactischesuing op sterrenhopen afhangt
van de plaats waar ze zich bevinden en het moment waarop t@abgeen dat deze tevens
verandert gedurende hun baan en naarmate ze ouder wordede Qezamenlijke invioed
van al deze processen op de vorming en ontwikkeling vanesteaoppopulaties te kunnen
begrijpen, wordt in dit hoofdstuk een nieuw soort model gspnteerd, gevalideerd en toe-
gepast. In dit model wordt de ontwikkeling van (botsende eisgeerde) sterrenstelsels
gesimuleerd en aangevuld met het sterrenhoopmodel uitddtuddken 3 en 7. De berekende
ontwikkeling van individuele sterrenhopen op geidealide banen komt goed overeen met
de resultaten uit computersimulaties van sterrenhopereaplidle banen. De eigenschap-
pen van de sterrenhooppopulatie worden onderzocht metpgan negen simulaties van
geisoleerde spiraalsterrenstelsels en 24 simulatiebet@ingen. In geisoleerde sterrenstel-
sels neemt de gemiddelde leeftijd van de sterrenhopen tenase ze zich verder uit het
galactisch centrum bevinden, doordat de vernietiging W@menhopen het meest efficient is
in het centrum. Deze vernietiging wordt voor 80-90% veraakt door getijdeschokken.
Wanneer de hele sterrenhooppopulatie wordt beschouwthtrosevernietiging van sterren-
hopen af met de leeftijd. Dit wordt veroorzaakt door twee hagismen. Ten eerste worden

“4Hierdoor kunnen sterren slechts ontsnappen door een esteeke zwaartekrachtsinteractie met een andere ster,
in plaats van meerdere zwakke interacties gedurende egertatijdsspanne.
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sterrenhopen geboren in gebieden met een hoge gasdigltdiesiidardoor erg disruptief zijn.
Naarmate ze ouder worden, ontsnappen de sterrenhoperzaigdbieden — dit proces van
sterrenhoop-migratigermindert de efficiéntie van sterrenhoop-vernietigiognoudere ster-
renhopen. Daarnaast bevinden de sterrenhopen in een pegith in een breed scala aan
omgevingen die in verschillende mate disruptief zijn. Veen dergelijke spreiding worden
de sterrenhopen in de meest disruptieve omgevingen hétweensetigd — dezaatuurlijke
selectiezorgt eveneens voor een afname van de gemiddelde sterpenbouietiging met de
leeftijd. De combinatie van beide effecten beinvlioedt dervvan de leeftijdsverdeling van
sterrenhopen. In botsende sterrenstelsels is het conisasin de omgevingen waar bepaalde
sterrenhopen zich in bevinden groter dan in geisoleeedsets, wat ervoor zorgt dat de leef-
tijdsverdeling van sterrenhopen op bepaalde momentesnsjdie botsing volledig bepaald
wordt door sterrenhoop-migratie en natuurlijke seleddie.vernietiging van sterrenhopen is
door de verhoogde dichtheid het sterkst in de gebieden wesrsterren geboren worden,
waardoor na de botsing de piek in de leeftijdsverdelingenstarren en sterrenhopen ver-
schilt. Met name in de centrale gebieden is de vernietigffigi@&nt, wat er voor zorgt dat
de ruimtelijke verdelingen van sterrenhopen en sterrenengbetsing eveneens van elkaar
afwijken.

Hoofdstuk 9 De hoge (gas)dichtheden die bereikt worden in botsendesatdelsels heb-
ben een tweevoudige invlioed op de sterrenhooppopulatierzits worden er veel meer
sterren en sterrenhopen geboren dan in geisoleerdelstetsar anderzijds neemt ook de
vernietiging door getijdeschokken toe. In dit hoofdstukreden de simulaties uit Hoofd-
stuk 8 gebruikt om te kijken welk van beide effecten domihe&iit de simulaties blijkt
dat de toename van de vernietiging groter is dan de toenamee/aorming van sterren-
hopen, wat leidt tot een afname van het totale aantal stevpeEm tijdens een botsing. Dit
lijkt in tegenspraak te zijn met de waarnemingen van groteadien sterrenhopen in nabije
botsingen. Deze waarnemingen worden echter beperkt doanagnitudelimiet, waardoor
voornamelijk jonge, zware sterrenhopen worden gedetettele relatief ongevoelig zijn
voor de getijdeschokken. Wanneer eenzelfde limiet woregeépast op de simulatielgkt
het aantal sterrenhopen inderdaad toe te nemen, net zatdswaarnemingen. Doordat lich-
te sterrenhopen het makkelijkst worden vernietigd, bfijme een botsing met name de zware
sterrenhopen over. Hun ruimtelijke verdeling lijkt stenx die van bolvormige sterrenho-
pen, en er wordt dan ook voorgesteld dat bolvormige steaeaimgevormd zijn in botsingen
tussen sterrenstelsels (of andere dichte stervormingsigsi in het vroege heelal.

Hoofdstuk 10 De Antennestelsels zijn een klassiek voorbeeld van eefertaditising tussen
twee spiraalsterrenstelsels, waarin grote aantalleresteopen worden gevormd (en vernie-
tigd). Daarnaast is het een systeem waarin de leeftijdsliagivan sterrenhopen afwijkt van
de theoretisch voorspelde vorm. Naar aanleiding hiervan ia de literatuur voorgesteld
dat de theorie van sterrenhoopdisruptie gewijzigd dientdeden. In dit hoofdstuk wordt
het model uit Hoofdstuk 8 gebruikt om de Antennestelselsnileren, teneinde het mo-
del te verifieren en mogelijk de waarnemingen te verklai@a.gesimuleerde leeftijds- en
massaverdelingen van de sterrenhopen in de Antennestblgkén in uitstekende overeen-
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stemming te zijn met het waargenomen systeem, en ook ddatgrean de leeftijden van
de sterrenhopen met hun ruimtelijke verdeling is consistast de waarnemingen. Dit komt
op het eerste gezicht niet overeen met de verwachting op taside gebruikte theorie voor
sterrenhoopdisruptie. De variatie van de omgeving zorgtclter voor dat de vernietiging
van sterrenhopen zwakker wordt naarmate de populatie auateit, waardoor de leeftijds-
verdeling een gedaanteverwisseling ondergaat — de cotiiven hetcruel cradle effect
(zie Hoofdstuk 2), sterrenhoop-migratie en natuurlijkiesiée verandert de leeftijdsverde-
ling zodanig dat de simpele theoretische verwachting nieteenkomt met het uiteindelijke
resultaat. Dit betekent echter niet dat de theorie onjsistOe complexiteit van de galac-
tische omgeving bepaalt wat de eigenschappen van de stepen in de Antennestelsels
zijn, en biedt een specifiek raamwerk waarbinnen de theoeigaepast moet worden. Deze
invioed van de omgeving toont aan dat sterrenhopen indérgkelaruikt kunnen worden om
de vormingsgeschiedenis af te leiden van de sterrengtelsalrin ze zich bevinden.
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